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Can MARSIS Measure the Low-Altitude Components of the Mars Magnetic Field?  A. Safaeinili,
Jet Propulsion Laboratory, California Institute of Technology, 4800 Oak Grove Dr., Pasadena, CA 91109,
ali.safaeinili@jpl.nasa.gov.

Introduction: Measuring the magnetic field anom-
aly of Mars at low altitudes (e.g. 100-200 km) can be
an interesting application of Mars Advance Radar for
Subsurface and Ionospheric Sounder (MARSIS).  Due
to a low HF operation frequency, the radio wave
propagating in the ionosphere of Mars, over the mag-
netic anomaly regions, will be affected and distorted
by the localized magnetic field.  This distortion in the
sounder signal is due to the Faraday rotation and pro-
vides information about the strength of the magnetic
field.  MARSIS is especially sensitive to the radial
magnetic field at altitudes where the electron density in
the ionosphere peaks (i.e. 100-200 km).  Consequently,
MARSIS is potentially capable of providing measure-
ments for the radial component of the magnetic field at
altitudes between 100 to 200 km that are normally out
of reach for orbital magnetometers (with the exception
of the aero-braking phase).  Such low-altitude meas-
urements would be complementary to already existing
measurements at 400 km by MAG-ER on Mars Global
Surveyor. This paper will explain the sensitivity of
MARSIS as a magnetometer and the method envi-
sioned to measure the radial magnetic field component.

MARSIS (Picardi et al.), the first major planetary
radar sounder, is the result of an international collabo-
ration between NASA, the Italian Space Agency (ASI),
and European Space Agency (ESA), and will arrive at
Mars in early 2004 for a two-year mission.  MARSIS
has a frequency range between 0.1-5.5 MHz and is
designed to penetrate the subsurface to a depth of a
few kilometers.  MARSIS’ primary objective is to map
and characterize the subsurface geological structure of
Mars, and search for subsurface liquid water reser-
voirs.  The secondary objective of MARSIS is to study
the ionosphere of Mars providing the most extensive
amount of data on Martian ionosphere to date.

In addition to MARSIS, a second radar sounder
named SHARAD (SHallow RADar) with operation
frequency of 15-25 MHz is under development.
SHARAD is an Italian instrument (Seu et. al) that will
fly on NASA’s Mars Reconnaissance orbiter in 2005.
SHARAD can also provide magnetic measurements,
however, it is not expected to be as sensitive as
MARSIS to magnetic field variations.

Figure 1: Radial component of the magnetic field at 400
km on Mars (from Connerney et al., 2001)

Magnetic Field Information In MARSIS Data:
MARSIS echoes will contain information on the local
magnetic field behavior.  Generally, MARSIS is most
sensitive to magnetic field when the electron density is
high.  However, even for orbits with night-time
pericenter passes, there will be a detectable Faraday
rotation for most magnetic anomaly regions including
the one at 180 longitude in the southern hemisphere.
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Figure 2:  Radial component of the Mars magnetic
field for a MARSIS orbit as a function of latitude.

Figure 2 shows the radial magnetic profile for
MARSIS orbit with pericenter at the southern hemi-
sphere (data from MAG_ER experiment data).  The
values are for magnetic field at 400 km altitude.  The
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relationship between the magnetic field and the Fara-
day rotation can be written as (safaeinili et al.)

† 

dY(w)
dz

=
qe

2mec
w p

2 (z)Br (z)

w w 2 - w p
2 (z)

,

where 

† 

qe  is the electron charge density, 

† 

me  is the
mass of an electron, 

† 

c  is the speed of light, 

† 

Br (z)  is
the altitude dependent radial component of the mag-
netic field, 

† 

w p (z)  is the altitude dependent plasma

frequency, and 

† 

w  is the angular frequency.  The total
Faraday rotation can be expressed as
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where 

† 

ne (z)  is the altitude dependent electron density.
Since the electron density profile is concentrated in a
narrow range of altitude between 100-200 km, the
above integral can be approximated to by
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where 

† 

hp  is the location of the peak electron density

and 

† 

Dz  is the width of the region around the peak that i n-
cludes sufficient percentage of the electrons in the iono-
sphere (e.g. >90%) such that 

† 

e  can be made sufficiently
small.  An approximate value for the magnetic field at 

† 

hp

(~150 km) is given by

† 

Br (hp ) =
Y(w)w 2

9.33*105 ne (z)dz
hp -Dz

hp +Dz

Ú
An estimate for the electron content can be provided
from the dispersion characteristic of the radar chirp.
MARSIS has a relatively high fractional bandwidth
that allows for accurate estimation of the electron
content.  Figures 3 and 4 show the amplitude variation
of MARSIS signal due to the Faraday rotation for a
center frequency of 5 MHz and two different density of
electrons 

† 

I16 = 0.03 and 

† 

I16 = 0.5.  As shown in Fig. 3
and 4, at some points in orbit the Faraday rotation
causes a complete fading of the signal.  The rate of
variation in received signal energy depends on the rate
of absolute variation in the radial component of the
magnetic field.

In conclusions, it seems that by exploiting the above
stated relationship between MARSIS signal modula-
tion by the Faraday rotation and radial component of
the magnetic field, it is possible to use MARSIS sub-
surface sounding data for estimation of the radial com-
ponent of the Mars magnetic field, however, further
detail will have to wait until future work is carried out.
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Figure 3: MARSIS radar signal amplitude variation
due to the Faraday rotation for the magnetic region
shown in Fig. 2.  Signal is for MARSIS band 4 with
center frequency of 5 MHz and the total electron con-
tent is assumed to be 
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I16 = 0.03.
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Figure 4: MARSIS radar signal amplitude variation
due to the Faraday rotation for the magnetic region
shown in Fig. 2.  Signal is for MARSIS band 4 with
center frequency of 5 MHz and the total electron con-
tent is assumed to be 

† 

I16 = 0.5.

The research described in this paper was carried out by the
Jet Propulsion Laboratory, California  Institute of Technol-
ogy under a contract with the National Aeronautic and Space
Adminstration.
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RE-ASSESSING PLAINS-STYLE VOLCANISM ON MARS. S. E. H. Sakimoto1 , T. K. P. Gregg2, S. S.
Hughes3, and J. Chadwick3, 1GEST at the Geodynamics Branch, Code 921, NASA Goddard Space Flight Center,
Greenbelt, MD 20771, sakimoto@geodynamics.gsfc.nasa.gov, 2Department of Geological Sciences, The University
at Buffalo, State University of New York, 876 Natural Sciences Complex, Buffalo, NY 14260,
tgregg@nsm.buffalo.edu, 3Department of Geosciences, Idaho State Univ., Box 8072, Pocatello, ID 83209, hugh-
scot@isu.edu and chadjohn@isu.edu.

Introduction:  The volcanic plains of Mars have
long been thought to be analogous to the Snake River
Plains (SRP), Idaho, on Earth (e.g. [1-7]), primarily in
terms of the range of low shields, fissure eruptions, and
flows that coalesce to resurface large tracts of plains
regions. The Tempe region of Mars was usually the
most frequently cited analog prior to the Mars Global
Surveyor (MGS) and Mars Odyssey (MO) missions
(e.g., [1, 3-6]). Since the (MGS) Mission and the availabil-
ity of Mars Orbiter Laser Altimeter (MOLA) topography, it
has become clear that the number of shields and vents is far
greater than that estimated on the basis of prior image data
alone [e.g. 7-9], and that in many cases, the previously iden-
tified “shields” (e.g.[5, 6]) were actually only the steeper
summits of far more extensive edifices with shallow lower
flanks [7-13 ]. Also, while the overall global shield popula-
tion shows distinct global trends in topographic characteris-
tics with latitude that can be modeled with latitude-dependent
availability of water or water ice for hydro-magmatic com-
ponents of shield formation [7-9]. Since the Martian plains
volcanism features have a much larger extent than previously
suspected [e.g. 8-10] , and may even be geologically recent
[14-16] and are associated in some areas with fluvial and
hydrovolcanic features [17-19], the impetus for understand-
ing both Martian plains volcanism and its interactions with
water have grown significantly. Here, we are investigating
the range of topographic features observed within the SRP in

a quantifiable manner for direct comparison to the new Mar-
tian data on both a regional and a global basis, with particular
attention to topographic/geochemical correlations and pa-
rameter characteristics (such as the global flank slope with
latitude trends) that can be attributed to interactions of lava
and water or lava and ice.

Snake River Plains: Hundreds of small (<5  km basal
diameter) monogenetic tholeiitic basalt shields that generated
thousands of lava flow units dominate the Quaternary vol-
canic-sedimentary depositional sequence underlying the
eastern Snake River Plain of Idaho [20] (See Figs. 1 and 2).
The province is an east-northeast−trending topographic de-

pression, 600 km long and 100 km wide. Commingled lava
fields and intercalated sediment compose the upper 1−2 km

of the crust. Low-profile basaltic shields with shallowly slop-
ing flanks overlap each other and interfinger with sedimen-
tary deposits to produce a complex, discontinuous strati-
graphic sequence. Fig. 2 shows topographic profiles from
some of the shield types observed, which range from incipi-
ent shields or fissure flow fields to low profile shields to
shields with steeper topographic caps to dome shaped shields
[7, 19, 21]. Low-profile coalescent shields and the eruptive
mechanisms of eastern Snake River Plain basalts reflect the
“plains-style” volcanism mentioned above, where low-
volume, monogenetic volcanoes form from numerous scat-
tered vents. Each shield on the eastern Snake River Plain

Fig. 1. Shaded relief topography for the with mafic vents
and silicic domes indicated. Several of the more recent
major flow fields and their extents shown in dark gray.
(After Hughes, 2001)

Fig. 2. Examples of low profile, dome shaped and steep
summit shield types in the SRP (after Hughes et al., 2002).
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formed during a short time period of months or years
[20]. The short duration of such monogenetic erup-
tions may be attributed to a rapid drop in magma
pressure due to sluggish crustal response when the
source is tapped [20], and petrology suggests that
each one probably formed from a series of small
individual batches of magma [22-24]. Examination
of lavas in the field, using the naked eye and a hand
lens, clearly reveal a distinct textural change that
correlates with the slope break. Lavas collected from
the steep-summit region contain a meshwork of min-
ute plagioclase laths commonly with open spaces
between the laths. In contrast, lavas collected from
the shallowly sloping lower flanks of Table Butte
have few vesicles and fewer phenocrysts. Pinkerton
and Stevenson [25] quantify the effect phenocrysts
have on lava rheology: once lavas contain more than
~25 vol.% phenocrysts, the phenocrysts act to in-
crease lava viscosity. An increase in lava viscosity
could explain the steeper summit slopes. Geochemi-
cal analyses of the same lavas indicate that those
lavas comprising the steep summit regions of the
shields with caps (See Fig. 2)  are more fractionated
than those found on the shallower flanks of the
shield. There are no soil horizons or other similar
evidence indicating that there was a significant hiatus
between the emplacement of the shallowly sloping
flank lavas and those erupted at the steep-summit
region. We therefore propose that these lavas are the
product of a single magma chamber that evolved
with time and/or depth. These insights into the mag-
matic plumbing of small shields could be applied to
Mars if we were sufficiently confident in our inter-
pretations of terrestrial volcanic morphologies.

Martian Plains: As summarized above, it is
clear that the Martian volcanic plains have more
readily identifiable volcanic origins and features than
was possible before the MGS and MO missions. Fig.
3 shows three examples of volcanic plains regions:
Tempe-Mareotis, Syria, and Elysium/Cerberus
Rupes. All are now seen to be, with little doubt, of
volcanic origins, and we can use the detailed topog-
raphy to constrain edifice eruption styles, channel-
ized flow rates, and even vent locations [7-13, 17,
19, and others]. Individual volcanic landforms within
the plains-style volcanic fields can now be clearly
seen in the topography to have a wide variety of
landforms, ranging from spatter-rampart-like fissure-
fed fields, to low shields, to shields with “hats” or
steeper summit areas, as well as extensive sheet channelized,
and lava tube flows. It is clear that the relationship between
volcanism and subsurface water or volatiles on Mars is both
close and perhaps even ongoing, and that topographic data of
the volcanic features will be an unprecedented tool and con-

straint to help determine timing, emplacement mechanisms,
volatile interaction, source vents, and the extent of landform
types. Fig. 4 shows some of the edifice profiles in compari-
son to a SRP shield with cap, and Fig. 5 shows both detailed
topographic grid and profile data for an example of a Tempe-

Fig. 3. Shaded relief topography for the Tempe Mareotis, Syria, and
Elysium regional volcanic fields of Mars.
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Mareotis low shield and shield with a cap. These are clearly
analogous to the terrestrial examples shown in Fig. 2, and we
are systematically measuring all identifiable small martian
shields and the majority of SRP shields for a statistically
significant comparison to determine possible geochemical
variations.

Finally, Figs. 6 and 7 show some global trends (see
[7,8]) for Martian shield data. Some trends (like those
in Fig. 6a) can be modeled easily [8] with recently de-
fined near surface global water abundance variations
available to eruptions [see 26,27]. Fig. 7 shows pre-
liminary results for the Syria, Vastitas Borealis, and
Tempe regions for slope variations as a function of
latitude. Clearly, the Borealis region, with its near-pole
location has a strong latitude dependence of apparent
water interactions, but even the near equatorial features

in Fig. 6a show some regional water interaction evi-
dence [18]. Ongoing work within this study will fill in
these parameter relationships for each field It is hoped
that with new data for both terrestrial and martian vol-
canic features, the apparent geochemical and water
interaction relationships will be better constrained.

Conclusions: Our understanding of Plains-style volcan-
ism is changing for both the terrestrial type locality (SRP)
and for Mars. New topographic, geochemical and spacecraft
data that combines terrestrial and Martian characterization
efforts promises to help constrain not only possibly geo-
chemical variations within regions on Earth and Mars, but
also, perhaps, relative degrees of water interactions during
eruptions.

Fig. 5a. Shaded relief topography for a portion of the
Tempe Mareotis Examples of a shield with cap (A), low
profile shield (B), and  a fissure-fed lava field (C).

B

A

C

25 km

Fig. 5b. Topographic profiles of features A and B. The
shield with cap (A) has a basal diameter of 45 km and a
height of 330m, while the low profile shield (B) has a
basal diameter of 41 km and a height of 70 m. The top
fissure field has a width of 18 km, and a height of 60m

V.E.=7 7 :1

        

5 km 
Feature A: Shield with cap

Feature B: Low profile shield

Fig. 4. Examples of profiles from (top to bottom), a
steep summit shield  and a low profile shield in Tempe
Mareotis, Mars, an low profile shield in Elysium, Mars,
and a steep summit shield in the SRP, Earth.
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Fig. 6a. Average flank slope as a function of latitude for
small martian shield volcanoes.
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Fig. 6b. Summit crater width as a function of latitude for
small martian shield volcanoes.
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Fig. 6c. Basal diameter as a function of latitude for small
martian shield volcanoes.
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Fig. 6d. Volume/Diameter as a function of latitude for
small martian shield volcanoes.
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Fig. 7. Examples of regional variations in flank slope as a
function of latitude for the Tempe Mareotis, Syria and
Vastitas Borealis volcanic fields.
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FROM TOPOGRAPHY PROFILE DIAGRAMS TO THE EVOLUTION OF OCEANUS BOREALIS:
PROPOSAL OF A STRATEGY THAT MAY RESULT IN THE FORMAL PROOF OF MARTIAN OCEAN
RECESSION, TIMING AND PROBABILITY.  G. Salamunićcar, AVL-AST d.o.o., Av. Dubrovnik 10/II, 10020
Zagreb, Croatia, Europe, gsc@ieee.org.

Introduction:  Papers about ocean on Mars pub-
lished after the proposal of Contact 1 and 2 [1], can
basically be divided into two groups. The first one is
based on shoreline theory, but unfortunately, shorelines
were not found in required amount. However, papers
from the second group, while mostly discussing
whether Contact 1 or 2 [2] is better approach, also
proposed many additional indicators that ancient ocean
may existed on Mars. Some of them are: spiral beaches
[3], sedimentation [4], hydraulic and thermal arguments
[5], outflow channels and features related to the evolu-
tion of standing bodies of water (polygons, lobate im-
pact craters) [6], features consistent with the shoreline
interpretation [7], impact craters [8], fluvial valleys [9],
MEGAOUTFLO hypothesis [10], MOLA data [11,
12], tsunami generation and propagation [13], glaciers,
fluvial channels and gullies [14], MGS data [15], ero-
sion features that might be ancient coastal terraces [16],
influence on planetary climate [17], etc. This is also in
consistence with other work done more recently [18],
including the proposal that in the early history of Mars
even larger ocean existed up to the named Contact 0
[19]. On the other side, discovery of large number of
buried impact craters all over the planet surface
[20-27], indicates that young sediment covers much
older surface all over the northern lowlands. While this
is very important discovery, it should be noted that it is
not a proof that ocean has not existed on Mars. E.g.,
very large impactor can leave crater even if ocean is 10
km deep. Heavy bombardment at the very early begin-
ning of the planet evolution could also create those
(possibly oldest) craters, at the time when surface of
the planet was too hot for water to exist in liquid state.
Even the much denser atmosphere that would include
the water from the hypothetical ocean can not protect
the surface from the impactors if the bombardment is
too strong. However, once this process is over and
surface of the planet cold enough so that water can
exist in the form of possibly large ocean, it would pre-
vent most of the impactors to leave craters over the
territory it covered. Even today, such global influence
on crater distribution has to be detectable using mathe-
matical analysis, as proposed in [28]. However, while
like any other mathematical theory the approach is ap-
plicable generally, it still needs to be formally proved
that it is also applicable to Mars. As the first step, To-
pography Profile Diagrams (TPDs) representation of
topography and correlated values were described [29,

30, 31] showing high correlation between density of
craters and topographic altitude. Additionally, it is also
shown that this correlation is not consequence of proc-
esses local to only some parts of planet surface, but of
some global process [32]. In this paper, possibility that
this global process was an ocean will be investigated.

From TPDs to the evolution of ocean: TPDs and
associated, Topography Profile Curve (TPC), Density-
of-Craters Curve (DCC), Filtered DCC (FDCC) and
Level-of-Substance-Over-Time Curve (LSOTC) are
described in [29]. DCC and FDCC can be computed in
more than one way, so they were additionally described
in [30] and [31]. In this paper, LSOTC will be further
elaborated. If the assumption that ocean primarily
caused noted correlation is correct, this curve actually
represents how level of ocean was changing over time.
Looking at Fig. 1, we can start with a point on FDCC
(full line) where we have 90% of the maximal density of
craters. The 10% smaller density of craters actually
means that until the time when 10% of craters were
already created, territory at this altitude was covered by
the ocean, and after this time it was not. The altitude
itself can be read from the associated (TPC) (dash-dash
line). Once this is done, we can construct point on
LSOTC (dash-dot-dot line), where x coordinate is time
measured as a percentage of craters already created,
and y coordinate value we can read from the TPC. Ac-
cordingly, for the each succeeding point from the DCC,
we can construct one point on LSOTC, and so we can
reconstruct the evolution of ocean over the complete
planet history. For TPDs from Fig. 1 used for the first
computations published in [28], results are shown in
Fig. 2 and 3. Later computation as shown on TPDs
from [29-32] offers more precise results, however the
principles described here are the same. It should also be
noted that ocean was modeled as something that offers
infinite resistance to impactors, while the real ocean
would have some finite resistance, meaning that actual
level of the ocean was even larger then here computed.
On the other side, atmosphere provides additional
shielding from impactors, meaning that if we take only
this additional factor also in computation, actual level
of the ocean was smaller that computed. Those errors
compensate one another, but not completely. Resis-
tance of the deep ocean is however much higher than
the resistance of the atmosphere and those errors dif-
ference. That means that even this simplest model of-
fers satisfying first approximation of the actual values.
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Conclusion: To prove that ocean existed on Mars
using some direct approach will perhaps never be pos-
sible. However, this can be done if it is possible to
prove that nothing except the ocean could have caused
correlation shown on TPDs. The first step is to enu-
merate everything else that at least in theory could have
caused found correlation, like e.g. atmosphere influence
[33], tectonic movements [34], lava flows, sediment,
etc. Then, the second step is to prove that no such al-
ternative physical process caused the correlation. If
both can be achieved, formal proof of Martian ocean
recession, timing and probability will be achieved too.
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Figure 1: TPDs for the topography without regions marked as red, 1/32° MOLA data and 9496 craters data-set.
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Figure 2: The computed level of the ocean for the time when 5% (9688 m), 10% (9688 m), 15% (9621 m),
20% (9554 m), 25% (9489 m), 30% (9422 m), 35% (9351m), 40% (9276 m), 45% (9141 m), 50% (6867 m),
55% (6569 m), 60% (6328 m), 65% (6157 m), 70% (5928 m), 75% (5660 m), 80% (5276 m), 85% (4742 m),
90% (4425 m), 95% (3901 m), and 100% (0 m) of craters was already created.
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Figure 3: The computed level of the ocean for the time when 10% (9688 m), 30% (9422 m), 50% (6867 m),
65% (6157 m), 75% (5660 m), 85% (4742 m), 90% (4425 m), 93% (4201 m), 95% (3901 m), 96% (3728 m),
97% (3501 m), and 98% (3107 m) of craters was already created.
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INTRIGUING DARK STREAKS ON MARS: CAN WE USE THEM FOR FORMAL PROOF THAT WE
ARE NEAR THE END OF LARGE CLIMATE CHANGE ON MARS?  G. Salamunićcar1 and Z. Nežić2, 1AVL-
AST d.o.o., Av. Dubrovnik 10/II, 10020 Zagreb, Croatia, Europe, gsc@ieee.org, 2Trg kralja Zvonimira 20, 48000
Koprivnica, Croatia, Europe, Zdravko.Nezic@ieee.org.

Introduction: After the initial proposal that crater
statistics based mathematical analysis can give us some
new information about the history of Mars [1], Topog-
raphy Profile Diagrams (TPDs) [2, 3, 4] were proposed
showing high correlation between density of craters and
topographic altitude. It was also shown that this corre-
lation is not consequence of processes local to only
some parts of the planet surface [5]. One possible ex-
planation is that large ocean caused this correlation,
which is consistent with the recent proposal that at the
early history of Mars even larger ocean existed than
previously believed named Contact 0 [6]. All this indi-
cates that large climate change happened at least once
during the Martian history. However, the theory that
Mars did not change a lot during the most of its History
is still the possibility many still investigate. However, if
it can be proved that we still have climate changes on
Mars, then it will also be most likely that we had cli-
mate changes in the past too. In this paper, some inter-
esting aspects of the dark streaks on Mars will be pre-
sented, that may be the key for the above question.

Figure 1: Viking orbiter image 748A12 taken in May
1978, while white outlines are location of two MOC
images obtained in 1999, as published in [8].

Newly formed dark streaks: On MOC image [7]
from Fig. 2, we have newly formed dark streaks ac-
cording to the image from Fig. 1 [8]. On Fig. 4, we also
have new dark streaks, according to the image from
Fig. 3, but formed in much smaller interval of time,
during the 0.92 Mars year interval [8]. Formation of
newly formed dark streaks was also recently presented
in [9], as shown on Fig. 5. The importance of this dis-
covery that formation of dark streaks is still active pro-
cess, is that now we have a hard proofs that there is
some process that is still active on the Martian surface.
If we can prove that this process can only be the conse-
quence of some other process, than we also proved that
this other process is still active. This can be particularly
important if this other process is something that could
play some major role during the Martian history, but is
still not proved by some other hard evidence. If it can
be proved that this other process still exists on Mars, it
will be much easier to accept the probability, or possi-
bly even to prove, that the same process could have
also existed earlier in the Martian history.

Figure 2: MOC images M09-04689 and M04-01105
from November and August 1999 as published in [8],
showing new dark slope streaks as indicated by arrows.
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Figure 3: MOC image AB1-11304 from February
1998, as published in [8].

Figure 5: MOC image SP2-37303 from June 1998 and
E02-02379 from March 2001 with two newly formed
streaks, as published in [9].

Global distribution of dark streaks:  As shown in
Fig. 6, the dark slope streaks are concentrated in the
high albedo regions of Tharsis and Arabia [10]. Ac-
cording to the [9], the dark streaks are also especially
common around Olympus Mons. Common to the both
cases is warmer temperature than average for the
planet. In the first case, we can see that marked regions
are close to the equator, while in the second case, we
may also have some geothermal activity [9]. On the
other side while there are many theories trying to ex-
plain Martian dark streaks [11, 9], it seams that most
sense have those based on the assumption that dark
streaks are somehow connected with the water sources.
Interesting is that warmer temperature and water
sources are related, indicating that this may be the case.

Figure 4: MOC image M09-04872 from November
1999, as published in [8], also showing newly formed
dark slope streaks as indicated by arrows.

Local distribution of dark streaks:  While it really
seams that dark streaks are connected with water
sources, there is one very important question regarding
this theory. It is related to the local distribution of dark
streaks, as shown in Fig. 7-10, and as it can be seen on
almost all images that contain dark streaks. Not only
that dark streaks are locally uniformly distributed, but is
almost a rule that they avoid part of the ground where
some previous dark streak was. On the other side on
Earth is almost a rule, that even the very small sources
of water are always at the same place, even those that
are active only in some particular parts of the year. The
question is then, if it is so on Earth, why on Mars we
do not have those newly formed streaks on places
where some older already was, and why this was also
not the case before, because otherwise we would not
have almost uniform distribution. Each flow of water,
even a very small one, makes with erosion this particu-
lar place more suitable for future flows. This is a reason
why on Earth, water-flows most usually do not signifi-
cantly change their location over time, which is conse-
quence of a process that is here on Earth cyclic. Water
can flow from some source, but the new water will
come from some other way, e.g. rain. According to
this, if streaks are water related, we would not have
uniform distribution of them, if water sources on Mars
are also cyclic. And that they are not can only be ex-
plained with climate changes. Before those changes,
water somehow came to the places where it is captured
now. In appropriate climate conditions, it can only just
flow away, to form some new dark streak, and leaves
the place without water, meaning without a possibility
for some new streak to be created leather.
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Conclusion: If Martian dark streaks are result of
water flaws, then, according to their uniform local dis-
tribution, they are also a proof that large climate change
did happened on Mars and that this process still has not
finished. This is the only possible explanation, which
includes flows of water that can be even very small,
with sources with limited amount of water that can not
be refilled from some cyclic process. However, we can
not exclude in advance, without hard evidence, that
something else than water flaw can be the origin of
dark streaks, no matter how unbelievable such an alter-
native can be. As an example we can take even some
life form. On Earth, insects can survive on driest places,
where rain is something that happens only once in sev-
eral decades, and there is no some alternative source of
water from the ground. However, on top of the dunes,
early in the morning small fluctuations of air cause con-
densation even where percentage of water in the at-
mosphere is minimal, providing to those insects just as
much as they need. Perhaps even smaller amounts of
water is sufficient for some simple life form, together
with sun-light and minerals in the ground, to have all
that it needs to survive. In such a case, streaks would
be globally distributed in regions that are warm, locally
distributed uniformly, and would be on positions just
dark streaks are at, like e.g. shown in Fig. 11. How-
ever, much more likely is that we have some small wa-
ter flows, which in such a case would also be a remark-
able achievement, proving also that recent climate
changes on Mars are still active. Those changes imply
that Mars could also have irreversibly lost large
amounts of water during its history, as shown in
Fig. 12. Magnetosphere of Earth protects our planet

from solar wind, while Mars does not have any more
sufficient magnetic field. Fast particles from solar wind
can blow away some particles of atmosphere into
space, which is irreversible process. Of importance will
also be if it is possible to prove that this process is still
active. Regarding the strategy for future Mars explora-
tion, all this suggests that rover should be sent on some
place where we have some newly formed dark streaks.

Figure 12: Interaction between solar wind and mag-
netosphere of Earth.
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Figure 6: Global distribution of dark streaks shown as red regions, according to the results published in [10].
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Figure 7: MOC image E0402109.

Figure 8: MOC image E0402259.

Figure 9: MOC image E0200308.

Figure 10: MOC image E0200308. Figure 11: MOC image E0400556.
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IMAGE PROCESSING ALGORITHMS FOR VISUALIZATION OF QUASI-CIRCULAR-DEPRESSIONS:
A STEP TOWARD THE AUTOMATIC PROCESS OF DETECTION AND CLASSIFICATION OF
MARTIAN BURIED IMPACT CRATERS.  G. Salamunićcar1 and D. Selar-Glavočić2, 1AVL-AST d.o.o., Av.
Dubrovnik 10/II, 10020 Zagreb, Croatia, Europe, gsc@ieee.org, 2Karojba 35, 52423 Karojba, Croatia, Europe,
diana.glavocic@post.hinet.hr.

Introduction: After the initial proposal that craters
statistics based mathematical analysis can give us some
new information about the history of Mars [1], Topog-
raphy Profile Diagrams (TPDs) [2, 3, 4] were proposed
showing high correlation between density of craters and
topographic altitude. Additionally, it was shown that
this correlation is not consequence of processes local to
only some parts of the planet surface [5], what gener-
ally can cause for some altitude lover average density of
craters. Such global correlation indicates that there was
also some global physical process that caused it. All
present explanations that something else than the large
ocean caused this correlation, does not offer acceptable
theory. This is also in consistence with other recent
work that proposes that even larger ocean existed then
proposed as Contact 1 and 2 [6, 7], named Contact 0
[8]. On the other side, discovery of large number of
buried impact craters all over the planet surface [9-16],
indicates that significant sediment covers much older
surface all over the northern lowlands. While this does
not exclude possibility of the ancient ocean (e.g. very
large impactor can leave crater even if ocean is 10 km
deep), discovery of buried impact craters is very im-
portant for understanding Martian history as well as for
the any methodology based on craters statistics. For
both reasons, it is of importance all Martian buried
craters to be found and classified [17]. Automatic proc-
ess particularly with this class of craters can be of large
help, not only to help in detection of some of craters
that could be overseen, but also to help decision what is
and what is not buried impact crater to be more objec-
tive. As the first step in this way, in this paper image
processing algorithms for better visualization of Quasi-
Circular-Depressions (QSDs) were proposed, offering
some new capabilities according to the tools used for
search of QSDs described in [18, 19, 20].

MOC image and MOLA profile:  In Fig. 1 QSD is
shown as marked in [10]. While it is not visible on
MOC image from Fig. 3 [21], MOLA profile shown in
Fig. 2 offers indication that there may be QSD
(46.414062°W, 26.789062°N, 2.63617163°r≅156 km).

Figure 1: QSD that may be buried impact crater.

Figure 2: Profile AB  (8374, 4153) to (8720, 3940).

Average shadowing strength: The algorithm is
defined with the Eq. 1 to 11. Coordinates of point are x
and y and altitude in meters in this point is alt. Gradi-
ents g1, g2, g3, g4, g5, g6, g7 and g8 represents E, NE, N,
NW, W, SW, S and SE direction. For 1/64° width is
23040. The offset is 0, and c represents RGB color
component of color scale. Results are shown in Fig. 3.
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Enlarged shadowing strength: The algorithm is
the same as in the previous case, except that larger off-
set can be used. Results are shown in Fig. 4.

Stretching scale colors: Color scale can be
stretched to some particular altitude range so that we
can better visualize topography of some particular area.
Result is shown in Fig. 4 (middle).

Cyclically stretching RGB colors: Additionally,
we can use red, green and blue colors only but cycli-
cally stretched over all altitudes. Result is shown in
Fig. 5 (top-left). For selected range, altitude difference
between two same colors is 30 m, and altitude width of
some particular color is 10 m.

First derivation of surface: The algorithm for de-
tection of gradient changes is defined with the Eq. 12
and 13, and result is shown in Fig. 5 (top-right).
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Directional first derivation of surface: The algo-
rithm for detection of gradient changes in direction
from QSD center (in our case 8549, 4045), is defined
with the Eq. 14, 15 and 13. Result is shown in Fig. 5
(middle and bottom). When drawn in color scale, green
color represents positive and red negative gradient.
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Figure 3: 1/64° MOC image (middle) and average shadowing strength rendering (designed to be as similar as possi-
ble to those in use by others) using 1/64° MOLA data for offset 0 and directions NW, N, NE, W, E, SW, S and SE.
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Conclusion: The enlarged shadowing strength al-
gorithm with combination of stretching color scale offer
visualization of QSDs where even differences of few
meters in altitude are clearly visible, while first deriva-
tion of surface algorithm can also be used for search of
tectonics signatures on the surface, past lava flows, etc.
Algorithm directional first derivation of surface is op-
timized for some particular point, and intended for use
in future work on the automatic process of detection
and classification of Martian buried impact craters.
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[14] Frey H. V. et al. (2003) LPS XXXIIII, Abstract
#1838. [15] Sarid A. R. et al. (2003) LPS XXXIIII,
Abstract #2019. [16] Frey H. V. et al. (2003) LPS
XXXIIII, Abstract #1848. [17] Barlow N. G. et al.
(2003) ISPRS WG IV/9: APM. [18] Roark J. et al.
(2000) LPS XXXI, Abstract #2026. [19] Roark J. H. et
al. (2001) LPS XXXII, Abstract #1618. [20] Carter B.
L. et al. (2001) LPS XXXII, Abstract #2042. [21] Malin
M. C. et al. http://www.msss.com/moc_gallery/.

Figure 4: Rendering enlarged shadowing strength using 1/64° MOLA data for offset 10 and directions NW, N, NE,
W, NE (but in color scale stretched from –3900 m to –3600 m), E, SW, S and SE.
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Figure 5: Rendering using 1/64° MOLA data for: offset 10, directions NW and RGB color scale cyclically
stretched from –4000 m to –3970 m (top-left); first derivation of surface in gray scale (top-right); and direc-
tional first derivation of surface from crater center for δ of 1 (middle and bottom left) and 11 (middle and
bottom right) in gray (middle left and right) and color scale (bottom left and right).
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MCMURDO CRATER: A UNIQUE IMPACT EVENT ON THE SOUTH POLAR LAYERED DEPOSITS   
E. L. Schaller1, B. C. Murray1 and S. Byrne1, California Institute of Technology, MC 150-21, Pasadena, CA 91125, 
emily@gps.caltech.edu, bcm@gps.caltech.edu, shane@gps.catlech.edu.  
 

 
Introduction: McMurdo crater is a 23 km diameter 

impact crater located on the edge of the South Polar 
Layered Deposits (SPLD) at -84. S, 0W.  It is the larg-
est fresh impact crater on the SPLD and has a secon-
dary field that extends over approximately 100 km 
across Planum Australe to the south.  The northern half 
of McMurdo opens to the low lying plains on which the 
secondary field has been completely removed (Fig. 1).   

Understanding the formation and evolution of the 
SPLD is an important step toward unraveling Martian 
climate history.  The SPLD, with their characteristic 
layering and young apparent age, suggest that recent 
climate change has occurred on Mars [1,2].  McMurdo 
and its secondary craters are important stratigraphic 
markers which can shed light on the modification his-
tory of the SPLD.  
 
 

Surface modification of the SPLD: Crater studies 
across the SPLD have estimated a surface age of be-
tween 10 Ma and 100 Ma [3,4].  Measurements of the 
depth to diameter ratios of 800 m and larger craters on 
the deposits show that most SPLD craters are ex-
tremely shallow [4].  These observations could be ex-
plained by either a resurfacing event or by viscous re-
laxation of craters [5].  However, in the 100-700 m size 
range, [4] found three orders of magnitude fewer cra-
ters than the expected number derived from the calcu-
lated surface age.  The lack of small craters argues 
most strongly for a recent shallow resurfacing event 
that erased small craters.  Based on the 700 m and 
smaller craters, which all appear relatively fresh, this 
resurfacing event has been calculated to have occurred 
as recently as 100 Ka ago [4].   
 
 

Fig. 1. MOLA shaded-relief of McMurdo Crater and its secondary crater field 
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Using estimates of SPLD cratering rates derived from 
[3,6], one would expect a McMurdo-size impact on the 
area of the SPLD approximately every 90-180 million 
years.  The presence of the McMurdo secondary crater 
field has been suggested to imply relatively slow rates 
of modification of the surface of the SPLD [7,8].  
However, if the surface of the SPLD has not been 
modified significantly for the past 100 Ma, one would 
expect to find numerous small primary impact craters 
across the deposits as discussed above.  The fact that 
we don’t find numerous small primary impact craters, 
yet can still recognize McMurdo secondaries of all 
sizes, could suggest that the McMurdo impact hap-
pened very recently (within the past 100 Ka).  An addi-
tional line of evidence suggesting a young age for 
McMurdo is that the crater and its secondaries reside 
on the highest and presumably youngest surface of the 
SPLD and that secondaries are found on the current 
residual cap.  It is surprising to suggest that one of the 
largest impact craters is also one of the most recent.  In 
order not to postulate such a young age for McMurdo, 
we need to explain how these secondary craters have 
been preserved when other impact features have been 
eroded.  Possible explanations might include burial and 
subsequent exhumation of McMurdo and its seconda-
ries or different surface modification rates on different 
parts of the SPLD.  

Approach:  In order to shed light on these interpre-
tations, this study presents a detailed morphological 
examination of McMurdo, its secondary craters and 
ejecta blanket to quantitatively determine the extent to 
which modifications have occurred.  We also test for 
any evidence of viscous relaxation of McMurdo which 
would have independent age implications and perhaps 
help determine if significant blanketing and stripping 
has taken place.  We combine MOC and THEMIS im-
ages with topographic datasets from MOLA using a 
geographic information system package (GIS), Arc-
view, developed at Caltech for Mars polar use [9].   

It has been suggested that a mantled unit covers part 
of the secondary field, degrading the secondary craters 
in these locations [6].  We map this unit and determine 
its thickness from depth to diameter ratios of secondary 
craters measured in different locations across the sec-
ondary field.   In addition, we examine the morpholo-
gies of  smaller secondary craters and crater ejecta 
piles using MOC and THEMIS images projected into 
the Arcview system  (Fig. 2). 

In summary, quantitative geomorphology of 
McMurdo crater, its secondary crater field and ejecta 
blanket provide critical insight into the age of the 
McMurdo impact and the surface modification history 
of the SPLD. 

  
Fig 2.  MOC NA image E05-03431 showing several 

McMurdo secondary craters (approximately 58 km east of 
McMurdo).  The crater in the bottom of the image appears to 
be more degraded than those on the top. 
 

References: [1] Howard A. D. (1982) Icarus, 50, 
161-215. [2] Plaut J. J. et al. (1988) Icarus, 75, 357-
377. [3] Herkenhoff, K. E. and Plaut, J. J. (2000) 
Icarus, 144, 243-253. [4] Koutnik M. et al. (2002) 
JGR, 107, (E11). [5] Pathare, A. J. et al. (2002) LPS 
XXXIII, Abstract #1972. [6] Hartmann, W. K. et al 
(1999) Meteorit. Planet. Sci., 34, 167-177. [7] Tanaka 
K. L. et al. (2000) 2nd Mars Polar Science Conf., Ab-
stract # 4101. [8] Kolb E. J. and Tanaka K. L. (2001) 
Icarus, 154, 22-39. [9] Byrne, S. and Murray, B. C. 
(2002) JGR, 107, (E06). 
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The SEIS experiment : a Mars seismic package

SEIS experiment : This experiment will integrate a VBB (Very 
Broad Band)  two axis seismometer, a three axis Short Period seismometer 
and a series of environmental sensors for pressure, infra-sounds and 
temperature.
IPGP (France) has the overall responsibility of the experiment and is 
responsible for the VBB and environmental sensors. ETHZ (Switzerland) is 
responsible for the electronics of the experiment and JPL (USA) for the SP 
(Short Period) sensors. SEIS instrument was first proposed and accepted for 
NetLander mission (and will also be in charge of data acquisition for 
SPICE experiment). This seismic package should also be proposed for 
future missions : MSL 2009, Scout 2011,

Scientific objective : The SEIS instrument will perform both the 
seismic and tidal measurements. It was proposed by a large team of scientists, 
mostly involved in Earth seismology and Earth tides. The seismic data 
analysis will determine the mean values of the shear and bulk elastic moduli
and seismic attenuation as a function of depth, mainly from the transmitted 
phases. The reflected phases will mainly constrain the position of the 
interfaces between the mantle and core, the state of the core, the position and 
characteristics of mantle discontinuities and crustal thickness.

Technical description : The overall mass of the SEIS experiment is 
2.3 kg, including all sensors and the data control processor. Acquisition 
will be performed by a series of 24 bits A/D, while the thermal and drift 
control will be performed by a feedback generated by a 24 bits D/A.
The sensors package will allow :
- to measure signals in an ultra-broad band, from the tidal frequencies (0.05 
mHz) up to the short period frequencies (50 Hz)
- to perform environmental decorrelations of the temperature and pressure 
variation on Mars, allowing the sensor to operate in a thermal environment 
with daily variations of about 40°K
- to search for infra-sounds which might be associated to dust devils and 
atmospheric discharge.
The SEISmometer is protected against direct wind by housing and is  
uncoupled from the lander. Petals produce shadow around the sensor. 
Direct contact with ground is obtained by 3 spikes.

P. Schibler1, P. Lognonné1, D. Giardini2, B. Banerdt3 , J.F. Karczewski1,
D. Mimoun1,P. Zweifel2, T. Pike4, J. Ammann1, A. Anglade1, A. Desautez1,
T. Gabsi1, J. Gagnepain-Beyneix1, D. Mance2, G. Pont5, O. Pot1, N. Striebig1,
H. Vacherat1, F. Weber2(4) : Imperial College London

(5) : CNES
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Data transmission : We expect a daily transmission of LP data (1 sps) 
for a volume of 2.5 Mbits/day. The seismometer team, in at least two 
geographical locations, will perform the quick-look on the Earth of these 
data, in order to maximise the turn-around time during regular shift hours 
(Paris and Pasadena, UT+1 and UT-8). From these data, a set of time will be 
identified, and a table of parameters will be up-linked to each of the 4 landers
in order to flag and to save the interesting data in the main memory of the 
CDMS (e.g. when quakes are tentatively identified). The corresponding VBB 
(20 sps) and SP data (100 sps) will then be progressively sent at a rate of 
about 5 Mbits/day. 

The geophysical package will sound  the deep interior (D) and the subsurface (S) 
with the following multi-parameters approach
- Seismometer (SEIS, seismic velocities and attenuation, D, S)
- Seismometer and infra-sounds (SEIS, compliance and shear modulus, S)
- Magnetometer (MAGNET, electrical conductivity, D, S)
- Ground Penetrating Radar GPR (permitivity, S)
- SPICE  (Thermal conductivity, S)
- Geodesy experiment, NEIGE ( density, D)

Nine Instruments selected by an AO in 1999, grouped in 4 Packages : 
Geophysics, Atmospherics, Ionospherics, Mineralogy/Geology

PANCAM ELF ATMIS

NEIGE

GPR

MAGNETSEISSPICE

MIC

NetLander 2009 : The NetLander mission will deploy in 2009 a network of 
4 geophysical stations on Mars for one Martian year of operation. 

Reference : Lognonné P. & B. Mosser, Planetary Seismology, 14, 239-302 Survey in Geophysic, 1993. P. Lognonné et al. 
The NetLander Very Broad band seismometer, Planet. Space Sc., 48,1289-1302, 2000.

Web: http://ganymede.ipgp.jussieu.fr/homeng/projects/netlander/sismo/, http://orfeus.knmi.nl/newsletter/vol2no2/

Contact : schibler@ipgp.jussieu.fr - lognonne@ipgp.jussieu.fr

The SEIS experiment : a Mars seismic package
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Mars Noachian 
Schneck Therese Ph.D.1977 Civil Engineer. 

 
         The early universe during its first years was opaque to the electromagnetic radiation. 
          
         The light we are presently observing from large quasars group over 9 billion light years 
away had to cross such a distant to reach us that it actually left the group before the earth was 
formed.The Degree Angular Scale Interferometer(DASI) based near the South Pole produced 
detailed maps of CMBR variation and polarization:the shape of spacetime is flat. 
 
         The sun is surrounded by a plasma not fully ionized and the velocity of the electromagnetic 
radiation is reduced when moving through such a medium.Solar UV radiation increase from solar 
minimum to solar maximum. 
 
         Atmospheric CO2 has varied considerably at the Ordovician on Earth.An inventory was 
made to establish a curve transition between atmospheric carbon dioxide and atmospheric oxygen 
at Late Ordovician- Early Silurian 430 Million years ago. Solar physics models have suggested 
that short term solar output cause a solar luminosty 4.5 percent less than today. 
        
         On Mars, the release of CO2 consistent with Hawaiian basaltic lavas and H2O to the 
atmosphere from magma erupted and during Tharsis formation could have produced the 
integrated equivalent of a 1.5 bar CO2 atmosphere.The martian meteorite ALH84001 has retained 
noble gases for 4 billion years.The magnetic dichroism or spin polarized light in 
iron,magnetite(Fe3O4),formed anerobically with the loss of carbon dioxide and oxidised in a 
redox reaction Fe2+ to Fe3+, by loosing electron.The magnetite and the weathered carbonate 
reflectance spectra exhibit distinctive narrow features.The magnetosphere of Mars and the 
atmosphere rise ceased at the end of the Noachian (between 4.4 and 3.8 billion years ago) before 
the end of heavy bombardement. 
 
 
 

Sixth International Conference on Mars (2003) 3006.pdf



THE CARBON CYCLE, CLIMATE VARIABILITY AND THE FATE OF AN EARLY MARTIAN OCEAN.  
D. P. Schrag1 and M. T. Zuber2, 1Department of Earth and Planetary Sciences, Harvard University, Cambridge, MA  
02139 (e-mail: schrag@eps.harvard.edu, 2Department of Earth, Atmospheric and Planetary Sciences, Massachusetts 
Institute of Technology, 54-518, Cambridge, MA  02139-4307 (e-mail: zuber@tharsis.gsfc.nasa.gov).  
 
 

Introduction:  The surface of Mars preserves the 
record of a past climate in which liquid water was sta-
ble and apparently abundant [1].  We seek to under-
stand the planetary-scale control of climate through the 
study of climatic perturbations and their relationship to 
the carbon cycle on Earth, making basic geological and 
geochemical observations and then comparing these 
data with simple models of biogeochemical cycles.  We 
have previously applied this approach to a range of 
geological situations on Earth including the Neopro-
terozoic glaciations (i.e., Snowball Earth) [2,3] and a 
new theory for what causes oscillations in CO2 and 
climate on ~100 million year time scales [4].   

Water and the Present Climate: Water is an es-
sential ingredient for regulating climate.  On Mars, as 
on Earth, there is substantial water on the surface at 
present, but it exists not as liquid water but as residual 
polar ice caps. Altimetric observations from the Mars 
Global Surveyor spacecraft showed that the Martian 
polar caps collectively contain the equivalent of ap-
proximately 85% the water in the Greenland ice sheet 
[5-7].  Mars has also long been thought to contain wa-
ter ice in the subsurface [e.g., 8], and recent observa-
tions from the Mars Odyssey spacecraft have identified 
a substantial amount (in excess of 50 weight %) in the 
upper 2 meters of the Martian crust [9-11].   

The CO2-rich atmosphere with 6 mb surface pres-
sure is inadequate to keep Martian surface tempera-
tures above freezing, (except, in the current epoch, for 
local equatorial areas for brief periods).  What has lim-
ited the accumulation of atmospheric CO2 is not sili-
cate weathering, but rather the lack of a modern vol-
canic source of CO2.  If volcanism existed on Mars 
today as it likely does on Venus, CO2 would accumu-
late in the atmosphere until the ice caps melted.  This 
in turn would limit the continued rise of atmospheric 
CO2 through the silicate weathering feedback. 

Water and the Early Climate: Although liquid 
water is not stable at the surface today, there are a large 
number of observations that suggest that liquid water 
existed at least episodically at various times throughout 
Martian history [1].  Although most morphological 
evidence for liquid water on Mars is consistent either 
with episodic and rapid release of water at the surface, 
or else with liquid water in the subsurface that results 
in chemical weathering reactions, the presence of val-
ley networks and the degradation of impact craters on 
ancient surfaces of late Noachian age imply weathering 

and erosion by liquid water at the surface, in some ar-
eas for substantial periods [e.g., 1, 12].  

One particularly interesting aspect of Martian sur-
face geology is the apparent discrepancy between the 
geological evidence for water on Mars during the Noa-
chian and the lack of calcium carbonate on the surface 
[13].  If a large body of liquid water on Mars persisted 
for millions of years or longer, the high CO2 atmos-
phere would form carbonic acid, and react with the 
silicate crust, producing abundant calcium carbonate.  
However, carbonate minerals have not yet been de-
tected on the surface in sufficient quantities to be con-
sistent with this hypothesis [14].   

The Carbon Cycle and The Early Ocean:  A po-
tential explanation for the observations is the possibil-
ity that climate episodes warm enough to maintain an 
active hydrologic cycle endured only long enough to 
produce the erosional features, but not long enough for 
calcium carbonate to reach saturation.  Consider a sce-
nario in which volcanic outgassing peaks during the 
Noachian, plausibly associated with the emplacement 
of a substantial fraction of the massive volcano-
tectonic Tharsis rise [15].  Such a volcanic event would 
have liberated significant water from the interior and 
raised atmospheric CO2.  In this case, fresh water 
would flow to topographic lowlands, with crustal water 
and perhaps precipitation in highlands replenishing the 
fluvial systems [cf. 16].  Silicate weathering would 
commence, with streams and rivers bringing alkalinity 
from the sites of silicate weathering to the low-lying 
basins, exactly as they do on the Earth today.  How-
ever, the delivery of alkalinity to the fresh water oceans 
would have a large effect on the atmospheric composi-
tion. 

Fresh water with no alkalinity can hold very little 
dissolved inorganic carbon.  As alkalinity increases, the 
pH rises, and more and more carbon enters the solu-
tion.  On Mars, the result of the formation of large 
freshwater ocean would be the transfer of carbon from 
the atmosphere into the ocean as silicate weathering 
proceeded.  The limit on alkalinity build-up in the Mar-
tian seawater would come when calcium carbonate 
became supersaturated and began to precipitate.  How-
ever, if the ocean volume were of large enough mass 
relative to the atmosphere, the uptake of CO2 would 
have the potential to reduce atmospheric pCO2 suffi-
ciently to lower the greenhouse forcing and plunge the 
planet back into a frost long before calcite saturation 

Sixth International Conference on Mars (2003) 3113.pdf



was ever reached. 
We are currently modeling this scenario for differ-

ent ocean volumes [e.e., 7, 17]  and different atmos-
pheric CO2 concentrations.  The calculations assume 
simple calcium silicate chemistry for the crust and use 
equilibrium constants appropriate for the system CaO-
CO2-H2O.  The critical assumption made here is that 
volcanic outgassing at this time was not ongoing at a 
sufficient rate to replace whatever CO2 was lost from 
the atmosphere by ocean uptake.   

In our model, the lack of observed abundant cal-
cium carbonate on Mars today is due simply to the fact 
that oceans on Mars never lasted long enough for alka-
linity to build up to saturation.  The idea that carbon 
uptake by a Martian ocean would provide a sufficient 
negative feedback to destabilize an equable Martian 
climate is highly speculative.  It represents one possible 
solution to the apparent contradiction between the clear 
evidence that liquid water existed on the Martian sur-
face during the late Noachian and the low level of cal-
cium carbonate so far detected on the Martian surface 
[13, 14].  Another class of hypotheses that we are ex-
ploring involves the possibility that calcium carbonate 
deposits were formed on the floor of a Martian ocean, 
but subsequent percolation of water into the subsurface 
dissolved the deposits, precipitating carbonate minerals 
in veins in the subsurface.   

 
References: [1] Carr M.H. (1996) Water on Mars, 
Oxford, New York. [2] Hoffman P.F. et al. (1998) Sci-
ence, 281, 1342-1346. [3] Hoffman, P.F. and D.P. 
Schrag  (2000) Sci, A.m,, 282, 62-75. [4] Schrag, DP 
(2002) Geochim Cosmochim Ac. 66 (15A): A688-
A688.[5]  Zuber M.T. et al. (1998) Science, 282, 2053-
2060.  [6] Smith D. E. et al. (1999) Science, 284, 1495-
1503.  [7] Smith D. E. et al. (2001) JGR, 106, 23,689-
23,722.  [8] Clifford S.M. and Parker T.J. (2001) 
Icarus 154, 40-79.  [9] Boynton W.V.  et al. (2002) 
Science, 297, 81-85.  [10] Feldman W.C.  et al.  ibid, 
75-78.  [11] Mitrofanov I. et al. (2002) Science, 297, 
78-81. [12] Hynek B. M. and Phillips R. J. (2001) Ge-
ology,, 29, 407-410. [13] Christensen P. C. et al. 
(2001) JGR, 106, 23,823-23,871. [14] Bandfield J.L. et 
al. (2003) LPSC XXXIV, #1723.  [15] Phillips R. J.  et 
al. (2001) Science, 291, 2587-2591.  [16] Craddock R. 
A. and Howard A. D. (2001) JGR, 107, 
10.1029/2001JE001505.  [17] Head J. W. et al. (1999) 
Science, 286, 2134-2137. 
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HYDROPHOBIC SURFACES OF SPACECRAFT COMPONENTS ENHANCE THE AGGREGATION OF 
MICROORGANISMS AND MAY LEAD TO HIGHER SURVIVAL RATES ON MARS.  A. C. Schuerger1 
and R. G. Kern2, 1Dynamac Corporation, Mail Code DYN-3, Kennedy Space Center, FL 32899, 
schueac@kscems.ksc.nasa.gov; 2Jet Propulsion Lab, Mars Exploration Directorate, Pasadena, CA 91109. 

 
Introduction:  Inorder to minimize the forward 

contamination of Mars, spacecraft are assembled under 
cleanroom conditions that often require several proce-
dures to clean and sterilize components.  Surface char-
acteteristics of spacecraft materials may contribute to 
microbial survival by protecting spores from sterilizing 
agents, including UV irradiation on the surface of 
Mars.  The primary objective of this study was to 
evaluate the effects of surface characteristics of several 
spacecraft materials on the survival of Bacillus subtilis 
spores under simulated Martian conditions.  

Methods:  Endospores of Bacillus subtilis HA-101 
were grown in a liquid sporulation medium, washed, 
and concentrated according to the procedures of 
Mancinelli and Klovstad [1].  Monolayers of 
B. subtilis endospores were prepared on spacecraft 
materials by depositing 1.25 x 106 endospores in 100 
µl of sterile deionized water (SDIW) to the upper sur-
faces of 1-cm2 coupons.  Eight spacecraft materials 
were used for these studies and included: two brands 
of uncoated aluminum 6061-T6, graphite, astroquartz, 
chem-film (i.e., alodine) treated aluminum, clear-
anodized aluminum, black-anodized aluminum, and 
stainless steel.  Spacecraft materials were UV-
sterilized for 1 hr prior to deposition of monolayers by 
exposure to a Hg-lamp (254 nm) at an intensity of 6.5 
W m-2.  Microdrops of suspended endospores were 
dried at 25 oC overnight in either a laminar flow hood 
or incubator. 

Monolayers of B. subtilis were then exposed to 
Martian conditions of pressure (8.5 mb), temperature  
(-10 oC), high CO2 atmosphere, and irradiated with a 
Mars-normal UV-VIS-NIR spectrum.  The simulations 
were conducted within a low-pressure Mars chamber 
at KSC as described elsewhere [2].  Monlayers were 
exposed to 1 min or 1 hr of Mars-normal UV irradia-
tion adjusted to simulate clear-sky conditions on equa-
torial Mars (tau = 0.5) at the mean orbital distance of 
Mars.  Mars simulations lasted 4 hrs total elapsed time 
from intial evacuation of room air from within the 
Mars chamber to repressurization of the chamber.  In 
addition, bacterial monolayers on all eight spacecraft 
materials were coated with gold and imaged with 
SEM.   

Results: When exposed to 1 min of Mars-normal 
UV, the numbers of viable B. subtilis spores were re-
duced 3-4 decades for both brands of Al 6061, 
stainless steel, chem-film treated Al, clear-anodized 
Al, and black-anodized Al.  In contrast, bacterial su-

vival was reduced only 1-2 decades for monolayers on 
graphite and astroquartz when bacterial spores were 
exposed to 1 min of Mars-normal UV irradiation. 

When bacterial monolayers were exposed to 1 hr of 
Mars-normal UV irradiation, no viable bacteria were 
recovered from both brands of Al 6061, stainless steel, 
chem-film treated Al, clear-anodized Al, and black-
anodized Al.  In contrast, bacterial suvival was re-
duced 2-3 decades for monolayers on graphite and 
astroquartz when bacterial spores were exposed to 1 hr 
of Mars-normal UV irradiation. 

SEM images of the bacterial monolayers revealed 
that endospores of B. subtilis formed large aggregates 
of multi-layered spores on the hydrophobic graphite 
(Fig. 1A) and astroquartz materials but not on the other 
six spacecraft materials (Fig. 1B shows clear-anodized 
aluminum). 

Conclusions: The higher survival rates for spores 
of B. subtilis on graphite and astroquartz were attrib-
uted to the formation of large mulit-layered aggregates 
of spores in which the lower layers were protected 
from UV irradiation by the overlying cells.  Aggre-
gates of endospores formed on the hydrophobic sur-
faces of graphite and astroquartz but did not form on 
the hydrophyllic materials.  Results indicate that the 
surface characteristics of spacecraft materials may con-
tribute to the survival of microorganisms when vehi-
cles are landed on Mars and exposed to direct and dif-
fuse UV irradiation. 

References: [1] Mancinelli, R. L. and Klovstad, 
M. (2000) Planetary Space Sci., 48, 1093-1097. 
[2] Schuerger A. C. et al., (2003) Icarus, [in press]. 
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OPHIOLITES AS ANALOGS TO HABITATS ON MARS.  M. Schulte and D. F. Blake, NASA Ames Research Cen-
ter, Exobiology Branch, Mail Stop 239-4, Moffett Field, CA 94035-1000, USA (mschulte@mail.arc.nasa.gov and 
dblake@mail.arc.nasa.gov). 

 
 
Introduction: Ophiolite sequences that are located 

in northern and central California provide easily acces-
sible areas that serve as good analogs for martian 
crustal rocks.  The rock types found in a typical ophio-
lite sequence compare well with those found in the 
Mars meteorites, and those expected from spectropho-
tometric analysis.  We have begun investigating and 
characterizing these sites in order to understand better 
the processes that may be responsible for the ground-
water chemistry, mineralogy and biology of similar en-
vironments on Mars. 

One of the processes known to occur during water-
rock reactions in mafic to ultramafic rocks at relatively 
low temperatures is serpentinization [1].  The general 
reaction for serpentinization of olivine is given by: 

 
olivine + H2O = serpentine + brucite +  

magnetite + H2. 
 

The serpentinization process results in an increase in 
volume, which results in increased cracking and in-
creased fluid flow in the rocks.  This exposes fresh frac-
ture surfaces to further water-rock reaction, thus sus-
taining the process.  In addition, serpentinization is a 
heat-generating process, which combined with fluid 
flow, leads to development of self-sustained hydro-
thermal cells.   

The geophysical and  geochemical processes in 
these terranes provide niches for unique commu nities 
of extremophiles and are the best terrestrial analogs for 
similar geochemical habitats on Mars. 

Ophiolites in northern California:  Ophiolites are 
sections of lower oceanic crust and upper mantle that 
have been thrust onto continental craton.  The rock 
types range in composition from mafic (basalts) in the 
upper section to ultramafic (peridotites) near the base.  
The ophiolites found in northern California include the 
Trinity, Josephine, Coast Range and Point Sal, all of 
which are approximately 160 million years old [2].  Flu-
ids from serpentinizing springs are generally alkaline 
with high pH and H2 contents [3-7], indicating that the 
mafic rock compositions control the fluid composition 
through water-rock reactions during relatively low-
grade hydrothermal processes.  There are significant 
amounts of primary mineralogy remaining in the rocks, 
meaning that substantial alteration processes are still 
occurring in these terranes. 

Mineralogy & petrology: We have analyzed the 
mineralogical composition of several rock samples col-

lected from the Coast Range Ophiolite near Clear Lake, 
CA.  The remnant primary mineralogy is fairly uniform 
in composition, with an olivine composition of Fo90, 
and with pyroxene compositions of En90 for orthopy-
roxene and En49Wo48Fs03 for the clinopyroxenes.  Other 
primary phases include chromites and other spinels.   

Examination of petrographic thin sections reveals 
that serpentinization reactions have occurred and are 
still occurring in these locations (Figure 1).  The ser-
pentine resulting from aqueous alteration of olivine and 
pyroxene resides in veins that are seen cross cutting 
the primary mineral grains.  There are several genera-
tions of alteration products, comprised mostly of ser-
pentines that are correspondingly magnesium rich, with 
magnetite, brucite and carbonates observed as acces-
sory minerals.  The formation of carbonates indicates 
the presence of CO2 in the altering fluid. 

Ophiolites as analogs for Mars:  Taken as a whole, 
the sequence of rocks found in ophiolites is likely to 
represent a good analog for the rock types that will be 
encountered during missions to Mars.  The Mars mete-
orites range from mafic to ultramafic (basalt- lherzolite-
dunite) in composition, and this range closely parallels 
the sequence of pillow basalt-gabbro-peridotite found 
in complete ophiolite sections. 

Because the potential mineralogy of Mars is similar 
to that in ophiolite sequences, the groundwater of 
Mars is likely to be basic (alkaline).  The resulting wa-
ter-rock reactions would be similar to those found in 
terrestrial ophiolite terranes; serpentinization reactions 
would produce similar assemblages of alteration miner-
als and self-sustaining hydrothermal cells could be 
established.  The resulting hydration reactions may 
also serve as a sink for significant amounts of water.  
The outflows seen on the martian surface may contain 
alteration assemblages similar to those seen in modern 
terrestrial ophiolite spring systems and are likely to 
include not only hydrated minerals, but also evaporites 
resulting from the exposure of alkaline fluids to the dry  
martian atmosphere.   

Ophiolites as biological habitats:  Since photosyn-
thesis does not appear to be present on the surface of 
Mars, any life on Mars will have to take advantage of 
the chemical energy available during water-rock reac-
tions in the martian crust.  One of the most primitive 
metabolic reactions among extremophiles is methano-
genesis, in which carbon dioxide is reduced to methane.  
The general reaction is given by: 

CO2 + H2 = CH4 + H2O. 
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Organisms living in ophiolite terranes could use the 

hydrogen that results from serpentinization reactions, 
along with ambient carbon dioxide to generate methane, 
thus using chemical energy as metabolic energy.  In 
addition to methanogenesis, other chemotrophic me-
tabolisms are possible in serpentinizing systems.  For 
example, some organisms are known to use H2 directly 
as an energy source and are likely candidates to inhabit 
these areas.   

We collected samples from Complexion Spring (Fig-
ure 2) in the Coast Range Ophiolite in order to deter-
mine whether the geochemical processes in these envi-
ronments are providing a niche for chemotrophic mi-
croorganisms, thus serving as geochemical habitats.  
DNA was extracted from sediment samples and the 16s 
rRNA gene was PCR amplified using Archaeal primers.  
Denaturing gradient gel electrophoresis (DGGE) was 
used to determine the community of Archaea thriving 
in these samples.  Our results indicate that there were 8 
different genera of Archaea in a single sample.  We 
were able to sequence one of the eight.  The sequence 
that was obtained was of an organism that is similar to 
Halorubrum tibetense, an alkalophilic Archaeon.  This 
result suggests that these environments are likely 
hosts for communities of organisms that are adapted 
for the unique chemical environment provided by the 
alkaline spring.   

Summary:  The geology, geochemistry, water 
chemistry, and biology of ophiolite terranes provide a 
good model for crustal processes that may be occurring 
on Mars.  The juxtaposition of liquid water and unsta-
ble minerals in these environments provides chemical 
energy sources that could be used by unique communi-
ties of microorganisms.  Understanding how these 
communities function on Earth could prove invaluable 
in searching for habitable zones during future missions 
to Mars.   

References: [1] McCollom T. M. and Seewald J. S. 
(2001) GCA, 65, 3769–3778. [2] Dickinson W. R. et al. 
(1996) GSA Today, 6, 1-10. [3] Coleman R. G. 
(1971) Geol. Soc. Am. Bull., 82, 897-918. [4] Neal C. and 
Stanger G. (1983) EPSL, 66, 315-320. [5] Neal C. and 
Stanger G. (1984) Mineral. Mag., 48, 237-241. [6] Peters 
E. K. (1993) GCA, 57, 1344–1345. [7] Kelley et al. (2001) 
Nature, 412, 145-149. 
 
 
 
 
 
 
 
 

 
Figure 1.  Olivine grain from Coast Range Ophiolite 
showing, with serpentinization alteration in veins.  Field 
of view is approximately 2 mm across. 

 
 
 
 
Figure 2. Sampling Complexion Spring in the Coast 
Range Ophiolite near Clear Lake, CA. 
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IMPACTS INTO POROUS VOLATILE-RICH SUBSTRATES ON MARS.  P. H. Schultz,. Brown University,
Department of Geological Sciences, P. O. Box 1846, Providence, RI 02912, peter_schultz@brown.edu.

     Introduction:  The current mantra "follow the water"
focuses research in order to understand fundamental aspects
of Martian climate history and the possibility of past (or even
present) life.  The multi-lobed ejecta around craters is often
used as evidence for water at depth (e.g., 1,2,3).  However,
this "evidence" is often an assumption used to draw a conclu-
sion.
        At issue are the underling processes that control the
different styles of ejecta emplacement.  Experiments (4,5)
theory (6,7) and data (5,6,7) for Martian crater ejecta all in-
dicate that the range of ejecta morphologies can be accom-
modated without the presence of water (or at least without
water as the controlling parameter).  The key parameter is the
characteristic post-impact grain size that can be entrained in
intense vortices created by the expanding ejecta curtain in the
presence of an atmosphere, even at late times.  This insight
provides an alternative use for impact ejecta morphologies: a
probe for assessing Martian lithologies.  The presence of
volatiles (including bound water or water/ice) may play a
secondary role.
     Impacts into Sedimentary Materials: Mars is covered
with regional accumulations (or remnants) of thick, easily
eroded sediments dating from the Noachian to today (8,9,10).
The marked contrast in erodability is illustrated by pedestal
craters perched on 0.1 km to 1.5 km outliers of sediments
now missing in the surrounding terrains.  The same degree of
differential erosion rates (DER) is presently expressed at
high latitudes but affect smaller craters (8).  Consequently,
volatile "cement" was proposed to account for the now-
missing sequences, while the remainder was removed.  Ar-
mouring by impact processes (ejecta, blast effects) preserved
these materials within the platform comprising the pedestal
crater.  One plausible model for this material is dirty snow
(mixtures of Martian loess and ice crystals). Natural snow on
Earth has a density of around 0.4g/cm3 and under load will
reach equilibrium of about 0.5g/cm3.  Consequently, crater-
ing in lower porosity sand targets may not even provide a
reasonable model for certain regions on Mars.  New labora-
tory impact experiments have been performed using perlite
and frozen water-saturated perlite as a surrogate material.
These experiments revealed unexpected changes in the exca-
vation process that have direct applications for Mars.
          The laboratory impact experiments were performed at
the NASA Ames Vertical Gun Range.  Quartz and pyrex
spheres (0.159 to 0.653 cm diameter) were used as projec-
tiles in order to simulate conditions of complete impactor
disruption at the higher velocities on Mars.  Impact angles
were varied from 15˚ to 90˚ (from horizontal) with velocities
ranging from 4 to 5.5. km/s.  Impacts into sand (porosity of
23%, density of 1.7 g/cm3) and fluffed pumice (porosity of
about 50%, density of 1.1 g/cm3) yielded similar evolution of
the cratering flow field.  This included the classical conical
ejecta curtain and parabolic transient crater with a Diameter:
depth (D:d) of 4:1 (referenced to the pre-impact surface).
Pumice targets produced a distinctive floor pit lined with
denser material as a result of deep penetration and compress
target material (densification).
     Highly porous perlite targets (porosity of 90% and density
of 0.1 g/cm3), however, produced a two-component ejecta

curtain: both a vertical plume and a more tenuous inclined
ejecta curtain. (Fig. 1).

Figure 1. Quarter-space experiment demonstrating the deep
initial penetration into a target composed of low-density per-
lite particles.  The anomalously small D:d ratio persists up to
the time of final crater growth, after which collapse destroys
the transient crater.  In addition, the vertical plume of ejecta
continues to evolve and collapses back into the crater. Impac-
tor was a 0.318 cm pyrex sphere launched at 6.1 km/s.

In addition, the crater cavity evolved with a D:d ratio of 1:2
to 1.5:1 before collapsing.  The final crater (for vertical im-
pacts) had little to do with the transient crater as ejecta from
the high-angle plume returned to the crater interior and as the
rim collapsed.   A high-angle plume, however, also develops
for lower angle impacts (Fig. 2).  Its axis evolves with the
growing cavity and is not just a reverse flow within the pene-
tration tube.

Figure 2.   Quarter-space experiment showing a 60˚ impact
(from horizontal) by a 0.318 cm pyrex sphere at 6.2 km/s.
Deep penetration occurs prior to lateral crater growth.  Total
crater volume during excavation is enhanced relative to sand
but collapses to appear much reduced.
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       The contrast between sand/pumice and perlite can be
explained by differences in the effective depth of burst
(EDOB).  The low-density, high-porosity perlite results in
deep penetration before complete transfer of energy and
momentum.  This results in containment and redirection of
shocked/comminuted/vaporized material into a near-vertical
plume containing lower velocity ejecta.  Shock coupling near
the surface also produces a weak surface-rarefaction wave
responsible for the classic conical curtain.  As impact angle
decreases to about 30˚ (from the horizontal), the EDOB de-
creases and the crater becomes more stable.
       Implications for Mars:  These new experiments have
several important implications for using craters as probes for
near-surface lithology.  First, small impacts (crater diameters
<10 km) into highly porous substrates (e.g., polar layered
terrains, circum-polar deposits, etc.) may be destroyed by
self-collapse as well as by later gradational processes.  If the
target exhibits strength (e.g., indurated layers), deep penetra-
tion may produce a deep transient crater but collapse de-
stroys the evidence (Fig. 3a).

Figure 3a. Anomalously shallow 8 km-diameter crater at
high latitudes (-59˚w, 344˚w). Raised rim is missing due to
rim collapse.  Viking Frame 573B58.

          Second, large craters (> 15 km) should exhibit thick,
near-rim ejecta due to a basal surge from gravity-collapse of
vertical plume.  Moreover, large secondary craters should
form due to loose clumps of ejecta comprising the advancing
curtain.  The resulting crater resembles a lunar impact since
the ejecta clusters accentuate secondary craters in the soft
surface material (Fig. 3b).

Because the ejecta curtain is more permeable, atmos-
pheric effects are reduced.  Third, high-porosity sediments
with indurated layers can result in anomalously small D:d
ratios as diameter is attributed to deep penetration.  

Figure 3b. Anomalously shallow 35 km-diameter complex
crater located in the thick equatorial mantling deposit.  Thick
inner rim, excessive collapse, and large secondaries are con-
sistent with being formed in highly porous materials.  Viking
frame 635A82.

Figure 4a. Crater diameter and depth relations for impact
craters produced in competent substrates, such as lava plains.

Figure 4b. Crater diameter and depth relations for impact
craters produced in soft sediments inferred from sensitivity to
wind erosion.  The consistently greater depth for a given
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 Shadow measurements of crater depths in different lithol o-
gies confirm this trend (Fig. 4).  And fourth, compressed
crater-floor materials become more resistant to erosion.  This
could account for high-standing saucer-shaped relicts within
deeply eroded sediments, i.e., inverted topography where the
relict crater floor stands in relief (Fig 5).

Figure 5. Diagram illustrating differential erosion of simple
and complex craters produced within easily eroded target
materials.  Small, simple craters eventually exhibit inverted
topography as more resistant, compressed floor material
stands in relief.  Larger, complex craters result in more com-
plex crater relicts.
         The effect of trapped volatiles may not play the role
normally attributed to them.  Heated volatiles should vapor-
ize or atomize under the PT conditions of post-Noachian
Mars.  Near-surface volatiles heated by the blast or volatiles
incorporated in the vortex-entrained ejecta flow may migrate
vertically after emplacement.  This process appears to have
occurred within ejecta facies in Argentina. Precipitates (car-
bonates. manganese) commonly occur at the base of the
ejecta deposits and form an indurated layer.  This may pro-
vide an additional mechanism for creating pedestal craters.

References: [1] Barlow, N. (1994) JGR, 99,
10,927-10,935. [2] Head, J. W. et al. (1999) Sci-
ence286, 2,134.[3] Garvin et al. (2000) LPS XXXI,
Abstract #1619. [4] Schultz, P. H.  (1992) JGR 97,
11,623-11662. [5]Barnouin-Jha, O. and Schultz, P. H.
(1996) JGR 101, 21,099-21,115. [6] Barnouin-Jha, O.
and Schultz, P. H. (1998) JGR 103, 25,739-25,756. [7]
Barnouin-Jha, O. and Schultz, P. H. (1999) Int. Jour.
Impact Eng. 23, 32-39.[8] Schultz, P. H. and Lutz, A.
B. (1988) Icarus 73, 91-141. [9] Grant, J. and Schultz,
P. (1990)Icarus 84, 166-195. [10] Tanaka, K. (2000)
Icarus144, 254-260.
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FROM MONTANA TO MARS:  USING THE JOURNALS OF LEWIS AND CLARK TO 
TEACH EXPLORATION SCIENCE FOR MARS.  D. M. Scott, NASA Educational Services, 
NASA Ames Research Center, Moffett Field CA 94035-1000, dscott@aesp.nasa.okstate.edu. 
 
 
The most important strategy for the future exploration of Mars is to prepare students and 
educators for that exploration. 
 
2003 is a “teachable year”. In 2003 NASA will send two new robotic rover explorers to Mars. 
2003 also marks the Bicentennial of the Lewis and Clark expedition. 
 
By examining the Lewis and Clark expedition as an analogue, in the context of modern-day 
exploration to other worlds, students can learn about their home planet as well as about issues 
central to all exploration. 
 
During the past five years, in cooperation with the University of Montana, a Guide for teaching 
exploration science using the Expedition and Journals of Lewis and Clark as an analogue for 
Mars, we have prepared an Educator’s Guide. Although designed with K-12 students in mind, it 
was also designed to be adaptable to all levels of education. 
 
In this session, the newly-published Guide will be presented and described. One or two activities 
may also be demonstrated. 
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ORIGIN AND EVOLUTION OF LAYERED DEPOSITS IN MERIDIANI PLANUM.  F. P. Seelos IV and R. 
E. Arvidson, McDonnell Center for the Space Sciences, Department of Earth and Planetary Sciences, Washington 
University, Box 1169, One Brookings Drive, St. Louis, MO 63130 (seelos@wunder.wustl.edu). 

 
Overview: Multiple remote sensing data sets were 

used to identify, characterize, map, and understand the 
origin and evolution of the hematite-bearing deposits 
[1] and associated units in the Meridiani Planum re-
gion of Mars. MOLA and MOC (WA and NA) data 
were used in combination to identify and map surface 
units based on planimetric configuration, topography, 
brightness, and texture and to infer superposition and 
embayment relationships (Figure 1). The boundary of 
the hematite-bearing deposits was delineated using the 
hematite index threshold as defined by Christensen et 
al. [1]. Surface properties of these units were then 
characterized using MOLA intra-shot pulse width de-
rived RMS roughness [2,3] and TES-based albedo, 
thermal inertia [4], and spectral emissivity [5]. The 
data indicate that: (a) the hematite-bearing unit is the 
remnant of the top stratum of a widespread layered 
complex that was deposited onto dissected cratered 
terrain; (b) the complex was covered by a extensive 
sedimentary mantle; (c) the entire region has been sub-

jected to differential aeolian erosion that has stripped 
the mantle, exposing underlying materials that in turn 
have been partially eroded by wind; and (d) the lay-
ered complex was emplaced as flows and tephra de-
posits, and the unusual albedo and spectral properties 
are consistent with alteration involving aqueous fluids, 
either during or after emplacement [6]. 

Surface Unit Characterization: The basal unit in 
the study area is Noachian cratered terrain that has 
been extensively dissected by channel systems and is 
termed the dissected cratered terrain or Unit DCT. The 
basal unit of the layered complex was termed the 
etched unit by Hynek et al. [7] and we retain that no-
menclature here as Unit E. Detailed analysis of WA 
and NA data shows that the morphology of Unit E is 
variable and includes extensive exposures of terrain 
characterized by: (a) relatively flat, dark polygonal 
blocks separated by bright, fractured ridges; (b) inter-
connected ridges and stepped plateaus that demarcate 
underlying plains into polygonal patterns; and (c) land-

Figure 1.  Surface units map for the Meridiani Planum region. The units identified in this study are the Dissected Cratered 
Terrain (DCT), Etched Terrain (E), Hematite Bearing Plains (Ph), Plains (P) ,and Mantled Cratered Terrain (MCT). The 
MER landing ellipse is centered on approximately 2° S, -6° E. 
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forms that consist of buttes, mesas, and what appear to 
be yardangs, often exposing layered deposits on cliff 
faces and slopes (Figure 2).  

The hematite-bearing plains unit (Ph) is strati-
graphically above the Unit E. NA data show that Unit 
Ph consists of smooth, dark plains that are locally re-
worked into dunes and that in many places only par-
tially cover Unit E (Figure 3). The northwestern edge 
of the Ph unit transitions to another plains-forming 
surface, herein termed Unit P. Based on available evi-
dence Unit P is believed to be a lateral facies variation 
and that both deposits overlie Unit E.  

Units DCT, E, P, and Ph are covered by a mantle in 
the northern portion of the study area that has been 
partially stripped by aeolian processes to expose un-
derlying materials. The mantled unit largely occurs on 
Noachian cratered terrain and is mapped as mantled 
cratered terrain unit or Unit MCT. Examination of WA 
and NA images covering the boundary between the 
Units E and MCT shows that the characteristics asso-
ciated with Unit E landforms become muted and even 
disappear beneath the mantle that defines Unit MCT. 
The thickness of the mantle is inferred to be approxi-
mately 10 m near the unit boundary, thickening to the 
north.     

Hypothesis Development: The morphology of 
Unit E includes landforms associated with emplace-
ment, burial, and differential aeolian erosion. A vol-
caniclastic origin is preferred for Unit E, and the entire 
layered complex, for several reasons. The deposits are 
widespread and not confined to a basin as they would 
be if the material accumulated in a lake or shallow sea. 
The inferred mineralogy for the complex is dominated 
by mafic igneous components, with the exception of 
hematite for the capping Ph unit, whereas minerals 
such as pyroxene and feldspar would not survive well 
in a lacustrine or marine environment. The regions 
within Unit E that exhibit dark polygons separated by 
bright ridges are interpreted to be exposed resistant 
materials that retain morphologic evidence for em-
placement even after burial and exhumation.  

Formation and evolution scenario. The following 
scenario is a plausible formation and evolution se-
quence for these landforms. Lava flows were deposited 
onto Unit DCT and subjected to isotropic extension 
that fractured the flows into polygons. Fracturing was 
followed by the emplacement of dikes and flows that 
were in turn extended to form horst-graben patterns 
aligned with dike emplacement azimuths. These land-
forms were then buried by volcaniclastic deposits and 
subsequently exhumed by wind. In other regions 
within Unit E the fractures became conduits for erup-
tion of volcaniclastic materials. Widespread tephra 
blanketed these areas, followed by aeolian erosion to 
expose the deposits. Regions above the source dikes 
would have accumulated the thickest deposits and per-
haps become the most indurated, thereby leaving be-
hind ridges and stepped plateaus as the region was 
exhumed. Units Ph and P are interpreted to represent 
the last stage of the volcaniclastic activity, producing a 
widespread cap that covered the complex. The hema-
tite bearing material within Ph has been locally re-
worked into dunes, probably as lag materials due to the 
high density of this mineral. 

Spectral considerations. Analysis of TES-derived 
emissivity spectra for the mapped units reveals that 
units DCT, E, and Ph are related mineralogically. The 
spectral signature for Unit DCT is intermediate to the 
Type I and Type II surfaces identified by Bandfied et 
al. [8] and is consistent with a basaltic mineralogy. 
Unit E, despite having a higher albedo and thermal 
inertia, differs only slightly from the DCT unit in spec-
tral emissivity. This slight variation in spectral charac-
ter is attributed to an increase in the abundance of vol-
canic glass. The spectral signature for Unit Ph is also 
comparable to unit DCT, with the addition of a signifi-
cant hematite component. In contrast, Unit E is quite 
distinct from the DCT and Ph units in the visible and 
reflected infrared wavelengths, appearing to be both 

Figure 2. Interconnected ridges forming polygonal terrain 
patterns characteristic of the Etched Unit.  
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brighter and redder. The unusual spectral characteris-
tics associated with Unit E are hypothesized to be due 
to glassy coatings that have devitrified to cryptocrys-
talline clays with embedded nanocrystalline hematite 
crystals, similar to relatively bright, red (in visible and 
reflected infrared wavelengths) palagonite coatings 
found on Mauna Kea, Hawaii [9]. It is attractive to 
ascribe both the formation of the hematite in Unit Ph 
and the bright, red color of Unit E to the presence of 
devitrified glasses, although such an explanation is 
certainly non-unique.  

Hypothesis Testing: We are in a fortunate position 
to be able to test and update the hypotheses presented 
with the Athena Payload on the Mars Exploration 
Rover. The rover will be able to investigate both the 
dark dune material, presumably the source of the 
hematite spectral signature, and the brighter substrate 
that is hypothesized to be exposures of the underlying 
Unit E. The mast-based remote sensing package con-
taining the Pancam imaging system and the Mini-TES 
emission spectrometer will serve to map the morphol-
ogy, physical properties, and mineralogy of the sites 
visited. Key questions that will be addressed over the 
course of the mission include the identification of the 
hematite-bearing material, the formation mode of the 
hematite itself, and the nature of the bright substrate. 
In addition, all of the acquired data will be used to test 
the idea that the materials and landforms were em-
placed volcanically as flows and tephra deposits, man-
tled, and then exhumed by wind action. Finally, it is 
expected that the complete mission data set will pro-
vide definitive tests of the nature and extent of interac-
tion of the surface materials with aqueous fluids and 
thus dramatically increase our understanding of the 
evidence for habitability on Mars. 

 
[1] Christensen P. R. et al. (2001) JGR, 106, 

23973-23886. [2] Garvin J. B. et al. (1999) GRL, 26, 
381-384. [3] Neumann G. A. et al. (in press). [4] Mel-
lon M. T. et al. (2001) Icarus, 148, 437-455. [5] Smith 
M. D. et al. (2000) JGR, 105, 9589-9607. [6] Arvidson 
R. E. et al. (in press). [7] Hynek B. M. et al. (2002) 
JGR, 107, 18. [8] Bandfield J. L. et al. (2000) Science, 
287, 1626-1630. [9] Morris R. V. et al. (2000) JGR, 
105, 1757-1817. 
 
 
 
 
 
 
 
 
 

 
 
 
 
 
 
 
 
 
 
 
 
 
 

 

Figure 3. Unit Ph  with exposures of the underlying Unit E. 
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TIME-DEPENDENT CALCULATIONS OF AN IMPACT-TRIGGERED RUNAWAY GREENHOUSE 
ATMOSPHERE ON MARS.  T. L. Segura1, O. B. Toon1, A. Colaprete2 1Laboratory for Atmospheric and Space 
Physics, University of Colorado (Mailing Address for first author: NASA-Ames Research Center MS 245-3 Moffett 
Field, CA  94035 segurat@colorado.edu), 2NASA-Ames Research Center. 
 

Introduction:  Large asteroid and comet impacts 
result in the production of thick (> tens of meters) 
global debris layers of 1500+ K and the release 
(through precipitation of impact-injected steam and 
melting ground ice) of large amounts (> tens of meters 
global equivalent thickness) of water on the surface of 
Mars [1]. Modeling shows [1] that the surface of Mars 
is still above the freezing point of water after the 
rainout of the impact-injected steam and melting of 
subsurface ice. The energy remaining in the hot debris 
layer will allow evaporation of this water back into the 
atmosphere where it may rain out at a later time. Given 
a sufficiently rapid supply of this water to the 
atmosphere it will initiate a temporary "runaway" 
greenhouse state.  

 
Impact Energy Discussion:  The kinetic energies 

involved in these large impacts are huge. Between 6 x 
1025 and 9 x 1026 J are delivered to the planet for 
asteroids of sizes 100 - 250 km, traveling at 9 km/s. 
The ejecta generated from the impact are distributed 
globally both ballistically and via the thermally 
expanding vapor cloud to produce global rock debris 
layers of 2.2 - 34 m thick [1]. The energy in the hot 
debris layer is from 2.5 - 3% of the total kinetic energy 
from the impact event, and the hot rock debris volume 
is from 4.2 - 7.8% of the crater volume and about 60% 
of the impactor volume (Fig. 1, [2]). Thus the energy 
in the rock layer is not a significant part of the total 
energy of the impact event itself, nor is the mass a 
significant portion of the mass lofted from the crater. If 
we imagine that all of the kinetic energy of the 
impactor is available to contribute to a runaway 
greenhouse state, we find that the planet may be in 
such a state for hundreds of years (Fig. 2).  

 
Current Study:  The research presented here 

focuses on how much warming can result from an 
impact-triggered runaway state, and how long such a 
state will last. We speculate on how this mechanism 
might have formed the valley networks on Mars.  

Model desctiption. The model used is a 1-D 
radiative-convective model coupled to a 1-D model of 
the regolith to calculate the evolution of the surface 
and subsurface temperatures. In the atmosphere, 
condensation of the injected water occurs when the 
relative humidity exceeds 100%. As the cloud moves 
downward through the atmosphere, rainout of the 
injected water occurs when the bottom layer has finally 
saturated. If the surface of the planet is warmer and 

moister than the atmosphere, this water is allowed to 
re-evaporate into the atmosphere, removing energy 
from the surface (rock layer), and adding water to the 
bottom atmospheric layer. We assume that this water is 
instantaneosly redistributed throughout the atmosphere 
chaning the water mixing ratios such that they are 
constant in height (but not in time). We have a 
background CO2 amount equivalent to a surface 
pressure of 150 mb such that when all of the water has 
precipitated out, and the surface is no longer warm 
enough to promote re-evaporation, the final surface 
pressure is 150 mb, all CO2.  

Discussion. These calculations differ from those 
done by Segura et al. in [1]. By adding the effect of 
latent heating in the atmosphere, the period of time the 
planet is above 273 K has increased almost 500% to 
several centuries for the largest (~ 250 km) objects. We 
believe the brief warming periods and large amounts of 
global water released from large impacts are definite 
keys to the study of formation of the Valley Networks 
on Mars. This idea is further supported by the work of 
Gregoire-Mazzocco et al. [3] who find from statistical 
analyses of the valley networks that they are immature 
and probably formed by catastrophic flows over short 
periods of time.  

 

 
Figure 1. Fraction of total kinetic energy from the 

impact event that goes into the debris layer (dotted 
curve), fraction of  the total lofted crater mass made up 
by the debris layer (dash-dot curve), and fraction of the 
impactor volume made up by the debris layer (dashed 
curve) as functions of impactor diameter.  
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Figure 2. Time we expect Mars to be in a 

"runaway" state as a function of impactor diameter. 
This curve assumes that all available energy in the rock 
layer goes to promoting runaway. 

 
References: [1] Segura T. L. et al. (2002) Science, 

298, 1977-1980. [2] Melosh H.G. (1989) Impact 
Cratering A Geologic Process, Oxford University 
Press, New York, NY. [3] Gregoire-Mazzocco H. et al. 
(2003) EGS-AGU-EUG, Abstract #EAE03-A-05401.
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THE MRO SUBSURFACE SOUNDING SHALLOW RADAR (SHARAD).  R. Seu1, R. Orosei2, D. Biccari1, A. 
Masdea1, 1INFOCOM Dpt., University of Rome “La Sapienza” (roberto.seu@uniroma1.it), 2IASF-CNR (oro-
sei@rm.iasf.cnr.it). 

 
 
Introduction:  SHARAD (SHAllow RADar) is a 

subsurface sounding radar provided by ASI as a Facil-
ity Instrument to NASA's 2005 Mars Reconnaissance 
Orbiter (MRO) mission for the characterisation of the 
uppermost part of the Martian interior. MRO will be 
launched on August 2005 from Cape Canaveral Air 
Force Station and will deliver a payload designed to 
provide observations from a low Mars orbit, with a 
nominal science period starting from September 2005. 
SHARAD operating parameters, a 20 MHz central 
frequency with a 10 MHz bandwidth, will allow to 
study the planet in a way that will be complementary 
to the Italian-US sounding radar MARSIS (Mars Ad-
vanced Radar for Subsurface and Ionosphere Sound-
ing) in terms of scale and resolution. 

Scientific Objectives:  The primary objective of 
the SHARAD experiment is to map dielectric inter-
faces to several hundred meters depth in the Martian 
subsurface and to interpret these results in terms of the 
occurrence and distribution of expected materials, in-
cluding competent rock, regolith, water and ice, with a 
vertical resolution of ~ 10 m and a horizontal resolu-
tion of a few hundred meters (300 m - 1 Km). It is ac-
knowledged that the surface of Mars will not be uni-
formly amenable to using radar sounding in the search 
for subsurface interfaces. However, it will be possible 
to find conditions of favourable radar viewing geome-
try, interface scattering, surface and volume scattering, 
and material properties, which may allow the identifi-
cation of subsurface layers from orbit. When strong 
internal reflections do occur, they will be identifiable 
as aqueous only by contextual inferences drawn from 
the characteristic geological context of water habitats. 
Independent of any ability to directly detect water or 
ice, SHARAD should make significant new data avail-
able toward addressing critical scientific problems on 
Mars, including the existence and distribution of bur-
ied paleo-channels, subsurface layering, an improved 
understanding of the electromagnetic properties of the 
"stealth" region, further insights into the nature of pat-
terned ground, and other morphologies suggestive of 
the presence of water at present or in the past. In addi-
tion, it should be possible to answer certain kinds of 
geologic questions, such as the character of the surface 
below the polar ice caps and the nature of some of the 
layered terrain. 

System Analysis:  The ability of SHARAD to 
achieve its science objectives will be largely dependent 
on the electrical properties, both permittivity and per-

meability, of the soil, degree of scattering off the sur-
face and volumetric debris, and the stratigraphical lay-
ering of the subsurface. 

Two simple layering models have been used for a 
first preliminary analysis of the theoretical detection 
capabilities of subsurface water and ice. In the first of 
these two models, called (I/W), the first layer is a po-
rous crust with the pores filled up by ice from the sur-
face down to a depth below which liquid water is sta-
ble and becomes the pore-filling material. In the sec-
ond model, called (D/I), the pore-filling material of the 
first layer is considered to be a gas or some other vac-
uum-equivalent material down to a depth, below which 
ice fills the pores. 

The dielectric properties of the mixtures of the dif-
ferent materials in the above mentioned models, have 
been evaluated as in [1]. 

For the surface scattering characteristics, an at-
tempt has been made to assess the extent and distribu-
tion of the surface clutter (i.e. the echoes from off-
nadir portions of the surface which can mask the time 
synchronous echoes reflected from the wanted subsur-
face layers) making use of the MOLA data set. 

For the evaluation of the interface detection per-
formance of SHARAD, the back scattering cross sec-
tions of concurrent echoes coming from the surface 
and subsurface layers have to be evaluated. Assuming 
as a first approximation that the surface and subsurface 
interfaces have the same average topographic charac-
teristics, the ratio of the above mentioned surface and 
subsurface echoes is directly proportional to the corre-
sponding Fresnel reflectivities. 

Considering the requirement on the penetration 
depth, a transmitted frequency of 20 MHz has been 
chosen. The chosen bandwidthis 10 MHz in order to 
obtain a free-space range (depth) resolution of 15 m. 
The required ground resolution is obtained via the 
classical pulse limited geometry in the cross track di-
rection and via a synthetic aperture processing in the 
along track direction with coherent data takes up to 
about a couple of seconds to achieve the better resolu-
tion required, that is 300 m. 

Performance Evaluation:  A preliminary sizing of 
the radar sounder requires the evaluation of the link 
budget with sounding assumptions for its relevant pa-
rameters which will guide the design of the SHARAD 
instrument. 

The single-look signal-to-noise ratio for non-
coherent surface back-scattering is given by [2]: 
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where Pp is the peak power, G the antenna gain, λ 
the wavelength, σ0 the surface backscattering coeffi-
cient, R the range, k the Boltzmann constant, TS the 
system temperature, L the propagation losses, ∆ the 
range resolution, Vt the spacecraft tangential velocity 
and DC the system duty cycle. 

To evaluate the radar equation in the above equa-
tion, it is assumed that the peak power radiated by the 
antenna is 10 Watts, the range resolution in free space 
is 15 meters, the average altitude is 300 Km and the 
duty cycle is about 5%. 

The link budget with the above mentioned system 
assumptions is shown in the following table: 

Scenario I/W D/I 
 S/N(dB) S/N (dB) 
Pp (10 W) 10 10 
G2 0 0 
λ3 35 35 
σ0 54÷0 54÷-8 
64π3 -33 -33 
R2.5 (R=300Km) -137 -137 
k (=1.38 10-23) 228 228 
TSL (Braun Model) -49 -49 

)15(2 m=∆∆  7 7 

DC (5%) -13 -13 
Vt (4 Km/sec) -36 -36 
Single Look S/N 66÷12 66÷4 

 
Hardware Description: SHARAD consist of 3 

major subsystems (S/S): Antenna S/S, Radio Fre-
quency (RF) S/S, and Digital S/S. The antenna is es-
sentially composed of a dipole radiating element 
roughly matched in length to half the wavelength of 
the carrier frequency. An impedance matching network 
is also required to match the transmitter and antenna 
impedances. 

The radar will transmit frequency-modulated radar 
pulses about 85 microseconds long and with a 10 MHz 
bandwidth. To cope with the 300 - 1000 m spatial 
resolution requirement, SHARAD shall actually oper-
ate as a nadir looking synthetic aperture radar sounder. 

Moreover in order to improve the subsurface de-
tectability, the same synthetic aperture concept could 
also be applied in the cross-track direction by process-
ing, on ground on a best effort basis, the coherent data 
taken from many appropriate close orbits if available. 
Different non-coherent processing techniques are un-
der analysis as well. 

Science Operations:  Being an active instrument, 
and with a frequency range much higher than the Mar-
tian ionosphere plasma frequency, SHARAD is in 
principle able to operate at any time in the orbit, inde-
pendently of the sun illumination conditions. During 
its normal operation SHARAD will be a table-
controlled instrument, switching among different 
modes of operation according to a pre-determined se-
quence of commands. At every switch-on of the radar 
a certain amount of time (in the order of 5 minutes) is 
required to pass the instrument into science operation. 
Within a single orbit, the instrument will be operated 
in any of its observation modes, in any desired se-
quence and can be operated continuously or discon-
tinuously. 

SHARAD on-board processing of the pulse echoes 
consists in artificially adding a delay, corresponding to 
a phase shift, to the samples of each pulse, and then in 
summing the samples so as to allow the constructive 
sum of the signal component whose delay (phase shift) 
from one pulse to the next corresponds to the nadir 
direction. Synthetic aperture processing of SHARAD 
pre-summed echoes will take place on the ground: this 
allows for the longer synthetic apertures which are 
needed to achieve the desired along-track horizontal 
resolution. 

References: [1] Picardi G. et al. (1998) 
INFOCOM Document n. N188-23/2/1998. [2] Picardi 
G. et al. (1999) INFOCOM Technical Report 
007/005/99. 
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PAVONIS MONS FAN-SHAPED DEPOSIT: A COLD-BASED GLACIAL ORIGIN.  D. E. Shean1 and J. W. 
Head1, 1Brown University, David_Shean@Brown.edu, James_Head@Brown.edu 
 

Introduction: Each of the three Tharsis Montes 
volcanoes on Mars has an unusual fan-shaped deposit 
located exclusively to the northwest of each shield. 
The fan-shaped deposits of the Tharsis Montes 
generally share three major facies: 1) ridged facies, 2) 
knobby facies, and 3) smooth facies.  Here we examine 
the Pavonis fan-shaped deposit using new Mars Global 
Surveyor and Mars Odyssey data.  Any explanation for 
the origin of the fan-shaped deposits must take into 
account both the similarities and differences in their 
morphologies, their approximately similar Amazonian 
age, and the fact that all three occur on the west-
northwestern sides of the volcanoes [1].  Based on 
Viking Orbiter data, several models have been 
proposed for their formation, including landslides [2], 
glacial processes [3,4,5,6] and pyroclastic flows [6].  
Williams [3] and Lucchitta [4] suggest that the fan-
shaped deposits consist of moraines deposited during 
recession of local ice caps that formed on the 
volcanoes from mixtures of emanated volatiles and 
erupted ash [4].  Scott et al [6] suggest an explanation 
combining glacial and volcanic processes. 

We have re-examined the fan-shaped deposits 
utilizing new data from Mars Global Surveyor 
(MOLA, MOC) and Mars Odyssey (THEMIS, GRS 
Suite).  This analysis, together with an assessment of 
terrestrial analogs of cold-based glaciers [7] suggests 
that the Pavonis fan-shaped deposit was formed by 
cold-based glaciers that existed in recent Martian 
history.  

The Pavonis fan-shaped deposit (Figure 1) extends 
approximately 250 km northwest of the shield base 
along a N35°W trend [5].  The deposit ranges from 
3.0-8.5 km above the Mars datum and covers an area 
of 75,000 km2, approximately half of the area covered 
by the Arsia deposit.  

Ridged Facies: The ridged facies consists of a 
series of hundreds of concentric, parallel ridges around 
the distal margins of the deposit (Figure 1).  The 
Pavonis ridged facies is characterized by a larger, 50-
100 m high outer ridge with smaller 5-30 m concentric, 
inner ridges.  The ridged facies is also observed in the 
central regions fan-shaped deposit, with some inner 
ridges only 70 km from the base of the shield.  This 
aspect of the ridged facies is unique to Pavonis, 
although the Arsia ridged facies do appear to continue 
beneath the knobby facies [7].   

Based on their morphology, we interpret these 
ridges as drop moraines formed at the margins of a 
retreating cold-based glacier [7, 8].  The fact that these 
ridges can be seen in proximal regions of the fan-
shaped deposit suggests that at least one major phase 
of retreat and deposition occurred.  In addition, the 

ridges are superposed without modification on 
underlying topography, including a lobate lava flow to 
the west. The fact that the ridged facies is observed up 
to elevations of 8.5 km above Mars datum on the 
northern flanks of Pavonis suggests that the proposed 
glacier covered a significant portion of the shield 
flanks. 

 

 
 
Figure 1: Geologic map of Pavonis Mons and associated fan-
shaped deposit (adopted from Zimbelman and Edgett [5]), 
colored and draped over a MOLA shaded relief map.  Units 
of the fan-shaped deposit are as follows: ridged facies (R & 
RK), smooth facies (S), knobby facies (K), and flow-like 
features (L).  Some unit boundaries have been re-defined 
using new data (see Figure 2 for updated smooth facies map). 

 
Knobby Facies: The knobby or hummocky facies 

consists of sub-km scale knobs and valleys that are 
subrounded to elongated downslope in places [7].  The 
density of the knobby facies varies within the Pavonis 
fan-shaped deposit, with the highest concentrations in 
the northeastern and western regions of the deposit 
(Figure 1).  The knobby facies appears to superpose 
underlying features including the ridged facies and 
flow-like features.  We interpret the knobby facies as 
sublimation till derived from in situ down-wasting of 
ash-rich glacier ice [7, 8]. 
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Smooth Facies: The smooth terrain at Pavonis 
covers an area of approximately 12,000 km2 and is 
morphologically unique when compared to the Arsia 
smooth facies.  There are four isolated regions of the 
smooth facies within the Pavonis deposit; the largest of 
which is a continuous deposit north of the shield 
extending into the central regions of the fan-shaped 
deposit (Figures 1 & 2). The smooth deposits are 
characterized by broad, gentle slopes with very few 
impact craters and vast dune fields covering the 
surface.   These dunes are generally 5-15 m high, 30-
100 m wide, with a spacing of around 50-100 m.  The 
smooth facies has the lowest albedo values of any 
features within the fan-shaped deposit, while within 
the smooth facies, thinner areas around the margins 
have a lower albedo than the thicker, central regions.   

The smooth terrain superposes all other facies 
within the Pavonis fan-shaped deposit.  For this reason, 
it has been suggested that the smooth facies may 
represent pyroclastic flows erupted from volcanic 
vents after the emplacement of the ridged and knobby 
facies [7].   However, MOLA topography reveals that 
the smooth terrain does not “flow” into regions of low 
elevation the way such volcanic flows would be 
expected to behave.  Instead, the smooth facies 
consists of convex-outward lobes with central 
elevations of over 700 m higher than the contact with 
surrounding terrain (Figure 3). 

There are two smaller isolated outliers of the 
smooth terrain approximately 60 and 80 km west of the 
main deposit.  The larger of the two outliers is over 60 
km long and 20 km across at its widest point with a 
maximum elevation of around 400 m above the 
surrounding plains.  The smaller outlier is 
approximately 25 km long and 10 km across with a 
maximum elevation of around 350 m above the 
surroundings.  In addition, a small region of the 
smooth facies is present on the opposite side of a 
topographic barrier adjacent to the main smooth facies 
deposit (Figure 2).  The presence of these outliers 
suggests that the smooth facies is probably not the 
result of one large volcanic event from a single source; 
no vents have been seen anywhere near the two 
outliers, which are over 150 km from the base of the 
shield.  It is also unlikely that any pyroclastic flow 
would be viscous enough to achieve the observed 
elevations. 

Instead, it appears that these outliers may be 
remnants of a larger, continuous smooth terrain deposit 
that existed late in the evolution of the Pavonis fan-
shaped deposit.  The western margin of the main 
smooth deposit has a much steeper slope (~3-4˚) than 
any of the other margins which gently slope (<1˚) into 
the surrounding terrain.  This steeper region of the 
main smooth facies deposit has dimensions of 
approximately 60-70 km long with a relief of nearly 

500 m and elevation of around 3.6-3.7 km above mars 
datum.  The larger, inner outlier has a length of around 
60 km and an elevation of approximately 3.6 km above 
mars datum (Figure 3).  This consistency in elevation 
and length between the two sections of smooth terrain, 
along with their proximity and apparent alignment, 
suggests that they may have been part of a larger 
smooth deposit in recent Martian history. 

 

 
 
Figure 2: A) MOLA shaded relief map of northern fan-
shaped deposit with false illumination from the North; B) 
Sketch map outlining smooth facies (red) and additional set 
of ridges (black) and eastern scarp (blue).  Green line is 
location of MOLA profile in Figure 3. 

 

 
Figure 3: MOLA profile at 4.83˚ N (see green line in Figure 
2 for context) across the fan-shaped deposit (118˚-112˚ W) 
showing the topography of the smooth facies.  Vertical 
exaggeration is 300x. 
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We interpret the smooth terrain to be dust-covered 
residual ice from the last major Pavonis Mons cold-
based glacier.  At its furthest extent, this ice sheet 
would have covered a significant portion of the fan-
shaped deposit.  Within the glacier, regions with thick 
debris cover would be preserved, while surrounding 
regions with thinner insulation would sublimate 
relatively rapidly.  Thus, the presence of the four 
isolated regions of smooth terrain under current 
climate conditions indicates that they are most likely 
insulated by a significant debris cover, possibly a few 
meters thick.   

Evidence for Multiple Phases: An additional 
series of ridges appear to superpose all other units of 
the Pavonis fan-shaped deposit, including the ridged 
facies (Figure 2) [8].  These ridges are not concentric 
to the margins of the fan-shaped deposit and cannot be 
classified as members of the outer ridged facies.  
Instead, they appear to be concentric to the current 
margins of the smooth facies, and are most pronounced 
to the north of the smooth facies, suggesting that the 
two are related.  The longest of these ridges can be 
traced for over 300 km and reaches heights of over 80 
m above the surrounding terrain.  The outermost of 
these ridges actually extends beyond the ridged facies 
along the northern fan-shaped deposit boundary onto 
the surrounding Tharsis plains.  We interpret these 
additional ridges to be drop moraines, deposited during 
retreat of a larger smooth facies ice sheet.  This 
additional set of ridges indicates that a minimum of 
two phases of moraine deposition occurred, 
specifically during the formation of the ridged facies 
and later the additional smooth facies ridges.  

Flow-like Features: An area of several unique 
flow-like features exists in the western regions of the 
fan-shaped deposit (Figure 1) which have been 
previously classified as “lobate flow features” [5].  
These features are morphologically different from 
subaerial lava flows at higher elevations on the flanks 
of Pavonis and also from the Tharsis Plains flows 
beyond the fan-shaped deposit to the west.  They 
consist of elevated plateaus with leveed edges and 
steep walls, some with relief of over 500 m.  High-
resolution MOC images and THEMIS Day IR images 
across these flow-like features reveal that they are 
superposed in places by the knobby facies, which 
continues uninterrupted onto the surrounding terrain.  
Based on Viking Orbiter data, Scott et al [6] identify 
these features as elongate, sinuous ridges and suggest 
that they may be eskers formed by deposition of 
sedimentary material beneath or within a wasting ice 
sheet.  They suggest an alternative explanation that 
these features may be unique lava flows originating 
from troughs on the lower western flank of Pavonis [5, 
6].   MOLA topography data have revealed that these 
features are most likely lava flows; however, their 

steep scarps and leveed edges are not characteristic of 
typical martian lava flows.  A possible explanation for 
these features involves subglacial eruptions [9].  This 
would be consistent with the observation that the 
knobby (hummocky) facies appears to superpose some 
of the flows without interruption.  Subglacial flows of 
this volume would be expected to produce a significant 
amount of heat and meltwater.  We have not observed 
any features indicative of large releases of subglacial 
water reservoirs similar to terrestrial jokulhlaups; 
however such features may not be associated with 
cold-based glaciers.   

Radial Ridges:  Several linear ridges are present in 
the central regions of the fan-shaped deposits.  These 
ridges are radial to the base of the shield and have 
dimensions of approximately 100-200 m high, 1 km 
wide, and 30-60 km long.  One of these ridges 
continues beneath the smooth terrain and another is 
superposed by the western flow-like features.  They 
have previously been interpreted as levees at the 
margins of a broad flow channel [10] and eskers [6].  
Analysis of high-resolution MOC images and 
THEMIS Day IR images suggests that these features 
may be radial dikes, which possibly erupted in a 
subglacial environment [9].  

Eastern Scarp: Additional evidence in support of 
the glacial hypothesis is seen where the Pavonis fan-
shaped deposit is bounded to the east by flows (Figures 
1 & 2).  A large scarp exists in these regions where the 
fan-shaped deposit is 200-250 m lower than the 
adjacent lava plains [8].  It appears that these lava 
flows were deflected from flowing toward lower 
topographic areas and instead continue for over 100 
km to the north-northwest.  This type of behavior 
would not be physically possibly unless some obstacle 
was present to deflect the flows. The most likely 
candidate would be a large ice sheet with a relief of at 
least 250 m that existed at the time of lava 
emplacement.   

Observations of Viking orbiter images reveal that 
the knobby facies actually extends an additional 5-10 
km beyond the scarp onto the lava plains.  We have 
developed the following model to explain the scarp 
formation and associated features: 1) a large cold-
based glacier existed with outer margins at the current 
location of the scarp, 2) lava flows from Pavonis flank 
eruptions bank up against the ice sheet, cool and 
solidify, 3) due to net accumulation, the cold-based 
glacier undergoes an additional 5-10 km of advance 
onto the newly formed lava plains, followed by 4) 
subsequent sublimation, down-wasting and deposition 
of debris as the knobby facies. 

Cold-Based Glacial Model: Current temperatures 
on Mars are such that glacial activity is more likely to 
be similar to terrestrial polar glaciers (cold-based) as 
opposed to wet-based glaciers typical of more 
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temperate latitudes [7].  The fan-shaped deposit at 
Pavonis Mons provides significant evidence in support 
of a cold-based glacial model.  The ridged facies bears 
a striking similarity to terrestrial drop moraines 
associated with recession and deposition by terrestrial 
cold-based glaciers such as the Antarctic Dry Valleys 
[7].  In addition, the knobby facies appears to be debris 
deposited during sublimation and down-wasting of 
glacial ice, similar to sublimation tills observed in the 
Antarctic Dry Valleys [7].  Finally, based on MOLA 
topography, MOC images and THEMIS day IR 
images, we believe that the smooth facies consists of 
debris-covered residual ice from the most recent phase 
of glaciation at Pavonis. 

Origin of Proposed Glacier: The obliquity of 
Mars varies chaotically between 0° and 60° [11].  The 
proposed ice sheet(s) could have formed during 
periods of high obliquity where equatorial regions 
receive less solar insulation than the poles and can 
become cold traps [12].  Under these conditions, 
significant evaporative loss of any volatiles at the poles 
would occur [12].  These evaporative losses would 
increase the atmospheric volatile content, eventually 
resulting in precipitation at cold traps.  Thus, “at high 
obliquities (>35°), significant amounts of water could 
be transported equatorward to be deposited as ice at 
low latitudes” [13].  It is possible that during periods of 
high obliquity, “a localized icecap could have been 
enhanced by orographic effects on wind circulation" 
[13].  This process involves the same principle as a 
terrestrial rain shadow where an air mass with high 
moisture content is forced upward by the topography 
of the surface below.  As the air mass moves upward, 
the moisture is precipitated out on the windward side 
of the obstacle, leaving the lee side in a “rain shadow”.  
The fact that all three of the Tharsis Montes fan-shaped 
deposits are observed on the west-northwestern side of 
each shield would indicate that regional winds out of 
the west-northwest existed at the time of deposition.  
Under current climactic conditions, large water ice 
clouds are observed on the west-northwestern side of 
each of the Tharsis Montes in daily MOC wide angle 
mosaics, suggesting that the rain shadow hypothesis is 
viable (Figure 4).  The more northerly trend of the 
Pavonis fan-shaped deposit (N35°W at Pavonis vs. 
N65°W at Arsia and N85°W at Ascreus [7]) may have 
been influenced by a broad topographic rise to the west 
of Pavonis Mons deflecting the glacier to the north. 

If these cold-based glaciers formed during times of 
active volcanism, their composition would be 
influenced by erupted volatiles and ash [4].  The 
proposed ice sheets undoubtedly contained a 
significant amount of englacial and supraglacial debris.  
This debris would be deposited as the ice sublimated 
and retreated, forming the features of the fan-shaped 
deposits. 

References: [1] K Edgett, LPSC 20, 256, 1989; [2] 
Carr et al, JGR, 82, 3985, 1977; [3] R Williams, GSA 
10, 517, 1978; [4] B Lucchitta, Icarus, 45, 264, 1981; 
[5] J Zimbelman and K Edgett, LPSC 22, 31, 1992; [6] 
Scott et al, USGS Geol. Map, 1998; [7] J Head and D 
Marchant, In Press, Geology, 2003; [8] D Shean and J 
Head, LPSC 34, 2003; [9] L Wilson and J Head, Geol. 
Soc. SP202, 2002; [10] C Hodges and H Moore, USGS 
Prof. Paper 1534, 1994; [11] J Laskar and P Robutel, 
Nature, 362, 608, 1993; [12] B Jakosky and M Carr, 
Nature, 315, 559, 1985; [13] M Carr, Water on Mars, 
1996. 
 

 
 
Figure 4: Mars Global Surveyor daily weather image mosaic 
taken April 1999 during a normal Northern summer day.  
Bluish-white water ice clouds are present to the north-
northwest of each of the Tharsis Montes (Image credit 
NASA/JPL/MSSS #PIA02066). 
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SIMULATIONS OF MESOSCALE CIRCULATIONS AND WATER TRANSPORT IN REGIONS OF WATER ICE BEING
EXPOSED: FIRST 2-D ENSEMBLE RESULTS. T. Siili, Finnish Meteorological Institute, Geophysical Research Division,
PO Box 503, FIN-00101 Helsinki, Finland (Tero.Siili@fmi.fi).

Introduction and background The University of Helsinki’s
2-D Mesoscale Circulation Model (MCM) [1] has been adap-
ted for Martian conditions in early 1990s [2] to create the
University of Helsinki (UH), Division of Amospheric Sci-
ences (ATM) 2-D Mars MCM (MMCM). The model has
subsequently been used and developed at both UH/ATM and
Finnish Meteorological Institute (FMI), Geophysical Research
(GEO) to study a number of martian mesoscale circulations,
especially so-calledsurface-inducedphenomena. Among the
forcing and circulation types are slope and (CO2 and H2O) ice
edge winds, winds driven by variations in albedo and thermal
inertia and horizontal dust optical thickness [2–5]. A fairly
comprehensive description of the model can be found in,e.g.
[6].

Ensemble approach So far this model — and other MMCMs
— has been used in what might be calledsingle-forecastmode,
producing a single simulation result or a forecast from es-
sentially a single set of initial and boundary conditions. As
those conditions are bound to have errors and the models are
sensitive to initial conditions,ensemble-type approaches have,
however, been and are being introduced to operational numer-
ical weather prediction systems in the recent years. In these
approaches a set of simulations with varied and disturbed ini-
tial or boundary conditions is run and the forecast is derived
from the set of results using,e.g., statistical analyses. These
approaches provide improved confidence in the range of and
perhaps better robustness of the results obtained. Such multi-
run approaches naturally, however, multiply the requirements
for computational resources and are hence in many cases pro-
hibitively costly, even in terrestrial operational applications.
For an introduction of the ensemble approaches,see, e.g., the
Web site (and links and references therein) of the European
Centre for Medium-range Weather Forecasts (ECMWF) at
http://www.ecmwf.int/ .

For Mars research purposes the 3-D MMCMs are much
more realistic, but in the foreseeable future computationally
much too expensive for such systematical and more compre-
hensive statistical studies. The considerably lesser computa-
tional cost of the 2-D MMCM in comparison to 3-D models
renders the 2-D MMCM, however, a much more feasible tool
for use in studies usingparameter space mappingand en-
semble-type approaches with reasonable set or sample sizes
— in this early phase from of the order of five (5) to perhaps
few tens of simulations.

Parameter space mapping implies a set of simulations run
using,e.g., systematically and deterministically varied initial
or boundary values of some parameters (essentially using a
parameter space grid) to investigate and analyse — also with
statistical methods — the domain and range of the results.
Ensemble-type approach includes in addition or in stead intro-
duction of random variations in selected parameters, creating

essentially a Monte-Carlo type approach.

Case study: region of sublimating CO2 over H2O ice An
environment enabling pilot study use of the 2-D MMCM in
an ensemble mode is being developed and implemented at
FMI/GEO. This environment comprises simulation prepara-
tion (including selection of variables to-be-perturbed) as well
as analysis tools. Our first application of the system is an
idealised sensitivity study of mesoscale circulation and water
transport phenomena occurring and emerging in a polar cap
region where H2O ice is being exposed in the springtime from
under the wintertime CO2 cover — perhaps in a patchy and ir-
regular fashion. Such processes occur regularly in the northern
polar region and apparently also in the southern polar region
[7–9].

In a configuration and situation such as thissea-breezetype
forcings are caused by contrasts, discontinuities and variations
in ice coverage (due to the difference in thermal of CO2 and
H2O ice surfaces caused by CO2 ice being held at saturation
temperature), in surface albedo and in the thermal inertia of the
near-surface layers. The exposed H2O ice will exhibit higher
temperatures than the adjacent or encircling CO2 ice creating
a horizontal thermal contrast. The resulting forcings in turn
give rise to circulation cells over the interface regions; the
sensitivity and range of onset and evolution of these circulation
cells and their associated transport of H2O sublimated from the
exposed region is investigated here. The perturbed and varied
quantities can include,e.g., the fraction of CO2 coverage in a
given grid box, H2O ice thermal inertia and ice surface albedo.

Our goals here include: initial testing of the feasibility of
the ensemble approach as well as provision of improved (and
perhaps more robust) insight into this type of regional features
of the Martian mesoscale circulations and the associated water
cycle.
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ORIGIN OF PHOBOS AND DEIMOS: A NEW CAPTURE MODEL.  S. Fred Singer, Univ. of Virginia; Science & Envi-
ronmental Policy Project, 1600 S. Eads St, Ste 712-S, Arlington, VA 22202 <singer@sepp.org> 
 

 
Introduction:  The origin of the Martian satel-

lites presents a puzzle of long standing.  Conventional hy-
potheses either violate physical laws or have difficulty ac-
counting for the observed orbits.  Both satellites have near-
circular and near-equatorial orbits.  Phobos’ orbit has been 
observed to shrink (since its discovery in 1877), indicating 
the influence of tidal perturbations.  Extrapolating their or-
bits backward in time yields nearly identical circular orbits at 
the synchronous limit, followed by parabolic orbits suggest-
ing capture [1].  But there is no obvious mechanism for en-
ergy dissipation to capture of these small bodies; nor should 
such capture yield equatorial orbits [2]. 
 
Contemporaneous formation with the planet Mars is contra-
dicted by dynamics.  The obliquity of Mars’ axis, about 25 , 
indicates formation by stochastic impacts of large planetesi-
mals, at least in the last stages of Mars accumulation.  But 
the equatorial orbits of the satellites would require that the 
obliquity of Mars changed quasi-adiabatically, i.e., very 
slowly compared to the orbital periods of the moons.  This 
suggests that Mars acquired the moons only after its forma-
tion was completed, but it leaves the mechanism uncertain. 
 
With capture and contemporaneous formation both unlikely, 
we propose a third possibility:  Capture of a large Mars-
Moon, during or shortly after the formation of the planet, 
with Phobos and Deimos as its surviving remnants.  Argu-
ments are given in favor of such a hypothesis and illustrative 
examples are shown. 
 

Arguments for a Capture Origin of Phobos and 
Deimos: 
1.  Capture of a large body is dynamically easier, since the 
greater tidal friction is likely to dissipate sufficient kinetic 
energy to turn an initially hyperbolic orbit into a bound ellip-
tic orbit. 
 
2.  A large Mars-Moon (M-M) would change the angular 
momentum of Mars in the capture process.  Analogous to the 
Earth-Moon case, our calculations show that M-M’s initial 
orbit would be inclined and even retrograde, but its final 
orbit would be prograde, near-equatorial, and at the synchro-
nous limit. 
 
3.  Capture of M-M from a retrograde orbit would reduce the 
angular momentum of Mars, dissipate kinetic energy of rota-
tion, and contribute internal heat energy required for melting 
the planet. 
 
4.  The close passage of the Mars-Moon within the Roche 
limit would have fractured it.  Tidal friction would soon 
drive the largest pieces into Mars, with the smallest pieces 
remaining as Phobos and Deimos.  Phobos is spiraling into 
Mars now and will disappear in a few million years; but 
Deimos, beyond the synchronous orbit limit, will survive 
against tidal friction. 

 
5.  The present orbit of Phobos makes it likely that more 
massive fragments existed in the past and have spiraled into 
Mars because of by tidal perturbation -- lifetime being in-
versely proportional to mass.  [“If the dinosaurs had had 
better telescopes, they would have observed them.] 
 
6.  The present orbit of Deimos, just beyond the synchronous 
limit, provides an important clue about its origin 
 
7.  There are no ready alternatives to explain the origin of the 
Martian moons. 
 
A fundamental prediction is that the moons are similar in 
composition and petrology.  While they do not appear to be 
similar, this difference might be explained by differences in 
the regoliths covering their surfaces.  We need both surface 
and deep samples to decide this issue, and to investigate 
whether Phobos and Deimos once formed parts of a larger 
body, most of which has now disappeared, perhaps by im-
pacting on Mars. 
 

A Sketch of the New Capture Hypothesis:  
We assume that near the end of the process of Mars 
assembly from planetesimals one body passed close 
enough to lose energy by tidal perturbation -- changing 
its orbit from parabolic to elliptic and so becoming 
captured.  [There are several schemes available that 
would enhance such an energy loss.]  The initial orbit 
is assumed to be retrograde.  Also, the impact parame-
ter is small enough to place the prospective Mars-
Moon (M-M) well within the classical Roche limit to 
cause fragmentation.  The pieces re-accrete after pas-
sage, but we are now dealing with a rubble pile. 
 
Rather quickly , the orbit becomes prograde and near-
equatorial [3] and ends up at the planet’s synchronous 
orbit limit [1].  Simultaneously, the planet undergoes 
changes in its spin angular momentum (and dissipates 
kinetic energy of rotation [4] into internal heating) in 
order to keep the vector sum of angular momentum of 
M + M-M constant. 
 
But the synchronous orbit is unstable [1], with the bulk of 
M-M ending up within that orbit and Deimos just beyond it.  
The bulk of M-M now spirals in towards Mars because of 
tidal perturbations.  In the process, it may break up, with the 
most massive pieces spiraling in most rapidly.  Phobos hap-
pens to be the smallest fragment and so survived to this day 
(but will die in a few million years).  [If the dinosaurs had 
had better telescopes, they would have observed these larger 
fragments that have now disappeared.] 
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Illustrative Calculations:  To illustrate the proc-
ess, we carry out a simple sample calculation, relying mainly 
on conservation angular momentum and on published results 
of orbit evolution under the influence of tidal perturbations 
[3,1]. 
 
We start with the present angular momentum of Mars   

JM = IM ω = 1.79*1039 (in CGS units) 
 
We next set this value equal to the sum of the angular mo-
menta of M and M-M when M-M is in a prograde synchro-
nous orbit.   

Thus   JM = IM ω + m(GM)2/3 ω-1/3 
Numerically the equ becomes   

1.79 = 2.5*104 ω + 7.8 µ ω-1/3 

where µ=m/M,  
with values chosen as  5*10-4. 10-3, and 2*10-3. 

From this equation we derive values of ω (synchronous 

angular velocity). period of rotation P, and orbital radius r.  
We also express r in terms of the planetary radius R as  

ρ = r/R.  [Its present value for Mars is 6.01 Martian radii.] 
 
These values are presented in the Table below. 
 
We now assume for simplicity that capture takes place with 
an impact parameter of 2R (well within the classical Roche 
limit) and with an inclination of 180    Subtracting this or-
bital angular momentum of M-M from the present angular 
momentum of Mars (which is also the total angular momen-
tum of the system), we can calculate the initial angular mo-

mentum Ji and angular velocity ωi of Mars and the kinetic 
energy of rotation dissipated as M-M reaches its synchro-
nous prograde orbit (when also the angular velocity of Mars 
reaches its minimum value). 
 

Discussion:  All known hypotheses about the ori-
gin of the Martian satellites involve some ad hoc assump-
tions; some also violate the laws of physics.  The hypothesis 
that they may be the surviving fragments of a once-captured 
planetesimal requires a minimal number of assumptions and 
is not contradicted by any physical law.  It may also serve to 
explain other observed features of Mars, such its early melt-
ing [4].  Most important, it leads to definite predictions about 
Phobos and Deimos; they should be similar  -- even though 
they look different. 
 
******** 
Based on research performed as Visiting Scientist at the 
Lunar & Planetary Institute in Houston in October 2002 
*************************************** 
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******************************************* 
Parameters for Mars and Satellites (in CGS units) 
===================================== 
Mars: Mass M=6.4*1026; Rmean=3340 km; I=2.5*1043 
-------------------------------------------------------------------------- 

Present Values 
Rot. period=24.6hr (88620 s); ω =7.1*10-5; JM=1.79*1039 

===========================================
= 
 
Assumed values for m/M 

µ:       0.0005            0.001           0.002 
------------------------------------------------------------------------- 
 

Values at Synchronous Orbit 
Ang. vel. ω (10-5)    6.78                        6.39                 5.53  
 
Period P (hr)            25.7                       27.3                 31.6 
 

ρ=r/R                      6.18                       6.44                   7.1 
 
KErot/M  (107)           9                              8                       6 
--------------------------------------------------------------------------
-- 
 

Initial values for Mars 
Ang mom Ji (1039)   1.87                     1.94                    2.09 
 

Ang vel  ωi  (105)… .7.5                       7.8                     8.4 
 
Period  Pi(hr)           23.3                        22.3                20.7 
 
KErot/M  (107)           11                         12                      14 
------------------------------------------------------------------------ 
KE dissipated/M (107) 2                         4                        8 
(KEinit – KEsynch)  
********************************************* 
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TES LIMB-GEOMETRY OBSERVATIONS OF AEROSOLS.  Michael D. Smith1, 1NASA Goddard Space
Flight Center, Greenbelt, MD 20771 USA (Michael.D.Smith@nasa.gov).

Introduction:  The Thermal Emission Spectrome-
ter (TES) on-board Mars Global Surveyor (MGS) has a
pointing mirror that allows observations in the plane of
the orbit anywhere from directly nadir to far above
either the forward or aft limbs (see [1] for details about
the TES instrument). Nadir-geometry observations are
defined as those where the field-of-view contains the
surface of Mars (even if the actual observation is at a
high emission angle far from true nadir). Limb-
geometry observations are defined as those where the
line-of-sight of the observations does not intersect the
surface. At a number of points along the MGS orbit
(typically every 10° or 20° of latitude) a “limb se-
quence” is taken, which includes a stack of overlap-
ping TES spectra from just below the limb to more
than 120 km above the limb. A typical limb sequence
has ~20 individual spectra, and the projected size of a
TES pixel at the limb is 13 km.

Thermal Emission Spectrometer (TES) observa-
tions of the limb have two key advantages over nadir
observations. First, information about the vertical dis-
tribution of aerosols and water vapor are possible since
observations at different tangent heights above the sur-
face sample different vertical levels of the atmosphere.
Nadir-geometry observations, even those with varying
emission angle always sample the entire atmosphere
and the surface. Limb-geometry observations do not
directly sample the surface or the atmosphere below
the tangent height of the observation at all. Some pho-
tons from the surface and lower atmosphere can be
scattered into the observed beam, but those contribu-
tions are relatively small and can be computed. The
different heights sampled by limb observations allow
the retrieval of information about the vertical distribu-
tion of aerosols, which is very limited or not possible
to get from nadir-geometry data.

 The second key advantage of limb-geometry ob-
servations is that because there is always a large ther-
mal contrast between the atmosphere and the back-
ground of deep space, aerosol retrieval can be per-
formed for all seasons, latitudes, and times of day. Na-
dir-geometry retrievals are limited to times when the
surface temperature is sufficiently greater than bulk
atmospheric temperature to produce measurable spec-
tral features. In practice, this limits nadir retrievals to
daytime conditions away from the winter pole when
the surface temperature is > 220 K. On the other hand,
limb-geometry observations always have sufficient
thermal contrast, so pole-to-pole coverage is possible
for all seasons, as well at both day and night.

Retrieval Method: Four “spectral quantities” are
abstracted from the limb-geometry TES spectra: 1) a
band depth centered at 470 cm-1 (expressed as a radi-
ance) that is characteristic of dust absorption, 2) a
change in slope (or an “elbow”) in the spectrum at 300
cm-1 that is characteristic of water ice absorption, 3) a
radiance index based on the averaged band depth of 6
water vapor bands between 200 and 400 cm-1, and 4)
the radiance at 470 cm-1, which is used to verify the
overall scaling of retrieved optical depth. We use just
these four spectral quantities instead of the entire radi-
ance spectrum for several reasons. Firstly, using only
these four spectral quantities (instead of the several
dozen observed radiances in this spectral region)
greatly reduces the computational burden for the re-
trieval. Secondly, use of band depths removes offset
and slope calibration errors that are apparent in TES
limb data.

The four spectral quantities for each limb-geometry
spectrum are then binned. Daytime and nighttime data
are treated separately. The bins used have a size 10° in
latitude, 6° in Ls (seasonal date), and 3 km in height
above the limb. This gives a total of ~1800 bins each
for day and night. All longitudes are binned together,
so results are zonal-mean quantities. The data pre-
sented here cover the two Martian years from the be-
ginning of MGS mapping at Ls=103°, March 1999 to
Ls=111°, December 2002.

For each time-of-day, Ls, and latitude, the four
spectral quantities in the set of bins from 12 km to 69
km above the surface are used in the retrieval. Six
quantities are retrieved: 1) total dust extinction optical
depth, 2) Conrath parameter, n, describing the height
to which dust extends above the surface [2], 3) total
water ice extinction optical depth, 4) height of the
bottom of the cloud deck, 5) total column abundance
of water vapor, and 6) height of the top of the water
vapor. The vertical distribution of dust is defined
through the Conrath parameter [2] and is based on a
physical model balancing vertical mixing and gravita-
tional settling. The vertical distribution of water ice is
given by the height of the bottom of the cloud deck.
There is no water ice below that level, and the cloud
optical depth drops off above that level with a scale
height one-third that of the atmosphere (giving a typi-
cal cloud thickness of a few km). The vertical distribu-
tion of water vapor is given by the height of the top of
the water vapor. Below that level water vapor is well-
mixed with the rest of the atmosphere. Above that
level there is no water vapor.
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The retrieval requires knowledge of surface and
atmospheric temperatures. They are retrieved from the
15-µm CO2 band of the TES spectra beforehand [3]
and binned in the same Ls/latitude/time-of-day bins as
the limb data. Scattering properties (single-scattering
albedo and phase function information) are also re-
quired and are taken from [4] and new numerical ex-
periments performed for this study.

The retrieval is accomplished by performing an it-
erative non-linear minimization between computed and
observed spectral quantities (the four band depth
quantities described earlier). Spectral quantities are
computed for a given set of aerosol optical depth and
vertical distribution parameters by a radiative transfer
code. Scattering by aerosols is treated using discrete
ordinates. Gas absorption (water vapor) is treated using
the correlated-k approximation. The diffuse field is
computed using a plane-parallel model, but the ob-
served spherical-geometry radiance is approximated by
taking a curved path through the plane-parallel results
that has a path-length and angle with respect to vertical
that is computed using spherical geometry and the
given tangent height for that particular ray. The finite
vertical size of the TES pixel is accounted for by inte-
grating over a number of rays spaced every 3 km in
tangent height. The retrieval for one bin typically takes
several minutes on a modern desktop computer.

Results:  Figure 1 shows daytime results for dust
optical depth and effective height of the top of the dust
computed from the retrieved Conrath parameter. The
seasonal and latitudinal dependence of dust optical
depth is very similar to TES nadir-geometry results [5].
However, now we can see dust optical depth from
pole-to-pole instead of in a band that follows the Sun.
This is important (for example) in looking at the latitu-
dinal extent of the dust storms. With nadir-geometry
data alone it is not possible to track through the storm
the extent to which the northern-hemisphere polar
vortex excludes dust from its interior. In Fig. 1 we can
see that indeed the polar vortex does act as an efficient
barrier to meridional transport. The effective height of
the top of the dust vertical distribution is important for
correctly modeling thermal structure and the resulting
circulation patterns. The bottom panel of Fig. 1 shows
that during dust storms dust is lofted considerably
higher (well above 5 scale heights or ~50 km) than
during non-dusty times. During the decay of dust
storms, dust remains aloft higher above the surface at
low latitudes than at mid- and high latitudes, perhaps
because of rising motions at low latitudes caused by
the Hadley circulation. In the aphelion season, and at
almost all seasons at polar latitudes, dust remains con-
fined near the surface.

Figure 2 shows an example of the limb-geometry’s
ability to detect differences between daytime and
nighttime. Although it is unlikely that dust changes
very much on a diurnal cycle, water ice condensate
clouds can form and sublimate given small changes in
atmospheric temperature. Solar thermal tides and
changes in the direct solar heating can potentially cre-
ate diurnal temperature changes large enough to cause
large diurnal variations in water ice optical depth. In-
deed, Fig. 2 does show such large differences. In par-
ticular, the most prominent daytime feature (the aphe-
lion season, Ls=0°–140°, cloud belt) is reduced at low
latitudes but enhanced at higher latitudes. At Ls=300°,
a prominent low-latitude cloud appears at nighttime in
both years but does not seem to have any daytime
counterpart.

However, a very important point to remember is
that because the TES pixel is 13 km wide at the limb,
we cannot see anything in the limb-geometry below
about 10 km above the limb. Near-surface fogs and
hazes and low-lying ice and dust clouds are not de-
tected by the TES limb-geometry data. It is possible
(or even probable) that water ice clouds that are above
10 km height during the daytime (and thus visible in
limb-geometry observations) can move to below 10 km
height during the nighttime (and thus not be visible in
limb-geometry observations). Combination of limb-
geometry and nadir-geometry observations (which
views all levels of the atmosphere) can potentially re-
solve this question and provide even better information
on aerosol vertical distribution.

Summary: TES limb-geometry spectra can be
used to retrieve the optical depth and vertical distribu-
tion of dust, water ice, and water vapor. The pole-to-
pole coverage of the retrievals, information on the ver-
tical distribution of aerosols, and the ability to compare
daytime and nighttime results are all advantages that
limb-geometry observations have over nadir-geometry.
However, limb-geometry observations cannot see the
lowest 10 km of the atmosphere, and they have rela-
tively sparse seasonal/spatial coverage. When com-
bined, nadir and limb observations can be used to pro-
vide further constraints on the vertical distribution of
aerosols and a more complete description of aerosols
than is possible using either one by itself.

References:
[1] Christensen et al. (2001) J. Geophys. Res., 106,

23,823. [2] Conrath (1975) Icarus, 24,  36. [3] Conrath
et al. (2000) J. Geophys. Res. 105, 9509. [4] Wolff and
Clancy (2003), Constraints on the size of Martian
aerosols from Thermal Emission Spectrometer Data,
submitted to J. Geophys. Res.. [5] Smith et al. (2001)
J. Geophys. Res.  106, 23,929.
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Figure 1.  (top) Dust extinction optical depth (1075 cm-1) as a function of season (Ls) and latitude from TES limb-
geometry observations. The color scale goes from 0 (purple) to >1 (red), (bottom) The effective height of the top of
the dust (computed from the retrieved Conrath parameter) expressed in terms of scale heights above the surface. The
color scale goes from 1 (purple) to >5 (red) scale heights.
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Figure 2. (top) The daytime (2:00 PM) water-ice extinction optical depth (825 cm-1) as a function of season (Ls)
and latitude from TES limb-geometry observations. (bottom) The nighttime (2:00 AM) water-ice extinction optical
depth as a function of season and latitude. The color scale goes from 0 (purple) to 0.2 (red) for both panels.
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THEMIS OBSERVATIONS OF ATMOSPHERIC AEROSOL OPTICAL DETPH.  Michael D. Smith1, Joshua
L. Bandfield2, Philip R. Christensen2, and Mark I. Richardson3, 1NASA Goddard Space Flight Center, Greenbelt,
MD 20771 USA (Michael.D.Smith@nasa.gov), 2Arizona State University, Tempe, AZ 85287 USA, 3California In-
stitute of Technology, Pasadena, CA 91125 USA.

Introduction: The Mars Odyssey spacecraft en-
tered into Martian orbit in October 2001 and after suc-
cessful aerobraking began mapping in February 2002
(approximately Ls=330°). Images taken by the Ther-
mal Emission Imaging System (THEMIS) on-board
the Odyssey spacecraft allow the quantitative retrieval
of atmospheric dust and water-ice aerosol optical
depth. Atmospheric quantities retrieved from THEMIS
build upon existing datasets returned by Mariner 9,
Viking, and Mars Global Surveyor (MGS). Data from
THEMIS complements the concurrent MGS Thermal
Emission Spectrometer (TES) data by offering a later
local time (~2:00 for TES vs. ~4:00-5:30 for THEMIS)
and much higher spatial resolution.

THEMIS Instrument Characteristics: The
THEMIS instrument contains a thermal infrared
wavelength focal plane with 10 spectral filters ranging
from 6.6 to 15 µm, and a visible wavelength focal
plane with 5 spectral filters ranging from 423 to 870
nm. Although atmospheric observations using the visi-
ble light filters can be used to identify water ice and
dust clouds, we concern ourselves here with data from
the thermal infrared only.

THEMIS infrared images are 320 pixels wide with
a spatial resolution of 100 m/pixel, so the images are
32 km wide. Images are of variable length, often
stretching for several thousand pixels along the orbit
track (which runs in a roughly north-south direction).
At each pixel, data is returned in up to 10 spectral
bands. THEMIS bands # 1 and 2 have the same spec-
tral response, so there are 9 distinct spectral bands with
centers at 6.62, 7.88, 8.56, 9.30, 10.11, 11.03, 11.78,
12.58, and 14.96 µm, respectively for bands # 1/2
through 10. Each spectral band has a bandwidth of
about 1.0 µm. The top panel of Fig. 1 shows the
THEMIS bands (Recall that wavenumber = 10,000 /
wavelength in microns). The bottom panel of Fig. 1
shows the spectral dependence of absorption features
caused by dust, water ice, and a non-unit surface emis-
sivity basaltic surface at THEMIS spectral resolution
[1, 2]. Notice that the dust and water-ice spectral fea-
tures are resolved and well-described even at the rela-
tively low spectral resolution of THEMIS. However,
notice also that the spectral dependence of dust and the
basaltic surface are very similar over this spectral
range. This makes it difficult to separate their contri-
butions using THEMIS data alone. This point will be
discussed in more detail in the “Retrieval Methods”
section that follows.

Figure 1. (top) The spectral response of the 10
THEMIS bands. Note that bands # 1 and 2 have the
same spectral response. (bottom) The spectral depend-
ence of absorption features caused by dust, water ice,
and a non-unit surface emissivity basaltic surface at
THEMIS spectral resolution. Note that the “x-axis”
quantity is similar but not the same for these two plots.

Although the primary goals of the THEMIS in-
strument are to determine surface mineralogy and to
study small-scale geologic processes and thermophysi-
cal properties, atmospheric science is also a priority of
the THEMIS science team. The spectral range covered
by THEMIS contains strong signatures of atmospheric
dust and water-ice aerosols and is well-suited for the
quantitative retrieval of aerosol optical depth.

Retrieval Mehods: Following the algorithms used
for TES [3,4], dust and water ice optical depth are r e-
trieved simultaneously in a separate step after the at-
mospheric temperature profile T(p) has been estimated.
The basic idea is to find the values of dust and water
ice optical depth that provide the best fit between com-
puted and observed radiance. The observations we use
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are THEMIS bands 3 through 8. Bands 1 and 2 are not
used because of contributions from water vapor and
surface emissivity effects, and because of uncertainties
in the aerosol spectral dependence in that spectral re-
gion. Band 9 is not used because of contributions from
the wings of the 15-µm CO2 band.

Although the above retrieval takes only a small
fraction of a second, it is still not practical to perform
on a pixel-by-pixel basis because of the large number
of pixels in THEMIS infrared images. Instead, we per-
form the retrieval on blocks of data called “framelets”
that are 320 pixels wide (the width of the image) by
256 pixels long (along track). This translates to 32 x 26
km, or roughly one-third of a degree square. This spa-
tial resolution is sufficient to resolve most atmospheric
variations of interest, and the capability for spatial av-
eraging of any size (including pixel-by-pixel) has been

retained for special investigations involving small-
scale processes.

Because the spectral dependence of surface emis-
sivity is often very similar to that of atmospheric dust
(see the “dust” and “basalt surface” lines in the bottom
panel of Fig. 1), we do not attempt to independently
retrieve surface and atmospheric components on the
framelet scale. The surface emissivity at this scale has
already been very well determined using TES spectra
[5,6], so we account for non-unit surface emissivity by
simply using the maps created by TES. TES can easily
distinguish between dust and a basaltic surface because
the spectral shape of dust and basalt are much more
different in the 20-40 µm wavelength range that is ob-
served by TES but not by THEMIS.

Figure 2. An overview of daytime THEMIS aerosol observations is shown as zonal averages as a function of lati-
tude and season (Ls). (top) dust optical depth at 1075 cm-1 scaled to an equivalent 6.1 mbar pressure surface, (bot-
tom) water-ice optical depth at 825 cm-1.
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Overview of THEMIS Atmospheric Observa-
tions: The results presented below were derived using
data from the beginning of Mars Odyssey mapping at
Ls=330° (20 February 2002) to Ls=71° (21 September
2002). In Fig. 2 we show the seasonal and latitudinal
variation of dust and water-ice aerosol optical depth
over that period. Zonal means of dayside data are pre-
sented. Local time for the observations varies from
roughly 3:00 PM in the beginning to 4:30 PM at the
end. The retrieval of aerosol optical depth is restricted
to those spectra with a surface temperature >220 K to
ensure adequate thermal contrast between the surface
and the atmosphere. Because dust optical depth is usu-
ally nearly well-mixed with CO2, it has been scaled to
a 6.1-mbar equivalent pressure surface to remove the
effect of topography. Water-ice optical depth is not as
closely well-mixed as dust and so are not scaled. Esti-
mated uncertainties for aerosol optical depth in Fig. 2
are 0.03.

Apparent in the top panel of Fig. 2 is the decay of a
moderate regional dust storm. The dust storm was ob-
served by TES to have begun at Ls~315°. Very low
dust optical depth is observed in the southern hemi-
sphere after Ls=0°. There is a single relatively high
opacity point (optical depth of 0.37) at high northern
latitudes at Ls=71° which may represent activity along
the edge of the retreating northern seasonal polar ice
cap.

The bottom panel of Fig. 2 clearly shows the return
of the aphelion season cloud belt. The amplitude and
latitudinal extent of the cloud is consistent with TES
observations [7]. Maps of the latitude-longitude distri-
bution of THEMIS water ice optical depth (figure not
shown here) are very similar to those derived from
TES data [4].

Summary: Infrared data from the Thermal Emis-
sion Imaging System (THEMIS) can provide informa-
tion about atmospheric temperature, dust and water ice
aerosol optical depth. Observations taken during late
northern winter and spring show the decay of a re-
gional dust storm and the formation of the aphelion
season water-ice cloud belt in good agreement with
TES observations.

Atmospheric observations by THEMIS provide the
potential to complement the extensive atmospheric
data concurrently being returned by MGS TES.
Throughout the remainder of the nominal Odyssey
mission, the local solar time for THEMIS observations
will be between 4:00 and 5:30 AM/PM.  The differ-
ence of up to 3 hours between TES and THEMIS ob-
servations will allow some measure of the diurnal
variation of aerosols (especially water-ice clouds) to be
determined. Furthermore, the small spatial scale that
can be resolved by THEMIS allows the study of phe-
nomena not visible from TES such as dust devils.
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[1] Smith et al., (2000b), J. Geophys. Res. 105,

9589. [2] Bandfield and Smith (2002), Icarus, 161, 47.
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THE PHOENIX SCOUT MISSION.  P. H. Smith, Lunar & Planetary Lab, University of Arizona, 1629 E. University Ave, 
Tucson, AZ 85721, psmith@lpl.arizona.edu. 

 
Introduction:  Scout missions to Mars were proposed in 

response to a NASA Announcement of Opportunity (AO); 
20 full mission proposals were received in August 2002.  All 
missions were required to launch in 2007 and meet a cost cap 
of $325M that encompasses all mission costs including the 
launch vehicle and a healthy reserve.  The cost cap proved to 
be a tight constraint forcing many proposers to descope their 
original concepts.  Step 1 proposals were judged in a rigor-
ous series of reviews primarily on the basis of their science 
goals and implementation; however, no missions that were 
deemed high risk by the technical review panel were se-
lected.  In December 2002, four missions were selected to 
proceed into Step 2, a 6-month Phase A study to advance the 
technical design, management plan, and cost to a level of 
detail that ensures that the mission can meet all its science 
goals within the cost cap.  Phoenix was one of the four mis-
sions selected.  A final decision in August 2003 will author-
ize a single mission to proceed. 

Strategy:  From the beginning our strategy has been to 
capture the low cost, low risk, and good science corner of the 
proposal range.  Clearly, low cost comes from building on 
assets created for previous missions.  The AO allowed the 
use of the 2001 lander that was canceled after the loss of two 
spacecraft in 1999.  The spacecraft was four months into 
final assembly and test (ATLO) and many instruments were 
already delivered; the spacecraft and instruments have been 
mothballed ever since waiting for an opportunity for reflight.  
In addition, the Mars Polar Lander with its MVACS instru-
ment package was lost after completion of integrated testing, 
a Ground Data System (GDS) development, and the mission 
sequences.  The knowledge to rebuild these instruments still 
exists.  The challenge that faced the Phoenix team was how 
to choose among the wealth of existing hardware and knowl-
edge to produce a scientific mission capable of meeting 
NASA goals for exploring Mars and exciting both the public 
and ourselves.  We have succeeded in this goal by virtue of 
an exciting discovery announced a few months prior to the 
proposal due date. 

Phoenix science goals.  The Odyssey Gamma Ray Spec-
trometer (GRS) team announced in Spring 2002 the discov-
ery of large amounts of water ice poleward of 60 degrees 
latitude within a few 10s of centimeters of the surface [1,2].  
Mellon and Jakosky [3] and other scientists had predicted for 
some time that ice would be stable near the surface in bal-
ance with water vapor diffusion through an overburden of 
regolith.  The actual measurement of ice with 3 independent 
instruments allowed the GRS team to estimate the depth and 
abundance of ice with a simple two-layer model.  The 
amount of ice is on the border of being too large for vapor 
diffusion appearing more like a dirty-ice layer than icy dirt.   

Of all the accessible sources of water on Mars this near 
surface icy layer seems to us to represent the greatest poten-
tial for hosting habitable zone.  Recent work has verified our 
hopes [4] that periodically, through variations in obliquity 
and precession of the polar axis, the temperature of the ice-
soil boundary exceeds –20 C and melting can occur.  
Granted the melting may only produce a monolayer of water 
on crystalline surfaces, but this is enough to allow mobility 
and maintenance in biologic communities on Earth.  Higher 
temperatures will allow reproduction and growth. 

Phoenix will land in the northern near-polar region and 
dig through the regolith searching for the ice-soil boundary.  
Instruments on the deck will receive samples and analyze the 
chemistry, the volatile inventory, the grain morphology, and 
the biologic potential of this zone.  Although there are no 
“life-detection” instruments on board, we suspect that a long 
term active biological community will leave observable sig-
natures in the soil horizons and chemical tracers in the ice.   

Even if the ice layer cannot by reached at our landing 
site, Phoenix will become the first scientific station in the 
important polar regions to return useful data.  Not only will 
the soil be trenched and surface features examined for evi-
dence of a freeze-thaw cycle, but the weather throughout the 
polar summer and fall will be monitored.  Temperature, pres-
sure, and dust opacity will be measured on an hourly basis.  
In addition, the atmospheric composition will be quantified 
using a mass spectrometer; this instrument also monitors 
relative humidty.  A lidar will make measurements of the 
boundary layer for the first time to be compared with 
mesoscale models that are now becoming an important tool 
in predicting near-surface weather. 

Images from four cameras will allow visualization of the 
site in an unprecedented manner.  During descent a wide-
field camera will produce a set of nested images surrounding 
the landing site.  After landing, these will be compared to 
panoramic images so that the exact distances from the lander 
to features of interest can be computed.  The panoramic cam-
era is also stereoscopic and multi-spectral throughout the 
sensitive range of the CCD detector; its resolution is equiva-
lent to the PanCam on MER, about 0.25 mrad/pixel.  A cam-
era on the robotic arm that digs the trench starts to reduce the 
scale at which we examine the scene; closeup images of the 
trench walls will provide insight into the layered structure 
and grain size of the soil.  Samples will be provided to an 
optical microscope housed on the deck that allow images of 
the tiny grains to 4 microns per pixel.  Finally, an Atomic 
Force Microscope has been developed to enlarge our view of 
selected objects on the microscope stage to resolve structures 
at the 10 nm scale. 

To summarize, our goals are to understand the near sur-
face chemistry and geology of a polar landing site.  We will 
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examine the ice-soil boundary for periodic melting and bio-
logic potential, our goal is to detect an accumulation of or-
ganic molecules associated with this boundary.  The hazards 
to life that exist in the ice layer, particularly salts and oxi-
dants, will be quantified.  Finally, we will characterize the 
polar weather throughout northern summer with particular 
attention to the distribution of water in all its phases. 

Implementation.  Phoenix will modify the 2001 lander 
according to the recommendation of the Young commission 
[5] and the Casani JPL review board [6]; this lander has 
probably endured more reviews than any other.  The lander 
has been stored for 2 years at the Lockheed Martin Astro-
nautics facility in Denver; they will be responsible for refur-
bishment and improvements along the guidelines from the 
review boards.  Guided entry, a hazard avoidance system, 
and full communications during entry and descent will re-
duce the risks to an acceptable level.  Communications will 
include UHF relay to orbiting assets (MGS, Odyssey, and 
MRO) and a high gain antenna for a direct-to-Earth link. 

Many of our instruments are already delivered.  The de-
scent imager (MARDI), the robotic arm with its camera, and 
the MECA instrument with its wet chemistry cells and mi-
croscopes are in bonded stores at JPL.  Other instruments are 
build to print from the Mars Polar Lander (MPL): the pano-
ramic camera (SSI), and TEGA.  New instruments include 
the MET with a lidar provided by Canadian partners, and a 
mass spectrometer. 

The Phoenix project is led by Peter Smith as PI with a 
25-member science team.  Leslie Tamppari has been chosen 
as the Project Scientist at JPL.  Several of the science team 
members are also responsible for instrument performance:  
William Boynton for TEGA at the University of Arizona 
(UA), Michael Hecht for MECA at JPL, Michael Malin for 
MARDI at MSSS, Horst Keller for RAC from the Max 
Planck Institute for Aeronomy in Germany, Alan Carswell 
for the MET package in Canada, Mark Lemmon for the cam-
era systems at the UA, and Ray Arvidson for the robotic arm 
at JPL. 

An important aspect of any mission is the Education and 
Public Outreach portion.  Two percent of our budget is de-
voted to this part and all activities will be led by a manager at 
the UA who reports directly to the PI.  Each member of the 
science team will contribute to the EPO activities.  Other 
important elements contribute to the training of teachers, 
curriculum support, provide exhibits to museums and science 
centers, and create exciting visual product that illustrate the 
mission. 

Mission scenario:  After a launch in August 2007, 
Phoenix will land in late May 2008 at Ls=78 (late spring) at 
70 N.  The landing site will be chosen through a community-
wide selection process balancing scientific interest with en-
gineering constraints.  The engineering data acquired during 
descent and the descent images plus the first panoramic im-
ages will be returned immediately.  The first week will be 

reserved for examination of the landing site with the remote 
sensing cameras and calibration of the instruments. A suc-
cessful landing will give the Mars program a much needed 
landing vehicle for future missions.   

The digging phase (first 90 sols).  After surface samples 
are collected and verified, trench digging begins.  The sam-
pling stategy requires surface samples, samples from within 
the dry regolith and samples from the ice-soil boundary.  If 
the robotic arm is capable of digging into the icy soil, an-
other sample will be collected from within the ice.  To be 
sure of getting an ice sample, ripper tines and scrappers are 
added to the back of the scoop.  The digging and sampling 
activities have been grouped into 9-sol cycles that include 4 
days of digging and monitoring the trench and 5 days of 
examining samples with TEGA and MECA.  Seven of these 
cycles are baselined with adequate reserve added in case 
digging is more difficult than planned. 

Polar climate phase.  As fall approaches, Phoenix will 
continue to operate until the Sun is too low on the horizon to 
charge the batteries.  This is period when power must be 
conserved.  Limited imaging will look for the first carbon 
dioxide frost deposits as the seasonal cap approaches.  The 
MET instruments will record the decrease in temperature and 
pressure.  And humidity measurements will record the varia-
tions of water vapor abundance.  We do not expect that the 
lander will survive the winter and have no plans for its re-
covery in the spring. 
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CONSTRAINTS ON THE EVOLUTION OF THE DICHOTOMY BOUNDARY AT 50-90E.  S. E. Smrekar1, 
C. A. Raymond1, A. Dimitriou2,3, and G. E. McGill2, 1 Jet Propulsion Laboratory (California Institute of Technology, 
MS 183-501, 4800 Oak Grove Dr, Pasadena CA, 91109; ssmrekar@jpl.nasa.gov), 2SLR Alaska (2525 Blueberry 
Road, Suite 206, Anchorage, AK 99503, adimitriou@slrcorp.com) 3Univ. Massachusetts, Amherst 
(gmcgill@eclogite.geo.umass.edu). 

 
Introduction: The global dichotomy is a funda-

mental feature of Mars. It marks the boundary between 
the highly cratered, older southern highlands, and the 
northern plains. Recent analysis of buried craters in the 
northern lowlands confirms the long held suspicion that 
they are comparable in age to the southern highlands, 
but with surficial deposits of younger material [1,2].  A 
variety of exogenic and endogenic models have been 
proposed for the origin of the dichotomy, including 
multiple impacts [3], plate tectonics [4], and degree 
one convection produced by core formation [5-7], a 
plume under the lowlands [8], or a plume under the 
highlands [9].  New gravity and topography data from 
the Mars Global Surveyor (MGS) Mission favor en-
dogenic processes [1]. 

In this study we examine MGS topography, gravity 
and magnetic field data to constrain the tectonic history 
of the dichotomy in the region 30-60N and 50-90E (see 
Figure 1), which encompasses portions of the Ismenius 
Lacus quadrangle.  The dichotomy formed very early 
in the history of Mars and has undergone extensive 
modification by impact cratering, erosion, and faulting. 
This history must be carefully interpreted in order to 
reconstruct the original nature of the dichotomy bound-
ary and ultimately discriminate between models of ori-
gin. In the study area boundary-parallel faults are well 
preserved, and may be the result of gravitational re-
laxation.  The geologic history has been examined in 
detail, including estimates of volumes of material 
eroded [10].   Further, it is one of the few regions 
where there is a correlation between the free air grav-
ity, magnetic anomalies, and the geology.  This allows 
us to constrain subsurface faulting beneath the low-
lands fill material.  In addition to being an excellent 
location to unravel the complex history of the dichot-
omy, this area preserves the transition from a highly 
magnetized highlands crust to an unmagnetized or 
slightly magnetized lowlands crust. 

Analysis:  Structural geology. The dichotomy 
boundary in the study is highly dissected by normal 
faults that parallel the boundary.  In addition to the 
obvious normal faults, Dimitriou [11] mapped a NW-
trending buried fault or monocline in the lowlands par-
allel to the dichotomy boundary. The fault location was 
identified based on the abrupt disappearance of inliers 
of older, partially embayed material marking a transi-
tion from smooth to very smooth plains materials.  
Dimitriou interpreted this transition as evidence of a 

structural bench, approximately 400 km wide, possibly 
down dropped from the original plateau height.  

 

 
Figure 1.  Viking imagery is a shown as the gray-

scale background.  The vertical component of the 
crustal magnetic field from the map of Purucker et al. 
[3] is shown in color, with negative values in blue [-
100 to –50 nT], light green [-50 to –25 nT], and dark 
green [-25 to –10 nT] and positive values in yellow 
[10-25 nT], orange [25-50 nT], and red [50-100 nT].  
The buried fault [11] is shown as a black line. The 
white line indicates the position of a magnetic profile 
(see Figure 3).  The Bouguer gravity derived from 
MGS75D is shown as 50 mgal contours, with blue con-
tours indicating negative anomalies, white lines the 0 
contour, and red lines the positive anomalies. 

 
Examination of MOLA topographic profiles across 

this area, as well as gridded data, shows that there is a 
break in slope at the location of the buried fault and 
confirms the transition from knobby to smooth terrain.  
The region between the fault and the steep edge of the 
dichotomy boundary is approximately 500 km across 
and has no appreciable slope.  This supports the inter-
pretation of the boundary as a fault, and is consistent 
with the shelf representing a fault block.  One question 
is whether the block was originally part of the high-
lands and then down dropped or eroded down to its 
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present level, or if it was always low and thus topog-
raphically part of the lowlands.  This question could 
help constrain the timing of the formation of the di-
chotomy scarp and will be examined further using cra-
ter counts. 

Gravity and Magnetic Fields. In this study area, the 
pattern of magnetic anomalies is generally correlated 
with both the Bouguer and the free air gravity field 
(Figure 1).  Interestingly, the location of the proposed 
buried fault coincides with a polarity boundary in the 
magnetic field and is parallel to the contours of the 
gravity field (see Figure 1).  Note that the map of Pu-
rucker et al. [12] represents the radial magnetic field 
only.  Thus the actual location of highs and lows in the 
vector magnetic field may be shifted somewhat. The 
observed correlation between the gravity and magnetic 
fields indicates that the magnetic field variations are 
associated with changes in density.  

The amplitude of the magnetic field in this area in-
dicates a bulk magnetization contrast much lower than 
in the highly magnetized Terrae Sirenum/Cimmeria 
region of the southern highlands.  This implies either a 
thinner magnetic source layer of equivalent magnetic 
intensity, or a lower intensity of magnetization than in 
the areas of strong magnetic fields, or both.  

Admittance studies provide constraints on the com-
pensation mechanism in the region.  Isostatic compen-
sation would indicate that the area is currently being 
supported by density differences at depth.  Flexural 
compensation reflects the thickness of the elastic litho-
sphere at the time when loading occurred, most likely 
when either the dichotomy formed or when the fault 
scarps formed.  Admittance models show a good fit to 
the data for a crustal thickness value of 20 km and an 
elastic thickness of 10 km.  This elastic thickness value 
is close to 0 km, which would indicate an isostatic 
compensation mechanism.  This estimate of the elastic 
thickness is in good agreement with estimates from 
other areas of the southern highlands [13], but lower 
than the value found for a large region of the southern 
highlands [14] .  We will carry out an error analysis to 
determine whether or not a zero value of elastic thick-
ness is a reasonable, suggesting an isostatic compensa-
tion mechanism. 

As a first step towards placing constraints on the 
subsurface structure, we calculate the isostatic anomaly 
from the Bouguer gravity.  This approach assumes that 
the gravity anomalies that are left once the density 
variations due to both the topography and the crust are 
removed are due to variations in crustal thickness.  We 
examined various crustal layer thicknesses, assuming a 
density difference of 600 kg/m3 between the crust and 
mantle.  For the 20 km average crustal thickness ob-
tained from the admittance studies, we obtain crustal 

thickness variations of +8 km under the highlands, and 
–2 in the lowlands along a line perpendicular to the 
fault (see Figure 2).  If a thicker (thinner) crustal layer 
is used, either larger (smaller) variations in crustal 
thickness or larger (smaller) density contrasts are 
needed to match the observed anomalies.  

 

 
 

Figure 2.  The Bouguer anomaly resulting from re-
moving the gravitational contribution of the topogra-
phy and a 20 km thick crust.  Remaining variations in 
the gravity field are represented as variations in the 
thickness of the crust in km.  Light blue regions indi-
cate 2-4 km of crustal thinning, red areas are 2-4 km of 
crustal thickening, and dark red areas have 6-8 km of 
crustal thickening. The white line indicates the location 
of the modeled magnetic field profile.  The black line 
shows the position of the buried fault. 

 
Modeling of the magnetic field across the fault of-

fers additional insight into the subsurface structure. A 
series of crustal zones or blocks with coherent mag-
netization are used to model the observed magnetic 
field (Figure 3).  Note that the sign and intensity of the 
magnetization is constant in all of the blocks.  The 
changes in amplitude of the predicted field are a result 
of the thickness and spacing of the various blocks.  The 
tops of the blocks are located at the surface defined by 
MOLA data, and reflect the 3 km drop across the scarp 
that bounds the dichotomy.  An intensity of 20 A/m, 

Sixth International Conference on Mars (2003) 3264.pdf



consistent with the high magnetic intensity in Terra 
Sirnum, is used for all blocks in this thin crust model.  
Using a lower intensity would result in thicker crust  
Estimated variations in crustal thickness across the 
dichotomy boundary from the Bouguer anomaly give 
an increase of +2-8, 0, -2, 0, and –2 km under the high-
land plateau, the edge of the plateau, the topographic 
shelf, the buried fault, and the plains to the north, re-
spectively.  The modeled variations in the thickness of 
a magnetic layer parallel the decrease in thickness from 
the plateau out to the buried fault.  However, in the 
plains, the gravity suggests a thinned crustal layer 
where the magnetic field model has a thicker layer.  
The apparent thinning of the crust in the plains may be 
at least partly attributed to low-density fill material. 
This possibility will be further investigated. 

 
Figure 3. Variations in the thickness of a layer magnet-

ized crust that fit the observed magnetic field.  The black line 
indicates the observed field along a profile perpendicular to 
the buried fault, starting in the highlands on the left, crossing 
the buried fault in the center, and continuing out into the 
plains.  The end points of the profile are 50E, 35N and 70E, 
49.5N.  The pink line is the predicted magnetic field.  The 
magnetic field predicted by different crustal blocks is shown 

in the center plot.  The blue line indicates the field produced 
by the blocks shown in blue and the red line corresponds to 
the red block in the plains. 

 
First, modeling indicates that breaks in the mag-

netization of the crust at both the steep topographic 
boundary of the dichotomy and the location of the bur-
ied fault are required in order to match the magnetic 
field.  The crust could lose its coherent magnetization 
by being disrupted by faulting, subsequent hydrother-
mal circulation, erosion, or a combination of these fac-
tors.  Second, modeling has shown that crust with a 
single polarity across the dichotomy and into the plains 
can match the observed signal.  North of the dichotomy 
boundary, the edge effect of a continuous source layer 
underlying the northern lowlands, or a discrete block 
can explain the observed signature. Thus the magnetic 
field signature alone cannot be used to infer a differ-
ence in the origin of the crust across the buried fault.   

 
Results and Discussion:  The correlation of the 

observed tectonic features with the gravity and mag-
netic fields in this region offer an unusual opportunity 
to constrain both the thickness and depth of the mag-
netic layer and the detailed geologic history of the di-
chotomy. The topographic shelf is interpreted as hav-
ing been dropped by 1.4 km from the original level of 
the plateau [11].  We cannot directly estimate the dis-
placement on the buried fault and thus simply assume 
that it is comparable to the displacement (~1.4 km) 
across the dichotomy boundary. The magnetized layer 
appears to be shallow enough to be affected by this 
faulting.  Analysis of the Bouguer gravity and magnetic 
data together support a near surface layer. The low 
estimate of the thickness of the crust from admittance 
modeling is also consistent.  Both the admittance mod-
eling and modeling of the Bouguer anomaly indicate 
that the crust cannot be much thicker than 20 km.  
Modeling of variations in the magnetic field is consis-
tent with a magnetized layer that is thinner than in-
ferred within the southern highlands.  This result is in 
contrast to the estimated 30-50 km thick magnetized 
layer in Terrae Sirenum and Cimmeria [15,16] .   

The necessity for gaps in the magnetized crust at 
the dichotomy scarp and at the buried fault indicate 
demagnetization of the crust via extensive disruption of 
the crust or hydrothermal alteration by enhanced flow 
of fluids along the faults.  The later mechanism has 
been suggested as means of demagnetizing the plains 
region and major basins [17].  Tectonic effects must be 
considered when interpreting other observed changes 
in the magnetic field. 

Our initial results suggest that the magnetized layer 
underlying the plains differs from the layer beneath the 
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highlands and the topographic shelf. Under the plains, 
the thickness of the crust suggested by modeling the 
gravity data decreases, while the magnetic layer thick-
ness appears to increase. This corroborates the inter-
pretation that the topographic shelf was originally part 
of the highlands.  It also suggests that the magnetic 
layer either has a greater susceptibility or a larger 
thickness than the magnetic layer under the neighbor-
ing highlands.  This could imply a different formation 
mechanism, mineralogy, or modification history.  Fur-
ther modeling of this layer and nearby magnetized 
plains regions will provide further information on this 
puzzle.  

Understanding the details of the change in the mag-
netization of the crust from the highlands to the low-
lands in this one area, where there are numerous con-
straints, may shed light on overall differences between 
the generally highly-magnetized highlands and low-
lands, which typically have little to no magnetization.  
The lack of correlation of gravity and magnetic data in 
most regions of Mars may be due to a higher level of 
subsequent mechanical or thermal modification.  Alter-
natively, variability in the magnetic layer may not have 
corresponding changes in density; conversely, density 
differences in a deeper layer would have smaller asso-
ciated anomalies.  

Prior studies have place bounds on the global 
crustal thickness and rates of relaxation of the dichot-
omy boundary [2,18].  Final results of this study will 
provide important constraints for modeling the evolu-
tion of the dichotomy boundary in this area.  Timing 
and location of fault formation, final thickness of the 
crust, and the initial elastic thickness are key con-
straints for models of plateau relaxation.   The goal of 
such models is to distinguish between models for the 
formation of the dichotomy by constraining the thermal 
and rheologic changes across the boundary with time.  
Another goal of the study is to determine whether 
hydrothermal (chemical) demagnetization or thermal 
demagnetization of the plains is more plausible.  Future 
work will include crater counts to constrain the timing 
of the formation of the topographic shelf and error 
analysis of lithospheric parameters derived from grav-
ity and magnetic models. 
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INVESTIGATIONS OF MARTIAN DUST DEVILS. C. Stanzel, M. Pätzold, F. M. Neubauer,Institut für Geophysik und
Meteorologie, Universität zu Köln, Germany.

Dust devils are dust-raising vortices, which occur typically
in the afternoon, when the ground has warmed up the overlying
air and which now begins to ascend. Small sand particels can
be taken up by this ascending air and make the vortices visible.
This is a well-known phenomenon on Earth.
The analysis of the Viking Orbiter images taken from 1976
to 1980 showed a main occurrence of dust devils likewise in
the afternoon in the summer of the northern hemisphere. It is
assumed that dust devils are responsible for the entry of dust in
the atmosphere and therefor represent an important aspect in
the physics of the boundary layer of the martian atmosphere.
Dust devils are recognized in Viking Orbiter images as bright
clouds with long elongated shadows. Another characteristic is
that dust devils are moving. A strict positive criterion for dust

devil recognition during the investigation of Viking Orbiter
images was the nonexistence of the characteristics on follow-
ing or preceding images. Altogether over 250 dust devils were
discovered, including dust devil candidates without second
image. These phenomenons are most frequent between 14.30
and 16 pm in local afternoon. The height is 1000 m on average
and the base diameters range from 200 to 300 m.
The analysis of Viking and Mars Global Surveyor images will
be continued by using pattern recognition techniques. This
will be continued with the HRSC experiment on Mars Express
starting in 2004 to receive further results regarding the tem-
poral and spatial occurrence, the height, the motion and the
direction of motion as well as the velocity and the dust entry
into the atmosphere.
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DRAINAGE DENSITIES OF COMPUTATIONALLY EXTRACTED MARTIAN DRAINAGE BASINS. T.F. Stepinski,
Lunar and Planetary Institute, Houston TX 77058-1113, USA, (tom@lpi.usra.edu), M.L. Collier, Department of Earth Science,
Rice University, Houston, TX 77005, USA, ((spaceman@rice.edu).

Abstract. Drainage densities are calculated for five Mar-
tian drainage basins computationally extracted from the dis-
sected Noachian surfaces. Mars Orbiter Laser Altimeter data is
used to construct digital elevation models (DEMs) representing
topography of selected Martian locations. Our computational
method uses these DEMs to extract and reconstruct individual
basins. Channel networks are delineated from their underlying
basins using a channelization threshold based on the constant
drop property for streams. Calculated drainage densities refer
to individual basins and their values are in a relatively narrow
range of 0.06 − 0.11 km−1, one to three orders of magnitude
smaller than values of drainage density for terrestrial basins.
We claim that the values of drainage density calculated using
our method are more robust than values obtained using im-
agery data. We also calculate uniformity of drainage density
and obtain values of ρ in the range of 2.55−3.28, comparable
to low-end terrestrial values. Finally, we calculate the slope-
area relations for these basin and find the value of concavity
exponent to be in the range of 0.1 − 0.22, lower than typi-
cal terrestrial values. These findings are inconsistent with the
notion of the origin of Martian valley networks by means of
surface runoff due to sustained and widespread precipitation.

Introduction. The interest in origin of Martian valley
network systems remains high ever since these features were
discovered on images taken by Mariner and Viking probes. A
visual resemblance of some of Martian networks to terrestrial
river networks gave rise to an early suggestion that Martian
valley networks were sculpted by surface runoff erosion, a
process requiring a warmer, wetter climate on Mars at the time
of valley networks formations (only Noachian valley networks
are considered here). However, closer examination of imagery
data revealed dominance of morphometric features associated
with erosion by groundwater sapping rather than surface runoff
(see Carr, 1996 for review). The issue of the origin of Martian
valley networks remains unresolved. One property of dissected
terrain that can help to resolve this issue is its drainage density,
D, with low values of D being indicative of sapping, whereas
higher values of D suggesting precipitation and runoff.

The bulk of existing work on origin of Martian valley
networks relies on the method of descriptive geomorphology
working from imagery data. Low values of D, in the range of
10−3 to 10−2 km−1, have been reported using such methodol-
ogy (Carr and Chuang, 1997). However, both, the data format
and the method have a number of shortcomings that put the
above estimate in question. An image is a skew representation
of a landscape it portraits, and descriptive technique can be
easily influenced by biases and interpretations. The availabil-
ity of the Mars Orbiter Laser Altimeter (MOLA) data makes
possible a different approach. This new method uses topo-
graphical data and relies on computer algorithms to analyze
dissected terrain on Mars. Digital Elevation Models (DEMs)
constructed from the MOLA data are much more fundamental

geomorphologic indicators than images and are suitable for a
quantitative analysis. A DEM is a regular rectangular grid of
sites for which elevations are assigned. The introduction of
DEMs revolutionized terrestrial geomorphology. In particular,
a formal and quantitative watershed analysis became possible,
including objective calculation of drainage density. The same
type of analysis is applicable to Martian terrain.

Martian terrain can be represented as a series of drainage
basins, regardless of the historical presence or absence of actual
fluid flow. Thus, a drainage basin can be thought about as a
surface that collects and drains water presently rained upon it.
In the remainder of this paper we briefly describe the process
of computational extraction and analysis of Martian drainage
basins. We also present and discuss results of such calculations
as applied to selected Martian locations belonging to the Npld
geological unit. The emphasis here is on calculating values of
D for specific drainage basins, in contrast to previous estimates
of D that pertained to an arbitrary area and were obtained by
simply assessing the total valley length in a given area and
dividing it by the area.

Methods. The computational analysis consists of two
steps, extracting and reconstructing a drainage basin from a
DEM and then analyzing it, including computing the value of
D. A drainage basin is extracted from a DEM using an algo-
rithm developed for studies of terrestrial river basins (Tarboton
et al., 1989). An algorithm takes a DEM as input and produces
a number of consecutive grids of the same dimension as the
original DEM as output.

In the first step (referred to as “flooding") the algorithm
modifies the original elevation field in order to make it drain-
able. This step is very important in the context of Martian
terrain. Not flooding a typical Npld terrain produces unreal-
istically small basins, because, due to the presence of craters,
unadjusted Npld topography breaks into a large number of
very small drainage basins, majority of them internal. Com-
plete flooding of a typical Npld terrain produces large basins,
but incurred properties of such basins are skewed by the fact
that basins embody large, artificial lakes (flooded craters). A
reconstruction is a process to flood these craters that prevents
continuity of a basin, but to exclude large craters from being
incorporated into a basin. It is an attempt to reproduce a pri-
mary drainage basin before it was contaminated by posterior
cratering.

In the second step, each site is assigned a drainage pointer
to a neighboring site in the direction of the steepest slope
(this step is frequently referred to as the D8 algorithm). In
the third step, the total contributing area, A, is calculated for
each site. This quantity is the total number of sites draining
through a given site, an area (in pixel units) of a drainage basin
culminating at a given site. The contributing area at the outlet,
Aout is the total area of the basin.

A drainage network is this part of a drainage basin where
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Figure 1: Visual rendering of DEMs constructed for selected Martian locations. Vertical dimension is exaggerated. The thickness
of blue lines representing streams in computationally extracted networks is proportional to the Horton-Strahler order of the stream.
Basins and networks properties are given in Table 1. North is to the top of the page, except in E, where it is to the left of the page.
Terrain A is Naktong Vallis, B is Locras Valles (West), C is Parana Valles, D is Locras Valles (East), and E is Tyrrhena Terra.

Table 1: Properties of Selected Martian Drainage Basins

Name outlet Number % of Mean Number Ω Ath t D 〈D〉 σ(D) ρ
coord. of pixels adjust- of km−1 km−1 km−1

(E,N) pixels adjusted ment links
(m)

Tyrrhena 91.24, -24.29 52285 9.0 38 141 4 200 -3.0 0.11 0.1 0.04 2.55
Terra
Naktong 31.57, 9.24 284015 24.2 52 205 5 750 -2.5 0.06 0.05 0.02 2.79
Vallis
Parana -11.82, -21.84 118305 14.0 37 71 4 1000 -3.0 0.06 0.05 0.02 2.58
Valles
Locras 47.67, 9.79 108928 14.0 32 129 4 400 -3.05 0.08 0.07 0.02 2.91
Valles E.
Locras 46.58, 10.9 88562 18.7 32 107 4 400 -2.38 0.08 0.07 0.02 3.28
Valles W.
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the flow is concentrated, or channelized. Martian valley net-
works are identified with drainage networks. A drainage den-
sity of a given basin is the total length of channels in the
network divided by the basin’s total area, D =

∑
l/Aout.

Although, the value of Aout is unambiguously determined
by the algorithm (a big advantage of our approach over the
previous method), the value of

∑
l requires channelization

criterion, Ath. A given site is a part of a channel if A ≥ Ath.
Thus, a value of a threshold sets the drainage density of the
basin. To calculate Ath objectively, we are using the constant
drop property for streams (Tarboton et al., 1991). Ath that
produces a channel network where the mean stream drop in
first order streams is not statistically different from the mean
drop in higher order streams, is selected as the channelization
threshold. Student t test is used to evaluate the statistical sig-
nificance of a difference in mean stream drops. The constant
drop property is an empirical geomorphic attribute of drainage
networks sculpted by surface runoff. A difficulty to derive a
threshold by such a method is in itself an argument against
surface runoff.

A drainage basin can be defined at any point on a land-
scape. In particular, every node in a drainage network is an
outlet for a smaller sub-basin. Thus, embedded within the
main basin is a multitude of sub-basins. The value of D is
calculated at each node of the network, the basin’s drainage
density is the value calculated at the outlet, other values are
used to establish how uniform is drainage density throughout
the basin. To measure uniformity we define ρ, the ratio of the
mean, 〈D〉, to the standard deviation, σ(D), of variable D;
large values of ρ indicate high uniformity of D.

Data. We have selected five Martian locations from the
Npld geological unit to extract and analyze drainage basins.
The names and coordinates of these locations are given in
Table 1. The input data for our analysis is a DEM constructed
from the MOLA global topographic model grid (Smith et al.,
2001), which currently has resolution of 1/128 degree in both
latitude and longitude. The Locras Valles location has been
divided into two sections designated as East (E) and West (W).
Figure 1. shows visual renderings of DEMs constructed for
selected locations together with extracted drainage networks.

Results. Table 1. summarizes our results. Column 2 gives
approximate coordinates of an outlet, column 3 gives the total
area of a drainage basin in units of pixels. Each pixel is 1/128
by 1/128 degree, or roughly 0.25 km2. Because we study in-
dividual basins, their areas are relatively small. The smallest
basin in our study has an area approximately that of Connecti-
cut, and the largest basin has an area larger than that of West
Virginia. Column 4 gives the percentage of pixels that were
adjusted by flooding algorithm. In terrestrial context flooding
fills the pits that are generally considered to be artifacts, thus a
typical terrestrial DEM requires adjustment to < 5% of pixels.
However, due to existence of craters, > 50% of pixels would
have to be adjusted in order to make a Martian DEM com-
pletely drainable. Our reconstructed basins have 10 − 20%
pixels adjusted. Column 5 gives an average adjustment to be
compared to a typical terrestrial average adjustment of ∼ 10
m. As expected the Martian mean adjustment is higher than

terrestrial because even a reconstructed basin still contains a
significant number of small craters that needs to be filled.

Column 8 gives the values of channelization threshold.
Our targeted value of t was t = −3 (instead of more often
used t = −2), column 9 shows an actual value of t. Despite
the more lenient requirement, the values of Ath are high;
it is difficult to fulfill a constant drop condition for Martian
networks. Columns 6 and 7 pertain to the resultant drainage
network, giving number of links (link is a network segment
between two nodes) and Horton-Strahler order, respectively.
Horton-Strahler order describes the branching hierarchy of
a network (see, for example Dodds and Rothman, 2000 for
details). Finally, columns 10 to 13 pertain to drainage density,
giving basin drainage density, average drainage density over all
the sub-basins, standard deviation, and uniformity of drainage
density, respectively.

Overall, we have found rather similar values of D for
all basins in our study. Moreover, other attributes related to
drainage density (see columns 11 to 13) are also similar for
basins in our study. This suggests common origin for all these
drainage basins. Our derived values of D suggest D ∼ 10−1

km−1 as a typical value of drainage density in basins extracted
from the Npld surfaces. This is one to two orders of magnitude
higher than values derived from studying images. Note, how-
ever, that image-derived values refer to areas not basins and are
expected to be lower because Martian terrain contains exten-
sive nondissected sections. A characteristic value of drainage
uniformity is ρ ∼ 2.8, compatible with low end of terrestrial
ρ values (see Stepinski et al. 2002).

Some of the Martian locations considered here have been
previously studied. Craddock et al. (2003) used topog-
raphy to computationally extract drainage network from a
Tyrrhena Terra location. They have calculated drainage den-
sity D = 0.193 km−1 versus 0.01 km−1 estimated for the
same region on the basis of Viking images. Our value is
D = 0.11 km−1 for the same location. The factor of ∼ 2
difference in calculated values of D can be attributed to differ-
ences in methodology. The most important difference is the
lack of objective channelization threshold in Craddock et al.
calculations. The second difference is that they calculate D for
an area not a basin. However, other factors being equal, values
of D for Martian areas should be smaller than those calculated
for basins, so high value of D obtained by Craddock et al. can
probably be attributed to channel overextraction.

Hynek and Phillips (2003) used Mars Orbiter Camera im-
age mosaic together with MOLA data to study valley networks
in the Naktong Vallis location. Their method does not use a
computer algorithm to extract a network from topography,
rather the network is inferred manually on the basis of images
with additional support from topography. They calculated
drainage density of D = 0.065 km−1, an order of magnitude
increase over the earlier estimation. Our value is D = 0.06
km−1 for the same location. Again, the two values were ob-
tained by different methods. Our method is computational,
oriented on a single basin, and incorporates objective channel-
ization threshold, whereas Hynek and Phillips method is more
traditional and oriented toward an area rather than a basin. In
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this case both methods arrived to approximately the same value
for D.

The Parana Valles locations has been studied by Grant
(2000) who calculated drainage density of D = 0.07 km−1

using descriptive method and working from imagery data. Our
value is D = 0.06 km−1 for the same location, a good agree-
ment considering very different methodologies.

Conclusions. In this paper we have described and applied
a new method to study Martian drainage basins in general, and
to calculate their drainage densities in particular. The new
method uses full topographical description of Martian terrain
instead of imagery data and utilizes algorithmic extraction of
drainage basins and drainage networks, instead of manually
mapping networks using overlays. This approach has a num-
ber of significant advantages. First, a single drainage basin
can be easily extracted and its area can be measured precisely,
something not possible in the method based on imagery data
(see Baker and Partridge, 1986). Second, an algorithm, not
influenced by observational biases and interpretations, delin-
eates drainage network from the underlying basin. Third,
the method examines all basins using exactly the same pro-
cedure, the results can be compared with confidence. These
advantages result in much more robust estimation of Martian
drainage densities. A drainage density calculated using our
method refers to a specific drainage basin, a standard used in
terrestrial hydrology. Thus, a direct comparison to terrestrial
basins is possible. In contrast, previous estimates of Martian
drainage densities refer to arbitrary areas, and are not readily
comparable to standard terrestrial values. This problem was
recognized by Carr and Chuang (1997) who derived terrestrial
drainage densities defined for an arbitrary area especially for
the purpose of comparison with Martian values of D.

Establishing a correct value of channelization threshold
is the most important factor in computational calculation of
drainage density (terrestrial or Martian). The algorithm de-
lineates channels using a free parameter, Ath, which can be
related to the minimum flow rate that causes channelization.
The value of Ath has to be supplied to the algorithm from
independent considerations. Taking too small value of Ath

produces a dense network with high “drainage density." How-
ever, such value of D would be spurious because many surface
flows in a direction of steepest descent would be mistakenly
counted as channels. In other words, it is important to dis-
tinguish between a network of flow directions and a channel
network.

Using channelization threshold based on the constant drop
property for streams we have found 0.06 ≤ D ≤ 0.1 km−1

for basins extracted from Npld surfaces. Superficially, these
values are comparable to low-end terrestrial values obtained
by Carr and Chuang (1997). However, as noted above, our
estimates of D cannot be compared to Carr and Chuang esti-
mates due to differences in definitions, instead our values of D
need to be compared to drainage densities of terrestrial basins
which are in the 1 − 102 km−1 range (Abrahamas, 1984).

Thus, drainage densities of Martian Npld basins are one to
three orders of magnitude smaller than drainage densities of
terrestrial basins. The simplest interpretation of this result is a
very limited role of precipitation and resultant surface runoff in
sculpting Npld basins. This conclusion is further supported by
the so-called slope-area relation. In terrestrial drainage basin a
mean of the local slope |∇z| scales as a function of cumulative
area A, 〈|∇z|〉 ∼ A−θ , with parameter θ having range of 0.3
to 0.7 (Whipple et al., 1999). We have calculated the slope-
area relations for the five basins listed in Table 1. and have
obtained values of θ in the range of 0.1 to 0.22. This indicates
a very weak dependence of slope with contributing area and
points to an environment in which the rate of flow does not
increase downstream as expected in the presence of sustained
and widespread rainfall. Our finding of small values of θ is
consistent with results of Aharonson et al. (2002) who have
investigated drainage basins in Ma’adim Vallis and Al-Qahira
Vallis and have found equally low values of θ.

More Martian drainage basins needs to be analyzed com-
putationally to establish firmly a typical value of drainage
density. Additional information about an origin of a basin can
be obtained by studying longitudinal profiles of main streams,
fractal properties of drainage networks, and statistics of heights
and slopes.
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Introduction:  Two drastically different views ex-
ist regarding the early Martian atmosphere.  One view 
is that the present conditions have prevailed from the 
earliest of times, in which water can only exist within 
the ground as permafrost or groundwater and in the ice 
caps.  However, more recently workers have suggested 
an early, wet Mars (e.g., [1]), followed by a 
transitional period of ice-covered lakes and streams, as Mars 
lost its atmosphere. If the atmosphere was indeed 
warmer, thicker and wetter, standing water may have 
been stable at the surface for long periods on early 
Mars.  The stability of standing water at the surface is 
directly relevant as to whether life may have existed on 
early Mars. 

Many geomorphic features on Mars provide com-
pelling evidence for an early period of hydrologic ac-
tivity, requiring abundant liquid water at the surface 
(e.g., [2]). Several studies have argued that geomor-
phic evidence supports the existence of paleolake ba-
sins on Mars [3, 4, 5 and others]. Geomorphic evi-
dence of paleolake basins includes inflow and outflow 
channels, internal terraces, layering and apparent 
shorelines as well as delta deposits.  The sedimentary 
layers described by [5] are also proximal to paleolake 
basins.  

Cabrol and Grin [4] compiled a list of 179 possible 
paleolake basins in impact craters.  The three types of 
basins identified include closed, open and lake-chain 
systems.  In a more recent study, they attempted to 
assign an absolute age to basins [6].

Some of the basins display alternating bands of 
light and dark albedo materials conformal with the 
basin margin or bright materials exposed in the central 
portion of the basins [4].  These authors suggested that 
the bright material might be an evaporite deposit; 
however, this idea is controversial [7]. On earth, 
evaporite deposits in lacustrine environments display a 
characteristic pattern, resulting from their order of 
deposition.  Carbonates are the least soluble of the 
salts in solution and are deposited in marginal basin 
areas.  Sulfates have an intermediate solubility and 
precipitate at more basinward locations. Halides 
should precipitate last near the central portions of the 
basin.  In plan view, this deposit sequence would ap-
pear as a “bulls-eye pattern” or “bath tub rings” (e.g., 
[8]).  

Methods:  Thermal Emission Spectrometer 
(TES) spectra for each target are assembled into a hy-

perspectral cube. Because we expect spectral features 
of evaporite minerals to be subtle, we preserve indi-
vidual unprocessed emissivity spectra as far into the 
processing chain as possible.  

A principle component analysis (PCA) algo-
rithm is run on the hyperspectral cubes. The resultant 
PCA images have some contiguous areas where simi-
lar PCA values span several orbits, which we interpret 
to represent real spectral units at the surface. In other 
instances, PCA values are confined to specific orbit 
tracks, which we interpret to represent inter-orbital 
atmospheric variations. We reject these orbits because 
we want to minimize atmospheric contributions to total 
spectral variance in the scene. These orbits are identi-
fied and the hyperspectral cubes are re-assembled from 
the original set of spectra omitting these orbital tracks. 
This process is repeated until most of the color varia-
tions in the PCA images appear to be associated with 
spectral units on the ground. The final PCA images are 
used to define regions of interest (ROIs) that corre-
spond to spectral units in the scenes.  

The ROIs were independently defined in two 
ways: manually and using 2-D scatter plots.  Manual 
ROIs were defined by displaying the first three (most 
significant) principal component bands as a RGB 
composite image.  Areas of contiguous PCA values 
(i.e., areas of contiguous color on the RGB composite 
image) were outlined as individual regions of interest 
(Figures 1 and 2).  In the 2-D scatter plot method, high 
variance (low band number) PCA bands were plotted 
and ROIs defined from ‘extreme’ pixels in each plot.  
These pixels corresponded well with the colors 
mapped in the PCA composite images. Averaged spec-
tra from each ROI are extracted and examined to see 
what spectral features distinguish these units from each 
other.  

The averaged ROI spectra were first evaluated for 
the presence of dust/fine particulate materials based on 
their dust cover index (DCI) [9]. Next, a linear least 
squares deconvolution was applied using seven previ-
ously-reported and one new TES spectral endmem-
bers: Acidalia and Syrtis Surface Types, hematite, two 
atmospheric dust endmembers and two water ice cloud 
endmembers [10], and a new surface dust endmember 
[11].  If an averaged spectrum had a DCI value below 
the threshold (0.96) for “dust free” and the deconvolu-
tion routine used the surface dust endmember, the 
spectrum was considered to represent a dusty surface. 
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Because the spectral library we used [12] contains only 
course particulate samples, and because linear unmix-
ing may not apply to fine particulate mixtures, no fur-
ther analysis was performed on TES spectra not meet-
ing the “dust-free” criterion. In addition, if the spec-
trum was well-modeled by linear unmixing using the 
eight previously-reported TES surface and atmos-
pheric endmembers and no anomalies were detected by 
visual inspection, then further analyses were also con-
sidered unnecessary.  Atmospheric correction was per-
formed on the remaining ROI spectra using the method 
described by [13]. 

In the event that the spectrum was not well-
modeled by linear unmixing using the eight previ-
ously-reported endmembers, the atmospherically-
corrected ROI spectrum would be deconvolved twice 
(independently) using library spectra of individual 
minerals: once using the suite of igneous minerals 
thought to be present in previously-reported TES sur-
face spectra and once using these spectra plus library 
spectra of evaporite and hydrothermal minerals.  If the 
spectral signatures of these aqueous minerals are not 
present in the ROI spectra, the results of the igneous-
only and igneous-plus-aqueous deconvolution runs 
should be approximately the same.  

Results:  Of the 35 basins we have studied so far, 4 
have shown evidence of distinct surface spectral units, 
described here.  

Gale Crater (5.5S, 222.2W): Figure 1 displays the 
final PCA color composite image (from which ROIs 
were defined) overlain on a MOLA-derived shaded 
relief image, with the manually-defined ROIs outlined 
in black.  The central mound in Gale Crater, shown by 
the red region in Figure 1, had a DCI value of 0.93, 
below the threshold for a dust-free surface. In addition, 
the results of the deconvolution used the surface dust 
endmember (Table 1). This spectrum represents a typi-
cal dusty surface and was not processed further.

The southern portion of the basin floor, shown by 
blues in Figure 1, had a DCI value of 0.97, above the 
threshold for a dust-free surface.  In addition, the de-
convolution using the standard TES spectral endmem-
bers did not choose the surface dust endmember (Table 
1). Therefore, this spectrum represents a relatively 
dust-free surface. This spectrum was well modeled 
using only previously-reported TES atmospheric and 
surface endmembers (Syrtis Type Surface).  

The northern portion of the basin floor, shown by 
greens in Figure 1, had a DCI value of 0.95, just below 
the threshold for a dust-free surface.  The deconvolu-
tion also used the surface dust endmember (Table 1).  
This surface is likely a mixture of surface dust and the 
Syrtis Surface Type (SST). 

Aram Chaos (2.8N, 21.2W): Aram Chaos has pre-
viously been noted to contain hematite (e.g., [14]). 
Figure 2 displays the final PCA color composite image 
(by which ROIs were defined) overlain on a MOLA-
derived shaded-relief image, with the manually-
defined ROIs outlined in black. The central unit in the 
basin, shown in aqua in Figure 2, has a DCI value of 
0.97, above the threshold for a dust-free surface (Table 
2).  This spectrum was well modeled using just TES 
atmospheric and surface endmembers (Syrtis Type and 
Hematite).   

The floor units, which map as blue and purples in 
Figure 2, also have DCI values of 0.97, above the 
threshold for a dust-free surface.  All three units spec-
tra were well modeled using TES atmospheric and 
surface endmembers (Syrtis Type surface), as can be 
noted in Table 2.  The variation between the blue re-
gions (SW and NE floor units) and the purple region 
(SE floor unit) is mainly due to variable contributions 
of the atmospheric endmembers (Table 2). 

Ganges Chasm (9.5S, 51W): Figure 3 displays the 
final PCA band color composite image overlain on 
MOLA-derived shaded relief. The red, green and blue 
ROIs were defined by the 2-D scatter plot method and 
are shown in Figure4.  All three regions had a dust 
index of 0.96 or above, indicating a dust-free region.  
The results of linear unmixing are given in Table 3.  

This region had a DCI of 0.96 (the lowest in the 
scene) and the deconvolution used mostly atmospheric 
dust to model the blue region in the upper portion of 
the image corresponding to the Chasma as well as in 
the small crater in the interior of the larger crater. This 
is probably due to large topographic differences be-
tween these regions and the surrounding plains result-
ing in increased atmospheric contribution.   

The western portion of the larger crater stood out 
in the 2-D scatter plots.  This region has been noted 
previously by Hamilton et al. [15] as containing the 
mineral olivine.  This region therefore had a poor fit to 
the deconvolution method using only the atmospheric 
and surface endmembers (Table 3).  The average spec-
trum for this ROI does indeed have a spectral shape 
similar to that of forsterite, especially at ~400 
wavenumbers (Figure 5).  

Craters in Terra Sabaea (9.5S, 328W): Figure 6 
displays the final PCA image overlain on MOLA-
derived topography. The regions of interest defined by 
2-D scatter plots included two putative crater paleo-
lakes and the surrounding plains. All ROIs defined for 
this region had a DCI of 0.97 and were ‘dust free’.  
The linear unmixing results are given in Table 4.  

The deconvolution modeled mostly atmospheric 
dust for the southern portion of the interior of the cra-
ters.  This includes the small crater in the upper right 
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corner of the image.  The algorithm modeled the aver-
age spectrum from this region well using only the at-
mospheric and surface endmembers. The green regions
in the northern portion of the craters were modeled
using less atmospheric dust and more of the Syrtis
Surface Type (SST).  The blue ROI modeled an inter-
mediate mount of atmospheric dust and SST. The lin-
ear unmixing modeled both of these average spectra
well and no further processing was required.

The three ROIs, red, blue and green, increase in 
Syrtis Surface Type and decrease in atmospheric dust. 
The southern portions of the crater floors are the dusti-
est and the northern portions are the least dusty with
the surrounding plains having an intermediate compo-
sition.

Conclusions:  An intensive, detailed examination
of 45 putative paleolake basins using TES emissivity
data at 3x6 km/pixel resolution has not turned up any
evidence for evaporate deposits. Twenty additional
basins may be of sufficient size for this method and 
remain to be studied.

Figure 1: Final PCA image for Gale Crater from
which ROIs were defined.

References: [1] Pollack, J. et al. (1987) Icarus, 71,
203-224. [2] Carr, M. (1996) LPI Technical Report, 7-
9. [3] Forsythe, R. and Zimbelman, J. (1995) JGR, 
100, 5553-5563. [4] Cabrol, N. and Grin, E. (1999) 
Icarus, 142, 160-172. [5] Malin, M. and Edgett, K. 
(2000) Science, 290, 1927-1937. [6] Cabrol, N. and 
Grin, E. (2001) Icarus, 149, 291-328. [7] Ruff, S. et al. 
(2001) JGR, 106, 23921-23927. [8] Jones, B. (1965) 
USGS Professional Paper 502-A. [9] Ruff, S. and
Christensen P. (2002) JGR, 107, 5127-5149. [10]
Bandfield J. et al. (2000) JGR, 105, 9573-9587. [11]
Bandfield J. and Smith M. (2003) Icarus, 161, 47-65. 
[12] Christensen P. et al. (2000) JGR, 105, 9735-9738.
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Figure 2: Final PCA image for Aram Chaos from
which ROIs were defined. The hematite unit is clearly
visible in aqua tones.

Table 2: Model
derived modes for
Aram Chaos

Cen-
tral
unit

(aqua)

SW
floor
unit
(blue)

SE
floor
unit

(purple)

NE
floor
unit
(blue)

Dust Cover Index 0.97 0.97 0.97 0.97
Syrtis type surface 22.9 23.6 20.2 29.2
Hematite 14.2 - - -
Dust Low CO2 57.1 65.5 70.7 62.2
Water Ice Cloud1 0.5 3.9 7.6 2.6
Water Ice Cloud2 4.1 5.6 - 4.3
Total 98.9 98.5 98.5 98.3

Table 1: Model de-
rived modes for Gale

Central
Uplift

(red)

S crater 
Floor
(blue)

N crater 
Floor
(green)

Dust Cover Index 0.93 0.97 0.95
Acidalia type surface   8.0 - -
Syrtis type surface - 35.2 1.3
Surface dust 34.6 - 22.9
Dust Low CO2 33.2 60.0 65.1
Dust High CO2 16.0 - 2.9
Water Ice Cloud2   9.2 3.7 7.8
Total 101.0 98.9 99.9
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Figure 5: TES surface spectrum for Ganges Chasma
crater interior overlain with laboratory spectrum for 
Forsterite.

Figure 3: Final PCA image for Ganges Chasma over-
lain on MOLA topography.
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Figure 6: Final PCA image for craters in Terra Sabaea 
overlain on MOLA topography.

Figure 4: ROIs for Ganges Chasma determined from
2-D scatter plots.

Table 3: Model de-
rived modes for 
Ganges Chasma

Crater
Floor
(red)

Chasma
(blue)

Plains
(green)

Dust cover Index 0.97 0.96 0.97
Syrtis type surface 53.7 26.3 44.0
Dust Low CO2 51.9 73.8 53.8
Dust High CO2 -14.5 -8.5 -5.1
Water Ice Cloud1 4.5 2.1 6.5
Water Ice Cloud2   3.4 4.9 0.1
Total 99.1 98.7 99.2

Table 4: Model de-
rived modes for cra-
ters in Terra Sabaea

Crater
Floors

(red)

S basin
Floor
(blue)

N basin
Floor
(green)

Dust cover Index 0.97 0.97 0.97
Acidalia type surface   18.0 12.4 19.6
Syrtis type surface 18.0 34.7 39.9
Dust Low CO2 43.6 42.3 34.3
Dust High CO2 8.6 8.3 1.7
Water Ice Cloud1 8.7 1.6 3.7
Water Ice Cloud2   3.2 0.2 0.3
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THE MARS UNDERGROUND MOLE (MUM): A SUBSURFACE PENETRATION DEVICE WITH IN
SITU INFRARED REFLECTANCE AND RAMAN SPECTROSCOPIC SENSING CAPABILITY. C.R.
Stoker1, L. Richter 2, W.H. Smith3, L.G. Lemke4, P. Hammer5, J.B. Dalton6 B. Glass7 and A. Zent8. 1NASA Ames
Research Center, Code SST, Moffett Field, CA 94035, carol.r.stoker@nasa.gov; 2DLR Institute fur Raumssimula-
tion, D-51147 Koln, Germany lutz.richter@dlr.de; 3Medeco Inc.89 Arundel Place, Clayton, MO 63105,
whsmith@levee.wustl.edu; 4NASA Ames Research Center, Code SF, Moffett Field, CA 94035
llemke@mail.arc.nasa.gov; 5NASA Ames Research Center, Code SG, Moffett Field, CA 94035, pham-
mer@gaia.arc.nasa.gov; 6NASA Ames Research Center, Code SST, Moffett Field, CA 94035,
dalton@mail.arc.nasa.gov; 7NASA Ames Research Center, Code IC, Moffett Field, CA 94035,
brian.j.glass@nasa.gov; 8NASA Ames Research Center, Code SST, Moffett Field, CA 94035,
azent@mail.arc.nasa.gov

Introduction and Background: Searching for
evidence of life on Mars will probably require access
to the subsurface.  The Martian surface is bathed in
ultraviolet radiation which decomposes organic com-
pounds [1], destroying possible evidence for life. Also,
experiments performed by the Viking Landers imply
the presence of several strongly oxidizing compounds
at the Martian surface that may also play a role in de-
stroying organic compounds near the surface[2]. While
liquid water is unstable on the Martian surface, and ice
is unstable at the surface at low latitudes, recent results
from the Mars Odyssey Gamma Ray Spectrometer
experiment [3] indicate that water ice is widely distrib-
uted near the surface under a thin cover of dry soil.
Organic compounds created by an ancient Martian
biosphere might be preserved in such ice-rich layers.
Furthermore, accessing the subsurface provides a way
to identify unique stratigraphy such as small-scale lay-
ering associated with lacustrine sediments.  Subsurface
access might also provide new insights into the Mars
climate record that may be preserved in the Polar Lay-
ered Deposits and other sediments.  Recognizing the
importance of accessing the subsurface of Mars to the
future scientific exploration of the planet, the Mars
Surveyor 2007 Science Definition Team called for
drilling beneath the surface soils[4].  Subsurface meas-
urements are also cited as high priority in by MEPAG
[5].

Figure 1.  PLUTO mole demonstrated on Mt. Etna in
Sept. 2002.  The inset lower right shows the sampling
device.

The European Space Agency has incorporated a
small automated burrowing device called a subsurface
penetrometer or “Mole” onto the Beagle 2 lander
planned for 2003 launch [6]. This device, called the
Planetary Underground Tool (PLUTO), is a pointed
slender cylinder 2 cm wide and 28 cm long equipped
with a small sampling device at the pointed end that
collects samples and brings them to the surface for
analysis.  Figure 1 shows the PLUTO mole.  Drawing
on the PLUTO design, we are developing a larger
Mole carrying sensors for identifying mineralogy, or-
ganic compounds, and water.

The Mars Underground Mole: The Mars Under-
ground Mole was recently selected for development by
the Mars Instrument Development Program (MIDP).
The Mole advances into soil by way of an internal
sliding hammer system driven by a small electric mo-
tor.  Part of the energy released by the spring-loaded
hammer with each shock is transferred to the Mole
casing and from there to the soil, resulting in penetra-
tion by displacing and compressing the surrounding
soil.  A backwards-directed impulse as a reaction to
each forward shock is transferred via a suppressor
mass against a second weaker spring allowing forward
motion without requiring reactive forces provided by
the lander.  The Mole tip can be opened to collect soil
samples.  The Mole casing is tethered to a supporting
mechanism that supplies power.  Components sup-
porting the Mole on the surface include a launch tube,
tether reel and winch for pulling in tether, in addition
to the tether itself.

In addition to its use as a mechanism for collect-
ing subsurface samples, a Mole is a useful device for
carrying an instrument payload underground to make
in situ measurements.  However, due to the size limi-
tations on an on-Mole instrument compartment, and
the availability of a tether, it makes sense to put in-
strument electronics on the surface.  With funding
from MIDP, we are developing an instrument package
to be integrated with a Mole.  The centerpiece of this
package is the Dual Spectral Sensor (DSS), a Short
Wave Infrared (SWIR) Spectrometer with sensitivity
from 0.7 to 2.5 micrometers combined with a Raman
Spectrometer.  The DSS is capable of sensing a wide
range of minerals relevant to Mars Surveyor Program
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objectives of tracing the history of water on Mars in-
cluding hydrated minerals, clays, carbonates, sulfates,
and ice.  Additionally, Raman spectroscopy is effective
for detecting organics. The DSS design is based on the
Digital Array Scanning Interferometer technology [7],
a type of Fourrier transform interferometer which uses
fixed element prisms and thus is highly rugged com-
pared to a Michaelson interferometer. The instrument
mass (with reserves) is 1 kg. Table 1 shows the per-
formance characteristics of the DSS.  In order to
minimize the diameter of the Mole, the design calls for
the detector and instrument electronics to remain on
the surface.  Light is transmitted to them from an opti-
cal port located in the Mole via fiber optics incorpo-
rated into the tether.  While not part of our MIDP
funded development, other instruments for analysis of
soil samples without retrieving them to the surface can
plausibly be incorporated into a Mole. For example, a
small microscopic camera could be housed in the Mole
body, viewing soil through an optical port, thus al-
lowing particle size and shape to also be measured.

Table 1. DSS Instrument Specifications
Spectral Resolution 10 nm at 1000

nm
Resolving Power δλ/λ =200
Detection limits:
   Water/ice/hydrated minerals < 1 %
   Clays 3-5 %
    Iron Oxides <1 %
   Carbonates 1 %
   Organics
       • Amines and Amino Acids 3-5 %
       • C-H carbon compounds 1-3 %

The MUM is designed to achieve a maximum
depth of penetration of 5 m in Mars regolith.  It can be
repeatedly deployed and retrieved, with the number of
penetrations limited chiefly by wear on the hammering
mechanism.  For an average Mars soil model, we ex-
pect that MUM can sample to 1 m depth in at least ten
locations.  The ability to perform repeated sampling,
combined with the low mass and power requirements,
means that the Mole could be incorporated into a rover
mission as well as used on a stationary platform as in
the case of the Beagle 2.  The MUM is retrieved  to the
surface via a tether retrieval mechanism (pulling the
Mole up) while also reversing the direction of ham-
mering.  The MUM can also be deployed horizontally
to obtain samples from beneath a rock.  Figure 2 shows
the two possible configurations for deploying the
MUM.  Table 1 shows the characteristics of the MUM
as compared to those of the Beagle 2 PLUTO system.

Figure 2. The MUM Mole, launch tube, and tether reel
are schematically illustrated.  The Mole can extract
samples from a vertical hole (left) or from under a
rock when launched horizontally on the surface (right).

Table 2.
MOLE PERFORMANCE

Parameter MUM PLUTO
Mass (Tether, Tether Reel, Launch Tube) (gm) 2500 510

Mass (mole) (gm) 1000 350
Length (cm) 50 28
Diameter (cm) 4 (TBC) 2

Peak Power (W) 10 3
Theoretical Penetration Depth Limit* (m) 5 5
Baseline Penetration Depth (m) 5 2.6

Performance Floor Penetration Depth (m) 2 1.5
Seconds per Cycle 5 5
Duration to Performance Floor Depth (hrs) 1.3 2

Retraction Mechanism (RM)
Surface winch, 

reverse hammering
Surface winch, 

reverse hammering
RM Force Capability (N) 300 (TBC) 80
Target Sample Size (cm3) 5 0.2

Number of Holes (1 m deep) 10 3-5

Fault Recovery System
Pyro guillotine, 
inclinometer, 

reverse hammering
reverse hammering

Sensors

DSS, inclinometer, 
temperature,

paid out length of 
tether (in RM)

Temperature, 
paid out length of 

tether (in RM)

* Mars Environment

In a Mars mission, MUM could address numerous high
priority science objectives. For example, it could be
used to determine the mineralogy, stratigraphy, and
search for evidence of subsurface organic material in a
Martian paleolake bed, Polar Layered Deposit, or other
regions of interest; conduct in situ analysis of minerals
below the UV-irradiated surface layer; help character-
ize the state and distribution of water in the regolith,
determine the presence of ice lenses, and characterize
correlations between mineralogy and H2O abundance;
characterize layering in dune deposits; or investigate
the nature of indurated deposits.  An important advan-
tage of a Mole over more conventional drilling is that
it produces a minimal thermal disturbance and thus
could allow measurements of undisturbed volatile
abundance.

We plan to test the MUM package in a variety of
environments.  Some tests will be performed in a spe-
cially-constructed chamber filled with materials of
plausible Martian composition and stratigraphy.  Other
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tests will be performed in realistic Mars analog envi-
ronments such as dry lake beds and permafrost regions.
The purpose of our testing will be to bring the Mole
and instrument package to TRL 6 by 2005 to be ready
for flight on the 2009 MSL mission.

References: [1] Stoker, C. and M. Bullock
(1997), J. Geophys. Res. 102, 10881-10888.[2] Klein,
H.P. (1978) Icarus 34, 666-674. [3] Boynton, W. et al.
(2002), Science 297, 81-85. [4] Arvidson, R. (ed.)
(2001), NASA Mars Exploration Program 2007 Smart
Lander Mission SDT report. [5] Greeley, R. (ed.)
(2001), Mars Exploration Payload Analysis Group
Report, Feb. 8, 2001. [6] Richter, L., et al.(2001), Adv.
Space Res. 28, 8, pp. 1,225-1,230. [7] Hammer P.D., et
al. (1995), Imaging Spectrometry, SPIE Aeroscience
Symposium, Proc. SPIE 2480, 153-164.
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Introduction: In order to understand the evolu-

tionary history of Mars, the mineralogy and distribu-
tion of elements on the surface must be characterized 
and quantified. Areas of olivine were identified using 
the MGS Thermal Emission Spectrometer (TES) by 
[1-4] in Nili Fossae, craters near Ganges Chasma, and 
near the rims of Argyre and Hellas basins. Hamiliton 
and coworkers [4-5] identified olivine compositions 
similar to the martian meteorites Chassigny and ALH 
A77005 (Fo68) in Aurorae Planum, Nili Fossae, and 
other locations from deconvolutions of TES spectra. 
More recently, Hamilton and Christensen [6] have 
combined TES spectra with images and thermal inertia 
measurements from the Mars Odyssey Thermal Emis-
sion Imaging System (THEMIS) to characterize these 
olivine deposits. Impact craters in Aurorae Planum 
olivine-bearing materials may indicate thicknesses 
~20-40 m, and their thermal inertia is consistent with 
bedrock. 

Based on the presence of numerous apparently flu-
vial features on the Martian surface, there is much 
speculation that liquid water or vapor may have per-
sisted for weeks to millions of years on and beneath 
the surface of Mars [7]. If so, then much of Mars may 
have experienced water-rock-gas interactions leading 
to weathering of surface and near-surface materials. 
Among those materials most readily dissolved is oli-
vine, whose preservation suggests limited interaction 
with water. To constrain the residence time of olivine 
in contact with water, we calculate dissolution rates for 
olivine at various temperatures, pH, Fe-composition, 
and particle size. We then determine the minimum 
time needed to dissolve olivine in each dissolution 
reaction.  From this, we can place limits on the longev-
ity and extent of olivine alteration on Mars. 

Maximum Rate of Dissolution: Terrestrial olivine 
alteration has been investigated by [8-11], among oth-
ers. Olivine dissolves readily in water, releasing its 
components (Fe2+, Mg2+, and silica). These compo-
nents may precipitate in secondary minerals. The rate 
of dissolution depends on temperature, pH, olivine 
composition, and particle size. Experimental data [10-
11] yield rate equations for calculation of olivine dis-
solution using a standard approach to kinetic studies of 
mineral dissolution. Browning et al. [12-13] used a 
similar approach to constrain silicate glass alteration 
on Earth and Mars.  

The experiments of Wogelius and Walther [10-11] 
determined four rate equations (below) for olivine dis-

solution as a function of pH. For forsterite (Mg2SiO4) 
dissolution with pH in the range of 2-12, the rate equa-
tion at standard temperature (25°C) becomes: 

( ) 54.0121007.9sec/²/ +∗∗= −
HFo acmmolR  

  
31.01715 1033.21025.5 −−−

+∗∗+∗+
H

a
where aH+ = -log pH. For fayalite (Fe2SiO4) dissolu-
tion with pH 2-7, the rate equation at 25°C is: 

( ) 69.010101.1sec/²/ +∗∗= −
HFa acmmolR  

  141022.3 −∗+
For fayalite dissolution with pH 8-12, the rate at 25°C 
is defined by: 

( ) 69.010101.1sec/²/ +∗∗= −
HFa acmmolR  

3.01614 102.11022.3 −−−
+∗∗+∗+

H
a  

For intermediate compositions along the fayalite-
forsterite solid solution, the rate of dissolution at 25°C 
can be obtained from: 

FoFoFaFaOl RXRXcmmolR +=sec)/²/(  
where X is the mole fraction. For non-standard tem-
peratures (≠25°C), we can calculate the rate of dissolu-
tion by rearranging the Arrhenius relationship [11]: 

( )
R
TTE

RmolkcalR a

303.2
log)/(log

1
2

1
1

12

−− −
+==

where R is the gas constant (1.987216 cal/K/mol), T1 is 
the standard temperature (273.15K), and R1 is the rate 
of olivine dissolution at the standard temperature. Dif-
fering values for activation energy (Ea in kcal/mol) 
have been reported by [8, 11]. Wogelius and Walther 
[11] reported an activation energy of 19 ± 2.5 
kcal/mol, which is based on experiments with 0.15-
0.42mm diameter grains, and Grandstaff [8] calculated 
an activation energy of 9.1 ± 0.4 kcal/mol for Hawai-
ian olivine sand. By substituting activation energy into 
the Arrhenius relationship above, we can calculate 
dissolution rates (R2) for non-standard temperatures 
(T2). While we calculated rates for both reported acti-
vation energy values (discussed below), we report our 
primary olivine dissolution rates using 19 kcal/mol in 
Table 1. 

Minimum Dissolution Time: From the rates of 
dissolution, we calculate the minimum time needed to 
dissolve one spherical particle of olivine not in contact 
with any others. We made two additional simplifying 
assumptions that lead to uncertainties: 1.) We assume 
the surface area of the particle remains constant over  
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the course of the reaction. The actual times of dissolu-
tion will be a bit longer than calculated because as 
particle size decreases there is less mass to remove. 
Nonetheless, reported dissolution times still represent 
minimum values. 2.) We also ignored the effect of sur-
face coatings, which can slow a dissolution reaction. 
Oxidized iron can coat mineral grains during the  
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release of Fe-ions from the fayalitic olivine compo-
nent. The rate of oxidation depends on the atmospheric 
partial pressure of oxygen. However, we will pursue 
the calculation of iron oxidation and its effects on oli-
vine dissolution rates in subsequent analyses. 

Dissolution rates are converted to times by: 

molOl

Ol

wtSAR
M

t
∗∗

=(sec)  

where MOl is the mass of one particle of olivine calcu-
lated from the density and the volume of the particle 
(g), ROl is the rate of olivine dissolution in 
(mol/cm²/sec), SA is surface area (cm²), and wtmol is 
molecular weight of olivine (g/mol). 

Results. Our computations show a decrease in the 
time necessary for particle dissolution with decreasing 
particle size (Fig. 1), which relates to surface area by 
4π(½d)2, and with increasing temperature (Fig. 2). The 
difference in dissolution time of a particle at 5°C is 
~100 times longer than for a particle at 100°C for the 
same pH. We use 100°C as a bounding temperature, 
recognizing that the water boiling point could be lower 
on Mars. Even relatively large particles 10 mm in di-
ameter can dissolve in fewer than 10,000 years at low 
temperatures. And at high temperatures, such as those 
found in hydrothermal systems, a particle can dissolve 
in less than a year. A note of caution: these are mini-
mum times and the actual time for complete olivine 
alteration might be longer due to grain coatings or 
other processes. 

 Figure 3 shows the variation in dissolution time 
with composition. Fe-rich particles require less time to 
completely dissolve than Mg-rich olivines of the same 
particle size and at the same pH and temperature. Fe-
rich olivine deposits can, therefore, dissolve up to a 

 

Table 1 
    

log Rate of Dis-
solution 

 pH T°C (mol/cm²/sec) 
2 25 -11.34 
5 25 -13.15 
8 25 -13.20 
12 25 -12.29 
2 5 -12.34 
5 5 -14.15 
8 5 -14.20 
12 5 -13.29 
2 100 -8.54 
5 100 -10.35 
8 100 -10.40 

Fayalite 
(Fe2SiO4) 

12 100 -9.49 
2 25 -12.12 
5 25 -13.62 
8 25 -13.90 
12 25 -12.89 
2 5 -13.12 
5 5 -14.62 
8 5 -14.90 
12 5 -13.90 
2 100 -9.32 
5 100 -10.82 
8 100 -11.10 

Forsterite 
(Mg2SiO4) 

12 100 -10.10 
2 25 -11.57 
5 25 -13.32 
8 25 -13.42 
12 25 -12.50 
2 5 -12.57 
5 5 -14.32 
8 5 -14.42 
12 5 -13.50 
2 100 -8.77 
5 100 -10.52 
8 100 -10.62 

Fo50 
(FeMgSiO4) 

12 100 -9.70 

Figure 1: Minimum time for complete dissolution of one 
fayalite particle at 25°C. Time required depends on particle 
size. Calculated times do not account for changes in particle
size over time. 

Particle 
Size 

Table 1: Maximum olivine dissolution rates. For
non-standard T, activation energy = 19 kcal/mol. 
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factor of ~10 times faster than forsterite compositions 
under the same conditions. Hoefen and Clark [1] esti-
mate iron abundances in Martian olivines from TES 
spectra. Comparisons with terrestrial spectra indicate 
that the olivine in Nili Fossae generally contains 20-
30% FeO (Fo66-Fo73). Martian meteorites Chassigny 
and ALH A77005 have olivine composition of ~Fo68, 
which suggests a similar composition for observed 
olivines on the surface of Mars because their spectral 
features match [4]. Thus, on our Figure 3, these com-
positions would plot between the forsterite and Fo50 
curves. 

While all of our figures show the time required for 
complete dissolution of a single olivine particle, these 
can be adjusted to account for incomplete dissolution 
by multiplying our values by the fraction of dis-
solved/undissolved solid, or they can be extended to 
account for a specific number of particles or moles of 
olivine. For example, if we hypothetically calculate the 
surface abundance of olivine on Mars to be 5%, then 
95% of a deposit of 100% olivine has dissolved. To 
calculate a dissolution time for 95% dissolution, we 
would multiply our reported dissolution times by 0.95. 

Finally, we examined the effect of different activa-
tion energy values as reported by [8, 11]. The lower Ea 
of 9.1 kcal/mol produced a narrower range of dissolu-
tion times (Fig 4). 

pH has a strong affect on alteration rate, as much as 
a factor of ~100 difference in dissolution time. Rela-
tively longer times are needed to dissolve a particle of 
any size or composition at neutral pH than at highly 
acidic or basic pHs (Figs. 1-3). 

Interpretation:  This work is a first step in con-
straining olivine alteration rates on Mars. By bounding 
dissolution rates of olivine, we can make inferences 
about the temporal extent of aqueous alteration on the 
surface. Several hypothesized low-temperature surface 
aqueous alteration processes include valley network 
formation from release of groundwater during impact 
[15] or gully formation from snow melt [16], both of 
which may occur over a period of several thousand 
years. Outflow channels may have formed during brief 
floods lasting less than a year [7]. If large bodies of 
water were present during a “warm, wet” period, large 
standing bodies of water may have been present for 
104 to 109 years [7, 17-18]. High-temperature altera-
tion processes include hydrothermal activity associated 
with impacts and magmatic features [19-20]. These 
features may remain active for 104 to 106 years. Table 
2 summarizes speculated duration times of these aque-
ous processes. For comparison, we have determined 
minimum olivine residence times (time until complete 
dissolution) for 1 mm diameter particles to range from 
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Figure 2: Minimum time for complete dissolution of one
fayalite particle at 25°C, 5°C, and 100°C. Time required
depends on particle size, but is only shown for 1 mm diame-
ter particles. 
much less than one year to ~5,000 years. Time for Complete Dissolution
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Figure 3: Minimum time for complete dissolution of one 
olivine particle of different compositions (fayalite, for-
sterite, and an intermediate Fo50) with diameter of 1 mm at
25°C. Time required depends on particle size. Calculated
times do not account for any oxidized iron coatings that may
form from dissolution of fayalite components. 

Figure 4: Minimum time for complete dissolution of one 
fayalite particle with diameter of 1 mm at various tempera-
tures. Ea = 19 kcal/mol, and Ea2 = 9.1 kcal/mol. 
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Aqueous solutions associated with proposed meth-
ods of valley network and gully formation could occur 
on time scales similar to those required for olivine dis-
solution. Furthermore, if we assume that the maximum 
times of olivine dissolution are within an order of 
magnitude of the minimum times we have calculated, 
then the presence of olivine on the surface of Mars 
would imply that contact with aqueous solutions is 
limited to a few 104 years at low temperatures. How-
ever, if erosion continually exposes new olivine or 
deposition replenishes olivine deposits at a rate greater 
than or equal to dissolution, then olivine deposits 
could endure during long-term aqueous processing. 
This logic does not work in reverse: the absence of 
olivine does not prove the existence of an aqueous 
system.  

Because olivine-rich materials in Nili Fossae and 
Aurorae Planum have survived in abundances large 
enough to be detected with TES, our data imply that 
aqueous alteration lasting more than a few hundred to 
a few thousand years did not occur in the olivine-rich 
areas. Or if it can be shown that these deposits are in 
an area affected by aqueous alteration, then we must 
look for processes that might have slowed the dissolu-
tion reaction (e.g., grain coatings). Further study is 
needed to constrain maximum dissolution times as 
well as the nature of the observed olivine-rich material 
in Nili Fossae and other sites. Hamilton and Christen-
sen [6] have begun the latter part of this task. 

Lastly, numerous investigators have hypothesized 
the past presence of a large northern ocean [e.g., 22-
23]. If we were to assume that the maximum times of 
olivine dissolution are within an order of magnitude of 
the minima we have calculated, then our longest oli-
vine residence times overlap with the shortest esti-
mates for the ocean’s lifetime [17]. Thus, olivine might 
survive in a short-lived ocean. However, our calcula-
tions cannot be used in a straight-forward way to as-
sume the duration of a large body of water, as the ab-
sence of olivine does not necessarily imply that aque-
ous processes have occurred. 
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 Table 2 

  
Aqueous Process Duration 

Low T:   

Outflow Channels 
formed by periodic 

flooding through cata-
strophic release of  

water 

Short-lived, <1 yr [7] 
over a period of sev-
eral 100,000 years 

[21] 

Valley Networks 
formed by release of 
groundwater during 

impact 

Few 1,000 years [15]

Gullies formed by 
melting snow Few 1,000 years [16]

Lake Deposits 10,000 - 1 billion 
years [7] 

Ocean Deposits 10,000 - 100 million 
years [17-18] 

    
High T:   

Hydrothermal  
Activity from impact

10,000 - 1 million 
years [19] 

Hydrothermal  
Activity from  

magmatic interactions

Few 100,000 years 
or more [20] 

 Table 2: Time scale of proposed aqueous processes on 
Mars. For comparison, we calculated olivine residence 
times of less than 1  year to ~5,000 years for a 1 mm di-
ameter olivine particle. 
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