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GUSEV AND MERIDIANI WILL LOOK DIFFERENT: RADAR SCATTERING PROPERTIES OF THE
MARS EXPLORATION ROVER LANDING SITES.  A. F. C. Haldemann1, K. W. Larsen2, R. F. Jurgens1, M. A.
Slade1, B. J. Butler3, R. E. Arvidson2, and, J. K. Harmon4, 1Jet Propulsion Laboratory, California Institute of Tech-
nology, M/S 238-420, Pasadena, CA 91109-8099 (albert@shannon.jpl.nasa.gov), 2Dept. Earth and Planetary Sci-
ences, Washington University, St. Louis, MO, 3National Radio Astronomy Observatory, Array Operations Center,
P.O. Box O, Socorro, NM 87801, 4National Astronomy and Ionosphere Center, HC3 Box 53995, Arecibo PR 00612.

Introduction: Analysis of all existing radar data
for the two Mars Exploration Rover (MER) landing
sites at Meridiani Planum and Gusev Crater suggest
that their meter-scale morphological appearance will
be noticeably different than previous Mars landing
sites; their “human-scale”, decimeter- to meter-scale
roughness is not the same as for previous Mars landing
sites. We make this prediction based on a comparison
of the MER landing sites.

Radar Data:  Earth-based radar observations of
Mars have been ongoing since the 1960’s, with some
quantitative data even surviving from the earlier obser-
vations. The observations have been carried out at both
12.6 cm (S-band) and 3.5 cm (X-band) wavelengths
using circularly polarized transmitted signals. The ech-
oes can then be received in both the same sense of cir-
cular polarization (SC) and opposite sense of circular
polarization (OC).

Figure 1. Radar scattering properties of the Viking 1, panels (a) and (b), and Mars Pathfinder landing sites, panels
(c) and (d). Solid lines are OC polarization and dotted lines are SC polarization. The left-hand panels are for X-band
and show GSSR quasi-specular delay-Doppler Hagfors model fits and G-VLA diffuse scattering cosine model fits.
The dashed lines show the range of values from the GSSR fits. The right-hand panels are for S-band and show the
Moore and Thompson [1] OC and SC scattering models for the units in which the MER landing ellipses are located.
The points at q ~ 30° are SC cross section determinations by [2]. The Viking 1 dashed line data are (also) from [2].
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Quasi-specular scattering data. Mirror-like reflec-
tions of circularly polarized radar energy dominates the
OC echoes at small incidence angles, q, less than about
20°, because these quasi-specular reflections cause a
polarization flip. The behavior of the radar cross sec-
tion as a function of q is well-modeled for Mars by the
Hagfors model [3]. The mirror-like reflections are un-
derstood to be controlled by radar-facing facets with
characteristic length-scales from 10x to 100x the inci-
dent wavelength.

Quasi-specular scattering model parameters are
obtained from delay-Doppler radar experiments, which
have been performed by the Goldstone Solar System
Radar (GSSR) at S- and X-bands, and the Arecibo Ob-
servatory radar at S-band.

Diffuse scattering data. At all incidence angles ra-
dar energy is diffusely scattered and multiply scattered
by interaction with surface roughness elements at the

scale of the incident wavelength, and produce echoes
in both OC and SC polarizations. This scattering
mechanism dominates the radar cross section for q
greater than about 30°. Diffuse backscatter incidence
angle dependence is described with a cosine model.
Here we use the amplitude of the diffuse backscatter
component is a comparative measure of the wave-
length-scale roughness of the target surface.

Diffuse scattering model parameters have been
obtained from monostatic continuous wave (CW) radar
observations of Mars by both GSSR and Arecibo, as
well as by interferometric imaging with the Very Large
Array (VLA) of GSSR CW illumination of Mars.
Long-code method delay-Doppler imaging by the Are-
cibo Observatory also produces radar cross sections at
large incidence angles.

Figure 1. con’t. Radar scattering properties of the Meridiani Planum, panels (e) and (f), and Gusev Crater, panels
(g) and (h), MER landing sites. Solid lines are OC polarization and dotted lines are SC polarization. The left-hand
panels are for X-band and show GSSR quasi-specular delay-Doppler Hagfors model fits and G-VLA diffuse scat-
tering cosine model fits. The dashed lines show the range of values from the GSSR fits. The X-band GSSR data at
Gusev crater are for the same geologic unit as the crater, but are not inside the crater. The right-hand panels are for
S-band and show the Moore and Thompson [1] OC and SC scattering models for the units in which the MER land-
ing ellipses are located. The dashed line quasi-specular data for Gusev crater is from GSSR [4].
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Landing Sites: Radar data have been used to char-
acterize past Mars landing sites [e.g. 5, 6], and the
MER landing sites are no exception, since the MER
landing system needs both radar reflectivity and ap-
propriate levels of surface roughness.

In Figure 1 we plot the incidence angle behavior of
radar cross-section for OC and SC polarizations at both
X- and S-bands using data from various sources. We
qualitatively analyze the data here, by comparing the
radar backscatter behavior of the MER sites to the Vi-
king Lander 1 (VL1) site and the Mars Pathfinder site
(the Viking Lander 2 site is not considered because it
is too far north to obtain direct quasi-specular infor-
mation). More quantitative analyses will be presented
at the meeting.

Meridiani Planum. The quasi-specular component
at both X- and S-bands in the OC channel is signifi-
cantly enhanced with respect to VL1 and MPF site.
This indicates that 35 cm to 12 m length-scale rough-
ness will be much less than the previous sites. The dif-
fuse backscatter components are lower than the older
sties too, thus the decimeter roughness will also be less
than previously seen at the surface of Mars.

Gusev Crater. The X-band quasi-specular GSSR
data for the geologic unit mapped inside Gusev are
actually from the same unit at another location. Nev-
ertheless, the lower level of the quasi-specular cross-
section could suggest either that the 35 cm to 3.5 m
roughness is somewhat greater than at VL1 or MPF, or
that the surface is less radar reflective. Gusev thermal

inertia measurements would suggest that either the
former or a combination of the two interpretations is
correct. The enhanced X-band diffuse cross-sections
along with the reduced S-band diffuse cross-sections
suggest that roughness at the suface is more important
at 3.5 cm than at 12 cm. At the quasi-specular length-
scale of interest for the S-band data from GSSR in
1973 (dashed) suggest that the Gusev ellipse exhibits
greater roughness at 35 cm to 3.5 m than at 1.2 m to 12
m. This distinct scale-dependence of roughness in the
meter-range is not observed at VL1 or MPF.

Conclusion: The radar backscatter properties of
the selected MER landing sites are distinct from the
Viking 1 and Mars Pathfinder sites. The images taken
by the MER cameras on the surface will show a terrain
that is morphologically different at “human scales”
from those previous Mars landing sites.

References: [1] Moore H. J., and Thompson T. W.
(1991) LPS XXI, 457-472. [2] Harmon J. K. (1997)
JGR, 102, 4081-4095. [3] Hagfors T. (1964) JGR, 69,
3779-3784. [4] Downs G. S., Reichley P. E., and
Green R. R. (1975) Icarus, 273-312. [5] Masursky H.,
and Crabill N. L. (1976) Science, 809-812. [6] Halde-
mann A. F. C. et al. (1997) JGR, 102, 4097-4106.
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WATER ICE CLOUDS IN THE MARTIAN ATMOSPHERE: A COMPARISON OF TWO METHODS
AND ERAS  A.S. Hale1, L.K. Tamppari1, P. R. Christensen2 , M. D. Smith3,, Deborah Bass1 and  J. C. Pearl3, 1Jet
Propulsion Laboratory/California Institute of Technology, M/S 264-235, 4800 Oak Grove Dr., Pasadena, CA 91109,
amy.s.hale@jpl.nasa.gov, 2Arizona State University, Dept. of Geology, Box 871404, Tempe, AZ 85287-1404,
3NASA Goddard Space Flight Center, Mail Code 693, Greenbelt, MD 20771.
.

Introduction:  Over the past decade there has been an
increased interest in water-ice clouds in the Martian
atmosphere and the role they may play in the water
cycle.  Water-ice clouds in the Martian atmosphere
have been inferred, historically, through observations
of “blue” and “white” clouds [1], but the first positive
confirmation of water-ice in the atmosphere came
during the Mariner 9 mission, through the Infrared
Interferometer Spectrometer experiment [2]. Subse-
quent data sets have continued to show evidence for
water ice clouds.

More recently, work has suggested that clouds
forming in a low-latitude belt during the northern
spring/summer time frame (the aphelion cloud belt)
may be retaining water in and scavenging water to the
northern hemisphere [3,4].  This cloud belt forms dur-
ing northern spring/summer.  At the current epoch,
Mars’ northern spring/summer timeframe coincides
with aphelion (Ls=71°), causing the atmospheric tem-
peratures to be lower in this season, allowing water-ice
clouds to form more readily than during the perihelion
season.  Ice particles in the clouds may gravitationally
settle, confining water to the northern hemisphere.
This settling may also remove dust acting as cloud
condensation nuclei, decreasing the radiative heating
potential of the atmosphere further.  This is a powerful
mechanism to explain why Mars’ northern hemisphere
contains substantially more water than the southern
hemisphere.

Furthermore, the aphelion cloud belt was not origi-
nally recognized as an annual feature in the Martian
climate and was originally proposed to be due to a cli-
mate change since Viking [3].  However, Viking data
did show the aphelion cloud belt over two Martian
years [5], as well as widespread and frequent water ice
clouds throughout the Martian year. Water ice clouds,
and specifically the aphelion cloud belt, have also been
seen through the MGS TES data set [6-10].  Since this
belt is now seen as most likely an annual feature of the
Martian climate, it is desirable to understand its char-
acteristics, such as its spatial and temporal extent, and
variations in opacity, temperature, and altitude. To
date, the only two data sets offer the potential to ex-
amine year-to-year changes in cloud features over an
entire Martian year:  the Viking Infrared Thermal
Mapper (IRTM) data set [5] and the Mars Global Sur-

veyor (MGS) Thermal Emission Spectrometer (TES)
data set [6-10].  We have examined the TES data in the
same way in which we examined the Viking IRTM
data  [5; 9-10] This provides water-ice cloud informa-
tion separated in time by 12 Martian years.  Since the
data are analyzed with the same method, we obtain a
very accurate “apples to apples” comparison, and can
generate a historical record of the subtleties of this an-
nual event.  However, the methodology used in our
retrievals of water-ice clouds from TES data differs
from the methodology used by [6-8]. Consequently, it
is desirable to compare their results to ours to see what
differences exist, and better assess the strengths of both
methods.

Method:   To assess the true extent of the interan-
nual variability in water-ice cloud formation, a direct
and robust method for comparing these different data
sets and time periods has been used [5].  The water-ice
cloud retrieval technique developed to analyze the
broadband Viking IRTM channels [5] has been applied
to the TES data.  To do this, the TES spectra are con-
volved to the IRTM bandshapes and spatial resolu-
tions, enabling the same processing techniques as were
used in Tamppari et al. [5].  The resulting cloud maps
are therefore directly comparable to those created for
the Viking time period.  This method is powerful, but
it cannot be applied over cold surfaces, as it relies on
sensing a cold cloud over a warmer surface. Therefore,
areas of the surface which the surface model expects to
be cold are explicitly ignored. Figure 1 a and b show a
typical result for MGS TES and Viking IRTM. Others
[6-8] have determined water-ice opacities from the
TES spectra by first computing a column integrated
opacity for pure atmospheric absorbers as a function of
wavenumber, and then estimating the water ice contri-
bution by simultaneously fitting predetermined spectral
shapes for atmospheric dust, water ice, as well as non-
unit surface emissivity. The method also assumes that
the absorber, in this case water ice, is well mixed in the
atmospheric column, an assumption that may not be
correct. This method also becomes noisy over cold
surfaces, but can still be applied. Figure 2 shows a map
for the same Ls range and Martian year as figure 1a in
opacity data, though it includes a larger latitude range.
The large opacity signature at high southern latitude is
real; analysis of MOC images in this time frame [11]
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Martian Water Ice Clouds  A.S Hale et al.

show cloud cover in the areas of high opacity, but
these images cannot tell us the composition of the
clouds beyond the fact that they are condensate and not
dust. Since this clouded area is part of the southern
polar hood, it may also contain CO2 as well as water
ice clouds. It should be noted that the color scale on
figures 1 and 2 are not the same. In figure 1, blue indi-
cats water ice clouds, whereas in figure 2 redder areas
indicate areas of high water ice opacity.

Conclusions: Method Comparison: Similar cloud
features are seen in maps generated with each method
with no obvious outliers. The temperature differencing
method appears to possibly be somewhat more sensi-
tive to weaker water ice signatures. We have also gen-
erated correlation plots comparing the two methods
(figure 3). At strong delta-T signals, the correlation
between the two methods is quite good, and therefore
extraction of opacities from earlier Viking data may be
possible for these stronger detection levels. Weaker
detections do not, however, show such a good correla-
tion. We are currently analyzing why the correlation
becomes poor at weak signal levels, though it may be
due to the fact that the differencing method may be
more sensitive to thin cloud hazes. Results of this on-
going analysis will be presented.

Conclusions: Viking and MGS eras: While the
data coverage is much greater in the TES data set, wa-
ter-ice cloud maps from the same seasons have similar
characteristics to those seen in the Viking dataset.  In
particular, the aphelion low-latitude cloud belt is
prominent, as is the cloud cover over Hellas and the
topographic highs.  Analysis of the differences and
similarities between the results generated by each
technique is ongoing.  Due to gaps in data coverage,
this aphelion cloud belt is not as well seen in this par-
ticular Viking map (figure 1b), but it is clearly present.
In addition, a strong cloud signature in Figure 1a, indi-
cating either a colder or thicker water-ice cloud, is pre-
sent over Elysium Mons, over the Tharsis volcano re-
gion, and over the northern part of Hellas basin.  Re-
sults in other Ls ranges are similar; that is, prominent
features seen by Viking are also observed by MGS,
though of course coverage in the Viking data is less
extensive.
 References:  [1]ÊSlipher, E. C. (1962) Mars, Northland
Press. [2]ÊCurran, R. J. et al. (1973) Science, 183, 381-383.
[3]ÊClancy, R. J. et al. (1996) Icarus, 122, 36-62.  [4]
Richardson, M. I., et al. (2003) JGR, 107, 5064- 5093. [5]
Tamppari, L. K. et al. (2000) JGR, 105 4087 - 4107. [6]
Smith, M. D et al. (2001) GRL, 28, 4263-4266. [7] Smith, M.
D. (2001b) et al., JGR, 105 9539-9552.  [8] Pearl, J. D. et al.
(2001) JGR, 106, 12325-12338. [9] Hale, A.S.  et al. (2002)
34th DPS, 15.11. [10] Tamppari, L.K., et al. (2002) 34th DPS
06.06. [11] Wang and Ingersoll (2002) JGR, 107 E10 1-8.

Figure 1: (a) Water ice clouds for Ls 110 Ð 125 as
seen by TES in MGS extended mission. (b) Water ice
clouds as seen by Viking IRTM for the same Ls
range. Though coverage in the Viking data is not as
complete, similar features are seen.

Figure 2: The same Ls range and era (MGS extended
mission) mapped in water ice opacity. Note that the
color scale is reversed, with red indicating high water
ice opacity, and that a greater latitude range is shown.

Figure 3: Cor-
relation plot of
data from Fig-
ure1a and fig-
ure 2. Note the
strong corrlea-
tion at high
opacities and
delta T values.
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Introduction:  The objective of this study is to 

place constraints on the composition and effective 
mean particle size of fine particulate mineralogies on 
the Martian surface.  This objective is met via com-
parisons between infrared spectra of Martian bright, 
dusty regions and a variety of igneous analogue mate-
rials at a range of particle size fractions. 

Background: Before discussing the details of the 
new work presented here, it is appropriate to provide 
context in terms of prior laboratory work on infrared 
spectra of particulate mineral and rock samples, and 
the current state of knowledge with respect to the 
thermal infrared spectrum of Martian dusty regions. 

Infrared Spectra of Particulate Minerals & Rocks. 
Numerous investigators have studied the effects of 
particle size on the thermal infrared spectra of minerals 
[e.g., 1-8].  Changes arise in the infrared spectral char-
acter of minerals if the mineral under observation is 
physically dominated by particles whose sizes ap-
proach or are smaller than the wavelength of observa-
tion. This behavior is commonly referred to as “vol-
ume scattering”, and is increasingly apparent with de-
creasing mean particle size.  In silicate minerals, a uni-
form (blackbody) decrease in spectral contrast/band 
depth at wavenumbers less than ~1250 (wavelengths 
greater than 8 µm) is observed first as mean particle 
size decreases, and as mean particle size decreases 
further, the appearance of transparency features be-
tween the silicate reststrahlen bands and at wavenum-
bers greater than ~1250 are also common.  Transpar-
ency features at high wavenumbers in silicates are ex-
pressed as increasingly reduced emissivity with in-
creasing wavenumber, producing a strong spectral 
slope.  Commonly, the onset of this behavior at ther-
mal infrared wavelengths is observed at particle sizes 
of ~100 µm and under [e.g., 7], although a specific 
cutoff dimension has not been identified.  Despite the 
considerable attention devoted to the physics of parti-
cle size effects in pure minerals [e.g., 6-10], very little 
attention has been given to these effects in physical 
mixtures (e.g. dusts and sands derived from rocks 
[11]), largely because the physics of light interaction 
and scattering in mixtures is even more complicated 
than in pure minerals.  Nonetheless, it is possible to 
quantitatively parameterize scattering effects as a func-
tion of particle size and bulk composition.  

[12] initiated a study of particulate mafic igneous 
rock samples to investigate their spectral characteris-
tics as a function of dominant particle size and compo-

sition. That study created particulate samples in the 
following size fractions: <63, 63-125, 125-250, 250-
500, 500-1000, and 710-1000 µm. [12] found that the 
infrared spectra of all size fractions with particle sizes 
>63 µm showed an approximately 30-35% decrease in 
reststrahlen band spectral contrast as compared to the 
spectrum of the solid rock sample, and did not exhibit 
transparency features (Figure 1). This is somewhat less 
than the 40% decrease reported for a particulate gran-
ite [13]. Reststrahlen band strength was not observed 
to decrease further until the dominant sample size frac-
tion was less than 63 µm; however, the onset of in-
creasing spectral slope at high wavenumbers was 
shown to occur in size fractions of  <125 µm, with 
subtle hints of this behavior present at size fractions as 
large as 250 µm.  In the <63 µm size fractions, trans-
parency features of varying strength and shape were 
observed in all samples.  The strongest of these fea-
tures is observed in samples high in plagioclase feld-
spar, and is manifested as a relatively narrow feature at 
~800-850 cm-1 [14].   The 710-1000 µm size fraction 
of each sample was created for comparability with 
coarse particulate samples in the Arizona State Univer-
sity spectral library [15].  As with mineral spectra, 
comparison of the spectra of these samples showed 
that not all lithologies exhibit similar spectral contrast 
despite having the same dominant particle size.  The 
results of [12] showed that, as in the case of mineral 
spectra, the onset of obvious particle size effects is 
below particle sizes of ~65 µm; further studies of finer 
size fractions below ~65 µm are required to fully char-
acterize the maximum extent of such effects. 

Infrared spectra of high-albedo regions on Mars. 
High-albedo regions on Mars represent dusty materials 
based on their spectral (visibly bright) and thermo-
physical (low thermal inertia) characteristics. A recent 
analysis of Mars Global Surveyor (MGS) Thermal 
Emission Spectrometer (TES) data by [16] has isolated 
spectra from the surface in Martian dusty regions, and 
not surprisingly, features indicative of fine particulate 
materials (estimated as <40 µm) dominate the spectra, 
including a strong spectral slope at high wavenumbers, 
and low spectral contrast in the reststrahlen bands.  

The strong spectral slope at high wavenumbers in 
the bright region data permits absorption features re-
sulting from mineralogy to be observed more easily, 
and [16] observed a feature at ~1640 cm-1 that results 
from the fundamental bending mode of H2O.  This 
H2O may be bound in an unknown mineral phase, or it 
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could be adsorbed onto mineral particles.  [16] also 
observed a strong spectral feature at ~800 cm-1; this 
feature was attributed to one or more framework sili-
cates, although those investigators favor plagioclase 
feldspar. The abundances of the H2O-bearing and 
framework silicate phases have not been constrained 
well.  Additionally, [17] have shown that in the Mar-
tian bright region spectra, a slight rise in emissivity 
between ~1250 – 1640 cm-1 (superimposed on the 
overall spectral slope) is consistent with the presence 
of small amounts (~2-3%) of carbonate. [18] compared 
the Martian bright region spectrum of [16] to spectra 
of terrestrial basaltic tephras that have experienced 
variable degrees of alteration.  They found that only 
one sample, a tephra dominated by plagioclase feld-
spar and hematite, displayed sufficient spectral similar-
ity to the Martian spectrum to be considered a viable 
analogue to the Martian dust.  

[19] used spectral ratios of TES data from bright 
and dark regions on Mars to investigate their composi-
tion and particle size. Those investigators found that 
the ratio spectrum, which is a combination of features 
from both the bright and dark regions, displays a small 
feature consistent with the ~800-850 cm-1 transparency 
feature in plagioclase feldspar.  The Martian ratio 
spectrum is also consistent with the ratio of the coarse 
(500 – 1000 µm) and fine (<63 µm) size fractions of a 
single basaltic lithology.  Ratios of differing litholo-
gies did not provide similarly good matches to the 
Martian ratio, suggesting that the compositions of the 
bright and dark regions are broadly similar, and that 
they differ largely in their dominant particle size. 

Although 2-3% of the Martian bright region dust 
spectrum can be explained by carbonate, and fine par-
ticulate framework silicates appear to dominate the 
primary spectral features (1250 – 700 cm-1, 8 – 12 
µm), no additional minerals have been identified with 
certainty.  Thermal Emission Spectrometer results 
from Martian dark regions have identified basaltic to 
intermediate [20, 21], or weathered basaltic [22], 
lithologies that require the presence of mafic minerals 
such as pyroxene, olivine and phyllosilicates.  Visible 
and near-infrared spectroscopic data provide ample 
evidence for pyroxenes in dark regions as well [23-
25].  The abundances of mafic minerals that could be 
present in the Martian dust have not been well con-
strained by the work completed thus far, and several 
outstanding questions remain:  what is the abundance 
of the framework silicate(s), what other minerals might 
be present, and can the mean particle size of the mate-
rials be constrained further?  

This study:  To begin placing additional con-
straints on the particle size, composition, and abun-
dance of phases in the Martian dust spectrum, I have 

produced additional particle size fractions of the igne-
ous rocks used by [12].  New size fractions include:  
<5, 5-10, 10-25, 25-48, and 48-63 µm.  As in [12], 
infrared spectra of these samples were analyzed at the 
thermal emission spectroscopy laboratory at Arizona 
State University.  The bulk chemistries and modal 
mineralogies of these rocks are described by [26, 27].  

Results – Spectral character & particle size.  Fig-
ure 2 shows an example of the fine particulate size 
fractions (STL-20, shown in Figure 1).  All <63µm 
size fractions exhibit high wavenumber transparency 
features, and all exhibit lower emissivity than coarser 
size fractions.  Size fractions <25 µm display a strong 
plagioclase transparency feature at ~825 cm-1.  An 
incipient plagioclase transparency feature is apparent 
in the 25-48 µm size fraction.  Spectral contrast at 
<650 cm-1 is further reduced in the <25µm samples.  
We are compiling a database of the strengths of the 
observed features, and spectral slopes for statistical 
analysis. 

Results – Spectral character & composition. Figure 
3 shows the infrared emission spectra of the <5 µm 
size fraction of eight samples.  All samples display 
extremely strong spectral slopes at high wavenumbers. 
As predicted [e.g., 11], the Christiansen features (the 
emission maximum in the 1400 –1200 cm-1 region) of 
the samples generally are located at lower wavenum-
bers as silica content decreases.  All of the spectra dis-
play transparency features in the 800 cm-1 region. 
STL-20 and STL-50 display the plagioclase transpar-
ency feature; 79-35i also displays this feature, al-
though at lesser strength.  These three samples have 
high modal abundances of plagioclase, at approxi-
mately 80, 70, and 70 vol%, respectively [26, 28].  The 
remaining samples have modal abundances of plagio-
clase between ~5 – 65 vol% [26, 28].  These prelimi-
nary results suggest that if the feldspar transparency 
feature is strongly apparent, that phase is a very sig-
nificant modal component (likely greater than 50 
vol%) of the particulate material. 

Results – Comparison to Martian bright region 
spectra.  Our preliminary results suggest that samples 
high in modal plagioclase provide the most likely ana-
logues to the Martian spectrum of [16].  We will pre-
sent comparisons of various compositions at fine parti-
cle sizes to the Martian dust spectrum.  We also will 
discuss the likely abundances of mafic minerals that 
might be present on the Martian surface based on our 
analogue materials’ compositions. 
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Figure 1. Thermal emission spectra of coarse particulate size fractions as compared to solid sample (STL-20).  Spec-
tral contrast in the <1200 cm-1 region is roughly equally reduced in particulates, and does not show consistent trend 
with particle size.  Transparency features at >1200 cm-1 are apparent in spectra of the two smallest particle size 
fractions. 
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Figure 2. Thermal emission spectra of fine particulate size fractions of STL-20.  All <63µm size fractions exhibit 
high wavenumber transparency features, and all are lower in emissivity than in coarser size fractions.  Size fractions 
<25 µm display strong plagioclase transparency feature at ~825 cm-1.  Spectral contrast at <650 cm-1 is further re-
duced in <25µm samples. (Note change in y-axis scale from Figure 1.) 
 

 
Figure 3. Thermal emission spectra of <5 µm particle size fractions of igneous rocks.  Legend lists samples in order 
of increasing bulk silica content (wt% SiO2). 

Sixth International Conference on Mars (2003) 3239.pdf



Sixth International Conference on Mars (2003) 3194.pdf
INFRARED OPTICAL CONSTANTS OF MARTIAN DUST DERIVED FROM MARTIAN SPECTRA. G.
B. Hansen, Planetary Science Institute, Northwest Division, Department of Earth and Space Science, University of
Washington, Seattle, WA 98195 (ghansen@rad.ess.washington.edu).

Introduction: The infrared optical constants of the
aerosol dust on Mars have been of interest for several
decades [1, 2]. They are useful for several modeling
tasks, including atmospheric heat balance, extracting
the surface spectrum through a dusty atmosphere, and
modeling dust/ice mixtures in the Martian polar caps.
Accurate optical constants can also aid the understand-
ing of the composition of the dust. Until recently, Mar-
tian aerosol spectra have been fit only with modeled
laboratory spectra of terrestrial analogs [1, 2]. My inter-
ests have been modeling the spectral effects of a dusty
atmosphere over a surface and the mixture of dust and
ice in the polar caps. For these purposes, optical con-
stants which best fit the measured spectra are desired.

For example, when the optical constants of Martian
dust from Clancy et al. [2] (derived from laboratory
measurements of terrestrial palagonite) were used in
models of dusty CO2 ice, poor fits to polar spectra in
the 20–50 µm region resulted [3]. Model dust optical
properties that are based on spectra of Mars aerosols
have been obtained recently (using both Mariner 9
infrared spectra [4] and Mars Global Surveyor (MGS)
Thermal Emission Spectrometer (TES) spectra [5]). I
am pursuing an independent study of the infrared dust
signature in the Mariner 9 spectra with particular
emphasis on the high precision results necessary for the
analysis of high spectral resolution data. Model optical
constants from analysis of a single spectral average
assuming a blackbody underlying surface has been
completed [6], and is described below. This model
included a sensitivity study of inherent dust opacity and
dust particle size distribution. Using these optical con-
stants, fits to polar ice spectra are greatly improved.

However, ignoring surface emissivity may lead to
errors in the derived shape of the absorption bands, and
using only one spectrum ignores possible and probable
variations in the dust properties, especially with large
dust amounts in the atmosphere. This may be impor-
tant, because the goal is to provide properties for typi-
cal or average dust. The solution is to analyze a fair
number of averages with different surface and atmo-
spheric temperatures and different dust loadings in the
same way (but with streamlined processing). The only
restriction on these spectra is that they are acquired
only over significantly dust-covered surfaces on the
planet according to MGS TES data [7]. This is so that
the model is simplified to a dusty atmosphere over a
dust-covered surface, both with the same optical prop-
erties. I anticipate that the resulting surface spectra will

be qualitatively and possibly quantitatively consistent
with the derived surface spectra of dusty regions on
Mars from MGS TES [8, 9]. Inspection of these aver-
ages indicates that some differences in dust optical
properties may be necessary to fit them well.

Early Modeling: We prefer using spectra from the
Mariner 9 infrared interferometer spectrometer (IRIS)
[10] over the much more numerous spectra from MGS
TES because of the higher spectral resolution that
allows one to easily discern the signatures of atmo-
spheric gas in the spectra. We are confining ourselves
to the thermal infrared wavelengths longer than ~8 µm,
where the dust both absorbs strongly and scatters light.
One of the properties of this data set is that the bulk of
the observations were recorded during the decay of a
global dust storm, and are not necessarily characteristic
of the typically small dust optical depths. 

The spectra we selected for our initial fitting were
from near the end the prime mission on Rev 172, with a
low dust optical depth that is only a few times larger
than the typical background amount. Five IRIS spectra
were averaged to improve signal-to-noise. A smoothed
dust signature was derived from the spectrum by esti-
mating the strength of atmospheric bands, including the
CO2 “hot” bands in the region around 10 µm, using a
clear atmosphere band model [11] (Figure 1). The

shape seen here is quite similar to the spectrum derived
from TES data presented in Figure 2 of Smith et al.
[12].

Then trial optical constants were entered into a for-
ward model which included (1) the real index of refrac-
tion calculated from a trial imaginary index using a

200 400 600 800 1000 1200
260

265

270

275
5040 30 20 10

smooth dust
spectrum

H
2
O

CO
2

CO
2
 "hot"

bands

IRIS Rev 172

CO
2
 atmospheric model

(b)

 Wavenumber (cm−1)

 

 B
rig

ht
ne

ss
 te

m
pe

ra
tu

re
 (

K
)

 Wavelength (µm)

Figure 1



INFRARED OPTICAL CONSTANTS OF MARTIAN DUST. G. B. Hansen

Sixth International Conference on Mars (2003) 3194.pdf
subtractive Kramers-Kroenig process (setting the visi-
ble index to 1.45), (2) Mie calculations for spherical
particles and size distributions consistent with current
estimates [e.g., 13, 14] (non-spherical particle shape is
mostly inconsequential at these wavelengths), (3) an
atmospheric model with well-mixed dust and a temper-
ature structure based on an inversion of the 15-µm CO2
band [15], and (4) a multiple-stream plane-parallel mul-
tiple scattering radiative model [16] using a blackbody
for the surface. The imaginary indices were varied until
the dust signature was closely approximated. This typi-
cally was done using a scaled model-to-smoothed-spec-
trum ratio to modify the imaginary index and
converged in 5-10 steps.

Sensitivity to free parameters. Even though this is a
limited model, it was possible to easily investigate the
effects of free parameters and other uncertainties on the
problem. In particular the inherent dust opacity is a
completely free parameter, since little is known about
the number density of dust particles in the atmosphere.
The total optical depth, which can be estimated, is a
product of the particle optical depth and the number
density and can be matched to any particle opacity by
choosing the appropriate number density. Therefore,
the peak imaginary index at the top of the 9-µm band
was varied over about a half an order of magnitude
(0.4–1.25), the optical depth was adjusted to match the
smoothed spectrum at 9 µm, and the optical constants
were adjusted at all other wavelengths to match the rest
of the spectrum. The resulting optical constants are
plotted in Figure 2.

Another major uncertainty is size distribution of the
dust particles. This has been estimated at various wave-
lengths (mostly visible to near infrared) in several
papers; I have catalogued 23 size distributions from 10
publications. The effective radius of the particles in
these models ranges from 0.7 to 2.8 µm. The distribu-
tions can easily be grouped into seven clusters which
fully describe the variation in spectral behavior. For
each of the seven size distributions, the imaginary
index at 9 µm was set to 0.85, and the index at the other
wavelengths was adjusted to fit the smooth spectrum,
as before. The resulting optical constants for this study
are plotted in Figure 3.

Results and conclusions. This sensitivity study
implies that we need to apply some constraints on the
opacity and size distribution to improve the usefulness
of any average optical constants that are derived. The
variation of the 9-µm band strength is somewhat physi-
cally constrained. Scaling it up and down results in
non-proportional changes to the 20-µm bands to retain
the match to the IRIS spectra. The measured 9-µm
imaginary index for basalt, andesite, and basaltic glass
is between 1.1 and 1.2 [17], while montmorillonite and
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granite are in the range 1.7–2.1 [1]. It seems unlikely
that a physically reasonable material can have this
value much greater than 2 or less than a few tenths
(where the Snook et al. [3] model is), with the most
likely value near 1. Raising the 9-µm and 20-µm band
strengths yields an increasing long-wavelength real
index (n∞) through the Kramers-Kroenig integral. The
infinite wavelength real index is equal to the square
root of the DC dielectric constant, ε. ε falls in the range
4–10 for many minerals and somewhat higher (10–25)
for well crystallized materials such as basalt or granite.
The bulk dielectric constant of Martian dust is unlikely
to be much larger than 10, implying an upper limit for
the n∞ of about 3. If we choose the model with 9-µm
imaginary index of 0.85 (very similar to that of palago-
nite used in the Clancy et al. [2] dust model) and the
central size distribution, it has n∞ of about 2.1. The rea-
sonable range defined by this constraint is a 9-µm
strength from about 0.7 to 1.0 and a size distribution
from small to medium large. Figure 4 compares these
new models to previous models and results. The lattice
absorptions at λ>20 µm need to be much broader than
those of palagonite to match the Mars spectra. The
width and position of the 9-µm band is also different
from palagonite.

Refinement of the optical constants and the
scope of their variation: As described in the introduc-
tion, we have looked for IRIS spectral averages over

dust covered surfaces with a wide range of surface and
atmospheric temperatures, including at night. The
resulting data includes 93 average spectra. An attempt
to achieve greater automation in the processing has
been undertaken. The chief problem encountered is the
difficulty of converging on a good fit in the most trans-
parent regions of the dust spectrum, Here, the surface
spectrum is sensitive to transparency in the opposite
sense to the aerosols, resulting in almost no change in
the model result when the absorption is increased or
decreased in those regions. This is also a function of the
surface temperature, which is now a less constrained
parameter compared to the early blackbody models,

10-2

10-1

100

 k(9 µm) = 0.85
 Palagonite (Clancy et al. 1995)
 k(9 µm) = 0.4
 M2b (Snook et al. 1999)

200

 

 

Im
ag

in
ar

y 
in

de
x 

of
 r

ef
ra

ct
io

n

1000 100

20

500
 Wavenumber (cm −1)

10 100
0.5

1.0

1.5

2.0

2.5

3.0

 R
ea

l i
nd

ex
 o

f r
ef

ra
ct

io
n

50

 

 Wavelength (µ m)

Figure 4

5040 30 20 10

200 400 600 800 1000 1200

265

270

275

280

285

IRIS Rev 140, e  = 40˚

B
rig

ht
ne

ss
 T

em
pe

ra
tu

re
 (

K
)

Wavenumber (cm−1)

 Wavelength (µm)

Surf. Emissivity

Model

Atm.-removed IRIS
and smooth fit

Figure 5

10-2

10-1

100

 Surf. Emiss. Modified
 k(9 µm) = 0.85

200

 

 

Im
ag

in
ar

y 
in

de
x 

of
 r

ef
ra

ct
io

n

1000 100

20

500
 Wavenumber (cm 1)

10 100

0.8

1.0

1.2

1.4

1.6

1.8

2.0

2.2

2.4

2.6

 R
ea

l i
nd

ex
 o

f r
ef

ra
ct

io
n

50

 

 Wavelength (µm)
Figure 6



INFRARED OPTICAL CONSTANTS OF MARTIAN DUST. G. B. Hansen

Sixth International Conference on Mars (2003) 3194.pdf
where it was fixed by some part of the spectrum. The
current best fit of the first of the 93 spectra is shown in
Figure 5. Notice the considerable misfit in the same
regions where the surface emissivity is low. A solution
to this problem is forthcoming. The optical constants
for this exercise are compared to the chosen model
from the earlier work in Figure 6. The greatest changes
occur in the transparent regions, but there are subtle
changes in the shape and position of the absorption
bands, as well. Since these wavelength regions are well
and easily fit, this implies some variation in the dust
properties.
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INTERCOMPARISON OF ATMOSPHERIC RADIATION SCHEMES FOR THE LOWER MARTIAN ATMOSPHERE.
A.-M. Harri, Finnish Meteorological Institute, Geophysics Research Division. P.O.Box 503, 00101 Helsinki, Finland (Ari-
Matti.Harri@fmi.fi), D. Crisp,Jet Propulsion Laboratory. Mailing address: MS 241-105, Jet Propulsion Laboratory 4800 Oak
Grove Drive, Pasadena, CA 91109, U.S.A., H. Savij̈arvi,University of Helsinki. Mailing address: Department of Physical Sciences,
P.O.Box 64, 00014 University of Helsinki, Finland..

Interpretation of the vast data flow from the recent and
ongoing Mars missions requires extensive modeling activ-
ity to support the investigations and conclusions drawn from
the observations. We have initiated a campaign to compare
atmospheric radiation schemes for the lower Martian atmo-
sphere with least-compromise reference line-by-line calcula-
tions (Meadows and Crisp 1996, Crisp 1986). By using fixed
reference conditions we are introducing an intercomparison
framework to enable atmospheric modeling teams to compare
their modeling results with the reference line-by-line calcula-
tions, and to improve their models.

The atmosphere of Mars is thin and therefore its response
to local radiative forcing is strong when compared to that of
the Earth’s troposphere. Airborne dust and also the water va-
por give significant contributions to the radiative fluxes. Thus
models of the Martian atmosphere should have fairly accu-
rate radiative transfer (RT) algorithms. This is specifically
important for the net radiative flux at the surface, which is the
main driver for the surface temperature evolution, since the
surface turbulent fluxes are small due to the thin atmosphere
(e.g. Haberle et al. 1993, Savijärvi 1991a, Savij̈arvi 1991b,
Savij̈arvi 1999). However, the accuracy of the RT schemes has
not been rigorously tested in many cases as reference calcula-
tions have been rare.

We introduce a set of reference cases for Martian atmo-
spheric conditions with profiles for temperature, pressure, dust
optical depth (Conrath 1975, Clancy et al. 1995, Ockert-
Bell et al. 1997, Smith et al. 2000), water,CO2, O3, CO
and O2 (Table 1). The reference atmosphere uses a diur-
nally and globally averaged thermal structure derived from
Mariner 9 IRIS observations acquired during late southern
summer. Thermal structures for nighttime and daytime con-
ditions will be included shortly. Computationally expensive
reference simulations were performed by applying a spectrum
resolving (line-by-line multiple scattering) model, SRM, to
give the least-compromise base for comparisons.

We call for other groups to join in future comparisons. This
resembles the International Comparison of Radiation Codes for
Climate Models (ICRCCM;e.g.Ellingson and Fouquart 1991,
Ellingson et al. 1991). The ICRCCM led to many improve-
ments in the Earth GCM radiation codes. The intercomparison
framework presented in this paper is a step toward that direction
for Mars. We have already five modeling teams participating in
this intercomparison exercice. Additional teams investigating
the Martian atmosphere are cordially invited to join this effort
of comparing the radiation schemes in fixed conditions. The
results achieved will be reported and some additional features
to be included in the intercomparison will be discussed.
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Table 1: The reference temperature profileT (z) with the sug-
gested mass mixing ratios for water vapour, carbon dioxide,
ozone, carbon monoxide and oxygen. Shown is also the dust
optical depth profile forτvis = 1 at the surface.

p (Pa) T (K) H2O CO2 O3 CO O2 τvis z(km)

1.000E-02 1.638E+02 0 9.53E-01 2.00E-08 3.80E-04 9.50E-04 0 100.0
2.744E+00 1.638E+02 6.72E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 0 50.0
4.916E+00 1.668E+02 7.41E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 4.413E-04 45.0
8.716E+00 1.703E+02 9.08E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 2.464E-03 40.0
1.532E+01 1.732E+02 9.34E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 8.431E-03 35.0
2.674E+01 1.757E+02 8.94E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 2.228E-02 30.0
4.639E+01 1.782E+02 8.47E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 5.035E-02 25.0
5.176E+01 1.788E+02 8.45E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 5.876E-02 24.0
5.772E+01 1.794E+02 8.65E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 6.822E-02 23.0
6.434E+01 1.802E+02 9.03E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 7.885E-02 22.0
7.172E+01 1.810E+02 9.38E-06 9.53E-01 2.00E-08 3.80E-04 9.50E-04 9.081E-02 21.0
7.986E+01 1.820E+02 1.01E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 1.041E-01 20.0
8.891E+01 1.830E+02 1.09E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 1.191E-01 19.0
9.897E+01 1.840E+02 1.18E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 1.358E-01 18.0
1.100E+02 1.853E+02 1.34E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 1.542E-01 17.0
1.222E+02 1.866E+02 1.53E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 1.747E-01 16.0
1.358E+02 1.879E+02 1.73E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 1.977E-01 15.0
1.506E+02 1.894E+02 2.03E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 2.228E-01 14.0
1.671E+02 1.909E+02 2.35E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 2.509E-01 13.0
1.852E+02 1.924E+02 2.73E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 2.818E-01 12.0
2.049E+02 1.939E+02 3.19E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 3.155E-01 11.0
2.268E+02 1.955E+02 3.72E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 3.531E-01 10.0
2.508E+02 1.971E+02 4.34E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 3.944E-01 9.0
2.769E+02 1.988E+02 5.15E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 4.394E-01 8.0
3.057E+02 2.005E+02 6.10E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 4.892E-01 7.0
3.373E+02 2.021E+02 7.08E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 5.439E-01 6.0
3.716E+02 2.035E+02 7.88E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 6.033E-01 5.0
4.095E+02 2.049E+02 8.73E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 6.690E-01 4.0
4.510E+02 2.062E+02 9.65E-05 9.53E-01 2.00E-08 3.80E-04 9.50E-04 7.410E-01 3.0
4.960E+02 2.075E+02 1.05E-04 9.53E-01 2.00E-08 3.80E-04 9.50E-04 8.192E-01 2.0
5.202E+02 2.081E+02 1.10E-04 9.53E-01 2.00E-08 3.80E-04 9.50E-04 8.612E-01 1.5
5.455E+02 2.087E+02 1.15E-04 9.53E-01 2.00E-08 3.80E-04 9.50E-04 9.052E-01 1.0
5.721E+02 2.094E+02 1.20E-04 9.53E-01 2.00E-08 3.80E-04 9.50E-04 9.515E-01 0.5
5.887E+02 2.098E+02 1.23E-04 9.53E-01 2.00E-08 3.80E-04 9.50E-04 9.803E-01 0.2
5.983E+02 2.100E+02 1.25E-04 9.53E-01 2.00E-08 3.80E-04 9.50E-04 9.970E-01 0.03
6.000E+02 2.100E+02 1.25E-04 9.53E-01 2.00E-08 3.80E-04 9.50E-04 1.000E-00 0
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Summary:  We describe the morphology of a large 

and complex extensional structure in the western 
Thaumasia region (the "Thaumasia graben" [1] or TG). 
This is the first detailed description of this structure, 
taking into account reliable MOLA–based topographic 
information. We consider possible fault geometries, 
determine extension, and discuss the case for or 
against a classification as a rift. 

Background:  The Thaumasia region comprises an 
elevated plateau of mostly Hesperian high lava plains 
(Sinai, Solis, and Thaumasia Plana) bounded by a 
Noachian-Hesperian highland belt to the E, S, and W, 
by the long-lived Syria Planum volcanotectonic center 
to the NW, and by the Hesperian-Amazonian Valles 
Marineris to the N. The tectonics of the interior lava 
plains of Thaumasia are characterized by compres-
sional wrinkle ridges. The highland belt and some of 
the lava plains in western Thaumasia are cut by several 
sets of extensional features (e.g., Claritas, Thaumasia, 
and Coracis Fossae) which formed during different 
stages of the overall Tharsis evolution [e.g., 1,2,3,4].  

The TG is a prominent, ~100 km wide and 
~1000 km long extensional tectonic feature striking 
N15°-20°W (Fig. 1). It formed during the last stage of 
Thaumasia tectonics, probably in Late Hesperian [5] or 
Early Amazonian [2]. It is superimposed on the ancient 
(Early Noachian) tectonic center of Claritas (27°S, 
106°W; stage 1 in [4]). Several authors [e.g., 1,2,6,7] 
ascribe it to rifting. Roof collapse after late-stage 
magma withdrawal from Syria Planum has also been 
hypothesized [8]. 

Architecture:  Principal morphotectonic features 
of the TG and adjacent areas are (Fig.1a): (i) smooth 
lava plains of Syria Planum, bordered to the W by (ii) 
an escarpment made up by an en echelon series of 
steeply W-dipping faults marking the eastern border of 
the TG, (iii) the graben floors of segments A and B 
(see Fig. 1b for location), and (iv) the curvature of 
steeply E-dipping faults at 18-21°S, defining the mas-
ter faults of segment A and separating it from a topog-
raphical high towards NW. Between 22°S and 33°S, 
the western border fault system is more diffuse. 

Extension across segment A has been accomodated 
by an asymmetric (half)graben about 150 km in length 
and 100 km in width. Steeply E- to SE-dipping normal 
faults with fault length segments of 50-80 km and dis-
placements of 2.0 km form the master fault system 
(Fig. 2). The graben is characterized by step-fault plat-

forms with displacements of up to 150 m on antithetic 
faults. Internal block faulting is often controlled by 
reactivated trends of older fractures. 

At 21°S, the master fault changes over to the E-
flank of the TG, and the elevation of the graben floor 
decreases to elevations 3500-4000 m. Segment B is 
about 250 km long and up to 100 km wide. As shown 
by profile 3 (Fig. 3), the graben floor is tilted towards 
the steeply W-dipping normal (planar) border fault 
system. Master fault lengths range from 50-80 km and 
observable throws from 1.5-2.2 km. MOLA data sug-
gest limited block rotation on synthetic normal faults.  

Where the TG enters more rugged Noachian terrain 
at 25°S (segment C, Fig. 3), its configuration becomes 
less evident than in segments A and B. Steeply W-
dipping faults dominate the eastern border, with fault 
lengths of 50-90 km and observable displacements 
from 1.3-2.0 km. While the master faults of the eastern 
graben flank can be traced over >500 km along strike, 
the structure of the western flank is rather inconspi-
cious. Older fault sets have a strong influence on the 
local rift trend and create a pattern which on Earth is 
often associated with oblique rifting. 

South of ~24°S, the TG crosses some WNW/ESE 
striking topographic highs of rugged Noachian terrain, 
(Fig. 1b). They represent a so far undescribed con-
tinuation of the ancient highland belt toward NW, 
where it is successively buried under younger Tharsis 
lavas. Segment C is superimposed on the belt. The pre-
graben relief with its NW-trending highs and lows 
affected local graben development of the TG. 

Fault geometry – planar or listric?  Normal 
faults in an extensional regime have planar, listric, or 
ramp-flat geometries. Since listric faults are character-
istic of thin-skinned deformation and often involve 
gravitational movements on ductile layers or shallow 
detachments, their identification on Mars would pro-
vide important information about the planet´s litho-
spheric structure (thin-skinned vs. thick-skinned tec-
tonics). On Mars, planar faults are generally assumed 
for larger tectonic structures like the Tempe Fossae 
Rift [9,10], Valles Marineris [e.g., 11], or major com-
pressional structures like Amenthes Rupes [12]. Sev-
eral profiles across the TG display features that might 
indicate a listric master fault, including an overall 
halfgraben geometry, tilted blocks, and an (albeit 
slight) curvature of the hanging wall which is charac-
teristic of a rollover anticline (e.g., Fig. 2). For a listric 
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fault, the depth D to a detachment can be determined 
from the dip of the master fault at the surface (α), the 
tilt of the graben floor (θ), and the vertical offset (d) 
(equation 12 in [13]). We measure a scarp height d of 
~2000 m and floor tilts θ between 0.9° and 2.7°. For 
α = 60°, we obtain values of D between ~33 km and 
~67 km (θ = 2.0° and 1.0°, see Tab. 1). Interestingly, 
these values correspond very well with recent estima-
tions of the thickness of the elastic lithosphere Te in S-
Tharsis as given by [14] (Valles Marineris: ~60 km, 
Solis Planum: ~35 km) or [15] (<70 km). A listric 
master fault might indicate gravitational gliding of an 
unstable part of the outward verging fold-and-thrust 
plateau margin [3] towards W, i.e., toward the foreland 
of Thaumasia. However, slip along planar faults can 
also produce tilted graben floors [16] and hanging wall 
flexure [17], so the observed morphology does not 
allow any firm statement about the fault geometry. 
 
Table 1:  Depths D to a detachment for a possible lis-
tric master fault geometry. 
 θ = 1.0° θ = 1.5° θ = 2.0° 
α = 50° 53.7 km 36.1 km 27.1 km 
α = 60° 66.7 km 44.4 km 33.3 km 
α = 70° 80.7 km 53.7 km 40.4 km 
α = 80° 96.1 km 64.3 km 48.2 km 

Extension:  The extension e along several profiles 
across the structure was calculated by: 

 
 e = Dcum / tan α (1) 

 
where α is the dip of the fault and Dcum is the total 

or cumulated vertical offset along all the faults along 
the profile which belong to the structure. For all faults, 
a dip angle α of 60° and a planar geometry was as-
sumed. The inspection of available imagery did not 
reveal significant sediment cover, which would mask 
the actual offset, resulting in smaller extension values. 
In the northern part (section A), most of the extension 
has occurred along a few major faults. In the southern 
part of the graben system, extension has been distrib-
uted among many smaller faults. Extension across the 
TG is 0.5 to 4.5 km, strain is 1 to 3%. Our extension 
values are much lower than 10 km, as estimated by 
[18] from scarp widths and shadows. The discrepancy 
might be due to our more accurate topographic data 
(i.e., MOLA) or to the problem that it is not straight-
forward – particularly in the southern segments B and 
C – to decide whether a given fault belongs to the TG 
or to an older fault set.  

Discussion:  While the structural geometry of the 
TG is more similar to classical rifts than that of Valles 
Marineris, there are better Martian analogues to terres-

trial rifts (e.g., Tempe Fossae [9]). Rift-like features of 
the Thaumasia graben are the asymmetric (halfgraben) 
architecture, the changing polarity of the asymmetry 
(although it changes only once, while in terrestrial 
continental rifts there often are several such changes of 
the master fault system from one side to the other), and 
several characteristics of the fault systems. The overall 
dimensions of the TG are also in agreement with other 
rift on Mars (e.g., the Tempe Rift [9]) or Earth (e.g., 
the Kenya Rift). On the other hand, we do not observe 
some features which are often associated with terres-
trial continental rifts: There is no distinct (narrow) rift 
valley, there is no rift flank uplift, and we do not see 
clear evidence for rift-related volcanism. So far, there-
fore, the geodynamic processes that led to the forma-
tion of the TG are unclear (crustal break-down due to 
structural uplift of Thaumasia? magma deficit near 
Syria Planum? a long-lived and late center of mag-
matectonic activity?). Geophysical data with improved 
lateral resolution (e.g., an improved gravity field [19]) 
might help in the further investigation of this region. 

References: [1] Plescia, J.B. and Saunders, R.S. 
(1982) JGR, 87, 9775-9791. [2] Tanaka, K.L. and 
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[4] Anderson et al. (2001) JGR, 106, 20563-20585. 
[5] Dohm, .M. et al. (2001) USGS-Geol. Inv. Series I-
2650, scale 1:5,000,000. [6] Tanaka et al. (1991), JGR, 
96, 15,617-15633. [7] Banerdt et al. (1992) in Mars, 
Univ. Ariz. Press, 249-297. [8] Mège, D. and Masson, 
P. (1996) Planet. Space Sci., 44, 1499-1546. 
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20587-20602. [10] Wilkins, S.J and Schultz, R.A. 
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320. [14] Zuber, M.T. et al. (2000) Science, 287, 1788-
1793. [15] McKenzie, D. et al. (2002) EPSL, 195, 1-
16. [16] McClay, K.R. and Ellis, P.G. (1987) in Conti-
nental Extensional Tectonics, Geol. Soc. Spec. Pub. 
28, Blackwell, 109-125. [17] Melosh, H.J. and Wil-
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Abstr., 5, 13440. 
 
Figure 1 (next page; a=left and middle) Topographic 
image map (MOC-WA & MOLA) of the large Thau-
masia graben (TG). Extension and strain (middle) were 
measured along several topographic profiles (derived 
from MOLA-based DEM´s; see text for details); 
(b=right) Schematic structural map, showing three 
segments A-C (characterized in Fig. 2-4). 
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Figure 2 (next page, top): Structural map of the northern part (segment A) of the large Thaumasia graben (TG). 

A topographic profile was derived from a MOLA-based digital elevation model. The inferred strucural depression 
related to the TG is shown in red (together with the interpretation of major faults). Key characteristics are listed as 
text bullets. 

Figure 3 (next page, middle): Viking-Orbiter image mosaic (orbit 460a, resolution ~65 m pixel-1), showing de-
tails of segment B. Topographic profile as in Fig. 2. Key characteristics are listed as text bullets (note that master 
fault has changed to the eastern side). 

Figure 4 (next page, bottom): Structural map of the southern part (segment C). Topographic profile as in Fig. 2. 
Key characteristics are listed as text bullets (note older fault trend and similarity to terrestrial oblique rifting). 
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Introduction:  The High Resolution Stereo Cam-

era (HRSC) [1,2] onboard the European ESA Mars 
Express (MEX) mission [3,4] will map > 50% of the 
Martian surface in stereo and colour with a resolution 
of ≤15 m/pixel. In order to optimise the scientific re-
turn of the instrument, the preparation of a detailed list 
of surface targets and their specific scientific interest 
together with ancillary information is mandatory. We 
describe the organisation of the list of >1500 individ-
ual targets, the parameters specified for each target, 
and how the list will be used in operations planning. 
Finally, we outline possible further applications of the 
list for upcoming Mars missions like the Mars Recon-
naissance Orbiter. 

Target Selection:  In order to facilitate effective 
operations planning and to maximise the scientific 
return of the HRSC/SRC instrument by fully exploit-
ing its unique capabilities, we prepared a global list of 
geologic targets to be imaged during the MEX mis-
sion. The target list is organized as a spreadsheet, each 
line of which represents a single target. Several groups 
of parameters (i.e., spreadsheet columns) are specified 
for each target (i.e., line). The parameters and their 
meanings are defined in Tab. 1 (on page 3). The list, 
including the separate documents for the scientific 
rationale,the lessons learned from MGS, and the target 
image maps, is available to the HRSC Team via a pro-
tected website on the internet. 

At the time of writing (April 2003, ~1 month be-
fore launch), more than 1500 targets have been speci-
fied. The original list has been compiled on a quadran-
gle-by-quadrangle basis. Each of the 30 cartographic 
quadrangles covering the Martian surface according to 
the mapping scheme of the U.S. Geologic Survey was 
assigned to an individual scientist. Since different in-

dividuals worked on different quadrangles, there is a 
bias towards specific processes in some quadrangles, 
depending on the scientific expertise of the workers. 
To avoid such inhomogeneities in the final list, we will 
revise the complete list with a process-based approach. 
Scientists with a profound background with respect to 
specific processes, e.g., fluvial processes, will check 
all targets classified as fluvial, and will approve or 
reject them, or add new ones. 

In separate documents, the scientific rationale for 
imaging each target is comprehensively specified. Im-
portant findings of the MGS mission related to the 
targets are also described separately. In order to esti-
mate future data rates, we determine the areal size of 
each target and calculate the number of standard im-
ages and the data volume required to obtain an image 
mosaic of the entire target.  

Target maps:  In addition to the table, each target 
is graphically marked on a global, Viking-based image 
map (i.e., the MDIM-2 imaging model of the 
U.S.Geol.Survey), allowing for quick visual inspection 
and further use in planning activities (see below). We 
prepared separate image base maps for each quadran-
gle and marked each target in the map. To allow for 
better visualisation and later processing, the targets 
were marked in 16 different "layers" of the map, each 
layer coresponding to one of the 16 HRSC macropixel-
formats (MPF) used for standard imaging. Target maps 
are available in Photoshop and JPEG format. 

Planning Software:  The target maps will be the 
standard input for imaging plannning. As a flexible 
and user-friendly planning tool we developed the in-
teractive program Mars Express Science Opportunity 
Analyzer (MEXSOA) within the Interactive Data Lan-
guage (IDL®) environment. It allows to plot the tar-
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gets, the spacecraft ground tracks, the orbit periapses, 
and the HRSC swath onto image maps. Information 
about the planets, ephemerides, the orbit of the space-
craft, and the instrument are provided to the program 
in the form of SPICE kernels (Spacecraft, Planet, In-
strument, C-matrix, Event; e.g., [5].  

An operator will check which targets are crossed 
by (or near) the ground track of the spacecraft. It is 
straightforward, then, to select the desired imaging 
area. The corresponding start and end times of imaging 
will be stored together with additional parameters 
(e.g., imaging mode, illumination conditions) for each 
orbit. The stored data will then be converted to com-
manding sequences. 

The footprints of acquired images together with 
ancillary data (e.g., exposure times, image quality) will 
be stored in a database. In the ongoing mission, the 
interface between MEXSOA and the database will 
provide necessary information in order to optimise 
imaging parameters by learning from previous experi-
ence. 

Future:  The list of targets will be the basis of 
long-term and short-term science planning for the 
HRSC instrument. It will be updated continuously, 
according to new results from the ongoing MGS and 
2001 Mars Odyssey missions. Due to the considerable 

lifetime of Mars Express (nominal plus extended mis-
sion: two Martian years or four Earth years) we will 
also extend or modify the target list in response to in-
coming MEX data. The list may also be of interest for 
future orbiter missions like the Mars Reconnaissance 
Orbiter to be launched in 2005. Besides its original 
intention to assist in mission planning, it might also be 
of general interest in ars exploration, e.g., for selecting 
regions which are particularly interesting with respect 
to certain processes like volcanism, etc. 

References: [1] Neukum G. et al. (1996) The ex-
periments HRSC and WAOSS on the Russian Mars 
94/96 missions, Acta Astronautica, 38, 713-720. 
[2] Neukum G. and the HRSC Co-Investigator and 
Experiment Team (2003) HRSC: The High Resolution 
Stereo Camera of Mars Express, ESA SP-1240, 18 
pages, in press. [3] Schmidt R. et al. (1999) ESA´s 
Mars Express Mission – Europe on Its Way to Mars, 
ESA Bulletin, 98, 56-66, 1999. [4] Chicarro A.F. 
(1999) Mars Express: Mission Scenario and Objec-
tives, in: Laboratory Astrophysics and Space Re-
search, edited by P. Ehrenfreund et al., Astrophysics 
and Space Science Library, Kluwer Academic Pub-
lishers, Dordrecht, 523-527. [5] Roatsch T. et al. 
(2001) SPICE Usage on the Mars Express Orbiter, 
Geophys. Res. Abstracts, 3, 7202.
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Table 1: Parameters specified for each target. 
 

Parameter name Example Explanation 

Number MC-23_005 Map quadrangle (e.g., MC-23) and running number (e.g., 005) 
Name "small valley" Short name or description of target 
Class (15 columns)  
 V volcanic 
 T tectonic 
 I impact 
 F fluvial 
 G glacial or polar 
 L layering 
 Pf permafrost 
 Eb exobiologic 
 Eo eolian 
 Mw mass wasting 
 La lacustrine 
 Ls landing site 
 Te technical 
 O other 
 Ts terrain sampling 

"x" or “   “ One or several entries possible for each target: What is the geologic process 
which is of interest for this target? 
 
Notes:  
- Although we currently have no evidence for past or present life on Mars, 
a number of surface features were probably formed by aqueous processes. 
Several of them (class "exobiologic") might be prime targets in the search 
for extraterrestrial life.   
- The class "terrain sampling" was introduced to include those targets 
which we will image in order to make sure that any type of terrain is cov-
ered by HRSC imagery. 

Uniqueness yes or no Is the target unique or not unique within a quadrangle? 
Location (4 columns) 
 min latitude 
 max latitude 
 min longitude 
 max longitude 

 
 5.0 
 8.0 
 122.0 
 124.0 

Geographical coordinates of target boundaries 

Mosaic 6 Number of HRSC standard images required to cover the target 
HRSC macropixel format 1,2,3,…15,16 16 possible HRSC imaging modes (see Tab. 2 for details) 
Priority (5 columns) 
 nadir 
 stereo 
 photometry 
 colour 
 SRC 

high 
medium 
low 

Priority for good resolution of this/these CCD line(s) and the SRC channel 

SRC imaging spot, raster, or contiguous Mode of SRC imaging (see text for details) 
Preferred local time 
 

morning, noon, evening Should the target be imaged during a specific time of the (Martian) day? 
(e.g., dust devils occur in the afternoon, morning fogs) 

Preferred illumination low, medium, high Elevation of sun above horizon 
Preferred local season spring, summer, fall, winter Season in which the target should be imaged (e.g., imaging of some high 

latitude targets without coverage by seasonal CO2 cap)  
Multitemporal coverage yes or no Variable features (e.g., polar caps, dust deposits) might be imaged several 

times (e.g., summer/winter, before/after dust storms) 
Scientific rationale separate document Why is it important to image this target? 
Lessons learned from MGS separate document What did we learn from the MGS mission about this target? 
Geology Hr, Npl1, Ael1,… Target geology  
Viking coverage (32), 60-100, r,g,b (number of Viking Orbiter images), resolution range, color filters 
MOC coverage good, medium, or sparse Availability of very high-resolution images from the Mars Orbiter Camera 

(MOC) 
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COLD-BASED GLACIERS IN THE WESTERN DRY VALLEYS OF ANTARCTICA: TERRESTRIAL LANDFORMS
AND MARTIAN ANALOGS.  J. W. Head1 and D. R. Marchant2, 1Department of Geological Sciences, Brown University,
Providence, RI 02912 james_head@brown.edu, 2Department of Earth Sciences, Boston University, Boston, MA 02215.

Introduction: Basal-ice and surface-ice temperatures are
key parameters governing the style of glacial erosion and
deposition. Temperate glaciers contain basal ice at the pres-
sure-melting point (wet-based) and commonly exhibit exten-
sive areas of surface melting. Such conditions foster basal
plucking and abrasion, as well as deposition of thick matrix-
supported drift sheets, moraines, and glacio-fluvial outwash.
Polar glaciers include those in which the basal ice remains
below the pressure-melting point (cold-based) and, in extreme
cases like those in the western Dry Valleys region of Antarc-
tica, lack surface melting zones. These conditions inhibit
significant glacial erosion and deposition. An intermediate
classification of subpolar glaciers includes those with wet-
based interiors and cold-based margins.

Results from field-based research in Antarctica show that
ancient landscapes are preserved beneath cold-based glacier
ice.  These results, along with new insights from quantitative
measurements of glacial abrasion [e.g., 1], have prompted us to
re-evaluate some Martian landforms in terms of glacial proc-
esses. As background, we here summarize the formation of
drop moraines, sublimation tills, and rock glacier deposits
associated with cold-based glaciers in the Dry Valleys of
Antarctica, and then outline the case for similar glacial land-
forms along the western flanks of the Tharsis Montes, specifi-
cally Arsia Mons.

Terrestrial Landforms: Basal sliding, basal entrainment,
and transport of basal debris towards the glacier base are three
fundamental requirements for significant glacier erosion. Basal
sliding requires subglacial meltwater, a property controlled
largely by the thermal regime of the glacier. At the base of wet-
based glaciers, debris is entrained chiefly through regelation, a
process whereby basal meltwater is frozen onto the glacier
base. Regelation normally occurs where the basal-ice tempera-
ture fluctuates about the pressure-melting point. In such cases,
small bedrock obstacles yield pressure variations that induce
basal-ice melting and refreezing. Refreezing of “dirty” meltwa-
ter entrains basal debris. At sites of persistent pressure melting,
the continued downward transport of basal debris towards the
bedrock interface results in elevated rates of bedrock erosion.
Such processes result in overdeepened basins found commonly
beneath cirque and valley glaciers.  Although simplified, the
above represents the classic scenario for wet-based, subglacial
erosion [2-6]. Recent studies show that some basal debris may
also be entrained beneath cold-based ice [7]. Debris may be
entrained through rotation of loose bedrock by glacier flow [5]
or by freezing of interfacial meltwater films (<<1 mm thick) at
subfreezing temperatures [1, 8]. Theoretical and empirical
studies show that liquid water at the base of glaciers can exist in
stable equilibrium at subfreezing temperatures [8]. The magni-
tude of erosion capable from freezing of such subglacial
meltwater, for example where measured in Antarctica, is as
little as 9 X 10-7 to 3 X 10-6  m yr-1 [1]; typically less than the
rate of aeolian erosion.

Although cold-based glaciers do not erode their underlying
substrates appreciably, they do deposit characteristic landforms
[9]. The material within these landforms originates from
supraglacial debris, commonly rockfall and/or volcanic ejecta
that falls onto the glacier surface.  Angular and lacking evi-
dence for subglacial abrasion, these rockfall and volcanic
particles flow passively through the ice toward glacier margins.

The resulting landforms (e.g., drop moraines, sublimation till,
rock-glacier deposits) are perched on existing topography.
Sharp basal contacts and undisturbed underlying strata are
hallmarks of cold-based glacier deposits [10].

Drop moraines. The term drop moraine is used here to de-
scribe debris ridges that form as supra- and englacial particles
are dropped passively at margins of cold-based glaciers (Fig. 1a
and 1b). Commonly clast supported, the debris is angular and
devoid of fine-grained sediment associated with glacial abra-
sion [8, 10]. In the Dry Valleys, such moraines may be cored by
glacier ice, owing to the insulating effect of the debris on the
underlying glacier.  Where cored by ice, moraine crests can
exceed the angle of repose.  In plan view, drop moraines
closely mimic the pattern of former ice margins, though mo-
raine width may vary spatially, owing to the characteristic
inhomogeneity in the distribution of supraglacial debris (ex-
cepting volcanic airfall debris). Debris is generally thickest in
regions near (or down ice flow from) bedrock cliffs.

Sublimation till. Sublimation along the ice/atmosphere in-
terface may bring englacial debris passively to the ice surface.
The rate of ice sublimation slows as the evolving sublimation
till thickens, eventually insulating the underlying ice by retard-
ing vapor diffusion and thermal  change.  Many sublimation
tills in the western Dry Valleys region of Antarctica are under-
lain by glacier ice, even though some are in excess of 8.1 Ma
[12,13] (Fig. 2a and 2b). Differential flow of underlying glacier
ice may result in distinct surface lobes of sublimation till (see
also below). In addition, thermal contraction near the surface of
the buried glacier commonly initiates a network of surface
polygons that cut the till, the relief of which is controlled in part
by variations in till porosity and permeability [13].

Rock-glacier deposits. In the western Dry Valleys region of
Antarctica, rock glaciers form as sublimation concentrates
debris on the surface of active glaciers. Continued flow of the
underlying glacier through internal deformation produces
ridges and lobes of sublimation till atop the glacier (Fig 3a and
3b). The thickness of this debris increases down ice flow, as
material is continually added to the base of the sublimation till
as it moves down valley.  In general, rock-glacier formation is
favored by high debris accumulation rates and low ice veloci-
ties, conditions common in an advanced state of glacial retreat
[14]. Spoon-shaped hollows that commonly form at the head of
many terrestrial rock glaciers [15, 16] likely arise as incom-
plete debris covers there facilitate excess sublimation over that
beneath more extensive tills down valley.

Martian analogs: Arsia Mons is one of the three Tharsis
Montes shield volcanoes that cap the broad Tharsis Rise, a
huge center of volcanism and tectonism spanning almost the
entire history of Mars. Each of the Tharsis Montes, although
largely constructed of effusive and explosive volcanic deposits,
contains a distinctive and unusual lobe, or fan-shaped deposit
on their western flanks. These deposits, as exemplified by
those on Arsia Mons (e.g., 17, 18), usually contain three facies
(Figs. 4a, 5a,b,c) and various hypotheses have been proposed
for their origin including one or more of the following: lahars,
debris avalanches, landslides, pyroclastic flows, and/or gener-
ally related to the advance and retreat of ice (e.g., 19).

New Mars Orbiter Laser Altimeter (MOLA) altimetry and
Mars Orbiter Camera (MOC) images from the Mars Global
Surveyor mission have permitted us to characterize the fan-
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shaped deposit on Arsia Mons and its relationship to the rest of
the volcano in much more detail.  On the basis of present
surface temperatures on Mars and those of the recent past, any
mountain glaciers on Arsia Mons and nearby volcanoes were
likely to be cold-based and most similar to the slow-moving,
cold-based glaciers of the Dry Valleys region of Antarctica.
We outline here the deposit characteristics and use Antarctic
Dry Valley analogs to aid in their interpretation.

Description and Interpretation: The Ridged Facies con-
sists of a series of over 100 concentric ridges that extend
several hundred kilometers beyond the break in slope at the
base of Arsia Mons (Fig. 4a, 5a).  Ridges are typically spaced
about a kilometer apart and MOLA data show that individual
ridges vary in height, with the outer prominent ridge reaching
heights of ~50 m, while typical inner ridges are of the order of
5-20 m high. MOC images show evidence for abundant dunes
on and near the ridges suggesting that the ridges are composed
of fine-grained material that is subject to eolian modification.
We found no depositional or erosional evidence that might be
associated with wet-based glaciers, such as eskers, sinuous
channels, lake deposits, and/or braided streams.

One of the most distinctive characteristics of the ridged fa-
cies is its superposition on a subjacent impact crater and lava
flows without apparent modification ([17-19, 20-22] Fig. 4a,
5a). We used detrended MOLA data to examine the local
topographic relationships (Fig. 4b) and found that the lava
flows emerging from the edge of the fan-shaped deposit could
be readily traced inward beneath the ridged facies and even
into the area beneath the knobby facies, apparently without
major disruption and modification. The very distinctive sub-
strate preserved below the ridges (both a crater, Fig. 5a, and an
earlier phase of lava flows, Fig. 4a), the blanket-like nature,
together with the extreme regularity of the ridges suggest that
the fan-shaped deposit was emplaced by a process that in-
volved little interaction with the substrate.

On the basis of Antarctic cold-based glacial analogs we in-
terpret the ridged facies on Arsia Mons as a series of drop
moraines, each representing a period of standstill of a cold-
based glacier followed by a phase of retreat.

The Knobby-Terrain, the next innermost facies (Fig. 4a) of
the fan-shaped deposit, is comprised of a largely chaotic
assemblage of hills, some as much as several kilometers across,
that are subrounded to elongated downslope; some hills are
aligned and form arcs that in general are parallel to ridges in
the distal facies. The deposits that comprise the knobby terrain
are very homogeneous in local areas, (e.g., Fig. 5b) and show
little detailed structure as a whole. The relationship between
the knobby facies and the underlying deposits is made clear by
examination of detrended MOLA topography (Fig. 4b). Here,
the distinctive underlying lava flows can be traced into the area
of the ridged facies and then further into the area of the knobby
facies; it appears that the knobby facies has been deposited on
top of the underlying lava flows without marked interaction
with the substrate. Analysis of the interior of the knobby facies
and the regions around its exterior reveals little evidence for
features that might indicate melting, such as channels, ponded
material or eskers. On the basis of morphologic comparisons of
the knobby facies with cold-based, debris-covered glaciers in
the Dry Valleys region of Antarctica (Fig. 5e), as well as the
mapped distribution of the knobby facies inward of the ridged
facies, we conclude that the knobby facies represents a subli-
mation till, likely produced by sublimation of debris-rich ice.

In summary, the knobby facies is interpreted as a sublima-
tion till from a cold-based mountain glacier system on the basis
of the following evidence: 1) its homogeneity, 2) its knobby
and hummocky morphology, 3) its superposition on underlying
lava flow topography without disruption, 4) its close associa-
tion with the ridged facies; 5) its superposition on the ridged
facies, and 6) its lack of melting-related features. The nature of
the sublimation process means that there is a good possibility
that residual ice may underlie some of the knobs or parts of the
larger deposit.

The Smooth Facies lies inward of the knobby terrain (Fig.
4a) and is characterized by a series of concentric ridges tens of
meters high superposed on broad lobes hundreds of meters
thick (Fig. 5c). The heads of some lobes have depressions at
their centers.

On the basis of the general morphology of these deposits as
revealed in the MOLA and image data and their spatial associa-
tion with the ridged and knobby facies, we find that rock-
glacier deposits provide a very compelling analog for these
lobate features. Rock glaciers range from ice-rock mixtures to
thin, debris covered glaciers where ice might be preserved for
considerable periods of time due to the insulating effects of the
debris. Rock glaciers form when a core of glacial ice is pro-
gressively buried by a thick debris mantle; formation is favored
by high debris accumulation rates and low ice velocities,
conditions common in an advanced state of glacial retreat. For
most rock glaciers in the Dry Valleys region of Antarctica,
debris over buried glacier ice thickens progressively down ice
flow. Rock glaciers move downslope as a result of the defor-
mation of internal ice or frozen sediments and are characterized
by surface ridges and furrows.

On the basis of the similarity of the surface morphology
and geomorphic setting of the smooth facies with terrestrial
rock glaciers, as well as its spatial relationship with knobby
sublimation till and distal moraines, we interpret this unit to be
comprised of rock glaciers formed in the proximal parts of the
fan-shaped deposit, perhaps during the waning stages of the ice
sheet evolution.  In this regard, the spoon-shaped depressions
at the head of the rock-glacier lobes likely reflect surface
lowering due to excess sublimation; such depressions are a
common feature of terrestrial rock glaciers given that debris
cover may be relatively thin at rock-glacier heads. The sharp
ridges at the head of major lobes on Arsia Mons imply active
flow and suggest the presence of buried glacier ice.

Conclusions: In summary, on the basis of terrestrial ana-
logs of cold-based glaciers, we interpret the unusual Amazo-
nian-aged, fan-shaped deposit covering ~180,000 km2 of the
western flank of Arsia Mons as the remnant of a mountain
glacier.  In this scenario, the outer parallel ridge zone is inter-
preted to be distal drop moraines formed from the lateral retreat
of cold-based glacier ice, and the knobby facies to be more
proximal hummocky drift resulting from the sublimation,
decay and downwasting of this ice (a sublimation till). The
arcuate lobes in the proximal zone are interpreted to be rock-
glacier deposits, formed by flow deformation of debris-covered
ice; some deposits may still be ice-cored. We find little evi-
dence for meltwater features in association with any facies, and
thus conclude that the glacier ice was predominantly cold-
based throughout its history and ablation was largely by subli-
mation. Similar deposits are seen on Pavonis and Ascraeus
Montes.
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Figure 1a .  Drop moraines, on the floor of lower Arena Val-
ley, deposited from former fluctuations of Taylor Glacier.
The oldest moraines are > 1.2 Ma [9].

Figure 1b.  Close-up view of drop moraines in lower Arena
Valley (Taylor Glacier in upper left-hand corner).  The out-
ermost moraine stands 3 m above the surrounding valley
floor.

Figure 2a.  Oblique air view of central Beacon Valley.  The
flat valley floor, lined with polygons, is underlain by glacier
ice > 8.1 Ma [12, 13].

Figure 2b.  Glacier ice, >8.1 Ma [12, 13], buried beneath 50-
cm-thick sublimation till on the floor of central Beacon Val-
ley.

Figure 3a.  Rock glaciers at the head of Beacon Valley, Ant-
arctica.  The dolerite-rich drift that covers these glaciers is
<1 m thick.

Figure 3b.  The Mullins Valley rock glacier, upper Beacon
Valley.  This rock glacier, about 6 km in length, is as much as
700 ka near its distal end.
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Figure 4a (above).  Geological sketch map of the western Arsia Mons fan-
shaped deposit (modified from [17]) superposed on a MOLA topographic gra-
dient map (fan-shaped deposits: R, ridged; K, knobby; S, smooth) (other adja-
cent deposits: SA, shield; SB, degraded western flank; SC, smooth lower west-
ern flank; CF, caldera floor; CW, caldera wall; PF, flank vent flows from Arsia
Mons; P, undivided Tharsis plains).

Figure 4b (left). Detrended MOLA topography of western Arsia Mons (re-
gional slopes have been removed; lighter is relatively steeper topography and
darker is relatively shallower topography; black is no data presented).  Note
that the lava flows clearly extend underneath the ridged and knobby facies and
are undisturbed (compare to 4a).  Arrows show inner and outer margins of
ridged facies.

Figure 5 (below).  Facies of the fan-shaped deposit.  a) Ridged facies, inter-
preted as drop moraines; b) Knobby facies, interpreted as sublimation tills; c)
Smooth facies, interpreted as rock glaciers.  (Viking Orbiter images)

Sixth International Conference on Mars (2003) 3087.pdf



WHAT IS THE TIME SCALE FOR ORBITAL FORCING OF THE MARTIAN WATER CYCLE?  M. H. 
Hecht, Jet Propulsion Laboratory, California Institute of Technology (michael.h.hecht@jpl.nasa.gov)  

 
 
Introduction:  Calculation of the periodic varia-

tions in the martian orbital parameters by Ward [1] and 
subsequent refinements to the theory [2,3]  have in-
spired numerous models of variation of the martian 
water cycle. Most of these models have focused on 
variations in planetary obliquity on a both a short-term 
(110 kyr) time scale as well as larger oscillations oc-
curing over millions of years. To a lesser extent, varia-
tions in planetary eccentricity have also been consid-
ered. The third and fastest mode of variation, the pre-
cession of the longitude of perihelion, has generally 
been deemphasized because, among the three parame-
ters, it is the only one that does not change the inte-
grated annual insolation. But as a result of this preces-
sion, the asymmetry in peak summer insolation be-
tween the poles exceeds 50%, with the maximum cy-
cling between poles every 25.5 kyrs.  

The relative contribution of these different ele-
ments to orbital forcing of climate takes on particular 
importance in the context of apparently recent water-
related features such as gullies or polar layered depos-
its (PLD). Christensen, for example, recently indenti-
fied mantling of heavily gullied crater walls as residual 
dust-covered snow deposits that were responsible for 
the formation of the gullies in a previous epoch[4]. 
Christensen assumed that the snow was originally de-
posited at a period of high obliquity which was stabi-
lized against sublimation by a lag deposit of dust. 

It is suggested here that not obliquity, but the short-
term oscillations associated with precession of the 
perihelion may play the dominant role in the formation 
of gullies, major strata in the polar layered deposits 
(PLD), and other water-related features. 

Importance of a hydrological cycle:  Though 
Mars is a cold, dry planet, with respect to the thermal 
stability of liquid water at low altitudes it is not terri-
bly different from comparably cold places on Earth 
[5]. In dry air such water would evaporate faster on 
Mars, at a rate comparable to a 60°C hot spring on 
Earth, but the heat loss associated with that evapora-
tion would be mitigated by the poor thermal convec-
tion in the thin Martian air. Even at higher altitudes 
where the atmospheric pressure does not reach the 
triple point of water, liquid water might theoretically 
exist in a low-vapor pressure form such as wet soil, in 
a briny solution, or simply under a layer of dust or 
snow [6,7]. 

The theoretical stability of liquid water does not 
suggest its occurrence, however, either on Mars or in 
Antarctica. In general, locations warm enough for ice 

to melt will eventually become dessicated because the 
average temperature exceeds the frostpoint Global 
models of mars have suggested supported the premise 
that locations capable of providing sufficient heat for 
melting are, precisely for that reason, too dry for water 
to be present [8-10]. To form gullies or other water-
related features, the water supply must be periodically 
recharged. Moreover, it can be convincingly argued 
that seasonal recharging is necessary – otherwise the 
boundary of the cryosphere will tend to adiabatically 
adjust to the changing heat balance. Recent observa-
tions from the Odyssey spacecraft of permafrost buried 
deeper in the southern hemisphere than in the northern 
hemisphere is likely an example of this phenomenon. 

Consistent with the Christensen observation, a 
premise of this work is that the atmospheric cycling of 
water, through sublimation and subsequent condensa-
tion and precipitation, is the most likely source of re-
charging. The physical conditions necessary for melt-
ing to occur in seasonal deposits has been described 
elsewhere [5]. Currently, tens of precipitable microns 
of water are available in the atmospheric reservoir for 
seasonal condensation. Though this amount can be 
multiplied by factors of 10-100 by local coldtrapping 
[11], on present-day Mars we still expect less than 0.1 
g/cm2 seasonal accumulation of frost or snow in a par-
ticular location such as a gully. To explain formation 
of geological features, these numbers would need to be 
multiplied by additional factors of 50-100. Orbital 
forcing provides a ready means to do that. 

Modeling of orbital forcing: Studies of the rela-
tive role of the orbital elements in providing water to 
the atmosphere have led to discrepant conclusions. 
Thus Fanale [12] calculated the peak vapor pressure at 
the North Pole by assuming a surface of pure water ice 
or CO2 ice with distinct optical properties, incorporat-
ing only radiative balance and latent heat of CO2 depo-
sition. It was further assumed that the zonal humidity 
was proportional to that peak water vapor, which was 
in turn a simple function of the ice surface tempera-
ture. The analysis indicated the possibility of two or-
ders of magnitude increase in humidity with the 51,500 
year precessional cycle, with additional gains under 
more favorable obliquity. While Jakosky et al. [13], in 
a more rigorous model, concluded that the effects of 
precession were more modest, the models of Mellon et 
al. [14] indicated a larger temperature excursion at 
high latitudes from extremes of precession than from 
obliquity. 
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To further understand these discrepancies, a proto-
col similar to Fanale's was employed, but with the 
critical addition of the tracking latent heat of water 
condensation and sublimation. A formula proposed by 
Ingersoll [15] was used to convert temperature to sub-
limation rate, assuming constant total atmospheric 
pressure. A typical result of that model is shown in 
figure 1. All three curves represent an extrapolation 
back only 150 kyrs. Rather than extrapolating back far 
enough to reflect large changes in obliquity, the obliq-
uity was forced to specific values. Thus one curve 
represents the calculated obliquity, a second holds the 
obliquity at the current value of 25°, and the third 
holds the obliquity at 40°. The data is expressed in 
terms of the amount of heat from insolation that is 
converted to sublimation under these circumstances. It 
can be seen that, at constant obliquity, the sublimation 
rate can increase by a factor of 100 with the passage of  
only 20 kyrs. Changing the obliquity from 25° to 40° 
adds another factor of only approximately 5. 

 
Figure 1: Calculated peak evaporative loss at the 

North Pole of Mars, expressed as an evaporative heat 
measure over 150,000 years. The calculation balances 
radiation, latent heat of CO2 and H2O, and insolation 
using orbital parameters from Ward [1], albedo and 
emissivity values suggested by Fanale et al [12]. To 
show the relative effect of precession and obliquity, the 
three curves represent calculated obliquity and obliq-
uity fixed at 25° or 40°. 

The result of figure 1 is surprising in that the rela-
tive influence of the orbital variations is highly nonlin-
ear with the actual change in insolation. Figure 2 pro-
vides a qualitative guide to the source of that nonlin-
earity, showing how much heat is partitioned into 
evaporation of ice (in equilibrium) as a function of the 
total absorbed heat.  In radiative balance, the surface 
temperature will scale as the ¼ power of insolation, 
but the evaporation rate will increase as a much higher 

power of temperature. Thus, at low temperatures, the 
evaporation rate rises steeply with increasing tempera-
ture. At higher temperatures, however, sublimation 
consumes most of the available power, and the rela-
tionship trends towards linear, governed by the avail-
able heat rather than the temperature. With Mars cur-
rently experencing a dessicated atmosphere, t follows 
that the largest changes in humidity follow from the 
initial, modest gains in insolation. 

 

Figure 2: Evaporative loss, calculated as in figure 1 as 
a function of absorbed heat and total pressure. Flat 
regions at the high and low end reflect contributions of 
solid  CO2 (left) and liquid H2O (right). 
 

The limitations of models such as this can not be 
overstated. Albedo, for example, has a much greater 
influence on temperature than orbital forcing, and 
seems to be linked to insolation, possibly via its influ-
ence on dust transport [16]. Lateral and vertical trans-
port of both heat and water will profoundly effect the 
actual influence of orbital forcing on climate. These 
factors in turn depend on total pressure, which can not 
be established without an understanding of the depth 
of the CO2 reservoir. Of particular relevance to this 
work, the discrepancy between the results of Jakosky, 
and the present results (or those of Fanale) follow pri-
marily from the use of peak seasonal temperature 
rather than integrated temperature. With respect to 
sublimation, the most singular difference between high 
and low obliquity epochs follows from the length of 
the summer season rather than the peak temperature. 

An additional factor that has not been incorporated 
into published models may be of critical importance in 
interpreting models such as this one. It has been as-
sumed to this point that the supply of water is limited 
by the delivery of heat alone. In practice, a limited 
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amount of water can probably be desorbed from the 
polar cap as a result of orbital forcing before a lag de-
posit of dust shuts off the process. At the present time, 
for example, very little exposed water appears to be 
available for sublimation in the southern hemisphere. 
Qualitatively, this phenomenon would tend to punctu-
ate the delivery of water vapor to the atmosphere, re-
sulting in bursts of high humidity, possibly from each 
pole, every 51,000 years. While quantitative modeling 
of this phenomenon is outside the scope of this ab-
stract, qualitatively it can be concluded that such an 
effect would further erode the advantage of obliquity 
over procession in its capacity to inject water vapor 
into the atmosphere. 

Conclusions: Models of peak seasonal sublimation 
from the north polar cap suggest that the important 
cycle of water injection is 25.5 or 51 kyrs, depending  
on whether one or two poles are involved. If the proc-
ess is limited by hemispheric depletion of available 
dust-free water, the result may be periodic pulses of 
water injection. Such a finding is consistent with the 
recent conclusions of Laskar et al. [3], derived from 
analysis of PLD stratigraphy. The proposed timescale 
is shorter by perhaps two orders of magnitude than 
current thinking about water-related events on Mars. 
The implications of this shift for geology as well as 
astrobiology are significant. 
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Low frequency sounding radars should be able to 

probe the Martian subsurface layers down to varying 
depths, depending on the geo-electrical properties of 
the sounded sites. We present in this work four fre-
quency dependent geo-electrical models of the Martian 
subsurface in the 1-20 MHz frequency band, based on 
laboratory electromagnetic characterization of Martian 
soil analogues. Those models correspond to local Mar-
tian sites, where we considered particular interest for 
the search of water using mainly the Ground Penetrat-
ing Radar (GPR) instrument of the Netlander mission. 
Results and discussion are also valid for both sounding 
experiments MARSIS and SHARAD. The four models 
of the Martian subsurface are designed to represent 
terrains where recent fluvial like features suggest the 
presence of near subsurface ground ice and probably 
liquid water. We performed measurements on volcanic 
and sedimentary materials that may be present on these 
sites under the appropriate geophysical conditions that 
may exist in those terrains. We then simulated the 
backscattered radar echo arising from each site in the 2 
MHz frequency band, using the Finite Difference Time 
Domain (FDTD) algorithm, in order to evaluate the 
instrument performances to probe the subsurface strati-
graphy of each site. Our results confirm that the near 
subsurface rich iron oxide mineralogy controls the 
instrument performances in terms of penetration depth 
and signal to noise ratio in the 2 MHz frequency band. 
We also discuss the geophysical and geo-electrical 
sounding conditions that could lead to an ambiguous 
detection of shallow subsurface water on Mars for the 
Netlander GPR. Finally we hope to present by the con-
ference time a terrestrial test analogue site selected 
according to those creteria where deep sub-surface 
water have been detected 600 m deep using a proto-
type of the 2 MHz Netlander GPR in a field survey 
performed last febrary in the eastern part of the Egyp-
tian desert.    

Introduction:  Models of the thermal structure of 
the Martian crust suggest that the thickness of frozen 
ground (the depth at which the local temperature rises 
above the ice fusion point) range from ~2.5-5.0 km at 
the equator to ~6-12 km at the poles [1,2]. Recently 
high resolution images from the Mars Orbital Camera 
(MOC) onboard the Mars Global Surveyor (MGS) 
orbiter reveal the possible presence of water layers in 
the near subsurface of Mars, at a depth of few hun-
dreds meters. Water could flow out from an under-

ground ice rich saturated layer covered locally by vol-
canic altered materials [3]. 

 Efficient sounding methods are required in 
order to detect the water present in the Martian subsur-
face a hundred meters or a few kilometers deep. One 
of the best suited is based on sounding radars. Water, 
even if still present on Mars at shallow depth (less then 
300 m), will be difficult to detect using drilling and 
seismographs. Radar sounding methods, either from 
orbit or from surface based systems, represent the ade-
quate geophysical tool to inform us about subsurface 
water abundance and distribution, a parameter of pri-
mary importance to understand the history of the 
planet [4,5]. 

 Three radar instruments are planned in the 
current decade to probe the Martian subsurface and 
detect the presence and distribution of subsurface wa-
ter layers. The performances of all of these radar sys-
tems are strongly dependent on the petrology and min-
eralogy of the Martian subsurface [6,7], which define 
the electrical behavior of each geological layer of the 
sounded sites. Most of the Martian surface presents a 
volcanic context and is covered by an iron oxide-rich 
dust layer, more probably constituted of altered basalts 
[8], hematite [9], maghemite and other ferromagnetic 
minerals [10]. This dust material is overlaying volcanic 
layers of fractured basalt and lava flows, with a geo-
graphically and stratigraphically variable component 
of massive and interstitial ice [1,2]. Deeper subsurface 
material could be mainly constituted of fractured 
ground ice. If we assume this configuration to be rep-
resentative of the Martian subsurface, then materials 
present in the first few hundred of meters of the sub-
surface could significantly attenuate the probing radar 
signal, due to electric and magnetic losses, thus limit-
ing the penetration depth to few hundreds of meters at 
the 2 MHz frequency [7]. 

 Radar sounders should then operate at spe-
cific sites where the geo-electrical context is locally 
less conductive and where local geothermal conditions 
could lead to the presence of liquid water at shallow 
depths [2]. In this paper, we present the geo-electrical 
modeling of such favorable sites in order to define 
future potential landing sites for the GPR experiment 
of the Netlander mission, and derive some criteria for 
optimal sounding sites for future radar experiments. 
Numerical simulations of the radar echo for the se-
lected sites are presented and discussed. 
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Geological models :  Four geological models of 
Martian subsurface are proposed in order to highlight 
the effect of several components such as liquid water, 
magnetic minerals and sedimentary deposits. The pres-
ence of fine grained or coarse deposits of different 
petrology (especially with varying porosity and per-
meability) may substantially affect the ice content in 
the subsurface and hence the radar signatures. These 
models correspond to possible local stratigraphy on 
Mars but large uncertainties exist about the composi-
tion and nature of the subsurface material. Examples 
are given to illustrate each proposed model refers to 
locations on Mars where the subsurface could corre-
spond to the model, but detailed thickness and compo-
sition of the layers are speculative. These models do 
not take into account the regional variability of the 
selected geological unit. The possibility of finding 
shallow aquifers in the Martian near-surface is low due 
to cold temperatures, and liquid water should not be 
present at less than 1 km according to realistic thermal 
gradients [1]. Nevertheless, we detail three examples 
where local residuals of subsurface water could be 
found at shallow depth. These locations would corre-
spond to regions of high geothermal flow, outflow 
channels, or ice-rich northern plains. The last case  
does not consider liquid water but sediments formed 
by desiccation of an ancient lake. 

 
Electromagnetic characterization and geo-

electrical modeling:  Once the geological models are 
set and well defined, we investigated representative 
laboratory samples, in terms of mineralogy and poros-
ity, for each layer of the above-discussed models. In 
our analogy, the electromagnetic properties of each 
layer of a geological profile are reduced to the elec-
tromagnetic characterization of the representative labo-
ratory sample. Samples are compositionally homoge-
neous, with different porosities, temperatures and a 
varying amounts of iron oxide-rich minerals (hematite, 
maghemite, magnetite) for samples representing vol-
canic layers. It must be kept in mind that this is a sim-
ple approach that does not reproduce the heterogene-
ous composition of rocks and their complex porosity. 
However, as we are mainly interested in the permittiv-
ity of the samples to build geo-electrical models to 
evaluate losses in wave propagation, homogenous 
mixtures of minerals and ice are relevant. For the per-
mittivity measurements, we used two capacitive cells. 
The first one characterizes powder materials (porosity 
ranging from 30 to 50 %) and the second one measure 
pellets of compacted powder (porosity ranging from 
15 to 30 %) or machined from a rock sample. For the 
permeability measurements, we used a self-magnetic 
cell. Each layer analog is described in terms of the real 

and imaginary part of its dielectric constant, its con-
ductivity in S/m and its relative magnetic permeability 
µ (in this work we only considered the real part of the 
magnetic permeability, as mineral mixtures used to 
simulate the subsurface layers in the four models are 
not highly magnetic). It is important to note that the 
choice of analog materials to construct our samples is a 
first order approximation to illustrate the variation in 
the sounding radar performances in various possible 
Martian geo-electrical configurations.  

    
Results and discussions: We have investigated in 

this work four models of the Martian subsurface that 
describe example of sites presenting potential interest 
in the application of low frequency sounding radars to 
the search for water on Mars. We used laboratory 
measurements on sample analog and numerical FDTD 
simulations of the radar pulse propagation, to derive 
what might be an appropriate site to detect the possible 
presence of shallow water saturated layer using landed 
and orbital sounding radars. We suggest that regions 
such as the Hadriarca Patera volcano could present a 
potential type of terrain for future radar sounding of 
shallow aquifers. Sites representing possible subsur-
face hydrothermalism combined with a rather low at-
tenuation factor of overlaying volcanic layers consti-
tute a favorable site for sounding radar techniques. A 
reasonable penetration depth of hundreds meters at 2 
MHz could allow the detection of liquid water at spe-
cific sites. Our simulations also showed that several 
geological interfaces in the Martian subsurface can 
present important dielectric contrasts due to different 
concentrations in iron-rich minerals and to variations 
in porosity and could give a similar radar response to 
the one expected from an ice / water interface at shal-
low depths. It is important to note that even using sim-
ple models, the radar echo simulation shows complex 
behaviors that could be interpreted since we know 
where geological interfaces are located. Working with 
future real data from the Netlander GPR instrument or 
similar sounder will imply a “blind” inversion process 
that will certainly be more complicated. It will in par-
ticular be very difficult to interpret the presence of any 
interface appearing on the radar echo without a pre-
liminary study of the geological context for each site. 
We expect ambiguities to increase with increasing the 
depth of investigation. 

 The reader must keep in mind that there is no 
unique description of the Martian geo-electrical prop-
erties, thus any sounding radar whether orbital or 
ground located can’t have a unique evaluation of per-
formances,  results will be strongly depending on the 
investigation site.  
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 The validity of the geological models pre-
sented and hence geo-electrical modeling and simula-
tions is mainly related to our present day knowledge of 
the Martian upper crust mineralogy and stratigraphy. 
We expect data from the Gamma Ray Spectrometer 
(GRS) and the Thermal Emission Imaging System 
(THEMIS) onboard the Mars Odyssey mission and 
future chemical and mineralogical analysis of the Mar-
tian soil to be performed by the 2003 Mars Exploration 
Rovers (MER) to provide the missing information con-
cerning the chemical and mineralogical composition of 
the Martian surface. We should then be able to im-
prove the modeling of a more realistic case of the Mar-
tian subsurface. Such work is crucial for preparing the 
interpretation of data that will be produced by the fu-
ture radar instruments.   
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A new model on the thermal behavior of the near surface layer on Mars and its implications for ground ice 
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Introduction: : Most models used to investigate 

the thermal behavior of the Martian surface fall in 
three categories. The first category sees the surface 
only as a boundary condition for atmospheric models, 
a good example is the NASA Ames GCM [1] or the 
European Mars Climate Database [2,3]. These models 
usually study only the top layer of the surface, in gen-
eral not deeper than 1m. The second category studies 
the surface on large scale both temporal and spatial. 
These models are for example used to study the effect 
of obliquity changes. They usually use a simplified 
structure of the subsurface with homogeneous thermo-
physical properties and a very coarse grid laterally as 
well as on the surface. The third category studies the 
near surface layers down to a depth of about 100m. 
These models are ideally suited to study the stability of 
ground ice deposits reachable by future landing mis-
sions. However most of this models assume a very 
simplified subsurface structure. They assume that the 
underlying material has the same thermo-physical 
properties as the surface layer measured by MGS. A 
good example is the recent work by Mellon [4]. While 
all of this models produce valid results there have been 
concerns, that the simplified assumptions about the 
subsurface structure might influence the results sig-
nificantly [5]. 

To address this concerns we have developed a new 
model for the thermal behavior of the Martian surface. 
The Berlin Mars near Surface Thermal model (BMST) 
is based on a standard model for cometary surfaces [6]. 
We have adapted this model to the conditions of the 
Martian surface. While most models used today for the 
near surface layer of Mars assume constant physical 
properties with depth, our model is based on a layered 
structure of the subsurface material, in which each 
layer can have different physical and thermo-physical 
properties. The recent result for the Polar layered de-
posit [7] and from the layering found for example in 
Maris Vallenaris [8],  suggest that this is a more realis-
tic representation of the Martian surface. The main 
features of the BMST are a high lateral resolution 
down to the centimeter range, the realistic treatment of 
the thermal properties of ice-rock mixtures, a detailed 
treatment of gas flux within the surface and into the 
atmosphere and a variable temporal resolution which 
allows to study daily as well as annual variations. 

We have used this model already for studies of the 
Beagle 2 landing site [9] and the proposed MER land-
ing site [10] both in Isdis Planitia. 

The model:  For this study we have assumed 50m 
thick surface layer composed of an initially homoge-
neous, porous, crystalline ice rock-dust mixture. This 
layer contains dust, rocks and two components of 
chemically different ices (H2O, CO2). We have used 
lower lateral resolution of only 10cm. The model 
solves the time-dependent mass and energy equations 
for the different volatiles simultaneously. Solar energy 
input varies due to orbital and rotational motion of the 
planet.  Heat is transferred into the interior of the body 
by solid state heat conduction in the dust-rock-ice mix-
ture (matrix) and by vapor flowing through the porous 
matrix.  The gas flow from the sublimation fronts is 
driven by vapor pressure gradients.  A dust layer 
(crust) on the surface is assumed in which all the vola-
tiles are vaporized.  The crust is initially very thin (one 
layer) and can grow because of inward migration of 
the sublimation fronts.  The energy conservation equa-
tion for the porous, icy, dusty layer is (for detail see [6, 
10])  

( )    ,q  H        T      = T   v  c      + 
t 
T   c ii
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∂
∂ ∑κρψρ  

where ∆Hi and qi are the enthalpies of sublimation 
and the intrinsic mass release rate of vapor per unit 
volume of components i, respectively, κm is the ther-
mal conductivity of the matrix, T is the temperature, t 
the time, ψ the porosity, ρg the mean gas density and v 
the mean velocity of the gas evaporating from deeper 
layers and streaming through the crust, and c and cg the 
average specific heats of the matrix and of the gas at 
constant volume, respectively.  The energy conserva-
tion equation for the crust is 
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where κd is the thermal conductivity of the dust  
crust.  The surface temperature is calculated from the 
balance between the net incoming solar flux, losses 
from thermal reradiation, heat needed for sublimation 
or becoming free during condensation, and heat trans-
port in and out of the shell  
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In this equation A denotes the albedo, F0 the solar 

constant, r the heliocentric distance in AU, ζ the local 
zenith angle of the Sun, ε the infrared emissivity, σ the 
Stefan Boltzmann constant, and Ts the surface tem-
perature, and Q the gas release rate into the atmos-
phere at the surface. The latent heat L = ∆H is calcu-
lated from the Clausius Claperon equation 

Sixth International Conference on Mars (2003) 3019.pdf



R T
L  =  

T
P   

P
1

2∂
∂  

where P is the saturation pressure. The conserva-
tion of mass in an n component system undergoing a 
phase change is given by the following equations: 
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where, for each component i, ρg is the density of 
the porous matrix and j the flux of gas. The internal 
gas production rate q is given by  

 ,)    -  (    
a 2

    c = q g isatii i
ρρ

ψ  

 with ci the mean thermal velocity of the gas mole-
cules, ρsat the saturation density and a the radius of the 
pores. 

Gusev crater:  We have started a detailed study of 
Gusev Crater, one of the landing sites of the upcoming 
MER mission. We will present here some very first 
results of our study. 

 It has been suggested that Gusev Crater is the lo-
cation of a paleolake [11-14] fed by Ma’adim Vallis, a 
900km long fluvial system. Recent results from the 
GRS instrument on Mars Odyssey indicate that region 
around Gusev Crater shows an enrichment in Hydro-
gen in the soil, possibly indicating ground ice deposits 
within the upper 2m below the surface [15]. 

Thermo-physical properties of Gusev Crater: 
We have used MGS thermal inertia data [16] to con-
struct maps of the thermal conductivity for the surface 
within Gusev Crater. Figure 1 shows a part of the floor 
of Gusev Crater surrounding the landing site. The tar-
geted landing site and the lateral extension of the land-
ing ellipse are marked on the map. The map has a reso-
lution of 8 pixels per degree and is calculated from the 
map of thermal inertia I by 

c
I
ρ

κ ²
=

 
assuming for the density ρ=1500 kg m-3 and for the 

heat capacity c=795 Jkg-1 K-1 . These are typical values 
for fine sand assuming a basaltic composition. 

The most striking feature of the map in Figure 1 
are two areas showing high values for the thermal 
conducitivity. While the typical value is approximately 
0.05 WK-1m-1  these two areas show values up to 0.14 
WK-1m-1 . In Figure 1 the contour line denotes a value 
of 0.1 WK-1m-1. The areas showing high thermal con-
ductivity overlap with areas mapped morphological as 
etched terrain [18]. A likely interpretation is that the 
dust cover has been at least partly removed from the 
underlying base material.  Comparison with MOC and 
recent THEMIS VIS images, confirms that the dust 
cover has only been removed in parts. Therefore the 
relatively coarse resolution of the thermal conductivity 
map gives only a lower limit for the thermal conduc-

tivity of the underlying material. As an estimate for the 
thermal conductivity of the base material we have as-
sumed for this first study the maximum value of the 
thermal conductivity of Tc=0.14  WK-1m-1 observed in 
the high conductivity area.  For the dust cover we have 
derived a medium value of Tc=0.05 WK-1m-1. The 
thermal conductivity of the base material might indi-
cate sedimentary material, but this requires further 
studies. 

 

Figure 1 Thermal conductivity as derived from MGS 
thermal inertia measurements 

Based on MGS data we have also derived a map of 
the albedo for the area surrounding the landing site 
shown in Figure 2. This map shows slightly higher 
albedo values for the high thermal conductivity area. 
However there seems to be no clear correlation be-
tween thermal conductivity and albedo. As a medium 
albedo for the area of the landing ellipse we have as-
sumed a value of 24%. 

 

Figure 2 Albedo as derived from MGS TES measure-
ments 

Thermal modeling: We present here one example 
of the modeling we have studied for Gusev Crater. 
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Figure 3 Temperature distribution in the subsurface 
for a layered subsurface structure 

 
We have studied a two layered subsurface structure 

with a thin dust layer covering a 50m layer of a porous 
base material. For the thermal conductivity of the two 
layers the values derived above have been used. The 
base material has a porosity of 0.2 and a tortosity of 
1.5. At the start of the modeling run the pores have 
been partly filled with water ice and CO2 ice. The 
model has been run for 100 Mars orbits. At this time 
the model has reached a dynamically steady state. This 
means that annual cycles are repeated with little or no 
variatiations. Figure 2 shows the temperature distribu-
tion for the first 5m below the surface over a part of 
the annual cycle covering the activity period of the 
MER. The temperature gradient is very steep close to 
the surface. Within the first 30cm the temperature 
drops by almost 70K and the material below shows 
little variations over an annual cycle. The upper 10cm 
show temperatures variations of nearly 20K over the 
same time period. The material which will be sampled 
by the MER is therefore most likely modified by ther-
mal erosion.  

Stability of ground ice: The BMST allows not 
only to derive the temperature distribution in the sub-
surface, but calculates also the stability of ground ice 

deposits. Figure 4 shows the saturation of the subsur-
face with water ice. While the surface up to a depth of 
more than 1m is completely dessicated, starting at a 
depth of 1.5m the surface can hold up to 40% of ice. 
The ground ice deposit at this depth is stable over an-
nual cycles. Possible frost deposits close to the surface 
forming on diurnal cycles are not shown in Figure 2 
because for this modeling the time steps are approxi-
mately 2 sol. 

 

 

Figure 4 Saturation of the subsurface with ground ice 

Our findings for the stability of ground ice deposits 
within the first 2m below the surface are in good 
agreement with the results from the Mars Odyssey 
Neutron Spectrometer as reported by Feldmann et al. 
[15]. The distribution map of hydrogen indicates an 
slight enrichment in the region of Gusev Crater. This 
enrichment seems stable over different seasons.  

Conclusion: The newly developed model for the 
thermal behavior of the near surface layer has proven 
to be a useful tools in studying the MER landing site in 
Gusev Crater. The agreement with Mars Odyssey 
Neutron spectrometer data is encouraging. 

Based on our first modeling results Gusev Crater 
might have ground ice deposits relatively close to the 
surface which are stable over long time periods. 

Sixth International Conference on Mars (2003) 3019.pdf



Unfortunately the Mars Exploration Rover are not 
equipped with any instruments which will allow to 
access these ice deposits directly.  

The location of Gusev Crater close to the surface 
might favor it as a landing site for a possible future 
drilling mission. The in-situ measurements of the MER 
in Gusev Crater will allow to improve the modeling 
and give better constraints on the subsurface structure 
and possible ground ice deposits. 
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Introduction: We investigate the oxidizing prop-
erties of Mars’ polar regions using disk-resolved ultra-
violet spectra from the Ultraviolet Spectrometer (UVS)
on Mariner 9.  We detect the spectral characteristic of
hydrogen peroxide (H2O2), which has already been
found to exist on the icy galilean satellites.  The Mari-
ner 9 UVS data have been archived at NASA’s Plane-
tary Data System (PDS) Atmospheric Node and are
also available at http://lasp.colorado.edu/Mariner_9_data/.
A software visualization tool, Albatross, provides da-
tabase access  (  http://lasp.colorado.edu/albatross/  ) and
enables the user to view reflectance spectra for desired
latitude/longitude regions and mission phases. It dis-
plays the UVS field-of-view (FOV) tracks along with
the corresponding reflectance spectrum for a chosen
FOV against a background showing the Mars surface
image, or a user specified alternate dataset, such as a
thermal, geologic or topographic map.

The UV H2O2 signature: Hydrogen peroxide has
been detected on the icy Galilean satellites.  A 3.5 µm
feature was discovered [1] in a Galileo Near-Infrared
Mapping Spectrometer (NIMS) spectrum of Europa,
which was found to agree with a laboratory-measured
mixture of 0.13   +   0.07% H2O2 in water ice.  A simulta-
neous measurement of Europa by the Galileo UVS
revealed a distinctive spectrum, which agreed with the
same H2O2 laboratory mixture that fit the NIMS spec-
trum [1].  The same distinctive feature was also de-
tected by the UVS on Ganymede and Callisto [2].  The
abundance of peroxide was modeled at all observed
locations on Ganymede [2] and found a strong correla-
tion with solar angle, where peroxide abundance in-
creases with decreasing solar angle.  On Ganymede,
hydrogen peroxide abundance is thus generally anti-
correlated with ozone abundance.  Sample Galileo
UVS spectra of Ganymede are shown in Fig. 1.  The
upper panel of Fig. 1 shows Ganymede’s ozone signa-
ture, while the lower part of Fig. 1 displays the char-
acteristic of hydrogen peroxide, which is flat at wave-
lengths longer than ~2900 Å; at shorter wavelengths
the brightness decreases with wavelength.

H2O2 and O3 on Mars: Ozone was discovered on
Mars using ultraviolet data from Mariner 7 [3].  A
broad absorption feature centered near 2600 Å was
detected by ratioing a south polar cap (65° S) spectrum
to an equatorial (1° S) spectrum; this band was found
to be similar to the Hartley ozone absorption band.  It
was unclear at that point whether the ozone was an

atmospheric constituent or if it was trapped in the polar
cap ice.  Further measurements using the UVS on
Mariner 9 [4] revealed ozone both associated with the
polar hood and at the polar caps; at low latitudes, no
ozone was ever detected above the detectable level.

Figure 1.  Galileo UVS data of Ganymede.  Top panel
shows ozone-like absorption feature in a ratio of a
south polar spectrum to an equatorial spectrum.  Lower
panel shows a spectrum of a leading hemisphere region
which shows the hydrogen peroxide characteristic.
The top panel shows a ratio of measured spectra, while
the lower panel shows the measured “radiance coeffi-
cient,” which is the measured reflectance divided by
the cosine of the solar incidence angle.

The ozone associated with the polar hood had
much higher abundances than the polar cap ozone [4];
both types of ozone displayed a seasonal variation,
where more ozone was measured during the winter
than in summer (Fig. 2).  It was suggested [5] that the
lack of equatorial ozone was due to the fact that the
infrared instrument on Mariner 9 detected 10 µm of
precipitable water vapor in equatorial regions; this
water vapor was suggested to constrain the amount of
ozone allowed to form at low latitudes.

The Mariner 9 observations led to the following
scenario of seasonal variations in Mars’ ozone.  During
early summer, no ozone is present above the detectable
level of 3 µm-atm (where 1 µm-atm = 2.69x1015 mole-
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cules-cm-2).  Ozone appears in late summer over the
polar cap and associated with the polar hood.
Throughout autumn and early winter, ozone amounts

Figure 2.  Seasonal variation in ozone abundance as-
sociated with polar hood (observations from between
50° and 75° latitude).  Left panel is for southern hemi-
sphere, right panel is for northern hemisphere [4].

increase to maximum values at midwinter, and the
spatial distribution increases so that ozone is detected
between the poles and 45° latitude.  The maximum
detected value of ozone in the northern hemisphere
was 60 µm-atm, while for the southern hemisphere the
maximum amount was 30 µm-atm.  Between midwin-
ter and early summer, ozone amounts decrease.  It was
found [6] that atmospheric ozone abundances vary on a
daily time scale as well, where amounts increase as the
atmospheric temperature decreases and water vapor
amounts decrease.  Temporal variations in ozone
abundance driven by water vapor changes associated
with orbital position have also been displayed with
more recent data from HST (e.g. [7]).

Figure 3.  Sample spectrum of polar hood O3.  From
[8].

Most early Mariner 9 investigations (e.g. [8]) fo-
cussed on ozone associated with the polar hood, which
is atmospheric ozone, as shown in Fig. 3.  Ozone asso-
ciated with the polar caps has been less thoroughly
studied.  It is as yet unclear whether the ozone exists in
the ice of the winter polar cap, having been snowed out
along with CO2, as suggested by [3], or whether the
ozone exists in a thin layer overlying the bright polar
cap.  Certainly there are differences between the at-
mospheric ozone and the polar ozone.  They both show

similar seasonal variations, but overall, much less
ozone is present at the polar caps than in the polar
hood.  The polar cap ozone band is also much shal-
lower than the polar hood ozone, indicating that the
ozone might be in a different form.  A sample spec-
trum of the polar cap ozone is shown in Fig. 4 (lower
panel).

                   2500                   3000                 3500

                   2500                  3000                 3500
wavelength (Å)

Figure 4.  Mariner 9 data of the south polar cap (Barth,
unpublished data).  Shown are measured reflectances;
the y-scale is from 0.0 to 0.05 on both plots.  The bot-
tom panel displays the ozone absorption band while
that feature is absent from the top spectrum.  Both
spectra were taken of the southern polar cap (85° S);
the top panel was taken in mid-summer (orbit 124) and
the bottom spectrum was taken in late summer (orbit
184).

Figure 5 (from [4]) displays the variation in polar
cap ozone abundance with season during the Mariner 9
mission.  The left panel shows the southern cap data,
while the right panel is for the northern cap.  During
the summer, no ozone was measured at the southern
polar cap.  (The spectrum shown in the top portion of
Fig. 4 is from southern summer.)  Ozone began to be
detected in the late summer at that cap.  (The spectrum
in the lower panel of Fig. 4 is from this time frame.)
During the same period of time, the northern polar cap
was experiencing winter, and large amounts of ozone
were measured at that cap.  Northern polar cap
amounts decreased as that hemisphere transitioned into
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spring and then summer.  As with the polar hood
ozone, polar cap ozone amounts were postulated to
decrease as odd hydrogen (especially H2O) amounts
increased (during summer).

Figure 5.  Variation in ozone abundance on polar caps
versus season.  The left panel shows Mariner 9-
measured ozone abundances for the south polar cap,
while the right panel is for the north polar cap.  Ozone
abundances are greatest during winter and are lowest
during summer.  From [4].

We note that the spectrum shown in the upper
panel of Fig. 4 displays the characteristic spectral
shape of H2O2, recognized from UV data of the icy
satellites.  In this study, we model UV spectra of Mars’
polar regions from Mariner 9 UVS in terms of O3 and
H2O2 to investigate the spatial and temporal distribu-
tions of each, and the relationship to each other.  Re-
sults indicate that relatively high amounts of H2O2 ex-
ist at the summer cap, along with relatively low
amounts of O3. The opposite is true for the winter cap.
This suggests a relationship between H2O 2 and O3

whereby the dissociation of H2O2 produces OH which
contributes to the destruction of O3, where odd hydro-
gen (OH) destroys the odd oxygen that would other-
wise go to form ozone:

H + O2 + M => HO2 + M
HO2 + O => OH + O2

OH + CO => H + CO2

Thus, when more water vapor is present, more odd
hydrogen is present, inhibiting the formation of ozone.
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Introduction:  The Imager for Mars Pathfinder 

(IMP) obtained a full panorama of the Sagan Memorial 
Station landing site on Sol 2, before the IMP mast was 
deployed [1].  The images in this panorama were taken 
in 4 filters (including stereo) and losslessly com-
pressed to provide a high-quality multispectral survey 
of the landing site even if the IMP mast did not suc-
cessfully deploy; this data set was therefore called the 
“Insurance Pan” [2].  It was completed late in the af-
ternoon of Sol 2, just before the IMP mast was (suc-
cessfully) deployed.  The data were stored in memory 
and returned to Earth after it became clear that 
downlink rates were higher than expected.  The Insur-
ance Pan horizontal (azimuth) coverage is nearly com-
plete, with gaps caused by pointing errors and data 
packet losses.  Stereo data were acquired in the blue 
(445 nm) filter, as well as right-eye green (531 nm), 
orange (600 nm), and near-infrared (752 nm) data.   

Background and motivation.  Previous analyses of 
IMP multispectral data have primarily made use of 
multispectral “spots” and the “Super Pan” [3-6], which 
were taken after the IMP mast was deployed.  The 
multispectral spots were losslessly compressed, 64 × 
64 pixel subframes of selected targets.  The Super Pan 
was compressed 2:1 (except for the blue and red stereo 
filters, which were compressed losslessly), and was 
83% complete at the end of mission [2].  The Insur-
ance Pan complements these other data sets by provid-
ing high-fidelity (losslessly compressed) image cover-
age of much of the landing site in 4 filters from a dif-
ferent point of view.  The Insurance Pan data can be 
used for various quantitative studies, including far-
field stereogrammetry when paired with images taken 
after mast deploy.  Parts of the Insurance Pan include 
areas along the photometric equator and are therefore 
useful in extending previous photometric studies [7].  
The potential for these and other types of investiga-
tions using the Insurance Pan motivated us to assemble 
the multispectral mosaics shown below.   

Image Processing:  Previous attempts to analyze 
the Insurance Pan have been complicated by the dif-
ferences in camera pointing between the stereo blue 
images and the other multispectral images.  These dif-
ferences caused rotation as well as translation of the 
blue images relative to the other images.  The version 
of the USGS Integrated Software for Imagers and 
Spectrometers (ISIS) system that was used to process 
other IMP data [8, 9] included programs to correct for 
random (but temporary) misalignment of filter bands 
within an image set acquired with identical camera 

pointing by translating images relative to each other 
but not rotating them.  Therefore, a new program was 
developed that performs an affine transformation be-
tween Cartesian coordinate systems.  This new soft-
ware was used to register the multispectral bands in the 
Insurance Pan, as described below. 

Radiometric calibration.  Version 3 of the IMP 
calibration algorithm was used to radiometrically cali-
brate the Insurance Pan images first to radiance and 
then to reflectance relative using observations of the 
radiometric calibration target (RCT) [10, 11].  This 
algorithm compensates to some extent for the temporal 
and viewing geometry differences between images of 
the scene and of the RCT, as well as the proportions of 
direct vs. diffuse illumination of the surface, which is a 
function of topographic slope, viewing azimuth, and 
time of day.   Radiance values of a scene were scale by 
the ratio of the total downward flux at the time of RCT 
acquisition to the total downward flux at the time of 
scene acquisition.  This was done by using an ap-
proximation to the sky model of [12] to convert the 
scene brightnesses to values that they would be pre-
dicted to have had if observed simultaneously with the 
RCT images.  RCT image sets were acquired four 
times during acquisition of the Insurance Pan.  As 
such, most scene images were acquired within 30 min-
utes of RCT images.  Because the radiometric preci-
sion of the Insurance Pan is not affected by data com-
pression, the radiometric accuracy of the calibrated 
images is limited only by the camera calibration.  The 
absolute radiometry is therefore accurate to ~10%, and 
the relative (spectral) radiometry is accurate to ~3% 
[10, 11].   

Registration and projection.  Processing of cali-
brated Insurance Pan images included trimming off 
invalid pixels from all edges, and locating and replac-
ing dropped compression blocks with null pixel values.  
Camera pointing and orientation of non-stereo (right-
eye) images within a colorset were updated to reflect 
those values derived for the corresponding triangulated 
blue-filter stereo image set.  A slight change in the 
camera position between acquisition of imagery 
through the blue-filter and the other filters within a set 
required further translational and rotational adjustment 
of the non-stereo images.  ISIS automatically collects 
control points between any given filter and the corre-
sponding blue-filter (right-eye) image within a set.  
The addition of manually selected control points was 
necessitated by the software’s difficulty in recognizing 
common features due to differences in albedo/contrast 
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between filters and lack of features within bland por-
tions of a scene.  A solution for the best fit of control 
points to an affine transformation was derived to cor-
rect for translational and rotational discrepancies.  This 
solution was applied only when an image was pro-
jected in order to avoid resampling of the data more 
than once.  Projected, coregistered images were 
stacked in wavelength-sequential order and placed in 
an ISIS image cube.  All sets for a particular sequence 
were then mosaicked. 

Results:  Examples of the Insurance Pan products 
we have generated are shown in Figures 1 and 2.  All 
of these products were generated using the Macauley-
Kirk projection [8].  Preliminary analyses of the Insur-
ance Pan data will be presented at the conference.   
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Figure 1.  Approximately “true color” rendition of portion of IMP Insurance Pan, azimuth range –10.2 to 32.8 de-
grees.  Red channel = 600 nm, green channel = 531 nm, blue channel = 445 nm.  Single black pixels and horizontal 
black lines are locations of bad pixels that have been nulled out.   
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Figure 2.  Near-IR/blue ratio image of same portion of IMP Insurance Pan shown in Fig. 1.   
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Figure 3.  Approximately “true color” rendition of portion of IMP Insurance Pan, azimuth range 32.3 to 89.1 de-
grees.  Red channel = 600 nm, green channel = 531 nm, blue channel = 445 nm.  Single black pixels and horizontal 
black lines are locations of bad pixels that have been nulled out.   
 
 

 
 
Figure 4.  Near-IR/blue ratio image of same portion of IMP Insurance Pan shown in Fig. 3.   
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Introduction:  The Athena science payload on the 

Mars Exploration Rovers (MER) includes the Micro-
scopic Imager (MI) [1].  The MI is a fixed-focus 

camera mounted on the end of an extendable instru-
ment arm, the Instrument Deployment Device (IDD; 
see Figure 1).   

 

 
Figure 1.  IDD instrument turret during MER 2 testing.  RAT at left, MI at center, APXS at right (Mössbauer 
spectrometer not visible).  MI dust cover is shown closed, with contact sensor to lower left.  
 

The MI was designed to acquire images at a spatial 
resolution of 30 microns/pixel over a broad spectral 
range (400 - 700 nm; see Table 1).  Technically, the 
“microscopic” imager is not a microscope:  it has a 
fixed magnification of 0.4 and is intended to produce 
images that simulate a geologist’s view through a 

common hand lens.  In photographers’ parlance, the 
system makes use of a “macro” lens.  The MI uses the 
same electronics design as the other MER cameras [2, 
3] but has optics that yield a field of view of 31 × 31 
mm across a 1024 × 1024 pixel CCD image (Figure 2).  
The MI acquires images using only solar or skylight 
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illumination of the target surface.  A contact sensor is 
used to place the MI slightly closer to the target 
surface than its best focus distance (about 66 mm), 
allowing concave surfaces to be imaged in good focus.  
Because the MI has a relatively small depth of field (± 
3 mm), a single MI image of a rough surface will 
contain both focused and unfocused areas.  Coarse 
focusing (~ 2 mm precision) will be achieved by 
moving the IDD away from a rock target after the 
contact sensor is activated.  Multiple images taken at 
various distances will be acquired to ensure good focus 
on all parts of rough surfaces.  By combining a set of 
images acquired in this way, a completely focused 
image can be assembled.  Stereoscopic observations 
can be obtained by moving the MI laterally relative to 
its boresight.  Estimates of the position and orientation 
of the MI for each acquired image will be stored in the 
rover computer and returned to Earth with the image 
data.  The MI optics will be protected from the Martian 
environment by a retractable dust cover.  The dust 
cover includes a Kapton window that is tinted orange 
to restrict the spectral bandpass to 500-700 nm, 
allowing color information to be obtained by taking 
images with the dust cover open and closed.  The MI 
will image the same materials measured by other 
Athena instruments (including surfaces prepared by 
the Rock Abrasion Tool), as well as rock and soil 
targets of opportunity.  Subsets of the full image array 
can be selected and/or pixels can be binned to reduce 
data volume.  Image compression will be used to 
maximize the information contained in the data 
returned to Earth.  The resulting MI data will place 
other MER instrument data in context and aid in 
petrologic and geologic interpretations of rocks and 
soils on Mars. 

 

 
Figure 2.  Cutaway diagram of MI optics barrel, 
showing sapphire window, lenses, and filter. 
 

 
Table 1.  MI performance requirements 
Instantaneous Field of View (IFOV) of 30 ± 1.5 
micrometers/pixel on-axis 
Field of View (FOV) of 1024 x 1024 square pixels 
Spectral bandpass of 400-680 nanometers 
Effective depth of field of ≥ ±3 millimeters 
Optics MTF ≥ 0.35 at 30 lp/mm over spectral 
bandpass at best focus 
Radiometric calibration absolute accuracy of ≤ 20% 
and relative (pixel-to-pixel) accuracy of ≤ 5% 
Signal to Noise Ratio (SNR) ≥ 100 for exposures of  
≥ 20% full well over the spectral bandpass within the 
calibrated operating temperature range 
Temperature sensor, accurate to ± 2°C, on the CCD 
package that can be read out and associated with the 
image data in telemetry 
Working f/# = 15 ± 0.75 
Operating temperature range within calibrated 
specifications = -55 ± 2°C to +5 ± 2°C 
 

Science Objectives:  To contribute to the achieve-
ment of the science objectives of the MER missions 
(Crisp et al., 2003), the Athena Microscopic Imager 
will:  (1) image fine-scale morphology and reflectance 
of natural rock and soil surfaces, (2) image fine-scale 
texture and reflectance of abraded rock surfaces, (3) 
aid in the interpretation of data gathered by other 
Athena instruments by imaging areas examined by 
them at high resolution, and (4) monitor the accumula-
tion of dust on the capture and filter magnets.   

A wealth of geologic information can be obtained 
through studying rocks and soils with microscopes that 
have resolutions sufficient to enable detailed charac-
terization of coatings, weathering rinds, individual 
mineral grains, or clasts.  Such characterization is par-
ticularly important for analyses of aqueous 
sedimentary rocks.  The size, angularity, shape, and 
sorting of grains reveal much about conditions of 
transport and deposition.  Such information, which can 
be provided by the Microscopic Imager for sand-size 
and larger grains, will be extremely useful for 
understanding past aqueous environments on Mars.  A 
variety of structures may be imaged that could provide 
diagnostic information about sedimentary 
environments, both in sedimentary rocks and 
unconsolidated soils.  Across the size range from about 
100 µm to 10 cm there are many well-documented 
sedimentary structures, formed within siliciclastic, 
carbonate and evaporitic environments, that reveal 
much about sedimentary processes and sedimentary 
environment.  Examples include stratification (e.g., 
cross laminations), bedforms (e.g., ripples), chemical 
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precipitation (e.g., crystal fabrics) and dissolution 
(e.g., stylolites), desiccation features, and sediment 
fabric.  The MI will also be used to study textures and 
layering in recent sediments such as duneforms and 
aeolian lag deposits.  Observations of the size, shape, 
color, and sorting of aeolian sediments will be 
compared with previous theoretical, remote sensing 
and laboratory studies of windblown material on Mars  
in order to better understand the origin and evolution 
of these materials.  An example of the type of soil 
images expected from the MI is shown in Figure 3.  A 
library of images of various terrestrial soil types is 
being assembled and will be used to aid the 
interpretation of MI data from Mars.   
 

 
Figure 3.  Monochrome version of FIDO Color 
Microscopic Imager [6] data from May 2001 field test, 
showing natural soil illuminated by skylight (target in 
shadow).  View is about 13 mm across, 20 
microns/pixel, taken at f/10.   

 
Microscopic imaging also provides useful informa-

tion on volcanic rocks and impact breccias. Vesicular-
ity patterns give an indication of lava volatile content 
and distribution.  Grain size and texture provide infor-
mation on crystallinity of the magma when emplaced, 
its depth of origin, and how quickly it cooled.  Micro-
scopic imaging can be used to identify small veins of 
precipitated minerals like the carbonates in the Martian 
meteorite ALH84001.  An example of the type of rock 
images expected from the MI is shown in Figure 4.  In 
addition to images of natural surfaces, the MI will be 
used to image surfaces prepared using the Rock Abra-
sion Tool (RAT).  Comparison of microscopic images 
taken of a rock target before and after abrasion will 
allow mineralogy and potential weathering processes 
to be studied.   

The MI will also be used to image the filter and 
capture magnets mounted on the front of the rover [4].  
These permanent magnets will be imaged frequently 

by Pancam and occasionally by MI during the landed 
mission, as airborne dust slowly accumulates on them.  
In order to monitor the thickness of the dust layer over 
time, the glass-bead blasted aluminum surface of the 
magnets has been marked by three types of tiny im-
pressions (Fig. 4).  The surface markings have been 
designed for MI imaging and are not expected to be 
visible in Pancam images.  This experiment should 
provide much more precise constraints on the dust 
layer thickness than previous methods, which were 
based on the optical contrast between dust-covered and 
dust-free areas of the magnet surface [5].   

Stereoscopic MI data can be obtained by moving 
the camera laterally using the IDD, allowing the de-
tailed topography of the target to be derived.  Such 
high-resolution topography may help constrain the 
mineralogy of grains that show cleavage faces.  For 
rocks and soils that exhibit interesting spatial hetero-
geneity, the IDD can also be used to acquire MI 
mosaics.  The combination of MI and other Athena 
observations will provide strong constraints on the 
mineralogy, genesis, and modification of Martian sur-
face materials.  Finally, because imaging observations 
of Mars have not yet been made at the scale expected 
from the MI, new discoveries and insights are likely.   
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THE ATHENA MICROSCOPIC IMAGER:  K. E. Herkenhoff et al. 

 
Figure 4.  Image of rough side of rock target AREF146, taken by engineering model MI under room lighting.  Field 
of view 31 mm square, 30 microns/pixel. 
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GEOLOGY OF THE SYRTIS MAJOR/ISIDIS REGION OF MARS: NEW RESULTS FROM MOLA,
MOC, AND THEMIS

H. Hiesinger, J. W. Head III
Department of Geological Sciences, Brown University, Providence, RI 02912, Harald_Hiesinger@Brown.edu

Introduction: The motivation of our study is to character-
ize the Isidis basin in terms of topography and morphology,
to investigate the origin of its geologic units, to study the
geologic history and evolution of the basin, and to provide
additional geologic context for the Beagle lander. The Isi-
dis basin is important in that it is one of the major impact
basins on Mars. Although not part of the northern lowlands,
it contains deposits of the Vastitas Borealis Formation.
Syrtis Major is a large volcanic complex immediately west
of the Isidis basin and it has been observed that lavas from
Syrtis Major and deposits in the Isidis basin (i.e. the Vasti-
tas Borealis Formation) have complex stratigraphic rela-
tionships [Ivanov and Head, 2002, 2003]. We report on
results of our investigation of this region based on topog-
raphic and imaging data obtained by orbiting spacecraft
such as Mars Global Surveyor (MGS) and Mars Odyssey.
This study complements our recently completed analyses of
Syrtis Major [Hiesinger and Head, 2003] and the transition
between Syrtis Major and Isidis [Ivanov and Head, 2003].
The new data allow one to get a detailed view of the Isidis
basin, its structure, stratigraphy, geologic history, evolution
and its relationship to the Syrtis Major volcanic complex.
We will address a number of scientific questions, for ex-
ample, what are the characteristics of the Isidis rim and
what caused its present morphology? What role does Syrtis
Major play in the evolution of the Isidis rim? What is the
role and fate of volatiles in the Isidis basin and what are the
characteristics of the uppermost surface layer? Does the
floor of the Isidis basin primarily consist of volcanic plains
as indicated by wrinkle ridges and cone-like features, mate-
rial deposited by a catastrophic collapse of the rim as pro-
posed by Tanaka et al. [2000], or of sediments deposited in
an ocean as suggested by Parker et al. [1989, 1993]? What
is the stratigraphy of the deposits within the Isidis basin and
what processes were responsible for its present appearance?
Finally, what is the origin of the thumbprint terrain exposed
within the inner basin?

Results: For our investigation we used the latest MOLA
topography data with a spatial resolution of 128 pixel/deg,
THEMIS and MOC data, as well as Viking Orbiter images
and previously published maps [e.g., Grizzaffi and Schultz,
1989; Greeley and Guest, 1987].

Topography of the Isidis floor:  MOLA data indicate that
the basin floor is tilted towards the southwest (Figure 1).
Southwestern parts are at about -3880 m elevation; north-
eastern parts of the floor are at about -3660 m elevation.
This results in a slope of ~0.02 degree. Watters [2003] pro-
posed that the southwest tilt along the dichotomy boundary
could be the result of flexure of the southern highlands due
to vertical loading of the northern lowlands with km-thick
ridged-plains material during the Late Noachian or the
Early Hesperian. In the MOLA topography wrinkle ridges

are easily detected and work of Head et al. [2002] and
Ivanov and Head [2003] showed that Hesperian ridged
plains underlie the sediments of the Vastitas Borealis for-
mation in the northern lowlands and in the Isidis basin.
Alternatively, Tanaka et al. [2001c] proposed that the depo-
sition of up to 2-3 km thick sediments of the Vastitas Bore-
alis Formation in the northern lowlands resulted in exten-
sive deformation of the lithosphere and the tilt of the Isidis
floor. The origin of these deposits could be sedimentation
from a northpolar ocean as proposed by Parker et al. [1989,
1993] or from large-scale CO2-charged debris-flows as
proposed by Tanaka et al. [2001c].

Figure 1: Topographic map of the Isidis basin. Note that the floor
in the southwest is about 300-350 m lower than in the
northeast.

Figure 2: Geologic map of the Isidis basin [Greeley and Guest,
1987] with superposed MOLA contour lines.
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The geologic map of Greeley and Guest shows several
geologic units, ranging in age from a Hesperian/Noachian
undivided unit, to the Hesperian age Vastitas Borealis For-
mation, to Amazonian age smooth and knobby units (Fig-
ure 2). None of these units follows the current contour lines
for long distances but rather cross-cut them in numerous
locations. If true that the Vastitas Borealis Formation was
originally deposited horizontally in an ocean, then this
would imply that the tilting continued after the emplace-
ment of unit Hvr. From this we conclude that the emplace-
ment of the Vastitas Borealis Formation and its loading of
the lithosphere might have contributed significantly to the
tilting of the Isidis basin. Grizzaffi and Schultz [1989]
mapped several terrain types in the Isidis basin, such as an
annulus of ridged terrain, knobby terrain to the northeast,
and central hillocky terrain. Again, none of the mapped
units follows the current contour lines. In addition, the inte-
rior plains unit of Tanaka et al. [2001c] encloses the outline
of the ridged and hillocky unit. They found variations in
elevation along this contact of ~300-350 m.

Head et al. [1999] found that the global mean elevation
of Parker’s contact 2 is –3760 m, although variable. Con-
tact 2 in the Isidis basin does not follow the current contour
lines. Over a distance of about 600 km the contact is about
300 m higher in the northeast compared to the southwest.
However, this is expected if the Isidis floor was later tilted,
as suggested by work of Watters [2003] and Tanaka et al.
[2001c]. Tilting the basin floor backwards to a horizontal
position, makes contact 2 a more equal elevation line than
the current topography would suggest.

Isidis rim:  A prominent rim of the Isidis basin is absent
in several locations such as the passage to the northeast into
Utopia/Elysium Planitia (Figures 3 and 4). A sharp, well-
defined rim is also missing where Syrtis Major lavas
flowed into the Isidis basin. However, the rim is well ex-
posed along the southern edge of the basin as well as in the
north of Isidis and Syrtis Major. The topography along the
rim of Isidis is relatively smooth at the sampling resolution
(Figure 3) and only the Libya Montes are characterized by
a rough topography with high isolated peaks that are sepa-
rated by deep valleys (Figure 4). Figure 4 shows differ-
ences in elevation of more than 7000 m. Highest elevations
(~3400 m) are associated with isolated peaks of the Libya
Montes; lowest elevations (~-3800 m) occur in the passage
to the Utopia basin and the northern lowlands. Large parts
of the rim in the Syrtis Major area are higher than in most
other areas except the high peaks of the Libya Montes.

Based on gravity and topography data Zuber et al. [2000]
concluded that the basin is filled with sediments and/or
lavas and that the crust underneath the basin is thin. The
geologic map indicates that the southern rim consists of
rough, hilly, fractured material (unit Nplh) of moderately
high relief which has been interpreted as ancient highland
rocks and impact breccias that were formed during the pe-
riod of heavy bombardment [Greeley and Guest, 1987].
Units of the north rim (Nple, Npl2) are younger than the
units of the south rim and are characterized by eolian dis-
section, collapse of ground ice, minor fluvial activity, and

thin lava flows or sediments that partly bury underlying
rocks [Greeley and Guest, 1987].

The large variations in elevation of the Isidis rim of more
than 7000 m (Figure 4) can have several causes such as
initial heterogeneities, erosion of parts of the rim, tectonic
deformation or burial with Syrtis Major lavas [e.g., Wich-
mann and Schultz, 1988; Tanaka et al., 2002]. Despite the
wide range of possible causes, the absence of the western
Isidis rim has been used as an argument for the emplace-
ment of thick (1-2.5 km) Syrtis Major lavas that covered
the rim [e.g., Wichmann and Schultz, 1988].

Figure 3: MOLA topography of the Isidis basin with superposed
ring structures of Schultz and Frey [1990]. Red dots
mark the locations of measurements for Figure 4.

An alternative hypothesis was proposed by Tanaka et al.
[2001a, b; 2002]. They suggested that magmatic activity in
the Syrtis Major region began with the emplacement of
shallow sills that caused catastrophic erosion of friable
upper crustal Noachian rocks, that is, the Isidis rim. Ac-
cording to their model, these rocks were charged with water
ice, water, or perhaps CO2 ice or CO2 clathrate, allowing
large volumes of rock to be disrupted, eroded and trans-
ported for many hundreds of kilometers (also see Tanaka et
al. [2001c]). The eroded material would have ultimately
filled the Isidis basin with tens to a few hundreds of meters
of sediments [Tanaka et al., 2001a]. If the Isidis rim un-
derwent catastrophic erosion we would expect to see evi-
dence for large amounts of material deposited in the west-
ern parts of the Isidis floor. Instead, MOLA data show that
the basin floor is tilted to the southwest, with the lowest
elevation close to the eastern edge of Syrtis Major lavas. In
addition, Bridges et al. [2003] concluded that thermal iner-
tia data are not consistent with the majority of rocks being
brought into the Isidis basin from the Syrtis Major area as
suggested by Tanaka et al. [2000]. They found evidence for
an influx of sediments from the southern and eastern mar-
gins of the basin such as the Libya Montes region.
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Figure 4: Topographic profile along the second ring structure of Schultz and Frey [1990] of Figure 1. Starting at 90˚ (E, right side of Figure
1), the profile shows the topography clockwise, i.e., E-S-W-N along the ring

Ridges in the Isidis basin:  Based on the new 128
pixel/deg MOLA topographic data we identified two types
of ridges on the floor of Isidis; wrinkle ridges and curvilin-
ear ridges that comprise the thumbprint terrain [e.g., Griz-
zaffi and Schultz, 1989]. Our results indicate that the ridges
of the thumbprint terrain are on the order of 10-50 m high
and less than ~5 km wide. A large number of thumbprint
ridges are ≤1 km wide. The elevations of the ridge crests
vary along the studied ridges and are not uniform along the
ridges. Numerous ridges appear to consist of connected
knobs with large central depressions relative to their basal
diameter. Most of the curvilinear, subparallel-parallel
ridges occur throughout the Isidis basin and well below the
elevation at which Isidis gets connected to the northern
lowlands. Grizzaffi and Schultz [1989] mapped the ridges
in Isidis and comparing their map with the map of ring
structures of Schultz and Frey [1990] we see that these
ridges mostly occur within the innermost ring. The orienta-
tions of the studied ridges were found to be independent
from the basin structure or the current topography. If the
ridges were controlled by basin-wide tectonic patterns, we
would expect these ridges to be oriented radially or concen-
tric to the basin center. Rather, most of the ridges are ran-
domly oriented with respect to the basin center. Also there
is no prefered orientation with respect to the currently low-
est point in the basin as would be expected if these ridges
were recent products of mass movements or debris flows.

Wrinkle ridges in the interior of the Isidis basin were not
mapped in previous studies [e.g., Chicarro et al., 1985;
Watters, 1993]. Using new MOLA detrended data, Head et
al. [2002] found that the wrinkle ridges in Isidis are similar
to wrinkle ridges in the North Polar basin and concluded
that the veneer of units Hvr and Aps is sufficiently thick to
obscure the topography and

morphology of the ridges in Viking Orbiter images. They
proposed that the wrinkle ridges are part of the Hesperian-
aged ridged plains (Hr) that formed elsewhere on Mars.

Ridges of the thumbprint terrain differ significantly from
the wrinkle ridges in Isidis Planitia. Based on our study
these wrinkle ridges are much larger in height, width, and
length and do not show the typical subparallel orientation
of the thumbprint terrain. The wrinkle ridges are oriented
radially and concentric to the basin structure, form “cells”
of ~180 km diameter, and occur throughout the basin floor
over a wide range of elevations. Wrinkle ridges in Isidis are
on the order of 75-150 m high and less than ~70 km wide.
Profiles across these ridges commonly show asymmetric
cross-section, which are typical for lunar wrinkle ridges
and martian wrinkle ridges of typical volcanic plains such
as Lunae Planum [Head et al., 2002].

Figure 5: THEMIS and MOC images of thumbprint ridges in the
Isidis basin.
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The Beagle lander:  The floor of the Isidis basin has been
selected by the European Space Agency (ESA) as the land-
ing site for the first European lander on Mars. This lander,
named Beagle after Darwin’s exploration vessel, will oper-
ate on the surface for 180 sols. It will perform a whole suite
of experiments (e.g., stereo camera, microscope, spec-
trometers (X-ray, Gamma-ray, Mössbauer), gas analyzer,
environmental sensors), while the Mars Express spacecraft
will orbit the planet to acquire global high-resolution re-
mote sensing data and to ensure data downlink from the
lander to Earth. In addition, the Isidis basin is also under
consideration as a potential landing site for the NASA
MER rovers. From the Beagle lander we expect an im-
provement of our understanding of the Isidis basin in sev-
eral ways. For example, by identifying different rock types
it will tell us something about the relative importance of
sedimentary and volcanic processes for the basin fill. By
determining the amount and types of volatiles we will bet-
ter understand the nature, formation and evolution of the
basin floor and its morphologic features, such as the
thumbprint terrain.

Conclusions: From our study we conclude that (1) the
floor of the Isidis basin is tilted to the southwest with about
0.02˚ and this tilt might be the result of loading the northern
lowlands with ridged plains units and the Vastitas Borealis
Formation; (2) the outer ring of the Isidis basin shows large
variations in elevation, which are consistent with several
interpretations including initial heterogeneities, erosion of
parts of the rim, tectonic deformation or burial with Syrtis
Major lavas; (3) there is a dominance of small wavelength

roughness for the central units in Isidis; (4) the Isidis basin
is relatively shallow and currently could hold only 1.6 x 105

km3 of water, which corresponds to an average depth of
about 200 m; (5) contact 2 of Parker et al. [1989] is cur-
rently not a line of equal elevation. However, re-tilting the
floor backwards to a horizontal position improves the fit of
contact 2 to such a line; (6) there are 2 types of ridges
within the Isidis basin; (7) ridges of the thumbprint terrain
consist of curvilinear arrangements of cones with large
central depressions, are 10-50 m high, occur throughout the
basin at a large range of elevations and their orientations
appear to be dominated by local rather than regional fac-
tors; (8) wrinkle ridges are ~75-100 m high, < ~70 km
wide, hundreds of kilometers long and occur over a wide
range of elevations; (9) future work will include detailed
investigation of the stratigraphy, the tilt of the floor, the
thumbprint ridges, and the relationship of the Amenthes
trough with the Isidis basin.
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RADIO OCCULTATION MEASUREMENTS OF PRESSURE VARIATIONS ON MARS. D. P. Hinson,Department of
Electrical Engineering, Stanford University, Stanford CA94305-9515, USA, (hinson@rocc.stanford.edu).

Radio occultation sounding of the neutral atmosphere is
conducted routinely as part of the Mars Global Surveyor Radio
Science (RS) investigation [Hinson et al.,1999, 2001;Tyler
et al., 2001]. Each observation yields a profile of temper-
ature and pressure versus radius that extends from the sur-
face to∼10 Pa, an altitude interval of∼40 km. More than
7000 RS profiles have been acquired since measurements be-
gan in January 1998, and these experiments are continuing
as part of an ongoing extended mission. The RS profiles are
available from both PDS and a more versatile RS Web site
(http://nova.stanford.edu/projects/mgs/dmwr.html).

These RS experiments provide a unique record of pressure
variations within the lower atmosphere on time scales from di-
urnal to interannual. A compact summary of the RS measure-
ments can be obtained by extracting one sample of pressure at
fixed elevation from each profile. Figure 1 compares such RS
results with the classic pressure measurements by the Viking
Landers [Hess et al.,1979; Zurek et al.,1992]. Three sets
of data appear in this figure: (1) the daily average pressure
from Viking Lander 1 (VL1) at 22◦N, 312◦E, (2) analogous
results from Viking Lander 2 (VL2) at 48◦N, 134◦E, and (3)
RS pressures sampled at the same elevation as VL1. Both the
latitude and longitude of the RS measurements vary continu-
ally. These RS observations are from December 1998 through
May 2002, which corresponds to Mars year (MY) 24 and 25.
(In the convention used here MY 1 begins atLs = 0

◦ on April
11, 1955 [Clancy et al.,2000]). The VL data are from MY 12
and 13.

All three data sets in Figure 1 trace a similar cycle of sea-
sonal pressure variations, which arises primarily from polar
condensation and sublimation of carbon dioxide. Seasonal
changes in the general circulation of the atmosphere also im-
pose significant modulation on this pressure cycle [cf.Hourdin
et al.,1993]. For example, RS pressures at 60◦–70◦N in north-
ern winter (Ls = 270

◦–360◦) are 3–5% smaller on average
than the pressures recorded by VL1. This meridional pressure
gradient reflects geostrophic balance of the winter jet in the
zonal wind field.

The short-term variance of the RS measurements is real
and arises from planetary scale dynamics, with comparable
contributions from transient eddies [e.g.,Hinson and Wil-
son, 2002] and stationary planetary waves [e.g.,Hinson et
al., 2003]. Their amplitudes vary strongly with season, as
illustrated in Figure 2 where the RS data from Figure 1 have
been folded into one Martian year. The peak-to-peak spread
in the measurements ranges from>10% in late winter to<1%
near summer solstice. The signature of transient eddies (but
not stationary waves) is also apparent in the VL data in Figure
1. The eddy amplitude is largest at high latitudes (RS), mod-
erate at midlatitudes (VL2), and small in the northern tropics
(VL1).

The RS measurements span several Martian years. Both
the mean pressure and its short term variance are highly re-
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Figure 1: (top) Pressure variations at fixed elevation in the
Northern Hemisphere of Mars as measured by (black) VL1,
(blue) VL2, and (red) MGS RS. (bottom) Latitude of respec-
tive measurements.
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Figure 2: MGS RS measurements of pressure variations at
fixed elevation in the Northern Hemisphere of Mars. Colors
indicate results from (blue) MY 24, (red) MY 25, and (green)
MY 26. Experiments planned for the ongoing extended mis-
sion can fill the gap in coverage nearLs = 240

◦.
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Figure 3: Comparison of pressure measurements by (black)
VL1, (blue) VL2, and (red) MGS RS. The RS pressures were
sampled at the same elevation and essentially the same loca-
tion as each lander. The Viking data are from MY 12–13,
while the MGS data are from MY 24–25.

peatable from year to year, as shown in Figure 2. (Additional
observations during northern spring of MY 26 will be pre-
sented at the conference.)

The RS experiments in Figure 1 have sounded the at-
mosphere near both VL1 (Ls = 140

◦ of MY 24) and VL2
(Ls = 184

◦ of MY 25), which allows direct comparison of
pressure measurements by two very different techniques. Due
to the long baseline between the respective observations, this
comparison also provides a sensitive test for the presence of
secular pressure variations, such as those proposed byMalin
et al. [2001]. Figure 3 shows two years of data from both
VL1 and VL2 (MY 12 and 13) along with RS measurements
at the same elevation and essentially the same location as each
lander. The net effect of tides is small at the local time of
these RS measurements, so the daily average pressure from
the landers is used in this comparison. There is a high degree
of consistency among these data sets. The amount of carbon
dioxide that participates in the seasonal cycle appears to have
changed by<1% in 12 Martian years.

More generally, these RS experiments characterize the
geopotential and temperature fields within the lower atmo-
sphere. Sampling in longitude is relatively quick and com-
plete, allowing straightforward inference of the meridional
wind field. For example, Figure 4 shows RS measurements
of stationary waves in late summer (Ls = 162

◦ of MY 25) at
77◦N. Wave-induced variations in geopotential height range
from +240 to−180 m, corresponding to peak-to-peak pres-
sure variations of about 4% (cf. Figure 1). The meridional
winds (v′) implied by geostrophic balance range from+8 to
−10 m s−1. The temperature deviations (T

′) are surprisingly
large for this season and location, reaching extremes of+7 and
−5 K. The temperature field consists of a wave-1 disturbance
confined to the lowest scale height above the surface. Con-
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Figure 4: RS measurements of stationary waves in late sum-
mer at 77◦N. These experiments readily resolve structure
within the lowest scale height above the surface. The three
panels show (top) zonal deviations of geopotential height (m),
(middle) meridional winds (m s−1) implied by geostrophic
balance, and (bottom) zonal deviations of temperature (K).
Gray shading denotes negative values. Positive winds are
poleward.

tours ofT ′ slope distinctly westward with increasing height.
The fields ofv′ andT

′ are correlated at low altitudes, resulting
in poleward advection of warm air, equatorward advection of
cool air, and a significant poleward eddy heat flux near the
surface.
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Abstract:  Mars Express is due to arrive in orbit 

around Mars during the last days of 2003. A pri-
mary task of its mission is to map Mars in stereo 
with the High Resolution Stereo Camera (HRSC) at 
a spatial resolution of up to 12 m. The Martian at-
mosphere contains large amounts of dust and other 
aerosols that scatter light and influence the images. 
Therefore, image analysis requires careful consid-
eration of these atmospheric effects. An essential 
parameter to consider is the optical depth. It will be 
possible to map the optical depth of the Martian 
atmosphere from HRSC stereo images by analyzing 
contrast differences.  Software to this purpose has 
been developed at the Max-Planck Institute for 
Aeronomy in Lindau Germany. We present exam-
ples of optical depth-retrievals from airborne 
HRSC-A images of a region in the French Alps. 

Introduction: Stereo imaging is a valuable tool for 
e.g. deriving Digital Elevation Models (DEM), atmos-
pheric correction, and for atmospheric science. With 
the launch of Mars-Express stereo remote sensing  
leaves Earth orbit. A primary task for this orbiter is the 
mapping of almost all of Mars in stereo with the on-
board High Resolution Stereo Camera (HRSC). HRSC 
will image the surface in three or five-angle stereo and 
in five spectral bands between blue and near infra-red. 
The DEMs will have a horizontal resolution of up to 
50 m and a point accuracy of up to 25 m. By combin-
ing DEMs from the stereo images with MOLA altitude 
measurements a further improvement of the surface 
description will be possible. Furthermore, the stereo 
images offer unprecedented opportunities to study the 
Martian atmosphere and its aerosols.  

It is well known from many observations of Mars 
[1] that the remote sensing of the Martian surface is 
complicated by the strong scattering of solar radiation 
by aerosols. Thus, interpretation of images requires 
careful consideration of these effects. As in Earth re-
mote sensing, stereo information of Mars will be use-
ful for atmospheric correction. It will also offer a pow-
erful tool for studying the abundant Martian aerosols. 
An essential parameter for both atmospheric correction 
and aerosol studies is the total optical depth of the at-
mosphere.  

The Martian environment poses slightly different 
problems on optical depth retrievals than the Earth 
environment. In Earth remote sensing one often can 
look at regions that have well known surface albedos, 
such as e.g., dense dark vegetation and seas. The dif-

ference between surface albedo and the albedo ob-
served at the sensor altitude provides a means for 
measuring optical depth. Such surface regions do not 
(yet) exist on Mars and therefore one has to use alter-
native methods.  

Contrast measurements offer such an alternative. 
Usually, the surface invokes almost all of the contrast 
in a remote sensing image. The atmospheric contribu-
tion lowers it, since the aerosol layer generally shows 
very low contrast. Since an inclined view has a longer 
path-length through the atmosphere than a nadir view, 
and will thus show a larger atmospheric contribution, 
the forward and backward looking images of a stereo 
sensor will on average display smaller contrasts than 
the nadir looking images. The differences are a meas-
ure of the optical depth. We present a routine to meas-
ure optical depths from stereo images, using the above 
method of measuring how contrasts change with view-
ing angle. The routine is called MPAE_OPT_ST and 
was developed at the Max-Planck-Institute for Aeron-
omy for analyzing the coming stereo images of Mars, 
and is available in IDL as well as in C. We present 
results of demonstration runs on HRSC stereo images 
taken from an airplane of the French Alps. 

Instrument:  HRSC cameras have been developed 
by DLR in Berlin [2]. They are multiple line 
pushbroom scanning instruments. As the airplane 
moves over the surface, or as the spacecraft moves 
along its orbit, its nine CCD line detectors acquire su-
perimposed image tracks. These tracks are always ob-
served at time distances of less than a few minutes, 
thus usually only small temporal variations will exist 
between them. The line detectors, with 5184 pixels 
each, are mounted in parallel inside one optical system. 
Four of them are equipped with color filters between 
near-infra-red and blue. The other five are panchro-
matic (675 ± 90 nm) and are used for stereo imaging. 
The multiphase imagery allows for mapping of the 
surface topography. Table 1 offers more details on the 
HRSC instrument for Mars Express as well as the air-
borne HRSC-A which was used to acquire the test data 
used in this study. Details on the photogrammetric 
processing techniques applied to derive DEM and or-
thoimages are given by Wewel et al. (2000) [3], an 
overview of previous Earth-oriented campaigns is 
given in Gwinner et al. (2000) [4]. 

Theory: The stereo method formula: Let τ be the 
nadir optical depth of the atmosphere and B the image 
of the surface before extinction of the outgoing radia-
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tion by the atmosphere, and let µ be the cosine of the 
observation angle with the nadir. The observed image 
I will then be: 

I = Be-τ/µ + A 
 

where A is the contribution of the atmosphere and the 
aerosols therein. For an observation with a spatial 
resolution of kilometers or less the contrast in the ob-
served image I will usually be strongly dominated by 
the contrast on the surface (i.e., the contrast in B) since 
the aerosol layer A will rarely show large variations on 
such scales on Mars. 

There are various ways to quantify contrasts in an 
image: e.g., the difference in brightness between the 
intensity at which 10% of the pixels is brighter and the 
intensity at which 10% of the pixels is darker. Or, a 
very straightforward way: the root-mean-square varia-
tion (rms) of a region. All such methods give a similar 
formula. Using rms as an example gives:   
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HRSC will observe in three or five-fold stereo, 
each image having its own value of µ.. Ideally two 
observations suffice for retrievingτ. If B1=B2=B and if 
the two intensities I1 and I2 are well enough calibrated 
with respect to each other then:  
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By combining results for several pairs of stereo an-

gles it is possible to estimate the error in the retrievedτ. 
Since the stereo angle of the HRSC is only 18.9°, the 
difference in contrast between the stereo and nadir 
images will generally be small, i.e., the term contain-
ing µ1 and µ2 in formula (1) is as large as 17.6. There-
fore, precise measurements of τ depend strongly on 
accurate calibration of the observed intensities.  

Reducing effects from topography and perspective: 
Perspective effects pose a serious problem since gen-
erally B1 and B2 differ due to topographic effects. I.e., 
usually the scenery changes (a bit) with a change of 
perspective; the appearance of hills and depressions, 
the shape and cover-factor of shadows, they all depend 
on the viewing angle. Thus, precise measurement of τ 
is highly dependant on accurate separation of topog-

raphic from atmospheric effects. Topography related 
artifacts can be minimized by using orthoimages, i.e., 
images reprojected on a precise DEM.  

 

 
Fig. 1 HRSC is a scanning camera with 9 line CCDs in par-
allel.  Images are built line after line as the spacecraft moves 
along its orbit. By combining nadir, backward, and forward-
views the surface can be mapped in stereo. 
 
 

Focal length 175 mm  
F number 5.6 

Stereo angles in degrees -18.9, -12.6, 0, +12.6, +18.9 
Cross-track fov 11.9º 

Pixel size 7 x 7 µm 
Pixel on the surface 12 x 12 m from 300 km 

Fov per pixel 6.25 arcsec 
Swath width on the ground 62.2 km 

Radiometric resolution 8 bit 
SNR for color lines > 80, blue >40 

SNR for panchromatic lines >>100 
Active pixels per sensor 5184 

Typical operations duration 4—30 min 
Expected coverage > 50%  at 15m/pix in nadir 

Operational lifetime > 4 years 
Typical image 62 x 330 km 

Spectral filters Wavelength 
Nadir 675 ± 90 nm          

Outer stereo (2) 675 ± 90 nm         
Inner stereo (2) 675 ± 90 nm         

Blue 430 ± 45 nm         
Green 530 ± 45 nm         

Red 750 ± 20 nm         
Near Infrared 970 ± 45 nm         

Table 1 Some properties of the HRSC camera on the Mars 
Express orbiter. 

On Contrasts and on the Errors that Shadows can 
invoke: One way in which MPAE_OPT_ST quantifies 
contrasts is the RMS variation in images. However, 
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this method, as well as many alternative methods to 
quantify contrasts, is rather sensitive to non-
Lambertian properties of surfaces such as (micro) 
shadow cover. It is best to use data in which the solar 
incidence angle is larger than several tens of degrees 
and is perpendicular to the flight path of the camera so 
that the cover factors of shadows do not vary by much 
between images. Therefore, the most accurate retriev-
als of optical depths of the Martian atmosphere can be 
expected when the spacecraft circles the terminator. 

MPAE_OPT_ST also uses an alternative method to 
quantify contrasts: i.e., by looking at the difference in 
intensity between its few percent brightest and its few 
percent darkest pixels. Typically the darkest pixels 
deal with locations in deep shadow and the brightest 
pixels with locations with minimal micro-shadowing. 
As compared to for instance RMS measurements, this 
method proves to be much less sensitive, but not in-
sensitive, to differences in shadow cover between the 
stereo images.  

For each image an intensity distribution I(i) is 
given: i.e., i% of the pixels has an intensity that is lar-
ger than I. The contrast is defined as ( I(i) – I(100-i) ). 
Optical depth τ  is calculated as a function of i. Em-
pirically, the best results are obtained for 5% < i < 
10%. As a default the routine gives τ  as the average 
from the six measurements with i = 5, i = 6,…,i=10 
and uses the spread between these six retrievals as an 
estimate of the error. However, especially with unfa-
vorable geometries, it may be preferable to select other 
percentages manually; often a careful look at the inten-
sity distribution I(i) suffices to reveal problems with 
the default choice and to choose a better one. 

On absolute and other intensity calibrations: The 
stereo method will yield its most robust results when 
using images with absolutely calibrated intensities 
such as I/F values. HRSC measures intensity per pixel, 
ideally, with a precision of about 0.5% per pixel (8 
bit). If this uncertainty is systematic it results in an 
error in the derived τ of about 0.1. If it is random and 
variable the error can be reduced by averaging over 
many pixels. 

When absolute calibrations (with sufficient accu-
racy) are not available, but when intensities scale line-
arly with DN and do not contain any offset, then the 
stereo method can still be used. The routine retrieves τ  
in two ways. The first presumes absolute calibration of 
the images, the second recalibrates the images before 
retrievingτ. In the recalibration process the intensities 
in the images are rescaled so that they have the same 
average. Or, slightly more sophisticated, by rescaling 
so that the average of the i% brightest and the i% dark-
est pixels are equal for all images in a stereo set. These 

assumptions are not completely valid, but educated 
guesses on Martian aerosol properties predict that the 
resulting errors in the retrieved optical depths will usu-
ally be as small as 0.02--0.06.  Moreover, since these 
errors can to some degree be estimated, they can partly 
be corrected for. 

Data: A set of airborne triple stereo ortho-images 
of the French Alps is used for demonstrating the rou-
tine. They were taken around local noon while the 
plane was flying on an East-West trajectory. Thus, the 
Sun illuminates the scene perpendicular to the direc-
tion of flight, thus minimizing the differences in 
shadow cover between the images. The images were 
taken at almost 30 cm per pixel, 5,184 pixels wide and 
over 53,000 pixels long.  

To emulate well calibrated future HRSC images of 
Mars, the contrasts and average intensities of the im-
ages were processed in such a way that the full field 
average optical depth from rms contrasts was 0.5. 
Also, they were reduced to 300 by 3100 pixels at a 
spatial resolution of 5 m per pixel to offer a more 
Mars-like spatial resolution and to fasten computa-
tions.  

Results & Discussion: Routine MPAE_OPT_ST 
yields four estimates of the optical depth. tau and tau1 
use rms to measure contrast. tau2 and tau3 use the 
brightest and darkest pixels. The estimates tau and tau2 
presume accurate absolute calibration. tau1 and tau3 
use recalibrated intensities. Results for the full field: 

tau    0.50 ± 0.09       tau1  0.50 ± 0.04 
tau2  0.48 ± 0.17       tau3  0.53 ± 0.16 

The results for tau (and tau1) only prove that the 
images were indeed successfully processed to an rms 
optical depth of 0.5. Both tau2 and tau3 give values 
very close to 0.5. They display rather large uncertain-
ties which may mainly be induced by the altitude 
variations and corresponding variations in airmass and 
Raleigh scattering in the very mountainous region; the 
altitude differences over the imaged surface are 1500 
m or 30% of the airplane altitude above the lower 
parts.   

Next, two sub-regions of 100 by 1250 pixels were 
selected from the image. These are enclosed by the 
white lines in Fig. 2. The upper sub-region largely 
covers dark valley, the lower one mainly contains 
brighter high mountain slopes.  

upper sub region   lower sub region 
 tau   0.66 ± 0.09  tau   0.65 ± 0.09 
 tau1 0.52 ± 0.04  tau1 0.69 ± 0.04 

tau2 0.72 ± 0.10  tau2 0.53 ± 0.20 
tau3 0.51 ± 0.10  tau3 0.47 ± 0.17 

Retrievals tau, tau1, and tau2 prove unreliable. 
Both retrievals of tau3 are quite good, the difference 
between them is consistent with an average difference 
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in elevation of almost a kilometer between the two 
sub-fields.  

Finally, for each pixel location the optical depth 
was retrieved from a field of 40 by 40 pixels around it. 
Although ortho projection minimizes differences from 
topographic effects between stereo images, some dif-
ferences remain and become important for such small 
sub-fields. Therefore, we checked for such differences 
by calculating correlations. Only when all correlations 
between corresponding forward, backward, and nadir 
sub-images were larger than 0.9, tau3 was calculated. 
The results are given by the middle strip in Fig. 2; the 
darkest grey regions have tau3 < 0.2, white regions 
have tau3 > 1.0. For black regions tau3 was not calcu-
lated because of low correlation. It is obvious from the 
image that the results show an unrealistically large 
spread.  The average tau3 of all sub-fields is 0.7 ± 0.3.  

The spread can be decreased by concentrating on 
those sub-fields with the highest contrasts and highest 
correlations. Selecting the 30% of the sub-fields with 
the highest contrast, and selecting from these only 
those subfields with correlations larger than 0.98 
yields the grey pixels in the third strip of Fig. 1. They 
have average tau3 of 0.61 ± 0.14. Although correct 
within the error range, this result is less then optimal. 
We suspect that the use of small sub-fields generally 
yields too high values for the optical depth.  

To demonstrate the importance of using images of 
high correlation we present tau3 as a function of corre-
lation factors between the sub-images.  

correlation       > 0.98 tau3  0.61 ± 0.14 
correlation 0.96--0.98 tau3  0.64 ± 0.17 
correlation 0.94--0.96 tau3  0.9   ± 0.2 
correlation 0.92--0.94 tau3  1.0   ± 0.2 

As with the use of (too) small sub-fields, the use of 
sub-fields that do not perfectly match seems to overes-
timate the optical depths. 

Conclusions:  
• Favorable observing geometries, i.e., incidence 

angle more than a few tens of degrees from the 
zenith and close to perpendicular to the flight 
path, will usually allow optical depth retrievals 
with an accuracy of better than 0.1.  

• Using the brightest and darkest pixels and recali-
brated intensities will probably usually yield the 
most reliable results. 
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Fig. 2 Left: Part of the Nadir image, with white lines 
enclosing the two sub-regions that were analyzed sepa-
rately. Middle: corresponding map of tau3, calculated 
per pixel location over a sub-region of 40 by 40 pixels 
around each location. Darkest grey: tau3 < 0.2. White: 
tau3 > 1.0 Black: no tau3 calculated because of too 
low correlation between fw, nd, and bw sub-images. 
Right: tau3 for sub-images belonging to the 30% with 
the highest contrast and with correlations > 0.98. 
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Introduction: The past three years have seen an 

explosion of speculation about flow features on mod-
ern Mars, based on physical evidence including the 
Malin and Edgett gullies [1] and dark dust streaks [2]. 
In parallel, supporting work has shown that liquid wa-
ter is temporarily stable on the surface of Mars for the 
necessary period of minutes to hours to form these 
features [3]. Although alternative non-aqueous models 
have been proposed [4, 5], a majority of authors prefer 
a model of ephemeral liquid water to explain the fea-
tures - especially the gullies, for which Arctic ana-
logues exist [6, 7, 8] 

Nonetheless, what is lacking in the studies to date 
is an appreciation of how water will behave under arid 
and cryogenic conditions, when it is close to the triple 
point. Under these circumstances, water will vaporize 
easily and large amounts of transport can take place in 
the vapor phase.  

In this contribution we draw attention to Mount 
Erebus, on Ross Island, Antarctica, where unusual 
volcanic fumaroles form hollow icy towers, under 
conditions that are almost as cold and dry as Mars. We 
suggest that the search for active liquid water on pre-
sent-day Mars can be targeted at these towers which 
have obvious thermal and albedo anomalies, and a 
characteristic surface expression and pattern of occur-
rence.  

Under the harsh surface conditions of Mars, these 
icy fumarole towers represent a warm environment 
with high water vapor saturation and partial UV 
shielding – perhaps the most benign surface environ-
ment imaginable on modern-day Mars. Unfortunately, 
the analogue environment on Earth does not contain 
significant occurrences of liquid water, but the concept 
is nonetheless significantly attractive in the search for 
bioactivity on Mars. 

We illustrate this search by an example from Hellas 
Basin that appears to represent a chain of geothermal 
anomalies or “hot spots”. These are elevated by some 
20-40K above the ambient temperature, based on 
Themis IR data, and should be checked with high-
resolution visible imagery to look for the characteristic 
albedo signature of ice towers. 

Nearby, two extended patches of thermal anomaly 
are also of interest and could represent surface escape 
of fluids and vapor. The search for additional sites is 
continuing. 

“Water” on Mars: Odyssey Neutron data shows 
that much of Mars’ surface is underlain by permafrost, 
so there is no lack of available H2O. The physical form 
of this H2O is ice, not water, and the average surface 
temperature of ~216 K is far below the melting point 
of even the most caustic eutectic mixture. However, 
the evidence of gullies [1] has led many authors to 
speculate that near-surface water may be reasonably 
common on Mars, at some orbital inclinations, espe-
cially if geothermal heating raises the local ground 
temperature. 

Under these conditions, we note that any solid or 
liquid H2O in the shallow regolith will be very close to 
the triple point, and hence to the vapor phase. We will 
explore here the consequences of this for the transport 
and deposition of H2O, near to a geothermal hot spot. 

Clifford [9] introduced the concept of vapor phase 
transport of H2O within a cryoregolith on Mars. He 
envisaged a deep liquid reservoir gently adding vapor 
to the regolith pore space, which percolated upwards 
until it cooled and froze within the regolith, forming a 
thick permafrost layer without the need for atmos-
pheric cycling of H2O. We draw on that concept, and 
on a fascinating terrestrial example of low-temperature 
vapor-phase transport to suggest the likely form of 
active H2O sites on Mars. 

Mount Erebus and its Ice Towers: Situated on 
Ross Island, Antarctica, this ~3800m active volcano is 
unusual both in terms of its chemistry, and its fumar-
oles [10]. The summit region is composed of porphy-
ritic anorthoclase phonolite, with crystals commonly 7-
8cm in length. A lava lake occupies the summit crater, 
which has been continuously active since 1972. Small 
Strombolian outbursts are common and the crater is 
somewhat hazardous. In 1992, the Dante robot ex-
plorer entered the crater, with the goal of sampling 
volcanic gases, but a failure of the winch system 
aborted the mission. 

The fumaroles of Mount Erebus are quite unique 
on Earth. Normally, volcanic fumaroles are marked by 
small accumulations of spattered lava, and mineral 
species precipitated out of the volcanic gas stream, 
such as sulfur and sulfates, zeolites, and other exotic 
crystals. Note that these are the components of the 
volcanic gas that solidify at surface temperatures (or 
retrograde reaction products as the gases cool and mix 
with ambient air and rock). Other gaseous emissions 
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such as CO2, SO2, H2S, and H2O are dispersed into the 
atmosphere. 

On Mount Erebus, notably, at the prevailing tem-
perature of the summit (~235 K), H2O forms a solid 
phase – ice. Since H2O is one of the most common 
constituents of volcanic gas, the potential exists to 
form large fumarolic constructs of almost pure ice 
(Figure 1). 

In some regards, the morphology of these chim-
neys is similar to that seen at the “black smokers” of 
mid-ocean ridges where submarine vents release 
highly mineralized water. Here, the volumetrically 
important species that can form framework solids are 
metal sulfides and other ore minerals and these create 
spires and chimneys up to 30m in height, centered on 
and focusing the hot fluid vent. 

On Mount Erebus, a similar hollow ice chimney 
forms, up to 10m high, atop a broader mound of ice 
formed by debris collapsing off the spire. In local fu-
marole fields, chains of ice towers are aligned along 
subsurface fissures. The mounds may be 10-30m 
across and the chimneys have a diameter of a few me-
tres. It is possible to ascend the chimneys by ice climb-
ing and descend into the interior (Figure 2). 

Under some towers is a grotto – a cave like hollow 
under the perpetual ice of Antarctica. This grotto 
arches over the actual surface vent of the fumarole – 
typically a fissure in the lava. Daylight is attenuated 
and colored by its passage through the ice to produce 
an eerie blue dimness, sheltered from the howling 
winds outside (Figure 3). A local microclimate pre-
vails inside the grotto which is tens of degrees warmer 
than the outside air, and sheltered and “moist”. (The 
term “moist” should be used with caution, since tem-
peratures are still substantially subzero, and ice plates 
onto the roof of the grotto, but relative humidity ranges 
to 96%). 

The ground surface under the grotto is remarkably 
dry and ice-free, and still generally at sub-zero tem-
perature unless a strong local outgassing vent warms 
the ground. Even here it remains dry because if any 
liquid water was present in the regolith, it would rap-
idly evaporate, as would ice sublime. Thus, the heat of 
the fumarole acts to drive H2O out of the regolith, and 
into the arch of the grotto, and up the chimney to form 
the tower. However, as temperature within the grotto 
fluctuates, the cave roof may undergo thawing or 
freezing, generating local liquid water. 

Ice Towers on Mars?: By analogy with Mount 
Erebus, we argue that geothermal hot spots on Mars 
are unlikely to emit liquid water, unless they are ex-
ceptionally active, or newly formed - when the exten-
sive permafrost might melt for the first and only time. 
Instead, under equilibrium conditions the effect of a 

hot spot will be to drive vapor-phase transport of H2O. 
The regolith will become desiccated, and H2O-rich 
vapor will be expelled upwards. At the surface, a simi-
lar grotto-and-chimney style of ice tower is antici-
pated. 

Unlike Antarctica, most of Mars is not covered by 
permanent surface ice. Therefore a tower and mound 
of clean, bright, water ice will be superposed on the 
dull ochre dust of Mars. A broadly circular or elongate 
white spot 10-30m across is anticipated. Although this 
feature will be close to the limit of resolution for most 
satellite imaging systems, its high albedo contrast 
represents a significant imaging target. We anticipate 
towers to grow taller under the lower gravity of Mars, 
for the same base diameter. Towers 30m or more in 
height appear possible, and under appropriate low-sun 
lighting conditions, a visible shadow may also be de-
tectable if metre-scale resolution imaging is employed.  

As a further characteristic, we anticipate that mul-
tiple hotspots and associated towers will occur along 
the line of a single fissure and be elongated in a pre-
ferred direction, as is the case on Erebus. Therefore we 
can search for not just a single white dot, which could 
be an artifact, but a chain or cluster of dots, which is 
unambiguous. 

To date, we have not identified any such features in 
high-resolution Viking or MOC visible images which 
have the required resolution to identify these anoma-
lies. However, a very interesting pair of Odyssey Infra-
Red images from Hellas Basin is worth attention. 

The daytime IR image I01047002 identifies two 
areas of thermal anomalies (Figure 4). Only one IR 
band is shown here, but the features are emissivity 
anomalies on all 9 IR bands, suggesting that they are 
not patches of unusual mineral composition with re-
flectivity in one or more bands. Furthermore, the loca-
tion of the bright patches in shadowed hollows and 
backslopes suggests that the daytime emissivity is not 
simple reflection of solar radiation, or local ground 
warming of sun-facing slopes.  

The two areas are rather different – one has a cou-
ple of extended patches some 2 km across, while the 
other shows an elongate cluster of pixel-scale (i.e. 
100m or less) dots and blobs. The latter exactly fits the 
expected distribution of a cluster of hotspots along a 
fracture set. 

The thermal anomalies are confirmed by night-time 
image I01228002 which still shows a 20-40K thermal 
contrast, although nighttime temperatures are substan-
tially colder across the scene, and terrain-related 
anomalies have all but dissipated. The two images are 
overlain in Figure 5, which uses “hot” colors for the 
nighttime IR, and “white” intensity for the daytime IR 
to show terrain shape from shading. The coregistered 
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images show that daytime and nighttime anomalies 
exactly coincide. 

Despite a search of the MOC image archive, high-
resolution visible images have not been found to con-
firm the visible albedo of these features. We cannot 
therefore be sure that we have found actual ice towers 
on Mars, but we do appear to have located geothermal 
anomalies – a major search target for multiple investi-
gations. Clearly, this area deserves further study and 
additional imaging. 

Biological Implications: Although it is unlikely 
that any extant biota survive on the Martian surface, 
ice towers represent a significant protective environ-
ment that could act as a refuge for microorganisms. 
The grotto and the inside of the chimney are substan-
tially shielded from UV radiation by the icy structure 
of the chimney and mound. Temperatures inside the 
grotto will be stable, and warmer than ambient. 

At some locations inside the grotto, transient films 
of liquid water are possible. Therefore, microorgan-
isms might have some chance of survival in such a 
location. 

Since ice towers present such a striking and obvi-
ous visual target, and since the pattern of IR anomalies 
expected from a cluster of thermal vents is also distinc-
tive, we recommend additional searches of existing 
imagery for the characteristic signatures described 
here. 

Once a reasonably extensive search has been con-
ducted for these new classes of target, we can begin to 
understand their surface distribution in terms of the 
tectonics and geologic history of Mars, and prioritize 
areas for future orbital imaging and possible precision 
landers. 
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Figure 1: A steaming fumarole on Mount Erebus with 
a 10m ice-tower precipitated from H2O-rich volcanic 
gas 
 

 
Figure 2: Climbing to the chimney entrance of an ice-
tower. 

 
Figure 3: Inside the grotto below an ice-tower. Note 
the bare, dry rock underfoot and the filtered light. 
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Figure 4: Daytime Odyssey IR image I01047002  in 
Hellas Basin, showing two areas of anomalous emis-
sivity not associated with sun-facing topography. Both 
areas are in full or partial shade, in shallow depres-
sions or on the back-slope of a ridge. 

 
Figure 5: Overlay of nighttime IR image I01228002 
showing “hot” colors associated with 20-40K thermal 
anomalies during day and night over these anomalous 
areas. Elongate anomaly at centre-right is a rock-rich 
crater rim that received a large sunlight budget. In con-
trast, the anomalous areas were in shade during day-
time. 
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TOWARDS A MARTIAN WEATHER SERVICE. H. Houben, Bay Area Environmental Research Institute, Sonoma, CA, USA
(houben@humbabe.arc.nasa.gov).

Motivation

Experience from MGS shows that an orbital sounder tak-
ing nadir and limb measurements can constrain the global
Martian meteorology on a daily basis. Mutually consistent re-
trievals of all significant atmospheric variables can be obtained
— and can be calibrated or validated against independent mea-
surements — using data assimilation techniques. But this can
be an arduous process. The low level data products (e.g., cali-
brated infrared radiances) required as input to the assimilation
process are not immediately available and, as a result, it is
not yet possible to produce timely analyses and forecasts of
Martian weather by these techniques. The growing number
of current and future instruments that will contribute to our
knowledge of the Mars atmospheric system — in addition to
the Thermal Emission Spectrometer which is the major at-
mospheric instrument in orbit around Mars at this time, there
are radio occultations and Horizon Sensor infrared measure-
ments from MGS, broadband (but high spatial resolution) ob-
servations from MO THEMIS, and Mars Express will provide
infrared and UV data from PFS and SPICAM — makes the
problem of collecting all the relevant data even more difficult.
Nevertheless, there are many scientific and operational reasons
why a new approach targeted at producing real-time weather
products is desirable for Mars: to guide scientific observa-
tions of rapidly-varying phenomena (like dust storms on many
scales); to implement adaptive observations that will improve
the scientific return from spacecraft missions; to assist in aer-
obraking or aerocapture operations; to facilitate exploration
by gliders, balloons, and aircraft; to warn surface explorers
of dust storms; to assure the intercomparability of different
instrument datasets; etc. In addition, the ready availability of
such products is bound to inspire a host of new investigations
by scientists and laymen. This paper describes the current
state of the art in Martian weather analysis and forecasting and
steps that will make it possible to produce real-time high-level
meteorological data products (i.e., four dimensional wind, tem-
perature, geopotential, and tracer fields) in the near future.

Requirements

Real-time weather analyses can only be produced by au-
tomatic data processing of raw observational (and calibration)
data. But the automatic processing (results presented here are
based on TES 15 micrometer nadir and limb infrared radiance
observations and were obtained using 4-D variational data as-
similation into a specially designed baroclinic spectral general
circulation model) is very rapid ( � 10 minutes workstation cpu
time per sol) and leads to excellent results: retrievals within
the instrument noise except for pathological cases (see Figure
1), all physically consistent with each other and with the con-

Figure 1: (a) RMS residuals as a function of TES channel
for the direct assimilation of some 200,000 averaged spectra,
in units of erg/cm

�
/s/sr/wavenumber. Results are improved

somewhat (blue curve) when the global average surface pres-
sure of the assimilated fields is increased by 16% over the pre-
calculated model value of 5.6 mbar at

���
= 141 (red curve).

(b) Biases (in the same units) are small (red curve) and can be
further diminished by rescaling the correlated � coefficients
used in the radiative forward model with adjustments on the
order of 1% (blue curve). This is equivalent to making a small
adjustment in the channel center wavenumber. The standard
values for those wavenumbers are 624.27, 634.85, 645.43,
656.01, 666.60, 677.18, 687.76, 698.34, and 708.92, respec-
tively.

straints of the GCM. In addition, the retrievals provide infor-
mation about atmospheric parameters that are only indirectly
observed and (by self-consistency arguments) calibration of
the retrieval process.

The results (which are after all 4-dimensional, global
fields) can be profitably compared with other observations at
any time and place (see Figures 2 and 3). Ideally, all avail-
able data should be included in the assimilation and individual
datasets compared with the full output (which gives a clue to
instrument or retrieval biases). In the Martian case, TES data
so overwhelms other observations as to make this impractical,
but it will be an important and exciting exercise to try to com-
bine TES and MCS observations in this way. Results can also
be used to recreate the original data (generally to within the
instrument noise level). So except for specialized purposes all
that needs to be stored (or distributed to interested scientists) is
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Figure 2: Comparisons of some low latitude radio occultation
profiles (blue with cyan error bars) and assimilated tempera-
ture profiles (red with orange error bars) for the same times
and places.

the model state ( � 47 kBytes per sol in our case) instead of the
spectral data ( � 2 MBytes just for the 15 micrometer band).
The compression of several orders of magnitude is significant;
the observed weather for a whole mission can fit on a CD and
it’s in a form that can readily be compared with scientific mod-
els. In addition, the data can be readily reprocessed by other
techniques. For this purpose, it is desirable that instrument
teams publish their forward models for the benefit of the com-
munity who can use the information to retrieve the original
data from the higher level products and to conduct their own
assimilations, again resulting in a major compression of the
data that must be handled.

With the processing fast and automatic and the compres-
sion significant, why not do the assimilation onboard and only
communicate the high-level results back to Earth? This elim-
inates bottlenecks caused by low bandwidth or reveiver avail-
ability problems. It also makes the data readily available
at Mars where it is most useful. An aerobraking spacecraft
can predict atmospheric densities and decide its own trajec-
tories; a Mars airplane or balloon can choose an altitude for
favorable winds. (It would probably need an orbiter to do
the observations.) Cameras hoping to study dust devils or
clouds (of various types: dust, ice, CO � ) would know where to
point. Astronauts can schedule long EVA’s based on expected
wind conditions. In all of these cases, the decision-making is
straightforward if the data (i.e., the meteorology) are available.

Figure 3: RMS temperature residuals for the comparison of
low latitude radio occultation profiles and assimilated temper-
ature profiles for the same times and places. The comparison
spans 2 occultation seasons, nearly 1000 orbits. This indicates
the expected accuracy of forecasts at arbitrary times of day
based only on TES observations. TES forecasts at the subor-
bital times of 2 AM and 2PM have rms residuals of less than 4
K (based on the assimilation of temperature profiles retrieved
by the TES team).

What developments will enhance this program? To en-
able onboard processing in the face of limited resources, a
fast, sequential algorithm is desirable. With this technique ob-
servations can be thrown away as soon as they are assimilated
and the spacecraft always maintains a current best atmospheric
state. The observational sequence is timed to allow the com-
putations to keep up with the input stream (perhaps taking
advantage of slewing time between nadir and limb, for exam-
ple). Traditional sequential assimilation, which is ultimately
based on the Kalman filter or its extensions, would be quite
compute intensive. However, a new approach promises to
make the technique very fast — and can be readily restarted
whenever this is desirable. It also offers room to account for
model imperfections in the assimilation algorithm. (Details
are given in the appendix.)

The Future

MGS and MOO have provided an excellent testbed for the
methodologies of data assimilation as applied to the Martian
atmosphere. MCS will be in the right time and place to per-
form the rapid turnaround of high-level products. This would
be greatly facilitated if the prospect of data assimilation were
fully integrated into the preparations for this mission, includ-
ing the programming of a forward radiative transfer model, its
linearization, and its adjoint. As stated above, MCS can also
participate in the very exciting mutual assimilation with MGS
which will allow the scientific extension of observations across
both missions. The observations at different times of day will
greatly enhance our understanding of the diurnal variabilities
in the Martian atmosphere. There is no follow on to these mis-
sions now planned. But any future instrument should consider
the value of onboard high-level processing, perhaps optimized
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by hardware transforms of the data. The applicability to the
exploration of other celestial bodies and other extensive NASA
datasets should be obvious.

Appendix: A Fast Sequential Assimilation Algorithm

Data assimilation, like any retrieval procedure, seeks to
minimize the residuals between model and observations given
a set of physical constraints. In terms of operator notation,
we represent the predictive dynamical model by � and the
observation operator (a forward model that projects from a
model’s state into the space of observable variables) by � . A
vector of observations is given as � and the model state control
vector by � . We seek to minimize the cost function

�����	�
 ������������� 
 ������

� �	 
 ������������� �!��� 
 ���"����#�%$ 
 � �
where � is a previously computed model background state, �
is the model forecast error covariance matrix, and � is the
observational error covariance matrix.

To facilitate onboard decision making, it is highly desirable
to have the model state updated for each new datum. This is
also the case when the model is considered imperfect (as they
all are) and correction terms are added to the equations. Since
these corrections are generally (highly variable) functions of
time, it is desirable that they be updated frequently, rather than
computed once per day, for example. The usual solution to this
sequential assimilation problem is the Kalman filter wherein
the model state is continually updated by

�'&(� �*) � � � �*+ 
 �,�-�.�/� 
 	 �
and + � �0�!� � � �21 ���"�3� � � � � �54 ����6 
87 �

The challenge in dealing with the Kalman filter is the need
to propagate the forecast error covariance matrix which for a
model of 9 variables requires 9 model steps per time step.
This is an intriguing problem for a massively parallel computer,
but it is out of the question for an onboard real-time system.

The key to our new methodology is to note that the dif-
ficulty with

+
arises from the fact that that it maps into the

space of model variables (for which we have no direct obser-
vations and so no easy knowledge of error covariances). If, on
the other hand, we consider the operator � + which maps into
the space of observables, there is no computational difficulty
since the new error covariance matrix ���"�!� � � � can be
estimated from the observed residuals (i.e., directly from the
observations). We therefore desire to find

) � from the relation

� ) � � � + 
 �,�:�.�/� 6 
<; �
Of course, � is generally not invertible, so we follow the
least-squares practice of instead inverting

��� � ) � � ����� + 
 �=�-�.�/� 
?> �
or writing @� for �"�!� �
����� ) � � ��� 
 � @�=���A� 1 � @�,��� � �548� � 
 �B���.�/� 6 
8C �

Use of this update procedure reduces the remaining model
residual from �B���.� to � 1 �D@�=� � � �54 ��� 
 �E���.�/� , which
will be quite an improvement if the original residual (as indi-
cated by � @�=� � ) is large. The use of dynamically balanced
variables in the model state control vector would help to limit
the amplitudes of undesired gravity waves.

This mathematics of the new technique strongly resembles
the variational procedure that has been successfully used with
MGS data. It is therefore expected to be fast (<10 seconds
per update on a low-end off-the-shelf processor) and easily
implemented. In fact, the procedure can be extended over
more than one timestep to

� � � � ��� ) � �

�"����� 
 �F@�,����� 1 �G@�,��� � �548��� 
 �=�-���"�/�%$ 
?H �
which allows the assimilation to start up from a sufficiently
large quantity of accumulated data. No a priori knowledge of
the atmospheric state or of the forecast error covariance is ever
required.

It would be further desirable to allow an onboard processor
using this technique to adjust the assimilation timestep and the
observation sequencing for best results. All this can be tuned
depending on the observed residuals.
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Introduction:  Level, bench-like platforms in the 

interior of the Gorgonum Chaos basin appear to be 
shorelines associated with an ancient lake.  These 
shorelines, however, seem to lack the typical features 
of shorelines associated with wave and current trans-
port and erosion, such as crescentic embayments, spits, 
barrier islands, and wave-cut cliffs.  Rather, the lake-
facing platform edges are commonly rounded and cu-
mulate in planform, often evenly encircling presumed 
islands.  We interpret these shorelines to have been 
formed by outward growth in a quiescent environment, 
possibly in ice-covered bodies of water and possibly, in 
part, as chemical precipitates. 

Gorgonum Chaos:  The Gorgonum Chaos basin is 
an ancient, highly degraded 220-km diameter basin 
centered at about 37ºS and 173ºW.  The basin itself 
lacks a well-defined rim, and probably was created 
through erosional integration of at least three impact 
basins that were subsequently mantled by thick airfall 
deposits during or prior to the earliest Noachian [1,2].  
This basin, together with the nearby Atlantis, Newton, 
and Ariadnes basins have been suggested to have 
hosted deep lakes during part or most of the Noahian 
[3], and it has been suggested that at least once the 
lakes were deep enough to have formed an integrated 
basin overflowing to form Ma’adim Valles [4]. The 
edges of these basins exhibit linear features that have 
been interpreted as possible shorelines [3].  The pre-
sent abstract focuses, however, on bench-like features 
at the bottom of the Gorgonum Chaos basin that appear 
to have been formed in association with a post-
Noachian lake.  The Gorgonum Basin is shown in Fig-
ure 1, with the general location of the post-Noachian 
lake outlined in cyan. 

 
Fig. 1.  Perspective view of the Gorgonum basin, 

looking north. 

The center of the concave basin is partially occu-
pied by the knobby “chaos”.  These are generally flat-
topped mesas that appear at one time to have been a 
continuous deposit that has been dissected into isolated 
mesas along linear trends.  We have interpreted such 
deposits in this and other basins in the region to be 
lake-related deposits, possibly evaporates that have 
been partially dissolved [5].  These deposits were em-
placed and eroded prior to the features discussed here. 

Shoreline Features:  The center of Gorgonum ba-
sin is relatively free of chaos knobs (Fig. 1) and is a 
relatively level plain at an elevation of about -350 to -
400 m.  This central depression is ringed by benches 
that rise abruptly to an elevation of about -300 to -310 
m (Fig. 2). 

 
Fig. 2.  Part of the Gorgonum basin floor showing 

flat-topped mesas (see arrows).  The image is ap-
proximately 18 km from edge to edge.  A portion of 
Themis VIS image V01904003. 

These the tops of these benches are very flat and 
accordant across more than 90 km of basin floor (ar-
rows in Fig. 3).  This flatness and accordance is the 
primary evidence for the deposit being associated with 
a paleo lake. 
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Fig. 3.  Profile through the center of Gorgonum 

Basin, showing accordant, flat-topped benches (ar-
rows).  The higher projections are remnant mesas of 
the “chaos” deposit. The elevation range is -50 to -
450 m, and the distance from -60 to 60 km. 

The planform shape of the benches is unusual in 
several respects.  The first is that the scarp edge is very 
irregular, with numerous islands, broad holes, and long 
reentrants and projections (Fig. 4).  The second charac-
teristic is the detailed shape of the scarp edge, which 
generally displays rounded edges, and where sharp 
beds occur, they generally are on inside rather than 
exterior bends. Planforms associated with erosional 
retreat of scarp edges generally have sharp projections 
and broad, shallow reentrants, whereas surfaces and 
scarps characterized by outward growth show rounded 
projections and sharp bends in the interior of  reen-
trants [6], although some erosional scarps associated 
with landslides also exhibit this pattern. 

 
Fig. 4.  A detail from Figure 2.  The image is ap-

proximately 7 km from edge to edge. 
 Origin of the benches and scarps.  The extreme 

degree of flatness and levelness of the benches suggests 
very strong gravitational control across as much as 100 
km.  An association with a ponded body of water is the 

most likely explanation.  Depositon or erosion in asso-
ciation with eolian, volcanic, or groundwater processes 
are unlikely to exhibit so strong a gravitational control.  
A number of lacustrine scenarios have been investi-
gated to explain the features of these benches. 

1.  The benches are constructional features associ-
ated with open water and shoreline processes assocated 
with waves and currents.  The bench planform shows 
little similarity to typical open-water lake deposits.  
Waves tend to preferentially erode headlands and cre-
ate a relatively smooth shoreline that often features 
barrier islands, spits, and offshore bars. Shorelines are 
generally concave between headlands due to wave re-
fraction.  These patterns are inconsistent with the ob-
served scarp planform, and no evidence was found for 
the morphological and depositional features associated 
with open-water shorelines.  Another difficulty with the 
open-water, wave-dominated scenario is a suitable 
source of sediment for constructing the benches.  The 
extreme levelness of the benches and the lack of fluvial 
imprint makes it difficult to imagine a mechanism for 
transport of sediment across several kilometers of level 
bench top. 

2.  The benches are erosional features associated 
with retreat  of formerly more extensive deposits.  If 
the erosion was by waves and currents, then the same 
objections occur as for the previous scenario.  No flu-
vial overprinting is seen.  If erosion was by mass wast-
ing, extensive deposits should be found on the basin 
floor immediately adjacent to the scarps, and for the 
extensive retreat necessary for forming the observed 
scarp planform, some mechanism for removal of the 
eroded sediment would have to be identified. 

3.  The benches are constructional features associ-
ated with sediment deposition in  still water.  The 
rounded scarp planform suggests a depositional origin 
of the benches. Still water might occur, for example, 
beneath a frozen ice cover.  The greatest difficulty for 
this scenario is accounting for the supply of sediment 
from the outer edge of the platform to the growing 
edge of the scarp.  This would presumably have to oc-
cur at the base of the ice cover by unknown mecha-
nisms.  Finding a source of sediment for lake in a fro-
zen landscape is not obvious.  Possibly eolian deposi-
tion on the lake surface and its transferal through the 
ice could account for the sediment. 

4.    The benches are constructional features associ-
ated with chemical deposition.  Deposition of salts 
from solution might be an alternative mechanism for 
outward growth of the benches, either in open water or 
beneath an ice cover (presumably very slowly due to 
slow sublimation rates of ice).  Because the deposits 
occur at the bottom of a deep basin, supply of salts by 
groundwater is a possiblility. 
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5.  The benches are subsidence features due to re-
moval of underlying deposits by solution or melting.  
Presumably the original surface would have been 
formed by lacustrine processes due to its levelness.  
Although this remains a possibility, few features char-
acteristic of collapse have been noted.  Scarp edges are 
smooth and abrupt, with no tensional cracks or arcuate 
scars. 
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Motivation: Long standing theoretical predictions 

[1-3], as well as recent spacecraft observations [4] 
indicate that large quantities of ice is present in the 
high latitudes upper decimeters to meters of the Mar-
tian regolith.  At shallower depths and warmer loca-
tions small amounts of H2O, either adsorbed or free, 
may be present transiently.  An understanding of the 
evolution of water based on theoretical and experimen-
tal considerations of the processes operating at the 
Martian environment is required. 

In particular, the porosity, diffusivity, and perme-
ability of soils and their effect on water vapor transport 
under Mars-like conditions have been estimated, but 
experimental validation of such models is lacking.   

Goal: Three related mechanisms may affect water 
transport in the upper Martian regolith.  1) diffusion 
along a concentration gradient under isobaric condi-
tions, 2) diffusion along a thermal gradient, which may 
give rise to a concentration gradient as ice sublimes or 
molecules desorb from the regolith, and 3) hydraulic 
flow, or mass motion in response to a pressure gradi-
ent.  Our combined theoretical and experimental inves-
tigation seeks to disentangle these mechanisms and 
determine which process(es) are dominant in the upper 
regolith over various timescales.  

A detailed one-dimensional model of the upper re-
golith is being created which incorporates water ad-
sorption/desorption, condensation, porosity, diffusiv-
ity, and permeability effects.  Certain factors such as 
diffusivity are difficult to determine theoretically due 
to the wide range of intrinsic grain properties such as 
particle sizes, shapes, packing densities, and emergent 
properties such as tortuosity.  An experiment is being 
designed which will allow us to more accurately de-
termine diffusivity, permeability, and water desorption 
isotherms for regolith simulants. 

Background:  Ball et al [5] highlight the important 
distinction between gas diffusion and hydraulic flow.  
Gas diffuses along a concentration gradient but flows 
along a pressure gradient.   

Diffusion is governed by Fick’s Law: 

A
x
cDJD ∂
∂

−=  (1) 

where JD is the flux in moles/sec, D is the diffusion 
coefficient m2/sec, c is the concentration in moles/m3, 
and A is area.  Hence the concentration obeys the dif-
fusion equation: 
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Laminar flow in response to a pressure gradient is 
given by Darcy’s Law: 

   A
x
hkq hh ∂
∂

−=  (3) 

where qh is the flux in m3/sec, kh is the hydraulic con-
ductivity (m/s), h is the hydraulic head (m).  This can 
be rewritten as 

         
dx
dpKQ

η
−=   (4) 

where Q is in m/s, K is the permeability (cm2), η is the 
dynamic viscosity (g/cm•s), and dp/dx is the pressure 
gradient.   

These processes may be difficult to distinguish, 
even in a controlled laboratory setting.  An evolution 
of water vapor from ice (free or adsorbed) within a soil 
will produce a local elevation in PH2O.  This will drive 
both diffusion to the dry atmosphere and flow to an 
area of lower pressure.  

Clifford and Hillel  [6] considered Knudsen diffu-
sion as an important mechanism for flow through po-
rous media on Mars, where the mean free path (~ 
10µm) falls in the middle of the estimated pore-size 
distribution for fine-grained soils.  (1 to 100µm).   
Their models, based on a subliming layer of ice buried 
beneath 1 m of soil and a dry atmosphere, found that 
gaseous transport in the Knudsen regime occurred 
preferentially within the larger pores of a given pore 
size distribution.   

In addition to the above, general studies of flow 
through porous media have shown that flow velocity is 
proportional to the porosity and the square of the parti-
cle size, thereby making the flow rate proportional to 
the fourth power of particle size [7-8]. 

Thus, if there is a desiccated layer of fine-grained 
soil above the ice-bearing layer, its low permeability 
may permit the development of local pressure gradi-
ents that overwhelm diffusion processes, particularly if 
the evolution of water vapor is rapid. One goal of this 
investigation is to determine if internal pore-space 
pressures built up under a permeability barrier may 
develop quickly enough to overcome soil cohesion 
forces and disturb the surface of the soil in some form 
of geyser.  If it proves to be the case that these phe-
nomena can occur for reasonable Martian soils and T,P 
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conditions, they may provide a trigger for the forma-
tion of surficial geomorphic features known as slope-
streak as suggested by Schorghofer et al [9].  

The role of thermal vapor diffusion has been con-
sidered by Clifford [10], though his work was con-
cerned more with geothermal-scale gradients, rather 
than near surface temperature profiles which vary on 
seasonal or diurnal timescales. 

Materials: To model the upper Martian regolith, 
several potential soils and soil simulants are being 
considered.  JSC Mars-1 can be crushed so as to simu-
late a fine dust with particles from 50  µm to sub-
micron size.  Sieving will allow the attainment of par-
ticular size bins with the smallest attainable being 
~10µm and below.  Also available are Carbondale red 
clay, and Xerox toner, both of which have been used 
in some Martian wind tunnel experiments [11-12].  
Spheres of pure silica in the 10 to 40 mm range may 
also be used for experiments which eliminate the vari-
ables of grain surface morphology and composition.   

Initial experiments will concentrate a single soil 
type, JSC-1.  The first steps in characterizing soil sam-
ples of various particle size distributions has already 
begun.   

Experimental Design: The Extraterrestrial Materi-
als Simulation Laboratory at JPL is particularly suited 
to studying the behavior of Martian soil simulants in 
appropriate environmental conditions (Figure 1,2).  
Experiments will be performed in a large stainless steel 
vacuum chamber equipped with thermal control and 
gas feed-throughs, a cryo-shroud, and diaphragm 
pump for the maintenance of Mars-like conditions and 
atmosphere.  A solar simulator mounted outside the 
chamber can be adjusted to produce incident radiation 
energies equivalent to any latitude and season on 
Mars.   

Thoroughly dried soil will be introduced into the 
chamber and allowed to equilibrate with a known 
amount of water.  The soil will then be frozen to ~ 
240K.  The soil will warm up in a controlled fashion 
from 240K to 275K. Total chamber pressure and par-
tial pressure of water will be monitored throughout the 
course of an experiment, as well as soil water content 
and temperature.   

Initial experiments will permit the determination of 
desorption isotherms.  A second phase of the experi-
ment will use a capillary tube to simulate a diffusion 
and hydraulic flow barrier. 
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279-289.  [2] Paige D.A., Nature, 356(6364), 43-45. 
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11,781-11,799  [4] Boynton, W.V. et al, (2002), Sci-
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Soil Science, 32, 323-333.  [6]  Clifford, S. M., Hillel, 

D., (1986) Knudsen Diffusion, J. Soil Science, 41(4), 
289-297.  [7] Carman, P.C., Flow of Gases Through 
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Figure 1: Schematic drawing indicating the experi-
mental components including (A) vacuum chamber, 
(B) cryo-shroud, (C) sample container, (D) dust + ice 
mixture, (E) pumps, (F) solar simulation lamp, (G) 
mass spectrometer, (H) dew point hygrometer, (J) 
thermal and electrical conductivity probes, (K) camera 
(L) temperature, and (M) pressure sensors. 

 

 
Figure 2: Cryo-shrouded vacuum chamber located the 
JPL’s Extraterrestrial Material Simulation Laboratory. 
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Introduction: The driving question behind 

NASA's Mars exploration program is whether or not 
life was, is, or could be sustained on our neighbor 
planet.  In order to answer that question, we must be 
informed about the nature of the Martian environment 
both in the past, and at the present day.  The soils at 
the Martian surface (for this project, broadly defined 
as the fine, windblown materials analyzed at the Vi-
king and Pathfinder landing sites) hold clues to Mar-
tian environmental history, as they may represent the 
product of interactions between the basaltic Martian 
crust and liquid water.  Unraveling the mechanism(s) 
by which this globally homogeneous soil blanket 
formed may reveal a great deal about zones where 
liquid water once was (and possibly still is) stable on 
Mars. 

The Hydrothermal Soil Formation Mechanism: 
The Martian surface shows evidence of extensive vol-
canic and impact magmatic activity coupled with 
abundant water in surface and sub-surface environ-
ments from the Noachian Period (4.5-3.8 Ga) to the 
very recent geologic past.  Interpretations of observa-
tional evidence suggest that hydrothermal systems 
have been active on Mars throughout the planet’s geo-
logic history, and a variety of surface features have 
been attributed to the interaction of magmatic and im-
pact heat sources with volatile-rich Martian crustal 
materials.  Some examples of such features include 
outflow channels and valley systems [1-3], highland 
paterae [4], lobate impact ejecta [5], and fretted ter-
ranes [6].   

A number of the geomorphologic observations at-
tributed to hydrothermally driven modification of the 
Martian surface are drainage features (e.g., outflow 
channels, valley networks).  Presumably, the associa-
tion with such features provides a mechanism for re-
moving hydrothermal mineral deposits from the sub-
surface environment, and incorporating them into the 
Martian surficial deposits by fluvial and/or aeolian 
processing.  Alteration minerals generated within the 
confines of a crater lake overlying an active hydro-
thermal system may be redistributed by mass flow or 
fluvial processes, consistent with the observation that 
numerous outflow channels and fluvial valleys in the 
Martian southern highlands originate in dry crater lake 
beds [7]. 

Such observations have led a number of authors to 
propose that hydrothermal alteration of the Martian 
crust may have been partially or wholly responsible for 

the production of the chemically and mineralogically 
unique soil deposits observed on the Martian surface. 
[8-10].  Unfortunately, the secondary mineral phases 
that might be formed via alteration of Martian crust in 
the hydrothermal environment remain largely uncon-
strained from an experimental standpoint.  The few 
relevant experimental hydrothermal studies published 
to date have emphasized the conditions of formation of 
alteration minerals observed in the Shergottite-
Nahklite-Chassigny (SNC) class of meteorites [11-13].  
Given the exceedingly small volume of the observed 
alteration mineralogy, and the shock-related thermal 
history of these meteorites, there remains considerable 
doubt as to how much can be inferred about bulk Mar-
tian soil properties from these unique samples [14]. 

Therefore, an experimental program designed to 
simulate a wide range of relevant Martian hydrother-
mal conditions is being conducted in order to constrain 
the importance of hydrothermal processing as a source 
of soil minerals on Mars.  Such data will also enable us 
to place hydrothermal systems into the broader context 
of Mars exploration by constraining many of the im-
portant secondary phases that might be expected to 
form in the vicinity of a hydrothermal system on Mars.  
This will provide a valuable database of hydrothermal 
mineral phases that can then be utilized to interpret 
remote sensing data in the search for extant hydro-
thermal systems.  These areas form obvious candidate 
landing sites in the search for potential exobiological 
habitats on Mars. 

Hydrothermal Processes on Mars - Constraints 
on Fluid Chemistry: A theme common to Martian 
soil formation models is that they often call upon al-
teration resulting from interaction with an acidic fluid 
rich in aqueous sulfate species and chloride in order to 
explain the anomalously high SO3 and Cl content of 
the Mars soil [15, 16].  It is expected that Martian vol-
canic gas emanations should be dominated by SO2 [17, 
18], and consequently, acidic H2SO4 and HCl bearing 
fluids might be expected to dominate Martian hydro-
thermal system fluid chemistry [19]. 

Soils analyzed at the Pathfinder and Viking Lander 
sites are enriched in sulfur and chlorine, with an aver-
age molar S: Cl ratio of 6.2 [20, 21].  If these charac-
teristics are a relict feature of an evaporated or sub-
limed fluid, then that fluid was likely to have resem-
bled acid-sulfate or sulfate-chloride type water, as 
shown on Figure 1.  In terrestrial hydrothermal sys-
tems, such fluids are ubiquitous in the shallow epi-
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thermal environment (50 - 200oC, < 1 km depth) over-
lying a deeper, active hydrothermal system [22, 23].  

Reaction with such fluids in the near-surface envi-
ronment can result in intense (advanced argillic) altera-
tion of the host-rock.  Fluids are consequently enriched 
in dissolved metal cations, and friable, easily eroded, 
silica-rich residues are left behind [24]. 

 
 
 
 
 
 

Hydrothermal Processes on Mars - Constraints 
on Host-Rock Composition: The nature of the host-
rock in Martian hydrothermal systems will vary de-
pending on local geology, but overall, should reflect 
the average composition of the Martian crust.  No con-
sensus has yet been reached on exactly what this “av-
erage” composition might be, but the Martian crust is 
known to be dominantly basaltic in character, with 
multiple lines of evidence supporting this fact [25-27]. 

Chemically, Martian basalt differs from common 
terrestrial mid-ocean ridge type basalt in having a 
higher iron content (up to ~20 weight % FeOT), and 
lower magnesium, titanium and aluminum content 
[26].  In Table 1 the major element compositions of 
Icelandic, Columbia River and the Los Angeles mete-
orite basalts are compared in order to illustrate the 
differences in composition between common terrestrial 
basalts and Martian basalt.  The unique chemical 
composition of Martian basalt results in a similarly 
unique assemblage of primary mineral phases 
characterized by a high modal abundance of pyroxene 
relative to plagioclase; a direct consequence of low 
aluminum content. A CIPW norm calculation further 
illustrates large relative differences in calculated 
mineralogy (Table 1).  

TABLE 1 
Oxides IB CRB LA 

SiO2 47.1 47.1 49.1 
TiO2 1.66 3.65 1.30 

Al2O3 14.9 12.4 11.2 
Fe2O3 4.08 0.36 1.95 

FeO 7.20 17.3 19.5 
MnO 0.17 0.32 0.45 
MgO 8.52 4.38 3.53 
CaO 11.5 8.8 10.0 

Na2O 2.24 2.43 2.22 
K2O 0.20 1.39 0.24 

P2O5 0.18 1.58 0.66 
Total 97.7 99.7 100.1 

 
TABLE 1 (Continued) 

CIPW Norm* IB CRB LA 
Ilmenite 3.15 6.93 2.47 
Apatite 0.43 3.74 1.56 

Orthoclase 1.18 8.21 1.42 
Albite 19.0 20.6 18.8 

Anorthite 29.9 18.7 19.9 
Magnetite 5.92 0.52 2.83 

Diopside 20.7 12.6 21.7 
Hypersthene 14.1 22.4 30.4 

Olivine 3.34 6.11 1.06 
Total 97.7 99.8 100.1 

 
 
 
 

 
Testing the Hydrothermal Soil Formation 

Mechanism: The differences in mineralogical and 
chemical composition between common terrestrial 
basalts and Martian basalts will have a profound effect 
on the alteration products produced during the course 
of experimentation [28, 29].  Therefore, our experi-
mental approach stresses the use of synthetic Martian 
compositions as host-rocks for our hydrothermal al-
teration experiments.  We have gone to great lengths to 
design a set of hydrothermal reactors that can accom-
modate the small amounts of sample (~100-500 mg) 
produced in the synthesis process.  Details of the basalt 
synthesis procedures, as well as hydrothermal appara-
tus design can be found in Tosca et al. [30]. 

Results: Utilizing the methods outlined in Hurowitz 
et al. [31], we are currently performing experiments 
that simulate the epithermal alteration of a synthetic 
Los Angeles basalt composition by a sulfate-chloride 
type fluid at T=75oC. The fluid being utilized (0.12M 
H2SO4, 0.023M HCl, pH=1) is modeled after those 
affected by interaction with primary magmatic vapors, 
such as crater lake fluids [32].  Initial results confirm 
the notion that host-rock composition does indeed af-
fect the evolution of effluent fluid compositions, and 
the composition of residual solids analyzed at experi-
ment completion. 

Figure 1: Ternary diagram of molar SO4
2-, Cl- and HCO3- 

used to distinguish between common hydrothermal fluid 
types.  V and P symbols refer to average Viking and Path-
finder soil analyses, respectively.  After [22]. 

Table 1: IB = Iceland Basalt, data from [28].  CRB = Colum-
bia River Basalt, data from [11].  LA = Los Angeles Meteorite 
Stone 1, data from [38].  *Calculated (not actual) mineralogy. 
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To date, experiments indicate that at the high wa-
ter-rock ratio conditions that were simulated (WR ≈ 
1500), the plagioclase and titanomagnetite present in 
the synthetic Los Angeles basalt composition are 
highly susceptible to acid attack relative to clinopyrox-
ene.  Altered plagioclase grains observed and analyzed 
by scanning electron microscopy and energy disper-
sive X-ray spectroscopy indicate a residual solid 
highly depleted in Ca, Na and Al, and enriched in Si.  
Titanomagnetite grains have been entirely dissolved 
from the samples studied.  Clinopyroxene grains, on 
the other hand, appear to have been minimally affected 
by the dissolution process.  As a result, the altered ba-
salt is enriched in both a Si-rich residue and relatively 
unaltered clinopyroxene grains.  Fluid chemical analy-
ses performed by DC-plasma argon emission spectros-
copy confirm the influence of plagioclase and ti-
tanomagnetite dissolution on the concentration of dis-
solved cations in effluent samples. 

Discussion: The large differences in apparent dis-
solution rate of plagioclase and pyroxene are some-
what surprising in light of mineral dissolution studies 
that indicate a close correspondence in dissolution 
rates for plagioclase and clinopyroxene compositions 
similar to those in the synthetic Los Angeles basalt of 
our experiments [33, 34].  As a result of this resis-
tance, Mg and Fe, and to a lesser degree Ca, are re-
tained in the residual clinopyroxene.  Further alteration 
is expected to deplete clinopyroxene of Ca, followed 
by Fe and Mg [19]. 

Ultimately, the experimental conditions discussed 
above may provide a means to produce fluids enriched 
in Mg, Fe, H4SiO4, SO4

2- and Cl-, which could form 
Mg-Fe sulfate minerals and amorphous silica upon 
evaporation.  These phases have all been proposed as 
candidate minerals in the Martian soils [35-37].  
Longer term experiments are currently being con-
ducted to confirm this hypothesis.  Alternatively, the 
residual materials themselves might be eroded and 
incorporated into the Martian soils without further 
chemical modification, a possibility that has not been 
considered in previous published research 

It is also noted that at the low pH conditions under 
consideration in these experiments, aqueous Fe is pre-
sent in the ferrous state and will not precipitate as an 
oxide phase without an increase in fluid Eh and/or pH.  
Iron-oxide minerals are of obvious importance in the 
Martian soils, and hydrothermal alteration of synthetic 
Los Angeles basalt under these experimental condi-
tions is unlikely to produce such secondary iron-oxide 
minerals.  This is a problem that will be addressed in 
upcoming experiments, which will be run utilizing a 
starting fluid composition modeled after less aggres-

sive terrestrial sulfate-chloride waters having pH be-
tween 2-5. 

Implications for the Hydrothermal Soil Forma-
tion Mechanism:  From the preceding discussion it is 
clear that there is ample observational evidence to 
suggest that hydrothermal systems have played a 
significant role in the hydrologic cycle on Mars.  The 
use of synthetic Martian host-rock materials, combined 
with an experimental protocol designed to simulate a 
range of plausible Martian hydrothermal conditions 
represents an important step towards evaluating the 
viability of the hydrothermal soil formation mecha-
nism on Mars. 

This is particularly true in the epithermal environ-
ment under consideration, characterized by the circula-
tion of chemically aggressive fluids and resulting in 
advanced dissolution as a result of interaction with an 
unaltered host-rock material.  The nature of both fluid 
and residual solid composition in these environments 
will be affected primarily by the composition of the 
starting mineral phases involved, and so choice of an 
appropriate starting material is crucial to understand-
ing the nature of secondary precipitates and residues 
formed by hydrothermal alteration processes on Mars. 

References: [1] Brakenridge, G., et al. (1985) Geology, 13, 
859-862. [2] Cabrol, N., et al. (1997) Icarus, 125, 455-464. [3] 
Gulick, V. (1998) JGR, 103, 19365-19387. [4] Crown, D. and R. 
Greeley (1993) JGR, 98, 3431-3451. [5] Carr, M. (1996) Water on 
Mars, 229. [6] Tanaka, K., et al. (2002) GRL, 29, 1-4. [7] Cabrol, N. 
and E. Grin (1999) Icarus, 142, 160-172. [8] Allen, C., et al. (1982) 
JGR, 87, 10,083 - 10,101. [9] Morris, R., et al. (1995) JGR, 100, 
5319-5328. [10] Newsom, H. (1980) Icarus, 44, 207-216. [11] Baker, 
L., et al. (2000) MPS, 35, 31-38. [12] Kent, A., et al. (2001) GCA, 
65, 311-321. [13] Golden, D., et al. (2000) MPS, 35, 457-465. [14] 
Bridges, J., et al. (2001) Space Sci. Rev., 96, 365-392. [15] Newsom, 
H., et al. (1999) JGR, 104, 8717-8728. [16] Banin, A., et al. (1997) 
JGR, 102, 13341-13356. [17] Clark, B. (1999) 5th Int. Conf. Mars, 
Abstract #6214. [18] Wanke, H. and G. Dreibus (1994) Phil. Trans. 
Royal Soc. London, A349, 285-293. [19] Burns, R. (1993) GCA, 57, 
4555-4574. [20] Clark, B., et al. (1982) JGR, 105, 9623-9642. [21] 
Bruckner, J., et al. (2001) LPS 32, Abstract # 1293. [22] Giggenbach, 
W. (1997) in Geochemistry of Hydrothermal Ore Deposits, 737-796. 
[23] Nicholson, K. (1993) Geothermal Fluids: Chemistry and Explo-
ration Techniques, 263 pp. [24] Hayba, D., et al. (1985) in Geology 
and Geochemistry of Epithermal Systems, 129-168. [25] Wyatt, M. 
and H. McSween (2002) Nature, 417, 263-266. [26] McSween, H. 
(1994) Meteoritics, 29, 757-779. [27] Meyer, C., (1998) Mars mete-
orite compendium, 237 pp. [28] Griffith, L. and E. Shock (1997) 
JGR, 102, 9135-9143. [29] Brown, P. (1978) Ann. Rev. Earth  
Planet. Sci., 6, 229-250. [30] Tosca, N., et al. (2002) LPS 33, Ab-
stract #1354. [31] Hurowitz, J., et al. (2003) LPS 34, Abstract #1781. 
[32] Varekamp, J., et al. (2000) J.  Volc. Geotherm. Res., 97, 161-
179. [33] Blum, A. and L. Stillings (1995) in Chemical Weathering 
Rates of Silicate Minerals, 291-352. [34] Brantley, S. and Y. Chen 

Sixth International Conference on Mars (2003) 3234.pdf



(1995) in Chemical Weathering Rates of Silicate Minerals, 119-172. 
[35] McLennan, S. (2003) Geology, 31, 315-318. [36] McLennan, S. 
(2000) GRL, 27, 1335-1338. [37] Banin, A., et al. (1992) in Mars, 
594-625. [38] Rubin A., et al. (2000) Geology, 28, 1011-1015. 
 
 

Sixth International Conference on Mars (2003) 3234.pdf




