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CHARACTERIZING POLAR LAYERED DEPOSITS AT THE MARTIAN NORTH POLE: AN 
ASSESSMENT OF LOCAL VARIATIONS.  S. M. Milkovich and J. W. Head, III,  Dept of Geological Sciences, 
Brown University, Providence, RI 02912.  Sarah_Milkovich@brown.edu 

 
Introduction: Within the northern residual polar 

cap of Mars are dark lanes or troughs; on the walls of 
these exposures are layered deposits.  These deposits 
consist of extensive lateral layers of ice and dust and are 
found throughout the polar cap.  They were first identi-
fied in Mariner 9 images [1, 2] and later studied in de-
tail with the Viking orbiters [e. g. 3, 4, 5, 6].  In these 
images, the layers appear to consist of alternating se-
quences of light and dark layers ~ 5 to 25 m thick [4, 5].    

Recent data taken by the Mars Orbiter Camera 
(MOC) onboard the Mars Global Surveyor (MGS) re-
veal that the layers are thinner and more numerous than 
Viking images suggested.  Layers are seen with thick-
nesses at the limit of resolution (~2 m) and it is possible 
that smaller scale layers may also exist [7].  The indi-
vidual layers show considerable variation in thickness, 
ranging from several meters (the limit of resolution) to 
several tens of meters [8].  Some layers are observed to 
pinch out [7]. Additionally,  layers show varying resis-
tance to erosion.  In particular, a “marker bed” 20 m 
thick with resistant knobs ~ 10 m wide is observed in 
many places [7,  9, 10].  

Layers also show variation in surface texture.  In-
dividual layers display surfaces with pockmarks, brick-
like textures, and a pattern similar to a deformed, 
woven structure [8]. It is not clear if the textures are a 
property of the layer or are limited to the exposed sur-
face.  There is not a relation between texture and loca-
tion.  The variety of textures may be due to structural 
properties of the individual layers which caused differ-
ent amounts of erosion [8]. Some textures indicate a 
pitted surface, which may be due to outgassing of clath-
rate-rich layers [10]. 

These layers are laterally extensive.  Several im-
ages taken from a single trough in Figure 1 show that in 
some regions individual layers can be traced for many 
hundreds of kilometers [7, 10].  Two different investi-
gators have proposed that the marker bed can be found 
in multiple troughs 50 km apart [7, 9].  However, a pre-
liminary assessment of images found that layer se-
quences vary greatly around the cap  [8].  An additional 
difficulty for comparing image sequences is the sea-
sonal surface frost deposits found throughout this area.  
Indeed, two sequences can look very different from 
each other when in reality they are taken from either 
side of the same image [10].  Frost can cause several 
layers to look like one thick layer.  It can also be prefer-
entially deposited within a segment of a dark region, 
revealing many layers in an area which would otherwise 
be thought to be one layer [10]. 

Many models were proposed for the formation of 
these deposits based on Viking data [e.g., 11, 5] but the 
details of the formation process remain unknown.  The 
main driving force behind the deposits is thought to be 
episodic climate variations due to orbital cycles.  In-
deed,  some effort has been made to connect layers to 
specific orbital cycles, especially obliquity, using com-
puter models [4, 12] and spectral signal analysis [13].  
However, the variability of individual layers may indi-
cate the influence of smaller scale variations.  Such 
variations may include the influence of local topogra-
phy or non-uniform deposition of material such as 
ejecta from major impacts or pyroclastic material [8].  
Additionally, the thinner layers may indicate that the 
martian climate produces deposits on timescales less 
than the obliquity cycle [7].  Thus,  characterization of 
cycles within layers without relying on specific orbital 
periods is a necessary first step before introducing 
process-specific factors. 

 

 
Fig. 1. Location of troughs and images in the north-

ern cap under study. 
 
An understanding of the formation processes of the 

polar layered terrain will provide insights into the proc-
esses of trough formation, lateral propagation, erosion, 
and deposition. It will also allow us to interpret the sim-
ple vertical record of climate change encoded in the 
layered deposits.  Ultimately, we will gain a foundation 
upon which we can build a better model for the interac-
tions of the various volatile deposits on Mars, including 
the current polar surface as well as the latitude-
dependent layer of subsurface ice currently being 
mapped by Mars Odyssey [14, 15].  
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CHARACTERIZATION OF MARTIAN POLAR LAYERED TERRAIN   S. M. Milkovich and J. W. Head 

In order to begin this foundation of knowledge we 
first must characterize sections of layers and quantita-
tively compare the layer sequences in one trough with 
another.  In this way, constraints may be placed on 
trough formation mechanisms.   
 

Characterization Using Fourier Analysis:  One-
dimensional Fourier analysis is used to break a complex 
signal down into sine and cosine components [16].  
Dominant wavelengths of the complex signal can be 
measured from these components. The polar layered 
deposits record a complex signal of changing deposi-
tional environments in their layers.  FFTs may be a 
valuable tool to characterize how the depositional envi-
ronment varied from location to location. 

The Fourier transform is described by the following 
equation: 

F(kx) = f (x)e− ikxxdx
−∞

∞

∫         (1) 

where kx=2π/λ is the spatial wavenumber.  Spatial fre-
quency, kx/2π, can be inverted to find spatial wave-
length, λ=2π/kx.  The power spectrum of the signal is 
described by:  

     P(kx ) = F(kx)−∞

∞

∫
2

dkx
       (2) 

A fast Fourier transform (FFT) is a discrete form of 
equation (1) and is computed numerically.  Plots of 
spatial frequency vs. relative power were created using 
the FFT function in the Matlab package software; these 
plots were then inverted to determine spatial wave-
lengths.  The same method and program were used as is 
described in [16]. 

Applying FFTs to the PLD: This analysis compares 
the FFTs of DN profiles from multiple images. First, 
images are calibrated and the associated MOLA data 
retrieved using programs from the ISIS image process-
ing package. The MOLA data is interpolated between 
shots to provide an elevation value for each pixel of the 
image.  Thus, the exposure of layers in the image is 
projected back onto the vertical wall of the trough.  The 
DN profile is then adjusted to run perpendicular to the 
layer margins.  Next this data set is adjusted so that it 
consists of DN values at locations spaced evenly down 
the vertical wall. This process interpolates between DN 
values for neighboring pixels; while this may not be a 
true assumption at the boundaries between layers, the 
pixel size is small (1.8 m/pxl) that the errors introduced 
are negligible. The interpolations were done using the 
Arand suite of programs developed at Brown University 
for paleoceanographic studies. Evenly spaced data is 
required for the FFT process; the adjusted data is then 
run through the Matlab FFT program. 

 
Fig. 2 Method for rectifying images. 
 
To be a useful tool for comparing images, FFTs 

must return similar results from layer sequences which 
are practically identical. Previously, we have performed 
FFT analysis on many calibrated but not slope-
corrected profiles from a single image, M00-01754.   
Profiles from either side of this image yielded very 
similar dominant wavelengths, as was expected. How-
ever, the dominant wavelength varied down the length 
of the trough wall exposure. This may be due to com-
pression of the layers towards the base of the deposit 
from the overlying material or to a change in the depo-
sitional environment [17]. The first steps in the current 
analysis were discussed in [18]; this abstract is a con-
tinuation of that study. 

 
Results: The analysis described above was carried 

out on 4 images in 3 troughs (Figure 1).  Each image 
was taken during the same season to reduce the effect 
of surface frost on the layers (Table 1).  The FFT results 
for two of the images are found in Figures 3 and 4.   

 
Table 1: Image Information 

Image  
Number 

Resolu-
tion 

Ls Sun Angle 

M00-01714 1.81 m/pxl 122.82˚ 304˚ 
M00-01754 1.81 m/pxl 122.89˚ 123˚ 
M00-02100 1.81 m/pxl 123.86˚ 127˚ 
M23-01450 12.1 m/pxl 106.49˚  74˚ 

 
Long range wavelengths show a dominant peak 

ranging from 27 to 33 m; this wavelength can also be 
seen in the DN profiles themselves.  This wavelength 
range is influenced by packets of multiple layers.   

Mid range wavelengths, on the other hand, are in-
fluenced by individual layer thickness.  Two images 60 
km apart in  the same trough, M00-02100 and M00-
01754, have different wavelengths in this range which 
indicates that the thicknesses are changing non-
systematically in a single trough.  This result can also 
be seen in a direct comparison of the profiles.  It indi-
cates that deposition varies on a very local scale to 
cause layer thicknesses to change within 60 km.  This 
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result will be compared with a similar analysis of multi-
ple images in the trough immediately to the north. 

 
Fig. 3 FFT results for image M00-01754.  Scale bar 

is 200 m. 
 
Future work will cross-correlate the results of the 

FFT analysis to quantitatively compare dominant wave-
lengths from each image 

 
Discussion:  Laskar et al [13] recently used spectral 

analysis to examine image M00-02100.  They visually 
identified a cyclic pattern (~80 m/cycle) in the DN pro-
file of the upper portion of this image.  They correlated 
the first three of these cycles with calculated insolation 
patterns up to ~500,000 years and calculated a deposi-
tion rate for the entire cap of 0.05 cm/yr.  When we 
examine the DN profile of image M00-01714 we do not 
observe the cyclic pattern identified in M00-02100.  If 
insolation is having consistant effects, we should be 
able to find such a pattern in all images in this region.  
However, we do find a consistant signal on smaller 
wavelengths (~30 m) in all images studied up to this 
point.  This would result in a deposition reate of 5.4-6.4 
x 10-3 cm/yr.  The purpose of this calculation is not to 
arrive at a deposition rate for the cap, but rather to 
demonstrate the range of results possible when inter-
preting images without thoroughly characterizing them 
first. 

In this region we have examined 4 images from 3 
troughs and examined their DN profiles and dominant 
wavelengths.  We find a dominant wavelength of ~ 30 
m in all images; this may be related to the climatic forc-
ing process.  We also see that individual layer thick-
nesses change non-systematically in a single trough.  
The profiles provide more details of the differences 

between layers, but the FFTs provide a useful, quantita-
tive overview for comparing data. 

Characterization of the layered deposits is key to our 
understanding of the processes which shape the polar 
regions and the martian climate as a whole. Fourier 
analysis provides a useful tool to assist in comparisons 
of layer sequences.  Additionally, Fourier analysis will 
allow us to pull out the cycles within these sequences 
which can then be used to constrain the processes which 
deposited these layers and shaped the troughs.  These 
efforts in turn will aid our understanding of the martian 
climate system. 

 
Fig. 4 FFT results for image M00-01714. Scale bar 

is 200 m. 
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Introduction: Olympus Mons is the largest volcano 

on Mars, rising over 25 km above the surrounding plains 
and with a basal diameter greater than 600 km.  It is sur-
rounded by a basal escarpment up to 6 km tall.  Extend-
ing up to 1000 km beyond this scarp are lobes of ridged 
materials known as the aureole [1, 2].  Superimposed 
upon the west and northwest aureole deposits at the base 
of the escarpment are lobate features which are often 
interpreted to be landslide debris aprons [2, 3]. 

In 1981, Lucchitta [4] demonstrated that the mor-
phology of these marginal fan shaped deposits as re-
vealed in Viking imagery is very similar to terrestrial 
glaciers.  The location of these deposits is shown in Fig-
ure 1. The fan shaped deposits found on the northwest 
flank of Olympus Mons show long, even, curvilinear 
ridges which are subparallel to the deposit margins.  
These ridges sharply contrast with those associated with 
landslide deposits, which are characterized by longitudi-
nal groves or transverse ridges.  The ridges on the north-
west flank debris apron exhibit similar morphology to 
ridges of moraine material found near the margins of 
terrestrial glaciers (Figure 5b in [4]).  An additional de-
posit found at the base of the west scarp displays a 
tongue-shaped center with subparallel lobate ridges to-
wards the margins.  These ridges are superposed on the 
surrounding aureole and are not deflected by the topog-
raphy; thus Lucchitta interprets them to be draped over 
the surface as a debris-rich or rock glacier decayed [4]. 

 In this study we expand upon Lucchitta’s hypothe-
sis.  A range of glacial emplacement mechanisms are 
considered. 

 
Landslide Deposits: It is worthwhile to examine 

what the characteristics of landslide and glacial deposits 
are in order to interpret the fan shaped deposits. Two 
major landslide morphology types found on Earth, 
slumps and debris avalanches,  have fundamentally dif-
ferent morphologies..  

Slump deposits. These landslides have debris aprons 
which are wide relative to their length and have steep 
toes.  The debris aprons themselves are cut by transverse 
faults to form large blocks and ridges.  The source re-
gions for slumps commonly lack a well-defined amphi-
theater [5].   

Debris Avalanches.  These landslides originate at a 
horseshoe-shaped depression or amphitheater [5] which 
often widens in the direction of movement [6].  The de-
bris apron morphology varies internally; near the source 
region there are trough structures while near the  

 
Figure 1. MOLA topographic data for the western 

flank of Olympus Mons.  A) Topographic gradient map.  
Box shows the location of B and C.  B) Gradient map of 
the northwest fan-shaped deposit.  C) Contour map of 
same region.  North is up. 

 
distal parts there are lobe structures with hummocky ter-
rain [7, 5].  The margins are made up of coarse debris.  
The surface is characterized by longitudinal grooves and 
transverse ridges [7, 8].   

Martian Aureole Deposits The aureole is an asym-
metric ring of material around Olympus Mons.  This ring 
is made up of at least seven distinct lobes which were 
deposited in at least four separate instances [9]. The sur-
face is characterized by a corrugated textured formed 
from curvilinear, flat topped ridges and troughs with 
heights of several hundred meters to a few kilometers [9], 
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OLYMPUS MONS DEBRIS COVERED GLACIERS   S. M. Milkovich and J. W. Head 

cut by graben [10, 11]. The corrugations are generally 
parallel to the margins of the aureole lobes [9]. It is esti-
mated that the lobes themselves are up to 4 km thick [11].  
There are also a number of linear faults and fractures in 
the aureoles, but they do not cut through multiple lobes 
or into the basement.  This implies that they are mechani-
cally detached from the underlying material [11].  Many 
faults indicate that the central portions of the lobes have 
moved forward relative to the margins of the lobes [11]. 

Many mechanisms have been proposed for the em-
placement of these deposits, including the eroded rem-
nant of a older, larger volcano [2], pyroclastic flows [12], 
and large catastrophic landslides originating at the basal 
escarpment [10]. A currently favored interpretation is 
gravity-driven landslides of lubricated material, possibly 
ice [9].   

Estimates of the volume of the deposits range from 
0.607x106 km3 [10] to 3.6x106 km3 [11].  This is the 
same order of magnitude as the volume required to re-
construct the pre-scarp flanks of Olympus Mons [10, 11].  
However, the volume of the deposit is three orders of 
magnitude greater than that of simple martian landslides 
identified elsewhere [11].  Such gigantic landslides are 
observed on Earth as submarine landslides [5, 7]; high 
fluid pore pressures [10, 11] or a weak layer such as ice 
[9] could detach the aureole material from the basement 
and allow massive sliding. 

 
Glacial Deposits:  There is a wide range of glacial 

morphology types; the type of glacier is determined by its 
ice to debris ratio which is in turn determined by its 
source. There is much debate over the definition [for a 
review, see 13] as well as the formation and flow mecha-
nisms [for a review, see 14] of many types of glaciers. 
The terminology used here is that of [13]; a reference 
diagram taken from [13] can be found in Figure 2.  

 
 

 
Figure 2.  Types of glaciers.  From [13]. 
 
 

Lobate rock glacier or protalus glacier. This glacier 
consists of single or multiple lobes originating at the base 
of talus slopes.  The distal margin of these lobes form 
protalus ramparts.  Protalus glaciers are at least as broad 
as they are long [13].    The formation of protalus glaciers 
is thought to be related to the presence of an abundance 
of interstitial ice in the talus slope, possibly changing 
pore pressures and allowing flow or causing deformation 
to occur within the ice itself if enough is present [14]. 

Valley glacier. This glacier is a classical glacier, a 
moving mass of ice which flows from an accumulation 
zone in a mountain range down a valley floor.  Debris 
picked up by the glacier or deposited on top of it is car-
ried along and deposited at the margins of the glacier 
once it starts to retreat in the form of a lateral or terminal 
moraine [15]. 

Rock glacier. This type of glacier is typified by a 
surface of rocks and angular boulders and often has 
ridges, furrows, and lobes on its surface. The front of an 
active rock glacier is at the angle of repose. Rock glaciers 
can have a variety of morphologies. Confined within a 
valley, it has a lobate body and is considered to be a 
shaped-shaped rock glacier. Once a rock glacier is not 
topographically confined, it spreads laterally and devel-
ops a spatulate shape. It is then often known as a pied-
mont rock glacier.  Rock glaciers tend to be many hun-
dreds of m to a few km long, and have lobate grooves on 
their surfaces [13, 14] 

There is much debate over the formation of rock gla-
ciers; this is because the amount of ice contained in a 
rock glacier is usually unknown.  They may have a gla-
cial origin, in which case they begin as valley glaciers in 
cirques or corries where snow is accumulated and much 
debris can be deposited on top from the surrounding to-
pography [13]. This is the formation mechanism used in 
Figure 2.  A rock glacier formed in this manner would be 
a thin glacier covered with a great deal of debris [14].  It 
is also possible that rock glaciers form as an ice-rock 
mixture in permafrost regions [14]. Both mechanisms 
would lead to deposits with the same morphology and 
both may occur under different conditions [14]. 

Debris-covered glacier. This type of glacier, not 
shown in Figure 2, is in between valley glaciers and rock 
glaciers.  It is basically a valley glacier entirely covered 
with debris, but not to the extreme amounts of debris 
found in rock glaciers.  This type of glacier would have a 
source region with some surrounding topography to serve 
as a source for the debris, but not the encompassing to-
pography of a cirque as found with rock glaciers. 
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Figure 3. Fan shaped deposit at the northwest margin of the Olympus Mons basal escarpment.  Left: Viking image 

048B04.  Right: Sketch map.  Unit descriptions found in text. 
 
Debris Apron Morphology: Figure 3 is a Viking 

image of a portion of the northwestern debris apron and a 
sketch map of this image.  Five units are defined in this 
image.  Figure 4 is the MOLA topography data for this 
image and the region surrounding it. 

Unit A is made up of material with greater topog-
raphic relief than the rest of this image.  It is part of the 
extensive aureole deposits described above.  Unit B is 
located at the distal margin of the debris apron and is 
characterized by hummocky material.   

Unit C is the fan-shaped deposit itself, a lobate unit 
extending approximately 90 km from the base of the 
scarp with regular, arcuate, subparallel ridges up to 60 
km long.  The deposit is approximately 600 m high.  The 
topographic profile of this deposit is concave down.  The  
region in the lower right of the image contains a number 
of linear knobs several km in length. There are several 
depressions in this unit, indicated by dashed lines in the 
sketch map.  Two of these are circular and are interpreted 
as small impact craters.  The remainder are irregularly 
shaped. 

The corrugations and fractures which characterize 
the surface of the aureole deposits and terrestrial subma-
rine landslides are not found on this unit; therefore, it is 
unlikely to be a landslide deposit.   

Unit D is a hummocky material found at the base of 
the escarpment (Unit E).  It is likely material eroded off 
of the scarp. 

 
Figure 4.  Top: MOLA data for fan-shaped deposit.  Black 

line indicates location of profile.  Box indicates location of 
Figure 3.  North is up.  Red region in lower right is flank of 
Olympus Mons.  Bottom: MOLA profile. 
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Interpretation: We interpret the fan shaped deposits 
found at the base of the Olympus Mons escarpment as 
remnants of glaciers, in agreement with Lucchitta [4].  It 
is important to consider what type of glacier.  The con-
tinuous, curvilinear ridges found on the surface of Unit C 
are very similar to rock glaciers.  The source region, the 
basal escarpment, provides the topographic relief re-
quired to provide the debris.  The linear ridges found in 
the lower left region of the image are interpreted as the 
remnants of lateral moraines, which were deposited as 
the glacier retreated and then eroded again as the glacier 
advanced.  This implies several episodes of advance and 
retreat. 

However, there is no cirque-like source for the de-
posits.  Instead, they extend from somewhat linear seg-
ments of the basal scarp.  Additionally, the fan shaped 
deposits are much larger than terrestrial rock glaciers; 
they extend many tens of km rather than up to a few km.  
Thus, we interpret these features to be the remnants of 
debris-covered glaciers, which are morphologically simi-
lar to rock glaciers but contain more ice and therefore 
flow more like valley glaciers and cover greater dis-
tances. 

We thus envision the following scenario: glacial ice 
builds up on the northwestern  slope of the basal escarp-
ment.  Debris from the escarpment is deposited on top of 
the ice.  As the glacier flows to the northwest, it spreads 
and develops a spatulate form.   Several periods of ad-
vance and retreat are recorded by the eroded lateral mo-
raines.  At the furthest extent of advance, the glacier de-
posited a large terminal moraine.  This moraine has now 
degraded, perhaps by sublimation of internal ice blocks 
or removal of debris through aeolian erosion.  This has 
left the hummocky material in unit B.   

 
Discussion: Lucchitta [4] also identified glacier-like 

features at the nearby Tharsis Montes.  Recent analysis of 
MOLA topography data confirm this result and conclude 
that cold-based glaciers were once on the west-northwest 
flanks of Arsia Mons [16, 17] and Pavonis Mons [18, 
19].  Cold-based glaciers are made up of ice that is en-
tirely below the melting point; thus, it flows through in-
ternal deformation and there are no melting features as-
sociated with the glacier.  It is likely that most mountain 
glaciers on Mars would be cold-based [17].   

The glacial features found around the Tharsis Mon-
tes are far more extensive than those at Olympus Mons.  
This implies that a greater quantity of ice was available at 
the Tharsis Montes.  Since all of these volcanoes are in 
the equatorial regions, it seems likely that they were gla-
ciated at the same time.  If water ice were stable at one 
location, it should be stable at the others. However, the 
fact that Olympus Mons had smaller glaciers implies that 
the conditions there were not as favorable for surface ice.  

One possibility is that Olympus Mons was more active at 
the time; a higher geothermal flux in this region could 
prevent large build-ups of ice. 

The Tharsis glaciers have more moraine features and 
less debris-covered glacier features than the Olympus 
Mons deposits.  This implies that the Olympus Mons 
deposits had higher debris to ice ratios.  This could be 
due to the presence of the basal escarpment.  The scarp 
provides a source of debris that glaciers at the other de-
posits would not have.  Other debris sources include vol-
canic ash and aeolian dust.  
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EROSIONAL MORPHOLOGIES AND CHARACTERISTICS OF LATITUDE-DEPENDENT 
SURFACE MANTLES ON MARS. R. E. Milliken and J. F. Mustard, Dept. Geological Sciences, Brown 
University, Box 1846, Providence, RI 02912   Ralph_Milliken@brown.edu 

Introduction: Latitude-dependent layered deposits 
and terrains on the surface of Mars were first observed 
in Mariner 9 images [1]. Similar layered deposits were 
later observed in higher-resolution Viking images, as 
well as lobate debris aprons, lineated valley fill, 
concentric crater fill, and terrain softening. The latter 
group of features were confined to the mid-latitude 
regions and were attributed to viscous creep of ice-rich 
material [2,3,4]. In addition to these observations, 
recent high-resolution images acquired by the Mars 
Orbiter Camera (MOC) onboard the Mars Global 
Surveyor (MGS) mission revealed a distinct surface 
morphology present in the mid-latitude regions [5,6,7].  

Mustard et al. [5] described this mantle terrain as a 
young, smooth, thin (1 - 10 m), layer of an ice-dust 
mixture. The terrain was identified by its distinctive 
style of erosion, which results in a pitted or ‘dissected’ 
texture. Like the features mentioned above, this 
dissected mantle terrain (DMT) is only observed 
within certain latitude bands (±30-60°), and higher 
latitudes appear to be covered with a thicker, intact 
mantle [5,8]. MOLA data for these latitude bands show 
a decrease in surface roughness at short baselines for 
latitudes greater than ~45° [9, 10] and a decrease in 
concavity between ~30-60° in both hemispheres that 
matches the peak occurrence of the DMT [11]. The 
interpretation of these smooth, high-latitude deposits as 
ice-rich airfall mantles [9] is supported by the presence 
of high abundances of near-surface ground ice as 
determined by Mars Odyssey data [12, 13, 14]. 
Latitudes greater than ±60° also host many surface 
features (polygons, cracks, etc.) attributed to 
periglacial processes, further supporting the presence 
of ice-rich deposits at these latitudes [15]. 

These previous observations provide clear evidence 
for hemispherically symmetrical, layered, latitude-
dependent deposits. Mustard et al. [5] interpreted the 
mid-latitude mantle terrain to represent airfall 
deposition of an ice-dust mixture during the most 
recent period(s) of high obliquity. The current 
instability of near-surface ice in the mid-latitudes 
results in sublimation and removal of the mantle. At 
higher latitudes, however, near-surface ice is currently 
stable. The lines of evidence outlined above are proof 
of the presence of ice-rich deposits within the high-
latitudes of Mars. If it is true that the previous extent of 
these deposits reached the lower mid-latitudes, the 
current morphology and degradation state of the 
mantle terrains may give insight to past or current 
erosional processes, local variability in near-surface 
ground ice stability, changes in mantle thickness 
and/or composition, and improved age estimates. Of 
the 13,000 MOC images we have examined to date, 
~1,700 contain the DMT. This work concentrates on 

re-examining this subset of images in an attempt to 
characterize the different morphologies, erosional 
styles, and properties of the observed latitude-
dependent surface mantles.  

Observations:  For simplicity, the latitude-
dependent mantle deposits will be spatially classified 
in the following manner: latitudes less than ~ ±30° do 
not currently exhibit the mantle terrain and will be 
classified as “unmantled”; the eroded or dissected 
terrain described by Mustard et al. [5], present 
between ±30-60°, will be referred to as “dissected 
mantle terrain” (DMT); the thicker, intact mantle 
deposits commonly found at latitudes greater than ~ 
±60° will be referred to as “mantled”. Where present, 
the mantle terrains are not homogenous at all latitudes. 
The morphology and erosional styles of the DMT, for 
instance, is variable with latitude. Though many styles 
are observed, we have classified three major erosional 
morphologies of the DMT. 

Localized Complete Removal  The first erosional 
morphology will be referred to as “localized complete 
removal”. As the name suggests, this type of erosion is 
characterized by areas of smooth, intact mantle 
adjacent to areas where that mantle has been 
completely removed to reveal a rougher underlying 
unit (Fig. 1a). It cannot always be determined if this 
underlying unit is bedrock, and it is clear in some 
MOC images that the removal of the uppermost layer 
has revealed a stratigraphically lower mantle layer 
(Fig. 1a). Unlike the top layer, the underlying mantle 
layer is highly degraded and cratered in several images 
This suggests that some of the underlying mantle 
layers are much older, and may represent periods of 
deposition prior to the most recent periods of high 
obliquity.  

Areas of the DMT with clear examples of layering 
are restricted almost entirely to this erosional style and 
are typically only found between ±30-40° (Fig. 2). The 
localized complete removal erosion style is most 
commonly found between ±30-50°, with a peak 
occurrence near ±30° (Fig. 3a). 
Knobby and Wavy Dissection  The second erosional 
style is a surface texture dominated by small bumps, 
knobs, or ripples. This type of DMT is classified as 
“knobby and wavy” dissection and is identified by 
areas of smooth, intact mantle adjacent to areas of 
incomplete removal of the mantle. Areas covered by 
the knobby texture (Fig. 1b) and/or wavy texture (Fig. 
1c) obscure the substrate and represent an intermediate 
stage of removal of the mantle terrain.  
The knobby texture often grades into series of lineated 
knobs, which then grades into the wavy texture as 
latitude increases. Images that show only the wavy 
texture are uncommon, and most areas of DMT that 
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Figure 1. Examples of the major classes of dissected mantle terrain. a) localized complete removal; smooth intact mantle 
adjacent to areas of complete removal (on shadowed slopes); layers of the mantle are visible on the shaded side of the right-hand 
slope. b) knobby texture; areas of smooth mantle adjacent to areas of incomplete removal; typically grades intoor is found with c) 
areas of wavy texture, which have a lineated appearance. d)  large scallops and total mantle cover; this mantle unit is thicker than 
in a) and the substrate is not visible; mantled areas poleward of this morphology are typically not dissected

fall within this category exhibit both knobby and wavy 
textures. The wavy texture can appear quite dune-like, 
but can be distinguished from dunes by its occurrence 
on steep slopes (with “waves” oriented perpendicular 
to slope direction), gradation into areas of smooth 
mantle (not superposed on the mantle), and gradation 
into areas of knobby texture. This morphology, 
specifically the knobby texture, is often found on the 
surface of lobate debris aprons and thicker mantle 
deposits on pole-facing crater walls. The knobby and 
wavy texture is most commonly found between ±30-
55°, with a peak occurrence at ~ ±45° (Fig. 3b). 

Scalloped Terrain  The third and final erosional 
from of the DMT that we have observed is 
characterized by removal or depressions of large 
sections of mantle, giving the surface a “scalloped” 

appearance (Fig. 1d). This morphology is not as 
spatially extensive as the previous two, but is quite 
common in several localities (such as northern Utopia). 
Typically found at latitudes greater than ±40°, with a 
peak occurrence at ~ ±55° (Fig. 3c), this style of 
erosion transitions from small “scallops” at lower 
latitudes to large “scallops” (Fig. 3d) at higher 
latitudes. The wavy texture described above commonly 
grades into the small scallop texture, with no well-
defined  boundary. The mantle associated with this 
morphology is typically thicker than the mantle found 
at lower latitudes, lacks craters, and is commonly 
associated with polygons and cracks, which may be 
related to periglacial processes [15]. The depth of the 
scallops varies from several meters to several tens of 
meters, but the substrate is typically not exposed. This 
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also suggests that the mantle is much thicker at higher 
latitudes than at latitudes where the localized complete 
removal and knobby and wavy textures are observed. 
The scalloped terrain and the surrounding intact mantle 
often have a bumpy, stippled texture that is 
characteristic of the undissected, mantled regions at 
high latitudes [10].  
 

 
 
Figure 2.  Distribution of examined MOC images with 
DMT (white) and images with multiple layers of 
mantle (yellow). This type of layered mantle is 
primarily found between ±30-40°. 
 

Total Mantle Cover  MOC images that are 
completely mantled with the deposits discussed above, 
with no exposed substrate, are classified as regions of 
“total mantle cover”. As previously mentioned, areas 
where large “scallops” are found often fall into this 
category, where regions of small “scallops” (lower 
latitudes) do not. This is visible in Fig. 3c, which 
shows that the latitude range of total mantle cover 
encompasses part of the scalloped terrain distribution. 
It should also be noted that most areas of total mantle 
cover lie outside of the DMT latitude bands and, as 
expected, lie within the mantled latitude bands. This 
category of total mantle cover is not part of the DMT 
subset of MOC images, but rather a separate category. 
This category was not part of our initial classification 
and thus represents an incomplete subset of the 13,000 
MOC images examined. This is evident by the spatial 
heterogeneity of this category (Fig. 4), which we 
believe is solely due to a smaller sample size relative 
to the other categories. Latitudes greater than ~ ±60° 
are believed to be completely mantled at all longitudes, 
which is supported by the Mars Odyssey neutron 
spectrometer and GRS data [12, 13, 14]. 

Discussion:  The latitude distributions and 
frequency of occurrence of these different 
morphologies (Figs. 3, 4) suggests that sublimation, 
erosion, and removal of the latitude dependent mantles 
is gradational. The lowest latitudes that contain the 
DMT are dominated by localized complete removal of 
a smooth, layered mantle. The occurrence of this 
morphology decreases with increasing latitude and 
grades into a knobby and/or wavy texture. This style of 
incomplete dissection represents the transitional zone 
between localized complete removal and total mantle 
cover. This can be seen by the Gaussian-like shape of 

the knobby and wavy histogram (Fig. 3b), which has 
an upturn as localized complete removal decreases and 
a downturn as total mantle cover increases. The DMT 
latitude bands are regions of transient stability of near-
surface ground ice, which is controlled by obliquity, 
precession, and eccentricity [16]. Stable in these 
latitudes during previous periods of high obliquity, 
near-surface ice-rich deposits are currently unstable 
and would experience sublimation and erosion, 
consistent with the presence of the DMT [5]. The 
different erosional styles of the mantle in these regions 
may be a result of the slow poleward progression of 
the maximum zone of erosion due to ice-instability. As 
obliquity decreases, the equatorial latitudes would be 
affected first, the mid-latitudes second, and the high-
latitude regions last.   

The observation that the maximum removal 
(localized complete removal) of the DMT occurs at the 
lowest latitudes where the mantle is observed is in 
agreement with this. Furthermore, incomplete removal 
(knobby and wavy morphology) of the DMT may 
represent thicker mantle units at slightly higher 
latitudes that are still experiencing erosion today 
(though any ice currently present would probably 
reside below a meters-thick desiccated layer). These 
mid-latitude regions would be the previous maximum 
zone of erosion due to ice-instability, in which most or 
all of the ice has been removed and the lag deposits of 
loosely cemented dust are now being removed by 
strong winds. The highest latitudes, which are eroded 
the least (total mantle cover), may represent even 
thicker mantle deposits that are experiencing minimal 
sublimation and erosion today. In this scenario, the 
regions of large “scallops” (centered at ~ ±55°) would 
be the current maximum zone of erosion due to ice-
instability and poleward limit of dissection due to near-
surface ice instability. As obliquity increases 
(decreases), new ice-dust layers would be deposited 
(removed) at lower latitudes, with the equatorward 
extent determined by the amount and rate of water 
vapor transport and the maximum (minimum) 
obliquity. The mantles are smooth, locally 
homogeneous layers that cover the surface uniformly, 
independent of local geology, topography and 
elevation. This morphology is most consistent with an 
orbitally-driven airfall deposit [5, 8, 9]. Moderate-to-
high obliquity periods of minimal or non-deposition, 
coupled with moderate-to-low obliquity periods of 
extensive removal would cause “unconformities” in 
this layered sequence. The mantle observed in the 
transitory mid-latitude bands may have been deposited 
in this manner, which could account for the differences 
in degradation and crater frequencies between 
superposed layers.  

Conclusions: Latitude-dependent layers, 
interpreted to be atmospherically derived ice-dust 
deposits, exhibit a variety of textures, morphologies, 
and characteristics. The mid-latitude bands, which host 
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the DMT, viscous flow features, lobate debris aprons, 
and terrain softening, have been regions of ephemeral 
ice-stability over the past few million years. The 
textures and degradation states of the mantle observed 
in these latitudes today suggest sublimation, erosion, 
and removal have been the dominant processes since 
their emplacement. The smooth, thicker, intact mantles 
observed at higher latitudes, regions of temporally 
longer ice-stability, suggest that these same processes 
have not been dominant at these latitudes in recent 
history. Accumulation of ice-rich mantle layers at high 
latitudes and removal of ice-rich mantle layers at lower 
latitudes accounts for the variations in thickness, 
texture, degradation state, and may be linked to 
differences in past or present composition (i.e. ice 
content) of the mantles. Examining the morphologies 
and characteristics of these terrains gives insight into 
where ice-rich deposits exist on or below the surface 
today that could be accessed by future robotic 
missions. 
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Figure 4.  Distribution MOC images with localized 
complete removal (yellow), knobby and wavy (blue), 
and scalloped and total mantle (red) morphologies. 
These three categories show a remarkable latitude 
dependence. Degree of erosion and removal decreases 
with increasing latitude in each hemisphere. 
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Figure 3.  Histograms of the major morphologies of 
the mantle terrain. Data is in 2.5° latitude bins. a) 
localized complete removal. b) knobby and wavy 
dissection. c) scalloped (orange) and total mantle cover 
(red). 
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Introduction:  The martian surface is dominated by 

igneous materials whose mineralogy and composition 
have been investigated through remote sensing studies 
[e.g. 1,2]. MGS TES identified two major spectral 
shapes that dominate the dark regions of Mars [1].  The 
spectral type interpreted as plagioclase-rich basalt [1,2] 
occurs almost exclusively in dark regions of the south-
ern highlands and Syrtis Major while the spectral type 
interpreted as plagioclase- and glass-bearing andesite 
(or basaltic andesite) is found in dark regions across 
the planet [1]. 

The interpretation of the latter spectral shape as 
andesitic largely depends on the SiO2-rich nature of the 
glassy component utilized in deconvolutions of TES 
spectra [1]. The compositions of the glasses utilized in 
the TES deconvolutions originate from analyses of 
interstitial glasses found in andesitic rocks [3]. How-
ever, these interstitial glass compositions may not be 
relevant to the mafic lithologies observed by TES in 
southern highland and Syrtis Major dark regions and 
present in the current collection of the martian meteor-
ites.  How do the compositions and spectral properties 
of interstitial glasses present in mafic materials compare 
to those of glasses currently available as deconvolu-
tion endmembers?  Could incorporation of new glass 
endmembers into deconvolutions of TES spectra alter 
conclusions about the mineralogy and composition of 
dark region materials?  This work seeks to answer these 
questions by establishing the compositions and spec-
tral characters of interstitial glasses relevant to mafic 
igneous rocks on Mars. 

Relevant Compositions:  Basaltic materials on Mars 
can be divided into two categories: martian meteorite 
basalts and TES basalts.  Martian meteorite basalts 
have FeO-rich, Al2O3-poor (relative to most terrestrial 
basalts) compositions which result in pyroxene-rich, 
plagioclase-poor mineralogies (Table 1, [e.g. 4]).  The 
martian meteorite basalt composition in Table 1 has 
been linked to members of each major martian meteorite 
class: shergottites [5], nakhlites [6] and Chassigny [7]. 
TES basalt has plagioclase as a dominant component 
[e.g. 2], which leads to a compositional and mineralogi-
cal resemblance to terrestrial basalts (Table 1). The 
connection between TES basalt and terrestrial basalts 
is demonstrated by the good qualitative match of Dec-
can flood basalt and TES basalt spectra [2]. The two 
basalts offer starting comp ositions from which to ex-

plore the range of interstitial glass compositions that 
could be present in martian basaltic lithologies. 

Dry interstitial melts. The crystallization of basalts 
containing no water leads to a specific set of interstitial 
melt compositions.  Laboratory studies of martian me-
teorite and terrestrial (in analogy to TES basalts) basalt 
crystallization provide insight into interstitial melt com-
positions that result from dry basalt crystallization [e.g. 
4,8]. Interstitial melt compositions in basalts (terrestrial 
or martian) remain basaltic over large portions of the 
dry basalt crystallization sequence because the propor-
tion of SiO2 that plagioclase and pyroxene remove from 
the melt during crystallization roughly equals the SiO2 
content of the initial basalt. Interstitial melt composi-
tions initially resemble the composition of the initial 
basalt but continuous plagioclase and pyroxene crys-
tallization eventually lead to basaltic interstitial melts 
that are MgO-poor, Al2O3-poor and FeO-rich relative to 
the initial basalt comp osition [e.g. 8].  

The interstitial melt composition of a crystallizing 
dry basalt deviates from a basaltic composition upon 
crystallization of Fe-Ti oxide minerals. The removal of 
Fe-Ti oxides, which contain no SiO2, from a crystallizing 
basalt causes the SiO2 content of the interstitial melt to 
increase leading to andesitic interstitial melt composi-
tions. At large enough degrees of crystallization (80-
90%), Fe-Ti oxide crystallization leads both terrestrial 
and martian meteorite basalts toward similar SiO2-
enriched interstitial melt comp ositions (Table 1, Figure 
1).  A factor that can also influence Fe-Ti oxide crystal-
lization is the oxygen fugacity (fO2) of a crystallizing 
basalt.  Higher fO2’s facilitate and lower fO2’s hinder 
Fe-Ti oxide crystallization [e.g. 4]. Compositions of in-
terstitial melts during dry basalt crystallization are rela-
tively insensitive to changes in oxygen fugacity, how-
ever, because Fe-Ti oxide crystallization occurs in the 
late stages of basalt crystallization even in FeO-rich 
basalts at moderately high fO2’s [4]. 

 Overall, interstitial melts that are relevant to dry 
crystallization of basalts associated with Mars can be 
grouped into three compositions (Table 1): 1) basalts 
that resemble the comp osition of the initial basalt 
(whether it is terrestrial or martian), 2) basalts that are 
MgO-poor, Al2O3-poor and FeO-rich relative to the 
initial basalt composition and 3) SiO2-enriched melts 
produced after large degrees of crystallization. 
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Table 1: Melt (glass) compositions expected in basaltic martian lithologies 
 Martian meteorite 

basalt1 
TES (terrestrial) 

basalt2 
Dry interstitial 
basalt (90%)3 

Wet interstitial 
basalt (50%)4 

Wet interstitial 
basalt (80%)5 

SiO2 51.5 50.7 56.9 59.8 66.2 
Al2O3 8.7 13.0 11.1 12.9 11.7 
TiO2 1.6 2.1 0.7 1.0 0.7 
MgO 7.1 6.3 1.0 1.4 0.9 
FeO 19.0 14.9 15.6 11.1 8.5 
CaO 8.5 9.3 7.4 6.2 4.3 
Na2O 2.3 2.8 2.9 3.8 4.0 
K2O 0.8 0.4 1.6 1.0 1.6 
P2O5 - 0.3 1.5 0.7 0.4 
MnO 0.5 0.2 0.2 0.3 0.3 

 
1 Initial melt composition for martian meteorites from [7]; consistent with similar melt compositions compiled by [5]. 
2 Initial melt composition of Deccan flood basalt that yields spectral match to TES basalt lithology [2]; composition 
normalized from 97.8% (~2.3% LOI) to 100%. 
3 Interstitial melt composition remaining after 90% dry crystallization of a basalt; derived from experiment results of 
[4]. 
4 Interstitial melt composition remaining after ~50% hydrous crystallization of a basalt; the composition resembles 
that of the interstitial melt composition in column 3; derived from experiment results of [4]. 
5 Interstitial melt composition remaining after 90% hydrous crystallization of a basalt; derived from experiment results 
of [4]. 

 
 
 
 
 

 
 
 

                       
Figure 1: Graphical representation of melt (glass) compositions relevant to martian basaltic lithologies. Red 
square = initial martian meteorite basalt; blue square = initial TES basalt; filled diamond = dry interstitial melt 
and wet interstitial melt after 50% crystallization; open diamond = wet interstitial melt after 80% crystallization. 
Interstitial melt compositions currently available in endmember libraries fall off the plot in the rhyolite field.  
Figure adapted from [3]. 
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Hydrous interstitial melts. Water has a known 
and significant effect on the composition of interstitial 
melts of a crystallizing basalt. Water hinders crystalli-
zation of silicate minerals but does not affect crystalli-
zation of Fe-Ti oxides, which effectively shifts the 
timing of Fe-Ti oxide crystallization to earlier in 
thecrystallization sequence of a hydrous basalt. The 
early and continuous crystallization of Fe-Ti oxides 
leads to an early and steady increase in the SiO2 con-
tent of interstitial melts during hydrous basalt crystal-
lization. Interstitial melt compositions are initially ba-
saltic, transition to andesitic compositions near ~50% 
crystallization and to dacitic compositions near ~80% 
crystallization (Table 1). The andesitic interstitial 
melts in hydrous basalts are similar in composition to 
the interstitial melt comp ositions in dry basalts at 
~90% crystallization (Table 1). Oxygen fugacity is 
more effective at influencing the composition of hy-
drous interstitial melts than dry interstitial melts. Hy-
drous basaltic melts crystallizing at higher fO2’s reach 
more SiO2-rich melt compositions for a given degree 
of crystallization than those crystallizing at lower 
fO2’s. At the highest oxygen fugacities associated 
with martian igneous processes (QFM, [9]), however, 
the SiO2 contents of interstitial melts do not exceed 
dacitic SiO2 contents [4]. 

While the interstitial melts of steadily increasing 
SiO2 content that exist at each stage of hydrous basalt 
crystallization could exist in martian basalts, three 
compositions should be broadly representative of 
interstitial melt compositions expected in crystallizing 
hydrous basalts: the initial basalt composition, the 
interstitial melt composition present at intermediate 
degrees of crystallization and the interstitial melt that 
is present at large degrees of crystallization (Table 1). 

Spectral Properties: With a range of interstitial 
glass compositions established that are relevant to 
martian mafic comp ositions (Table 1), the spectral 
variability represented by these compositions must be 
determined.  The interstitial glasses predicted to exist 
in martian mafic lithologies are expected to have spec-
tral differences from the glasses used in TES decon-
volutions, as demonstrated by Figure 2.  The signifi-
cant differences that exist between spectra of glasses 
with basaltic and rhyolitic compositions underscore 
the need for incorporating the spectra of glasses of a 
range of compositions into endmember libraries util-
ized for deconvolution of martian spectra. 

 
 
 
 
 
 

Future Work:  We intend to synthesize glasses 
of the compositions listed in Table 1 and obtain ther-
mal infrared spectra of the glasses in order to deter-
mine the spectral differences between them and the 
currently available glass endmembers used in TES 
deconvolutions. The spectra will ultimately be incor-
porated into mineral libraries used in deconvolution 
exercises. 
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Figure 2: Mid-infrared spectra of two glasses.  The 
emissivity spectrum of obsidian (blue) is from the 
glass endmember utilized in deconvolution of TES 
spectra.  The biconical reflectance spectrum (pink, 
converted to emissivity) of basalt is from a pure 
glass of martian meteorite basalt composition [10]. 
The biconical reflectance spectrum of the basalt is 
not strictly comparable to the emissivity spectrum of 
the obsidian, but the spectra are sufficient to dem-
onstrate the significant differences in spectral char-
acter of glasses of differing compositions. 
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Introduction:  With the release of Mars Odyssey 
Gamma Ray Spectrometer (GRS) results [1-3], which 
indicate the presence of vast reservoirs of near-surface 
ice in the martian polar regions (Figure 1), we are pre-
sented with an exquisite dilemma.  These deposits, 
which are present as far down as 60º latitude in both 
hemispheres, are consistent with the suggestion of 
thermal models that ice will be best protected in these 
extended regions during periods of higher obliquity [4-
5].  However, the current paradigm regarding the 
placement of these deposits, i.e., diffusive deposition 
of water vapor, appears to be inconsistent with the 
large volume mixing ratios (~70%) inferred from the 
GRS data.  This apparent conflict argues that diffusion 
alone cannot be the primary mechanism for the crea-
tion of these reservoirs, and that an alternate, large-
scale process should be considered. 

Further, images of mantled, fretted and otherwise 
disaggregated terrain [6-9] (Figure 2) suggest that a 
more periodic volatilization/devolatilization is taking 
place on the martian surface, and may be more spa-
tially widespread than previously thought.  Areas of 
“pasted on” terrain on crater walls appear to show sur-
face ice draped by a fine, dust mantle, while numerous 
MOC images of the mid-latitudes (30°-70°) reveal 
broken-up, mantled terrain that bears the morphologi-
cal signature of past glacial or volatile-rich material.  
In many instances, such surface deposits appear to be 
cemented or otherwise physically altered.   

 

 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 

Based, then, on theoretical models, spacecraft ob-
servations, and new climate modeling of Mars’ orbital 
cycles [10], we are led to an alternate conclusion about 
the ice deposits:  that they form as subaerial ice sheets, 
the result of atmospheric saturation and direct surface 
deposition.  This scenario not only provides a simple 
explanation for these observations, but may also help 
explain the formation of globally distributed, sedimen-
tary-layered deposits 

Figure 2: Volatile rich material in the high southern 
latitudes indicated by apparent flow down channel wall. 

 
 
 
 
 
 
 
 
 
 
 
 
 
Figure 1:  Surface ice distribution in northern (top) and 
southern (bottom) hemispheres, poleward of 60º latitude.  
Ice is nearly ubiquitous in polar regions. 

 

Spacecraft Observations:  Maps generated by 
the Mars Odyssey GRS team reveal the presence of 
massive ice deposits at latitudes poleward of 60º.  The 
depth to which the GRS instrument is sensitive is de-
pendent on the abundance on neutron-moderating hy-
drogen atoms, and therefore, is most shallow in re-
gions with a high hydrogen abundance.  We can thus 
infer that such deposits may be found only a few to a 
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few tens of centimeters below the surface, and are 
likely covered by a dessicated surface layer [1].  The 
thickness of such deposits is uncertain, but, by assum-
ing or stipulating values for surface thermal inertia, 
conductivity and crustal heat flow, as in [11], we can 
estimate that the bottom of such an ice rich layer is on 
the order of hundreds of meters deep. 

The GRS results show a distribution of near-
surface ice quite similar to the results of [4-5], based 
again, on the physical and thermophysical properties 
of the regolith.  In their diffusion models, water vapor 
passes through the pore spaces of the soil, in response 
to the ambient vapor pressure of the overlying atmos-
phere, a value which is, in part, orbitally-driven.  As 
obliquity varies, this vapor can freeze, sublimate and 
adsorb within and onto the regolith grains, according 
to the thermal forcing at any particular location.  One 
assumption of these models is the porosity of the soil, 
which, even for poorly-consolidated regolith, never 
exceeds ~40%.  In other words, the available volume 
for water vapor within the pore space is limited to 
40%.  The GRS data, however, yields abundances that 
are extremely high—as much as 70% by volume in the 
polar and sub-polar regions, and therefore emplace-
ment via diffusion does not seem wholly consistent 
with GRS observations. 

Ice Deposition Model:  We propose that ice sheets 
form at the surface, with diffusion into the subsurface 
being of only secondary importance.  Results from a 
full general circulation model (GCM) [10] support this 
contention.  Whereas presently ice is stable only at the 
poles (Figure 3a), under periods of higher obliquity, 
the latitudes of stable, perennial ice change.  An in-
crease in obliquity to 35º--approximately that reached 
at the last obliquity maximum—shifts this zone of sta-
ble water ice towards the mid-latitudes, between 50º 
and 70º (Figure 3b).  Ice will be deposited in large, 
localized sheets, predominantly during the wintertime, 
and in locations of favorable surface properties (i.e. 
high thermal inertia) and favorable atmospheric dy-
namics.  This ice, deposited at a rate of several milli-
meters to a centimeter per year, will survive through 
the summer.  Over time, ice in such regions may ac-
cumulate to potentially significant depths—model re-
sults indicate up to several tens of meters may be de-
posited locally over the course of a single high obliq-
uity excursion.   

Increasing obliquity to 45º, which is representative 
of the high obliquity excursions of 5-10 million years 
ago, pushes this region of stable water ice into the 
tropics, equatorward of 30º latitude (Figure 3c).  Under 
such extreme conditions, the deposition and accumula-
tion of ice is even more substantial, and may, in fact, 
be limited by the amount of volatiles available for sub-

limation and transport towards the tropics, a point we 
shall address in the next section. 

Based upon these model results, it seems possible 
that the GRS signature we are observing is not the 
present-day diffusion and freezing of water ice in pore 
space below a preexisting surface, but rather the rem-
nant of a deposited ice sheet(s) during past high obliq-
uity phases, covered by a lag. 

 
 
 
 

 
 

 
 
 
 
 
 
 
 
 
 
Figure 3a:  Zonally-averaged surface ice (±75º 

latitude) at 25º obliquity run for 34 simulated martian 
years.  Ice abundance is in µm. 
 

 

 
 
 
 
 
 

 
 
 
 
 
 
 
 
 
 
 
 
 
 
Figure 3b:  Same as Fig. 3a, but for 35º obliquity.  

Ice abundance is in cm.  Surface ice predominantly 
located in high mid-latitudes, between 50º-70ºN lati-
tude. 
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Figure 3c:  Same as Fig. 3a, but for 45º obliquity.  

Ice abundance is in cm.  Surface ice predominantly 
located in tropics, between ±30º latitude. 

 
 
Dusty Ice Sheets:  Given a layer of pure water ice, 

we should expect sublimation to occur on timescales 
roughly equivalent to deposition, hence these large 
sheets would disappear on roughly 104 year timescales, 
leaving no residual by the occurrence of the next 
obliquity cycle.  However, the inclusion of a small 
fraction of dust with the ice, can alter the behavior of 
the ice dramatically.  We currently see exposed dust- 
and ice-rich regions on the martian surface (most nota-
bly the polar layered deposits [PLD]), so it is clear that 
a process of dust entrainment, deposition or sedimenta-
tion must take place during the creation of these areas.  
It has been suggested [12] that higher obliquity states 
are associated with higher atmospheric dust abun-
dances, so it is reasonable to assume that these lower 
latitude ice regions may contain at least a similar frac-
tion of dust than present-day polar regions.   

As the surface ice becomes unstable and sublimes, 
the dust will accumulate near the surface, slowly creat-
ing a thicker lag deposit, and lowering the ability of 
subsequent water vapor to reach the atmosphere.  Such 
a lag deposit of perhaps only a few tens of centimeters 
to a meter [13] is all that is required to maintain the 
stability of the underneath ice.  The dry valleys of Ant-
arctica provide a terrestrial analog to this process.  
Marchant et al. [14] indicate the presence of such a lag 
deposit (“sublimation till”) over Miocene-aged glacier 
ice in the Beacon Valley, Antarctica that has effec-
tively shielded the remaining glacier ice from further 
sublimation.  The required depth of such a till was 
between 40-70cm.  Assuming a 10% dust content on 
martian ice (and that the martian atmosphere behaves 
in a similar way to the terrestrial one), it would require 

the sublimation of 4-7m of surface ice to achieve simi-
lar depths. 

Once the lag deposit is in place, remaining ice 
would be effectively shielded for the remainder of the 
obliquity cycle, or ~105 years.  Slow diffusion up 
through the lag, and down into the regolith may still 
occur, but on timescales sufficiently long to insure the 
survival of some ice over obliquity timescales.  This 
process may reoccur during the next obliquity cycle, 
creating a new dust/ice layer on top of any previously 
existing dust/ice layers. 

 

As we mentioned in the previous section, during 
very high obliquity, the deposition of surface ice may 
be source-limited, a result of the very process we in-
voke to maintain ice stability at lower latitudes.  
Should sublimation at the polar caps become too ex-
tensive, a sublimation lag may develop, cutting off the 
primary source of volatiles to the rest of the planet.  So 
while ice may be stable in the tropics, for example, at 
45° obliquity, there may be a lack of vapor with which 
to build up a substantial tropical ice reservoir. 

We may speculate about processes by which such a 
constraint may be avoided.  A novel approach involves 
the “scrubbing” of the atmosphere during low obliq-
uity periods, as water ice returns to the poles.  During 
low obliquity, the maintenance of a strong polar vortex 
may inhibit the transport of dust to the poles, while 
allowing atmospheric vapor to readily diffuse pole-
ward.  Along with the concentration of surface ice due 
to the unequal surface areas involved, this mechanism 
may make the development of a sublimation lag ex-
tremely difficult in the poles. 

And so we have developed a simple mechanism for 
the global distribution of water ice by invoking only 
orbital parameters and the thermophysical conditions 
of the surface, which is illustrated in Figure 4.  The 
deposition of a layer of dusty ice at a given location 
will commence once ice at that latitude becomes stable 
(b).  The period of time for which ice will be deposited 
is clearly dependent on the length of time that obliq-
uity is above some “critical” value, which is different 
for each latitude.  Once Mars’ obliquity drops below 
this “critical” value, ice at lower latitudes is thermally 
unstable, and will quickly sublime (c), leaving behind 
the residual lag deposit.  For the remainder of the 
obliquity cycle, ice beneath this lag is quasi-stable and 
will remain at least until the following obliquity cycle 
(d).  At this point, we argue that one of two processes 
may occur.  If obliquity again rises above the “critical” 
value, a new layer of ice and dust may form on the 
new surface.  Such behavior may already be seen in 
the PLD, for which exposed layers of ice-dust-ice are 
readily apparent.  If, however, obliquity does not again 
rise above the “critical” value, subsequent mechanisms 
may act to modify the surface and near surface, includ-

Sixth International Conference on Mars (2003) 3145.pdf



ing the deposition or movement of dust or sand, and 
other processes responsible for creating the surface 
morphology observed in these regions. 

 
References: [1] Boynton, W.V. et al. (2002) Sci-

ence, 297, 81-85. [2] Feldman, W.C. et al. (2002) Sci-
ence, 297, 75-78. [3] Mitrofanov, I. et al. (2002) Sci-
ence, 297, 78-81. [4] Mellon, M.T. and Jakosky, B.M. 
(1993) JGR, 98, 3345-3364. [5] Mellon, M.T. and Ja-
kosky, B.M. (1995) JGR, 100, 11,781-11,799. [6] 
Mustard, J.F. et al. (2001) Nature, 412, 411-414. [7] 
Carr, M.H. (2001) JGR, 106, 23,571-23,594. [8] Ma-
lin, M.C. and Edgett, K.S. (2001) JGR, 106, 23,429-
23,570. [9] Kreslavsky, M.A. and Head, J.W. (2002) 
GRL, 29, 1719. [10] Mischna, M.A. et al. (2003) JGR, 
in press. [11] Mellon, M.T. et al. (1997) JGR, 102, 
19,357-19,369. [12] Toon, O.B. et al. (1980) Icarus, 
44, 552-607. [13] Hofstadter, M.D. and Murray, B.C. 
(1990) Icarus, 84, 352-261. [14] Marchant, D.R. et al. 
(2002) GSA Bulletin, 114, 718-730. 

Discussion:  We have shown that the existence of 
mantled ice sheets in the high latitudes of Mars where 
the GRS water abundance is highest appears plausible 
on the basis of imaging observations [6-7];  indeed, 
some of these observations suggest the presence of 
more extensive and now substantially devolatilized 
deposits at even lower latitudes [6].  We note that this 
scenario suggests something foundational to our un-
derstanding of Mars climatic and geologic history:  
that ongoing volatile redistribution due to changes in 
obliquity and other orbital elements can generate ex-
tensive sedimentary deposits of ice and/or lag.  Accu-
mulation of these units may be an important mecha-
nism in the formation of mid- and low-latitude layered 
terrains [8].  The advantage of the layering mechanism dis-
cussed above is its simplicity.  A single mechanism for 
ice distribution can be used to explain both layered 
volatile and layered sedimentary deposits presently 
observed on the martian surface [8].  It requires no ad 
hoc assumptions about the properties of the surface, or 
the presence of liquid water.  Indeed, the only assump-
tion we must make (which is well grounded) is that 
dust must be present along with ice during deposition. 

 

Sixth International Conference on Mars (2003) 3145.pdf
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 

 
 
 
 
 
 
 
 
 
 
 

 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
Figure 4:  Timeline of surface layering mechanism over obliquity timescales (indicated times are phase dura-
tions, not accumulated time during process). a) initial exposed regolith b) becomes site for residual ice deposi-
tion due to variation in astronomical elements.  Accumulation goes on for ~104 yrs before c) elements change 
again, area becomes unstable for water ice and net sublimation occurs. However, dust in ice accumulates dur-
ing sublimation, and generates an isolating lag within 101-102 years than can d) greatly reduce ice loss over an 
astronomical cycle. The cycle can continue, developing layers or area may become buried in unconsolidated 
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Introduction:  High Energy Neutron Detector 

(HEND) is the part of Gamma-Ray Spectrometer suite 
onboard NASA Mars Odyssey orbiter [1-4]. During 16 
months of mapping stage of Odyssey mission HEND 
has accumulated the set of maps of neutron emission 
of Mars at more than seven decades of energies range 
from the Cadmium threshold of 0.4 eV up to 15 MeV.  
These maps present very large variations of neutrons at 
different regions of Mars and they also show quite 
strong changes along Martian seasons.  

Data reduction: Neutron emission from the sur-
face of Mars is produced by the bombardment of ga-
lactic cosmic rays, which freely propagate through the 
thin atmosphere. The flux of neutrons is generated in 2 
meters of subsurface and leak up to the orbit of Odys-
sey through the atmosphere. HEND measures neutrons 
on the orbit with altitude of about 400 km. The flux of 
cosmic rays in the vicinity of Mars was quite stable. 
All strong solar particle events were excluded for 16 
months of the accomplished mapping, but the thick-
ness of atmosphere has been changed and the seasonal 
deposition of carbon dioxide took place at polar re-
gions of Mars. Therefore, to study the content of water 
in different regions  one has to study frost-free surface 
of Mars, when there is no seasonal deposition of CO2, 
and to take into account the variable thickness of the 
atmosphere. Time variations of neutron flux from 
Mars due to winter deposition of CO2  are considered 
in the another paper [5]. In the present paper we will 
study the spatial variation of neutrons from the frost-
free surface of Mars, which represents the difference 
of water content in the subsurface. The maps of neu-
tron flux on the orbit above the frost-free surface of 
Mars are presented in Figures 1 and 2. 

We split the entire surface into 32 regions with 
similar fluxes of neutrons. The regions may be distin-
guished one from anther not only by neutrons emis-
sion, but by geological properties, elevation, surface 
morphology, etc. The key criteria for selection of a 
particular region is applicability of the single model 
for its description with the set of particular parameters 
for subsurface water distribution. The subject of this 
paper is to develop the models of vertical distribution 
of shallow water for the set of 32 distinguishable re-
gions of Mars, which provide the best fitting of HEND 
observational data measured above them.  The set of 

32 regions include the Solis Planum, Terra Meridiani, 
Arabia Terra, Isidis Planitia, Elysium Planitia, Valles 
Marineris and Tarsis Monts at the equatorial belt, Hel-
las Planitia, Acidalia Planitia and Utopia Planitia at 
medium latitudes, several polar regions with water-ice 
rich permafrost around the north and south poles.  

 
Fig 1. Emission of epithermal neutrons by frost-

free surface of Mars. 
 

 
Fig 2. Emission of fast neutrons by frost-free sur-

face of Mars. 
 

Model: The simplest description of the vertical dis-
tribution of the water in the subsurface is associated 
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with three-layered model of Mars subsurface. The up-
permost layer is the atmosphere. It is known to vary 
from day to night and with Martian seasons. The thick-
ness of atmosphere is determined according to com-
monly accepted NASA Ames model and according to 
the average elevation of the distinguished region. The 
subsurface is divided into two layers of horizontal 
stratification, which might have the different content 
of water. The upper most layer of tens centimeters may 
be relatively dry because water ice sublime into the 
atmosphere. Its has a thickness h and a water content 
ηup.  The lower layer could have higher content of wa-
ter ηdown.  

Results: The HEND observational data from 4 in-
dependent detectors is used to get the best fitting pa-
rameters (h, ηup and ηdown) of water vertical distribu-
tion for each distinguishable region of Mars.  

The variations of these parameters for different re-
gions of Mars characterize the past hydrological evolu-
tion of the planet. Possible correlation is tested be-
tween statistics of these parameters for different re-
gions and their geophysical properties and/or surface 
morphology. The origin of water-rich soil around 
equator is discussed using the models of vertical dis-
tribution of shallow water in these regions. 

The nature of Martian permafrost around poles 
with high content of water ice is considered according 
to the best fitting models. The mechanism of layered 
deposition of water at epochs with high obliquity  is   
discussed [6]. Using neutron data from 
HEND/Odyssey, the model with multiple deposition 
layers of water ice and soil is tested in the comparison 
with the model with two-layer of the subsurface.  
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Introduction:  The interest for Martian water ice 
clouds has recently taken a new extent given their 
likely involvement both in climate and in the hydro-
logical cycle [1]. Previous related microphysical 
studies have already discussed the complex interac-
tions between airborne dust and clouds [2]. Whereas 
water ice mantles upon dust cores enhance sedimen-
tation rates and thus possibly change the vertical 
distribution of dust and water, the advection of 
clouds by winds could also modulate the geographi-
cal distribution of volatiles. Within this context, only 
3D modeling based on the use of Martian General 
Circulation Models (MGCM) is able to give us a 
consistent clue of the global climatic aspects of Mar-
tian clouds.  

Alike their terrestrial counterparts, Martian 
clouds feature patchy structures that can not be eas-
ily caught by the coarse spatial resolution of GCMs. 
On the other hand, the major manifestations of Mar-
tian nebulosity, such as the “aphelion cloud belt” [1] 
or the “polar hoods” [3], evolve on horizontal scales 
that are suitable to a GCM representation.  

The study presented here is part of a project con-
ducted with the MGCM developed in a French labo-
ratory (LMD). Our final objective is to dispose of a 
model capable of simulating Martian climate while 
accounting for the radiative feedback of water ice 
clouds. The current stage of development does not 
allow us to treat the effects of clouds on the radiative 
budget. However, we have implemented a simplified 
cloud scheme enabling the prediction of nebulosity 
as a function of space and time.  

The purpose of this paper is motivated by the 
will to highlight the considerable role of clouds as a 
mobile reservoir for water. Even though [9] have 
already shown the sensitivity of the hydrological 
cycle to the microphysical properties of water ice 
crystals, we would like to give this effect a more 
quantitative assessment through a comparison of two 
cloud schemes differing by their conceptual assump-
tions. Each of these models, along with their respec-
tive results, will be compared to observational data. 
Their mutual differences will be discussed in order 
to grasp the net effect of clouds on the geographical 
distribution of water on Mars. 

Model description: “Core” component.  The 
LMDs MGCM is a grid point dynamic model devel-
oped to study meteorological phenomena of the Mar-
tian atmosphere. A complete description of both the 
dynamical and physical parts of the model is given 
in [5]. One novel aspect of this model has been 
achieved owing to the recent soundings of the TES 
spectrometer. Indeed, the geographical distribution 

of dust –the unique input of the radiation code– has 
been adjusted in order to satisfy a large set of ob-
served temperature profiles. This ad hoc prescription 
of dust guarantees a consistent background to study 
species like clouds which are extremely sensitive to 
their thermal environment. In the following, we will 
mostly emphasize the specific routines used to repre-
sent the physical processes affecting water vapor and 
ice. All the results presented throughout this paper 
have been obtained using a spatial resolution of 
48x32x25; i.e. 48 longitudinal points-32 latitudinal 
points and 25 points irregularly spread on the verti-
cal axis. 

Volatile transport.  Since variations with space 
and time of the dust quantity are prescribed, only 
water vapor and ice are physically transported in the 
model. The MGCM dynamical core includes a built-
in advection scheme (based on a Van-Leer formula-
tion) used to solve the transport of tracers by the 
model resolved winds. In addition, each phase of 
water is vertically redistributed in a way depending 
on the turbulent kinetic energy diagnosed by the 
model in each grid box. This additional transport, 
akin to a diffusion process, is commonly employed 
to simulate “eddy mixing”. This method is also ap-
plied to compute water fluxes between surface and 
air wherever a ground layer of ice is susceptible of 
subliming. 

Sources and sinks.  In a future version of the 
model, regolith adsorption will be accounted for 
together with our cloud scheme. This task is cur-
rently undergone but is not included in this version. 
As a consequence, the unique ground source of wa-
ter is prescribed north of 80°N where the water ice 
permanent cap (called NPC in the remainder of the 
paper) has been identified. A “thick” dry ice deposit 
is set south of 85°S in order to simulate cold trap-
ping by the CO2 residual cap. 

Microphysical processes.  The first cloud scheme 
(basic cloud model) does not allow water ice to be 
transported neither vertically nor horizontally; at-
mospheric water ice is not even considered as a 
tracer. This cloud scheme follows the one described 
by [6]; i.e. whenever relative humidity in a grid box 
is larger than 100%, the excess is instantaneously 
transferred to the next lowest layer. This process is 
continuously repeated all over the atmospheric col-
umn and can ultimately lead to water ice deposition 
on the surface.  
The second, “reference”, cloud scheme (evolution 1 
scheme) adopts parametrizations fulfilling most of 
the elementary requirements of microphysics. As 
mentioned previously, we do not consider dust as a 
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“physical” quantity: we therefore make abstraction 
of dust-cloud interactions. Whereas such a physical 
coupling likely influences cloud evolution, its esti-
mation suffers a lack of experimental data (for in-
stance, the efficiency of nucleation on dust grains 
remains poorly constrained). In order to keep a 
somewhat realistic approach, we specify a number of 
condensation nuclei N in each grid box as a function 
of latitude and time used as an input to our micro-
physics scheme in order to compute the mean radius 
of ice crystals in a grid box. Our method employs a 
first order moment determination of cloud properties 
since only one three dimensional field is allocated to 
water ice, namely its mass mixing ratio M. The 
variation of M during a time step is computed while 
considering processes of condensational growth, 
gravitational settling and transport.  
In both models, we have included the ability of wa-
ter ice deposits to modify surface properties. Conse-
quently, the local surface albedo is set to a value of 
0.4 wherever an ice layer thicker than 5 µm is pre-
dicted by the model. This value appears reasonable 
as regards to the work of [7].  

Simulation results: Driving mechanisms of the 
Martian water cycle have been deeply studied and 
progressively reveal their nature (e.g. [8], [4]). For 
this reason, we will only focus on the specific ques-
tion of cloudiness, assuming that salient features of 
the water cycle are already known by the reader. 

 
Figure 1: Hemispheric integrated water vapor mass (in GTon) as 

a function of solar longitude (HN: northern hemisphere, HS: 
southern hemisphere). Simulated evolution of humidity (bold and 
dashed curves) can be compared to TES data (stars and circles). 

Basic cloud model.  About eight years of simula-
tion are required to reach a steady state; i.e. interan-
nual fluctuations do not exceed 1%. As suggested by 
[10], such a spin-up timescale is necessary for dy-
namical processes to set up a latitudinal gradient in 
response to polar water abundances (which are 
forced by local thermodynamical conditions). We 
use water vapor abundances derived by the TES 
spectrometer to evaluate the consistency of the 
model predictions. Figure 1 displays the modeled 
and observed seasonal evolution of atmospheric wa-
ter vapor in both hemispheres.  

Despite an overall good match of seasonal ten-
dencies, the model fails at predicting the correct 
abundances of water vapor, having values that are a 

factor of two or three lower than observed.  

 

 
Figure 2: Seasonal and latitudinal distribution of water vapor 

abundances (in pr.. µm)-Upper graph: as predicted by the model-
Lower graph: as derived from TES soundings (Smith, 2002). 

This discrepancy is further supported by figure 2 
which clearly indicates a lack of humidity, mostly in 
the mid-latitudes regions. This statement clearly mo-
tivates the higher level of sophistication provided by 
our “reference” cloud scheme which results are pre-
sented below. 

 

 
Figure 3: Seasonal and latitudinal distribution of water ice abun-

dances Upper graph: as predicted by the model (in pr.. µm)--
Lower graph: as derived from TES soundings [16]. 

Evolution 1 scheme.  Before discussing the relative 
differences between the results of the two models, 
we first compare the distribution of clouds predicted 
by this cloud scheme to the TES data (Figure 3). 
This figure only permits to assess the qualitative 
consistency of our predictions since modeled water 
ice abundances have to be compared to observed 
cloud opacities. The orbital variation clearly appears 
as a dominant forcing for Martian cloudiness. 
Clouds preferentially evolve in the “cold zones” 
delimited by polar vortex boundaries (polar hoods) 
or by the intertropical cold and wet region of aphe-
lion (cloud belt). The predicted cloud trends com-
pare reasonably well with the observed ones, attest-
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ing of a good overall behavior of this cloud scheme. 
On the other hand, the predicted cloud mass of the 
aphelion belt is significantly larger than that deduced 
by [11] from HST observations (3 pr. µm vs. 1). 
Their estimation is however based on a crystal radius 
value of 2 µm whereas 3-5 µm are rather inferred by 
[12]. The water ice content suggested by these au-
thors could thus be too low by a factor of 2. As 
stated in [9], we also find that the aphelion cloud 
belt evolution is primarily driven by the thermal be-
havior of equatorial regions around aphelion and is 
much less sensitive to water supply from higher lati-
tudes. A noticeable asymmetry distinguishes the 
northern and the southern polar hoods. Such a state-
ment was also deduced from observations [13]. The 
northern hood is uniformly spread between the sea-
sonal cap edge and the pole and features much larger 
water ice mass than the southern one which geo-
graphical extent remains essentially confined to the 
cap edge. Although it could be argued that the south-
ern winter hemisphere is much drier than the north-
ern winter hemisphere, a more detailed analysis 
should be conducted to lighten of a potential dichot-
omy in dynamical regimes between vortices.  

 
Figure 4: Same as Fig. 2 but for evolution 1 scheme. 

As illustrated by Figure 4 and Figure 5, the pre-
dicted water vapor mass are clearly enhanced when 
the ability of water ice to be transported is accounted 
for. Results provided by this cloud scheme compare 
much better with data than with the basic scheme. 
Clouds, as a mobile reservoir for water, do not only 
change the global amount of humidity (by at least a 
factor of 2), they also change the way water is geo-
graphically distributed (Fig. 5: lower graph). Ac-
cording to this graph, this effect is mostly percepti-
ble during northern spring and summer. This change 
in partitioning water vapor between the northern and 
southern hemispheres is directly caused by the pres-
ence of the aphelion cloud belt. While transferring 
any supersaturated excess of water vapor to lower 
layers, the basic scheme unrealistically enhances 
water confinement. 

 
Figure 5: (Upper graph) Hemispheric integrated water vapor 

mass (in GTon) (Lower graph) North to south ratio of humidity 
as a function of Ls: comparison between the evolution 1 (solid 
line), the basic cloud scheme (dashed line) and TES data (stars). 

Around aphelion, this overestimated effect imposes 
water to be relatively more sequestered in the north-
ern tropics where the ascending branch of the Had-
ley cell is located. Evolution 1 cloud scheme allows 
water ice to be kept aloft at heights corresponding to 
the return branch of the Hadley cell. The ability of 
water ice to be transported over long distances is 
questionable given the influence of water ice particle 
sedimentation upon it. On the other hand, clouds 
within the belt are submitted to a strong diurnal 
thermal cycle. The subsequent amount of water va-
por subliming out ice crystals is more efficiently 
blown southward by winds than the corresponding 
amount of water ice formed at night. The significant 
difference in predicted north to south humidity ratio 
between the two cloud schemes gives a strong theo-
retical support to the influence of the aphelion cloud 
belt on the water flux between poles [1]. Figure 6 
provides a more detailed assessment of the change in 
geographic distribution of water due to cloud trans-
port. Even though both of our cloud models fail at 
reproducing the observed mean poleward gradient of 
water in the southern hemisphere, it can be seen that 
clouds amplify water vapor abundances in mid-
latitude regions, this result being in very good 
agreement with observations. This water concentra-
tion is done at the high latitude expense. The reason 
for such a cloud effect on the water cycle is given in 
Figure 7. This graph indicates that most of water 
vapor enrichment resulting from cloud transport is 
realized during northern fall and winter when both 
hemispheres are partially covered by the CO2 sea-
sonal deposit (the biggest “black” portion of the 
graph). 
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Figure 6: Zonal and annual averages of the water vapor abun-
dances as a function of latitude, same line styles as in fig. 5. 

At this season, the presence of mid-latitudes baro-
clinic instabilities assures a strong horizontal mixing 
organized in a succession of hot and wet fronts push-
ing poleward while cold and dry fronts are moving 
equatorward. This redistribution of wet air masses is 
responsible for a water ice frost deposit theoretically 
growing thicker at the edge of seasonal caps as the 
season proceeds. This cold trapped water ultimately 
returns to poles at the end of the cap recession ac-
cording to a quasi-solid transport mechanism [4]. 
When cloud transport is accounted for, part of the 
nebulosity forming above the edge of the seasonal 
cap can be carried back to mid-latitudes, following 
cold front trajectories. Clouds blown off the seasonal 
cap may then release water vapor in the warmer 
tropical regions. According to the expected circula-
tion regime at this season, water vapor subliming out 
these detached “polar hood” clouds is then spread 
within the intertropical region by the lower south-
ward branch of the Hadley cell in a similar way as 
the cross-equatorial advection of dust storms form-
ing in the northern mid latitudes [13]. The likeliness 
of condensate hazes detaching from the polar hood is 
supported by Viking Lander data analysis [14] and 
by groundbased observations [15]. When the as-
sumption is made that cloud transport is not signifi-
cant (basic scheme), the predicted water amounts 
carried by cold fronts is weaker since cold trapping 
above the cap edge is much more effective in this 
case.  

Conclusion: The “wet” exchange between the 
polar hood and the mid latitudes provides a powerful 
mechanism counteracting the “quasi-solid” return 
flow of water towards the NPC. In a sense, clouds 
can be seen as a humidifying agent of the Martian 
atmosphere since they allow a greater amount of 
water to be extracted from the NPC (an effect that is 
not detailed in the paper) while forcing water to be 
more concentrated in mid latitude regions during fall 
and winter seasons, the latter effect being realized at 
the expense of the CPN.  

With such an influence upon the hydrological 
cycle, water ice clouds deserve an accurate descrip-
tion when implemented in GCMs. For this reason, 
we are currently improving their modeling so to ac-
count for all interactions existing between dust and 
ice particles. The results of this new scheme will be 
presented in order to confirm the key role played by 
clouds in the spatial distribution of water. 

 

 
Figure 7: “Evolution 1” to “basic scheme” ratio of water 

vapor abundance.  
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IN SITU MEASUREMENTS OF THE PHOBOS MAGNETIC FIELD DURING THE "PHOBOS – 2" MISSION. V.G.
Mordovskaya, and V.N. Oraevsky,Institute of Terrestrial Magnetism, Ionosphere, and Radiowave Propagation (IZMIRAN), Troitsk,
Moscow region, 142190 Russia, mail: valen@izmiran.rssi.ru.

The future explorations to Mars have to take into account
the Martian satellites, Phobos and Deimos, because their sub-
stance may carry the information on an origin and evolution of
Mars.

The trajectory ofPhobos-2 provided the collection of data
in regions which are appropriate for an investigation of in-
teraction of Phobos with the solar wind and have not been
explored before. From March 22, 1989, to March 26, 1989,
at each orbit around Mars, bothPhobos-2 spacecraft and the
Mars satellite Phobos were inside the solar wind and within
the Martian magnetosphere during 3.8 h. The spacecraft was
located permanently in a vicinity of Phobos at this time and
the distances between them were 180–400 km. A sharp rise
in the regular part of the magnetic field was observed on the
circular orbits near the dayside of Phobos at distances of 180–
250 km from its center when Phobos was in the unperturbed
solar wind.

Figure 1 displays a sketch of the position of thePhobos-2
and Phobos in the projection onto the Mars ecliptic planeXoY

on March 22–26, 1989. TheX-axis points to the Sun; theX-
Y plane coincides with the orbital plane of Mars; theY -axis
points in opposite direction of the Mars orbital velocity; the
Z-axis is perpendicular toX andY .
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Fig. 1. View of the location of thePhobos-2 and Phobos
on March 22–26, 1989.

The line composed of small squares allocates the part of
the spacecraft trajectory on the circular orbit around Mars
where the magnetic field enhancements were observed. The
magnetic field enhancement in the regular part can not be really
attributed to the Mars. The S/C crossed a stationary slowly

moving structure, which approached to and then moved away
from the S/C accordingly with the scheme of the S/C flight.
The magnetic field enhancement observed near the dayside of
Phobos really attributes to the Phobos. Analyzing the data
acquired aboardPhobos-2, Mordovskaya et al. (2001, 2002)
gave evidence that Phobos has its own magnetic field and its
magnetic moment isM ′

' 10
15 A·m2. The magnetic moment

M
′ was estimated from pressure balance for the solar wind and

the Phobos magnetic field measured at the magnetopause. The
peculiarity of the rotation of the magnetized Phobos around
Mars leads to the magnetic field signatures, which, especially
the direction, are phase locked with Phobos rotation rate. Such
magnetic field signatures were observed on circular orbit of the
Phobos-2 spacecraft (Mordovskaya et al., 2002).

The morphology of the magnetic field signatures caused
by the interaction of the Phobos magnetic field with the solar
wind plasma and observed during the time interval of March
22–26, 1989 are presented in Figs. 2–4. The plot of the dis-
tance Rx between Phobos and the spacecraft versus the time of
the observation is represented in the bottom panels of Figs. 2–
4 to illustrate that the magnetic field disturbances are really
associated with Phobos. There is a clear correspondence be-
tween the disturbance of the magnetic field and the approaches
of the spacecraft to Phobos. In Figs. 2–4, the magnitude of
the observed magnetic field is marked by the solar wind pa-
rameters (Vs–the solar wind velocity in km/sec, Ns–the solar
wind density in cm−3) to illustrate that the manifestation of
the phenomenon depends on the solar wind parameters. The
arrows mark the time when the parameters were acquired.

Figures 2–4 give a lesson for the study of the solar wind
interaction with a small, magnetized object. The magnetic field
signatures observed near day-side of Phobos show the response
of the solar wind to the Phobos obstacle. The draping magnetic
field around Phobos appears at distances of 200–300 km from
the Phobos day-side, the distance depends on the solar wind
plasma parameters.

The events displayed in Fig. 2 result from the interaction
of the Phobos obstacle with the solar wind plasma having high
density (Ns) from 3 cm−3 up 12 cm−3. Figures 3 and 4 give
the examples of the interaction in the plasma with lower den-
sity, Ns is between 2 cm−3 and 0.4 cm−3. The velocity of the
solar wind changes slightly during these observations. There-
fore, the density of the solar wind plasma plays a significant
role in formation of the size and shape of the draping and
compressional region near the dayside of Phobos and around
Phobos.

The density and magnetic field of the solar wind plasma
pile up in front of the obstacle that Phobos and its magnetic field
represent to the solar wind. The pile up becomes significant
when the proton skin depth is comparable with the actual size
of the Phobos obstacle.
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Fig. 2. On the top the plot of the magnetic field signatures.
The lower graphs correspond to the time history of spacecraft
approaches to the dayside of Phobos inside the unperturbed
solar wind. a) The data from 20:15 to 22:15 on March 22,
1989.b) The data from 04:00 to 06:00 on March 23, 1989.c)
The data from 11:00 to 13:45 on March 23, 1989.
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Fig. 3. Simular to Figure 2, excepta) The data from
19:00 to 21:00 on March 23, 1989.b) The data from 03:00 to
05:00 on March 24, 1989.c) The data from 18:00 to 20:00 on
March 24, 1989. Fig. 3c shows the direct measurements of the
planetary magnetic field of Phobos.
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Fig. 4. Simular to Figure 2, excepta) The data from 02:00
to 04:00 on March 25, 1989.b) The data from 17:00 to 19:00
on March 25, 1989.c) The data from 01:00 to 03:00 on March
26, 1989.

We can take the actual size of the Phobos obstacle from
the paper by Mordovskaya et al. (2001) or estimate it from
Figure 3 c) by calculating the size of region occupied by the

planetary field of Phobos. This size is about 150–170 km and
the relevant density is 1.8–2.3 cm−3. Formation of a shock-like
structure upstream of Phobos will take place for the solar wind
plasma with density larger than 1.8–2.3 cm−3. The magnetic
field signatures in Fig. 2 demonstrate the shock-like structure
upstream of Phobos and it is seen that in this case the draping of
the field is stronger. Figures 3–4 show an absence of the shock-
like structure ahead of Phobos magnetopause and the week
draping of the field around the Phobos obstacle because the
plasma density was low. For other plasma densities observed,
the ion scale lengthls is ls=93 km for Ns = 6 cm−3; ls =

130 km for Ns = 3 cm−3; ls = 160 km for Ns = 2 cm−3; ls =

294 km for Ns = 0.6 cm−3. It easily seen that the nature of the
interaction displayed by the magnetic field signatures in Figs.
2–4 is related to the ion scale lengths. The presence or absence
of a shock-like structure ahead of the Phobos magnetopause are
consistent with the ratio of the proton skin depth to the actual
size of the Phobos obstacle. Depending on this ratio, some
ions and magnetic field line will pile up in front of the Phobos
magnetic barrier, forming fanciful patterns of the density and
magnetic field signatures. The field signatures observed are
various and depend on the density of the solar wind flow.

It is worth dwell upon an additional feature of behavior of
the plasma density and the magnetic field (see Figs. 3b and 3c).
The density value decreases by a factor of 2 in Fig. 3b and by
an order of magnitude with a closest approach to Phobos, the
decrease indicates to the absence and lack of plasma, at least
that of the solar wind, near regions adjacent to the Phobos
magnetopause.

On March 24, 1989, the dynamic pressure of the solar wind
begins to decrease. The density of the solar wind decreased
down to 0.5–1 cm−3 during this period. When the speed Vs
of the solar wind falls down to 600 km/s, it was possible to
observe a remarkable event shown in Fig. 3c. During 18:43–
19:41 on March 24, 1989 the magnetic field signature has a
sharp rise with a characteristic “magnetopause-like” behavior
demonstrating clear encounter with an intrinsic magnetic field
of Phobos. The field magnitude increased by 80% with respect
to the background level, while the plasma density value was,
apparently, close to the lower threshold of sensitivity of the
plasma detector.

In Figs. 2-4, except for Fig. 3c, the magnetic field sig-
natures are caused by the interaction of the solar wind with
Phobos. On the other hand, Fig. 3c shows the direct measure-
ments of the planetary magnetic field of Phobos. The study of
the interaction of Phobos with the solar wind plasma indicated
that the day-side obstacle of Phobos to the solar wind is over
150 km. The draping magnetic field around Phobos appears
at distances of 200–300 km from the Phobos day-side due to
the density and magnetic field pile up in front of the Phobos
obstacle. The nature of the interaction and the magnetic field
signatures observed are consistent with the ratio of the proton
skin depth to the actual size of the Phobos obstacle to the solar
wind.

In conclusion, the magnetization of Phobos substance is
0.15 CGS. The third part of volume of Phobos should consist of
a magnetic substance similar to a magnetite Fe3O4 in order to
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obtain the given magnetization of Phobos. Since the density of
Phobos is about 2 g/cm3, we can suggest two explanations for
the magnetization observed. First, Phobos is non-uniform and
there exists an immense piece of a magnetic material within
it. Second, Phobos consists of small pieces of a magnetic
substance immersed into a non-magnetic low density material.
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Introduction: Visible and near-IR (VNIR) spectra of 

both Martian bright and dark regions [e.g., 1-6] are 
characterized by a ferric absorption edge extending from 
~400 to 750 nm, with bright regions having about twice the 
reflectivity at 750 nm as dark regions. Between 750 nm to 
beyond 2000 nm, bright and dark regions have nearly 
constant and slightly negative spectral slopes, respectively. 
Depending on location, bright regions have shallow 
reflectivity minima in the range 850-910 nm that are 
attributed to ferric oxides. Similarly, dark regions have 
shallow reflectivity minima near ~950 and 1700-2000 nm 
that are attributed to ferrous silicate minerals (pyroxene). 

Among terrestrial geologic materials, the best spectral 
analogues for Martian bright regions are certain palagonitic 
tephras from Mauna Kea Volcano (Hawaii) [e.g., 7-12]. By 
definition [13], palagonite is “a yellow or orange isotropic 
mineraloid formed by hydration and devitrification of 
basaltic glass.” The ferric pigment in palagonite is 
nanometer-sized ferric oxide particles (np-Ox) dispersed 
throughout the hydrated basaltic glass matrix [10-12]. The 
hydration state of the np-Ox particles is not known, but the 
best Martian spectral analogues contain allophane-like 
materials and not crystalline phyllosilicates [12]. 

Mars Global Surveyor thermal emission spectra (TES) 
show mid-IR evidence for andesitic and basaltic volcanic 
compositions preferentially found in northern (Acidalia) and 
southern (Syrtis Major) hemispheres, respectively [e.g., 14-
16]. The absence of a ferric-bearing component in the 
modeling of TES spectra is in apparent conflict with VNIR 
spectra of Martian dark regions, as discussed above. 
However, [17] have interpreted the andesitic spectra as 
oxidized basalt using phyllosilicates instead of high-SiO2 
glass as endmembers in the spectral deconvolution. 

We show here that laboratory VNIR and TES spectra of 
palagonitic alteration rinds developed on basaltic rocks are 
spectral endmembers that provide a consistent explanation 
for both VNIR and TES data of Martian dark regions. 

Samples and Methods: Most of our work was done on 
basaltic rock HWMK124, which was collected at an 
elevation of ~4000 m on Mauna Kea Volcano (Hawaii). The 
rock had a brown rind over the entire exterior surface. 
During collection, an internal fracture surface was exposed, 
and it had a white rind. The rock was sawed to slabs ~1 cm 
thick, with opposing rind and saw surfaces. Rinds were ~100 
µm thick, based on binocular examination of polished saw 
cuts normal to the rind. Several slabs of unaltered rock with 
opposing polished surfaces (60 and 600 grit polish) were 
made to produce additional surface textures. Two size 
fractions of unaltered rock were also prepared. The 500-1000 
µm size fraction was obtained by mechanical grinding and 
wet (ethanol) sieving. The <5 µm size fraction was prepared 
by pulverization of unaltered rock in a ball mill followed by 
ultrasonic dispersement and sedimentation (both in H2O at 

pH = 9) using a density of 2.65 g/cm3 to calculate settling 
times [18]. 

For purposes of comparison, we also obtained TES 
spectra for the 500-1000 µm size fractions of basaltic glass 
(Kilauea Volcano, HI), opal-C/T (Providence Mountains, 
NV), obsidian (Mineral Co., NV), and an allophane-like 
material (Magdalena, NM). 

Thermal emission spectra (5-50 µm) were obtained using 
a modified Nicolet Nexus E.S.P. FT-IR spectrometer [19]. 
VNIR spectra (0.35-2.1 µm) were obtained using a Cary-14 
diffuse reflectance spectrometer [11]. Both emissivity and 
VNIR spectra were obtained under desiccating conditions 
(N2 purge gas derived from liquid N2). XRD and XRF data 
were obtained on fine powders of all samples using methods 
described in [e.g., 11]. 

Results: Major element concentrations are compiled in 
Table 1. HWMK124 and HWKV201 are basaltic in bulk 
composition. The elemental composition for the <5 µm size 
fraction of HWMK124 is significantly different from its 
parent basalt, presumably from contamination by the 
alumina components of the ball mill or from differential 
comminution of the basalt or both. From the XRD powder 
diffraction patterns, the major crystalline phases are 
plagioclase feldspar, olivine, pyroxene, and ilmenite. The 
samples of obsidian, opal-C/T, and allophane are high in 
SiO2 + Al2O3. The basalt and obsidian samples are volatile 
poor (LOI <1%), and the opal-C/T and allophane samples 
are volatile rich (LOI = 8 – 28%). 

Table 1. Major element concentrations and loss on ignition 
(LOI) in wt.%. 
 1 2 3 4 5 6 
SiO2 48.30 50.81 49.82 93.41 75.64 14.06
TiO2 3.27 1.76 2.33 0.05 0.10 0.00 
Al2O3 13.45 19.55 13.10 1.44 13.17 78.46
Fe2O3T 14.72 8.82 12.66 0.52 0.79 0.13 
MgO 5.86 3.89 7.69 3.35 0.08 0.13 
CaO 10.70 9.89 10.63 0.23 0.57 0.62 
Na2O 2.69 3.57 2.21 0.26 4.33 3.34 
K2O 0.75 0.95 0.40 0.32 4.80 0.01 
P2O5 0.40 0.49 0.23 0.02 0.01 0.03 
Total 100.46 98.87 99.38 99.64 99.75 99.44
       
LOI 0.76 0.93 0.44 8.15 0.14 27.81
FeO 11.62 6.91 10.14 0.19 0.40 0.12 
Fe2O3 1.81 1.14 1.38 0.31 0.35 0.00 
1 = HWMK124 unaltered interior, 2 = HWMK124 <5 µm, 
3 = HWKV201 (basaltic glass), 4 = PMDCDY1 (opal-C/T), 
5 = GLMPNV5 (obsidian), 6 = JMNM1 (“allophane”). 
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TES and VNIR spectra for samples derived from the 
interior of HWMK124 (unaltered basalt) are shown in Figure 
1. The expected decrease in TES spectral contrast (without 
change in position) for the reststrahlen bands with increasing 
surface roughness [e.g., 20] from the most polished surface 
(600 grit) to the 500-1000 µm size fraction is observed. For 
the <5 µm size fraction and in agreement with behavior at 
very small particle size [e.g., 20], the reststrahlen bands are 
absent, with only the Christiansen (~1280 cm-1) and 
transparency (845 cm-1) features present. All VNIR spectra 
show a shallow band minimum near 1020 nm which is 
consistent with ferrous iron in the olivine observed in XRD 
data. For slabs, there appears to be an increasingly more 
negative spectral slope with increasing surface roughness. 

The TES and VNIR spectra for the brown rinds on the 
rock are shown in Figure 2. The TES spectra display a range 
in behavior. Spectra at two locations (rind B and C) are 
nearly equivalent to that for the 500-1000 µm size fraction of 
unaltered rock. At three other locations (rind E1, E2, and D), 
the reststrahlen bands for the underlying rock are completely 
masked by the reststrahlen bands for the rind itself. This 
difference in behavior is not understood, but it may be 
related to rind thickness and how well the rind is coupled to 
the underlying rock substrate. The general shape of the 
brown rind spectrum (reststrahlen bands near 1100 and 450 
cm-1) is similar to that for other amorphous or poorly-
crystalline materials (allophane, basaltic glass, and opal-C/T 
in Figure 3) but not similar to those for phyllosilicates 
(Figure 4) that have an additional band near 530 cm-1. The 
VNIR spectra for the brown rinds are all similar and are 
characterized by a Fe3+ absorption edge. Note that in all 
cases the rind did not mask the Fe2+ feature associated with 
olivine (Figure 3c) 

The TES and VNIR spectra of the brown rinds, together 
with the results of previous studies of palagonitic tephra [10-
12] and exposed surfaces of young (<1.5 ka) Mauna Loa and 
Kilauea basaltic rocks [e.g., 21-23], imply a palagonitic rind 
on HWMK124. That is, basaltic glass exposed on the surface 
underwent hydration which, under oxidizing conditions, 
resulted in precipitation of nanometer sized ferric oxide 
particles in an amorphous, hydrated glass (allophane-like) 
matrix that is enriched in SiO2 + Al2O3 relative to the initial 
basaltic glass. The oxide particles are the pigment 
responsible for the Fe3+ absorption edge in VNIR spectra and 
the allophane-like matrix is the origin of the 1093 and 463 
cm-1 bands in TES spectra. The feature at 1093 cm-1 is the 
“B” spectral feature described by [21-23]. 

The TES and VNIR spectra for the white rind found in 
an interior fracture surface of HWMK124 are shown in 
Figure 3. We believe this rind is opaline silica based on its 
similarity to the TES spectrum of opal-C/T and the absence 
of a Fe3+ absorption edge (Figure 3c). The TES spectrum is 
also very similar to the thickest opaline silica coating 
deposited on a basaltic substrate in laboratory experiments 
[24]. We suggest that silica was aqueously leached from the 
parent rock and deposited in the fracture as an accretionary 
deposit of opaline silica. 

Applications to Mars: 
Palagonitic versus Andesitic Mars.  In Figure 4 we 

compare TES spectra for palagonitic rind D, two 
phyllosilicates (Fe-smectite and Ca-montmorillonite), and 

high-SiO2 glass (obsidian). The TES spectra for the 
phyllosilicates were obtained from the Arizona State 
University spectral library (version 1.5). The phyllosilicates 
and high-SiO2 glass were used as endmembers to model the 
Acidalia-type surface with the result that [14-16] concluded 
that andesitic material is present and [17] concluded 
weathered basalt is present. These seemingly contradictory 
results are possible because the spectral region where the 
phyllosilicates and high-SiO2 glass can be distinguished 
(~532 cm-1) is excluded for surface modeling by atmospheric 
CO2 [e.g., 14]. Because the palagonitic rind spectrum is 
similar to the high-SiO2 glass spectrum at all wavenumbers 
and to the phyllosilicate spectra except in the ~532 cm-1 
excluded region, it follows that Acidalia surface can be 
modeled with palagonitic alteration rinds on basaltic rocks. 

Although this study and [17] come to the same general 
conclusion regarding the possible nature of the Acidalia 
surface based on TES spectra (i.e., weathered basalt), we 
suggest that palagonitic material is favored over 
phyllosilicates on the basis of the absence of strong 
phyllosilicate H2O/OH features near 1400 and 1900 nm [e.g., 
5, 6] and the presence of a ferric absorption edge in Martian 
VNIR spectra. We favor palagonitic Mars, but cannot 
exclude andesitic Mars, based on the similarity of the VNIR 
spectra for Acidalia and Syrtis surface regions [4]. 

Composition of Martian Dust.  Figure 5a shows that the 
TES spectrum for the <5 µm size fraction of HWMK124 is 
virtually identical to the corresponding spectrum for Martian 
high albedo surfaces [25] over the region 200-1350 cm-1, 
implying an unaltered basaltic component in the dust. 
However, the HWMK124 dust does not have a ferric 
absorption edge (Figure 1) that is a characteristic of Martian 
bright regions. The TES and VNIR constraints suggest 
Martian dust is a mixture of unaltered or weakly altered 
basalt and palagonitic material, including a contribution from 
palagonitic rock rinds [26]. 

Basaltic Surface Endmembers for Mars.  The presence of 
ferric absorption edges for both Syrtis and Acidalia surfaces 
[4] implies that both might be mixtures to different degrees 
of basalt and weathered basalt. In Figure 5b we show the 
Syrtis and Acidalia spectra as published by [14] and two 
endmember spectra calculated assuming linear mixing and 
Syrtis and Acidalia surfaces that are 30% and 60% unaltered 
basalt, respectively. The calculated endmembers, 
corresponding to weathered basalt and unaltered basalt, are 
spectra calculated for 0% and 100% unaltered basalt, 
respectively. The weathered basalt endmember may imply 
that a distribution of palagonite-like spectra are present in 
which positional distribution of the ~1000 cm-1 feature is 
larger than that for the ~460 cm-1 feature. This is supposition 
not unreasonable on the basis of the spectra shown in Figure 
3. Qualitatively, the shape of the calculated basalt 
endmember implies higher proportions of olivine. 
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Figure 2. Thermal emission (a and c) and VNIR spectra (b and d) for basaltic rock HWMK124. Spectra are 
derived from brown (palagonitic) rinds on exterior surfaces and from the 500-1000 um size fraction of ground 
and sieved interior (unaltered) rock. 

Figure 1. TES (a and c) and VNIR (b and d) spectra for unaltered basaltic rock HWMK124. Spectra are from size 
fractions of interior rock and slabs of unpolished and polished (60 and 600 grit) sawed surfaces. 
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Figure 3. TES (a and b) and VNIR (c) spectra for amorphous 
or poorly crystalline materials. 
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Figure 5. TES spectra (a) for Martian high albedo surface 
and the <5 µm size fraction of HWMK124 and (b) for 
palagonitic rind, Acidalia and Syrtis surfaces, and calculated 
basaltic endmembers. 
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Figure 4. Comparison of TES spectra (a and b) for 
palagonitic rinds, two phyllosilicates, and high-SiO2 glass 
(obsidian).  
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Abstract
A great diversity in the eruptive style of Arsia

Mons volcano can be identified from THEMIS, MOC
and MOLA data.  Collectively, these data sets provide
the first opportunity to study lava shields within the
summit caldera, kilometer-scale pit craters on the
upper flanks, and the entire length of lava flows from
vent to distal flow lobes.  As such, a more complete
picture of the history of this volcano is emerging
which has both similarities to the other Tharsis Ridge
volcanoes (Pavonis and Ascraeus Montes) and
differences with Olympus Mons.

Introduction
Recent observations [1] of extensive ash

deposits near the summit of Arsia Mons volcano
(9.5°S, 238.8°E) have indicated that this volcano has
had a more complex history, including large explosive
eruptions, than had previously believed from analysis
of Viking Orbiter images [2, 3].  Data from the Mars
Orbiter Camera (MOC), the Thermal Emission
Imaging System (THEMIS), and the Mars Orbiter
Laser Altimeter (MOLA) have now provided extensive
coverage of the volcano, and have enabled a greater
diversity of volcanic features to be studied along the
NE – SW structural trend through the volcano that is
interpreted to be a rift zone [3].  The transition from
the summit caldera (elevation ~16.3 km above datum),
to the upper flanks (~12 – 16 km) and lower flanks (~7
– 12 km) is striking.  Along this potential rift zone, it is
possible to identify numerous collapse pits that are
believed to be the vents for the ash deposits [1], over a
dozen small shields on the caldera floor [2, 3], and a
complete sinuous rille/lava flow complex.  The new
insights into these features are now described.

Lower Flank Lava Flows
Daytime THEMIS IR images show almost the

entire length of a lava flow, which originates from a
vent at an elevation of ~11.3 km on the southern lava
fan (Fig. 1, 2).  Historically, it has been difficult to
identify the vent areas for lava flows on Mars [4].  We
have speculated that sinuous rilles, such as the ones
near the summit of Elyisum Mons [5], could be the
source areas for lava flows which had high effusion
rates.  However, until now it has not been possible to
trace the downslope flow(s) associated with a rille
because the rille either disappears into compound flow
units or the image does not cover a sufficiently large

area.  But on the SW flank of Arsia Mons, both the
vent and the associated distal flow fronts can be
identified in the same image.  The sinuous rille formed
~34 km from the base of the main shield and is ~65 km
long.  No enlarged source crater or topography can be
identified around the vent.  The flow extends a further
135 km downslope.  Close to the distal end, the flow
splits into four segments, which have widths of ~2.3 –
3.2 km and pronounced central lava channels.

Figure 1:  Shaded relief image derived from MOLA data for
the southern flank of Arsia Mons volcano.  The summit is
just off the top of the image.  Contours are at 500 meter
intervals, and the marked elevations are in kilometers above
Mars datum.  Notice that the upper flanks have a shallower
slope than the lower flanks.  The area of coverage of Figure
2 is also shown.  North is towards the top.

Unfortunately, MOLA data are insufficient to
measure the thickness of the flow otherwise this flow
would be an excellent candidate for modeling the
rheology of the lava as well as study the effects of
slope on flow and channel width and depth.
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Figure 2:  Mosaic of two daytime IR THEMIS images
(frames I01116001 and I01453001), showing the entire
length of the sinuous rille/lava flow sequence described in
the text.  See Figure 1 for location.

What is apparent is that the transition from sinuous
rille to lava flow occurs at a subtle break in slope on

the flank of the volcano, with the rille restricted to the
shallower slopes.  At the increase in slope, lava
appears to have spilled out of the rille and formed a
series of surface flows.  This is not an abrupt transition
as numerous over-spill points can be seen, but the loss
of lava from the rille resulted in a reduction in rille
width.  The rille eventually ends as several isolated pit
craters, which may indicate that a lava tube was
formed.

Middle Flank Pit Craters
The upper flanks of Arsia Mons, from ~12 km

elevation to the caldera rim crest, display a
dramatically different morphology.  Figure 3 shows
that many circular to elongate craters ~1 - 6 km in
diameter cluster along the rift zone.  Close inspection
of these craters reveals that no lava flows were erupted
from these pits, and that several pits have concentric
patterns around their rims indicative of slumping.
Similar craters have been observed on Alba Patera,
and have been interpreted [6, 7] to have formed shortly
after the emplacement of a dike into the edifice.  At
Alba Patera, an explosive phase of plinian activity was
proposed as the most likely cause of the collapse [7].
Were this model to be applied to Arsia Mons it would
be consistent with the identification of extensive ash
deposits at comparable elevations on the NW flank of
the volcano [1].

Figure 3:  Just south of the caldera rim, there are numerous
pits up to ~6 km in diameter.  Notice the lack of lava flows
and the concentric sag-like features around the elongate pits
(arrowed).  THEMIS IR frame no. I0453001.
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Intra-Caldera Lava Shields
First recognized on low-Sun Viking Orbiter

images [2], a series of over a dozen small lava shields
can now be recognized in both topographic (Fig. 4)
and image (Fig. 5, 6) data.  These shields form almost
a north-south line extending across the caldera floor,
with two additional shields on the SW portion of the
caldera floor.  Heights measured from the 1/128th

degree MOLA DEM range from ~80 – 140 m, and
widths from ~8 – 54 km.  THEMIS VIS data (Fig. 5)
show that these features are indeed analogs to
terrestrial shield volcanoes, with many different flows
radiating away from a summit crater.  The few MOC
images that cover these intra-caldera shields (Fig. 6)
also show that some of the craters have multiple levels,
perhaps indicative of former lava lakes successively
filling and draining the summit area.

Figure 4:  Topographic map of the floor of Arsia Mons
caldera, derived from the 128th degree MOLA DEM.
Contour interval is 25 meters, and clearly shows the
locations of at least a dozen separate small shield volcanoes
on the floor.  Colored contours are for the elevation range
16,175 – 16,475 m, while black contours mark higher
elevations on the caldera rim.  Unlike other Martian calderas,
Arsia Mons has a relatively flat caldera floor, which enables
the shields built along the fissure to be easily identified.  The
locations of Figures 5 and 6 area shown.  Width of caldera is
~110 km.  North is towards the top of the image.

An important issue regarding these shields is
their apparent absence from much of the caldera floor.
Clearly their origin is related to the structural trend that
extends NE – SW through the summit area.  But their
origin is also enigmatic because possible rift zones
also exist on the volcanoes Pavonis and Ascraeus
Montes [2, 6] and yet no intra-caldera activity can be

identified on these other volcanoes in either the
MOLA or MOC data sets.

Implications
The first identification of an entire long (>100

km) lava flow on Mars has importance for several of
the current models of lava flow rheology [8, 9]
because it enables us to define the total length of the
lava flow, and to correlate the flow area with the
geometry of the rille [5].  The observations presented
here also clearly demonstrate that sinuous rilles on
Mars can be the source of long lava flows.  As more
THEMIS data become available for other volcanic
regions, particularly Elysium Planitia (where rilles and
flows have been individually identified but not
correlated with each other [4, 5]), the possibility for
the identification of other vent areas and matching
them with specific lava flows should provide new
constraints for modeling flow fields on Mars.

Figure 5:  THEMIS visible image of a lava shield in the
center of Arsia Mons caldera.  See Figure 4 for location.
Lava flows can be seen radiating in all directions from the
elongate summit crater.  MOLA data indicate that this shield
is ~90 m high.  North is towards the top.  THEMIS frame
number V04399002.

The diversity of activity identified here within a
relatively small portion of Arsia Mons also warrants
additional attention, because it has specific
implications for models for the internal structure of
Martian shield volcanoes [6, 7].  The simplest
interpretation of the intra-caldera lava shields is that
they were formed during a single eruption, when a
dike approached the surface and allowed relatively
small volumes of lava to be erupted.  The reason why
such features have not been identified on other
volcanoes on Mars remains problematic, but may be
associated with the observation that Arsia Mons is the
only Tharsis volcano where pit craters on the outer
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flanks extend all the way to the rim of the caldera.
These collapse pits high on the rim may indicate that
dikes were able to penetrate to much higher elevations
on Arsia Mons than the other volcanoes.

If this interpretation of shallow dikes is correct,
then an explanation may exist to explain why the three
Tharsis Ridge volcanoes have the extensive set of
collapse pits near their summits, but that such features
are absent on Olympus Mons.  The NE - SW structural
trend, and the resultant concentration of dikes and
volatiles in a specific part of the volcano, may be the
cause.  Numerous shallow dikes along the Tharsis
Ridge volcanoes may have favored the concentration
of juvenile volatiles from the magma at a few preferred
places.  When subsequent intrusions interacted with
these volatiles, explosive eruptions would have
occurred [6, 7].  The implication is therefore that
Olympus Mons lacked rift zones, and so was able to
disperse juvenile volatiles over a sufficiently large area
to prevent subsequent explosive activity.

Figure 6:  MOC view of the elongate summit crater of one of
the lava shileds on the floor of Arsia Mons caldera.  See
Figure 4 for location.  Notice the prominent layering on the
western (left hand) side.  This shield is higher (total height
~160 m) and broader than the one shown in Figure 5.  Image
resolution is ~6.6 m/pixel.  North is towards the top.  MOC
frame no. E1003391.
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A VERY YOUNG, LARGE, IMPACT CRATER ON MARS.  P. J. Mouginis-Mark, J. M. Boyce, V. E.
Hamilton, and F. S. Anderson.  All at: Hawaii Institute of Geophysics and Planetology, SOEST, University of
Hawaii, Honolulu, Hawaii 96822, USA.  <pmm@higp.hawaii.edu>

Abstract: We have used data from the THEMIS,
MOC, and MOLA instruments to study a remarkably
fresh impact crater ~29 km in diameter, located just
west of the Olympus Mons aureole.  This crater has a
very well preserved secondary crater field, a high
nighttime temperature, exhibits no superposed primary
impact craters, and has large depth/diameter and rim
volume/cavity volume ratios.  With lava flows as the
target rock and a very young age, this crater must be a
good candidate source crater for some of the SNC
meteorites, and should serve as an excellent end-
member for geometric studies of impact craters on
Mars.  The fact that this young crater also shows ample
evidence for ejecta fluidization in the recent past
strongly supports the idea that volatiles still exist
within the top kilometer of the near-equatorial region
of Mars.

Introduction:  Impact craters provide crucial
information on the subsurface structure of the target
material, as well as insights into the cratering process.
In the case of craters on Mars, the sensitivity to the
three-dimensional structure is particularly important as
it may provide evidence for spatial or temporal
variations in the distribution of volatiles.  Since the
earliest days of the Viking Orbiter missions, analysis
of the lobate deposits surrounding many Martian
impact craters have suggested the presence of water or
ice within the top kilometer or so of the crust at the
time of crater formation [1, 2, 3].  One particularly
challenging task is to determine the original
morphological attributes of craters prior to their
modification by erosion and/or deposition.

We have identified a 29 km diameter crater at
23.4°N, 207.5°E that meets many criteria for having
formed in the very recent past (perhaps last few
million years).  This crater lies to the west of the
Olympus Mons aureole, and formed in relatively
young lava flows from the volcano (Fig. 1).  Our
analysis of this apparently young crater not only
provides constraints on the original geometry of large
impacts on Mars, but also enables the original
morphology of the crater cavity and ejecta layers to be
examined.  It also places constraints on the recent sub-
surface distribution of volatiles, and has potential
implications for the source area of at least some of the
basaltic SNC meteorites.

Geomorphic Indicators of Youth: To a first
approximation, we can use geomorphic indicators for
crater youth that are comparable to those used to
identify fresh lunar craters [4, 5, 6]:
(a) Ejecta rays;
(b) Extensive field of secondary craters;
(c) Large thermal inertia, implying large rocks or

boulders at surface;
(d) Lack of superposed small impact craters;
(e) Large depth/diameter and other ratios;
(f) Impact melt on the crater floor and/or rim.

Figure 1:  Location map for the identified crater.  Inset,
which is a shaded relief rendition of MOLA topographic
data, shows regional setting, to the west of Olympus Mons
volcano (“OM”).  Other Tharsis volcanoes are also
identified, “AP” is Alba Patera, “AM” is Ascraeus Mons,
and “PM” is Pavonis Mons.  Rectangle shows field of view
of larger image, which is part of the Viking digital image
model for Mars.  Arrow points to crater studied here.  The
location of Figures 3d is also shown.  North is towards the
top of the image.

We have addressed all of these issues using
Viking Orbiter images and data from the THEMIS,
MOC and MOLA instruments.  Inspection of Viking
Orbiter and MOC wide-field images shows that there
is a faint wind-streak associated with the crater,
indicating that there is a surficial mantle of dust.  Like
young large lunar craters [7], the Mars crater has an
extensive field of secondary craters associated with it
(Fig. 2a).  These craters range in diameter up to ~800
meters, and can be traced to radial distances of ~9
crater radii (230 km) from the rim of the primary.
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Inspection of MOC images at 6 m/pixel (Fig. 2b)
shows that there are small dunes on the floors of some
of these secondary craters, indicating that their in-
filling has already commenced.

Figure 2:  (a - left) Extensive secondary crater field to the
south of the primary shows chains of craters radial to the
primary.  THEMIS image V01990003, at 18 m/pixel.  (b -
right) Subscene of MOC image M1301995 (6.0 m/pixel)
showing rectangular secondary crater just beyond the
northern ejecta lobe.  Dunes can be identified on the floor of
the crater, which is ~800 m in diameter.  See Figure 3d for
locations.

Remnants of the crater floor between the central
peak and the inner wall (Fig. 3a) are also rarely seen in
craters on Mars, due most likely to subsequent eolian
or fluvial in-filling.  On the crater floor, there are
materials that are very different from those typically
seen on the interior of Martian craters, and we interpret
these materials to be ponded melt sheets (Fig. 3b)
comparable to those seen on the floor of Copernicus
crater on the Moon [4].  The classic interior features of
young lunar craters such as King, Copernicus and
Necho [4, 5] can also be seen on the Mars crater.
MOC images also reveal flow material that appears to
be impact melt on both the inner upper walls and the
exterior rim of the crater (Fig. 3c).

The ejecta lobes bear further evidence of the
very young age of the crater.  MOC images (Fig. 4)
reveal a very wide range of morphologies on the ejecta
lobes to the north of the crater.  A diversity of radial
flow patterns can be seen on the lobes, and details in
the shear-lines associated with the radial motion of the
ejecta during emplacement can be seen.  Also of
importance is the total lack of smaller impact craters
on many of the ejecta lobes.  Remarkably, MOC
images of the northern ejecta lobe, obtained at a spatial
resolution of 6.0 m/pixel show that no impact craters
down to the resolution limit exist over an area of 72
km2 of the deposit.  Hartmann [8] proposed that a Mars
crater production surface with an age of 10 myr. would
have ~10 craters/km2 with a diameter of ~30 m, or 1
crater per ten km2 with a diameter of ~100 m.  Craters

of these sizes would be easily identified in MOC
images if they existed.  Thus it is not possible to place
this unit into the context of young volcanic surfaces
studied by Hartmann [8] because the surface is
essentially pristine.  No production curve has been
proposed for surfaces younger than 10 myr, but we
infer that the crater studied here is significantly
younger than 10 myr.

Figure 3: (a – top left) Well preserved massive rock unit on
the inner terrace; (b – center left) Polygonal ground on floor
of crater to south of central peak; (c – bottom left) Flow-like
features that may be impact melt on the southern outer wall.
All images are sub-scenes of MOC image E0500856 (4.53
m/pixel).  See Figure 3d for locations.  (d - right) THEMIS
daytime IR image I01990002 (100 m/pixel) showing the
locations of higher resolution images presented here.  See
Figure 1 for location.

The THEMIS thermal data provide evidence for
a regional dust mantle, although nighttime IR data
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(THEMIS frame number I02009003) reveal a strong
(~30 K) thermal contrast between the crater walls,
exterior rim, and floor compared to the adjacent
terrain.  A maximum thermal inertia of ~375 J m-2 S-1/2

K-1 was calculated for the southeastern inner rim,
based on a thermal model for the appropriate latitude,
time of day, elevation and season.  This thermal inertia
is neither consistent with a thick dust mantle nor
bedrock, and likely represents a rocky surface with a
thin mantle of dust (relative to the surroundings).  This
interpretation is supported by the thermal IR data.  We
produced decorrelation streched images of this crater,
but could find no spatial variation in mineralogy,
consistent with an optically thick (at thermal
wavelengths) dust coating.  Interestingly, this crater is
the only one so far observed that has a small nighttime
thermal high associated with the distal ejecta ramparts.

The availability of high resolution gridded
topography (1/128th degree, or ~450 m/pixel) from the
MOLA instrument allows us to assess the crater’s
morphology.  Using Viking data [6, 9] and individual
MOLA profiles through the center of impact craters
[10], several investigators argued that Mars impact
craters with high depth/diameter and rim
height/diameter ratios are less modified (i.e., younger)
than other craters of comparable size.  We have
utilized a new software package [11] that enables
many different geometric attributes for impact craters
to be measured using the MOLA gridded topography.
We have measured the study crater and compared its
geometry to 149 other craters on Mars (focusing on
craters in Hesperia, Lunae, and Sinai Plana).  We have
measured crater diameter, rim height, depth of crater
below the surrounding terrain, and rim and cavity
volumes.  Plots of crater diameter against total crater
depth (i.e., maximum rim height to lowest point on
crater floor), cavity volume, and rim volume all reveal
that, for its size, the crater under study has dimensions
consistent with a very young age.  All three attributes
(depth, cavity volume and rim volume) are high for the
diameter of the crater, and could be interpreted in
terms of the lack of erosion and/or in-filling that has
modified the original crater shape.

Implications:  Analysis of the Olympus Mons aureole
crater has implications for several diverse aspects of
the geologic evolution of Mars.  Most interesting,
perhaps, is that it shows that even during the very
recent past of Mars, the medium that produces
fluidized ejecta was still present.  Whether this
fluidization is caused by volatiles in the target rock, or
the atmosphere, there appears to be nothing to
distinguish the level of fluidity (i.e., travel distance) of
the ejecta, or the general morphologic characteristics
of this crater from craters formed in much earlier

geologic times on Mars.  If volatiles in the target rock
produce the fluid behavior, the amount of volatiles in
the top few hundred meters most likely has not
changed in the last ~10 million years even at relatively
near-equatorial locations, so that a similar
concentration of volatiles may still be present at this
latitude.  Alternatively, if the atmosphere was the
fluidization medium, then the process can operate in a
thin (<10 mbar) atmosphere, and older fluidized ejecta
deposits cannot be used as indicators of a thicker
earlier atmosphere.  We also note that this crater is
located at a site where the Mars Odyssey GRS
experiment indicates that there is a moderate
epithermal neutron flux (~6.5 counts/sec) which would
be indicative of a low hydrogen concentration [12].
Thus our observations support the idea of a layered
target with more volatiles at a depth of a few hundred
meters than at the surface.

Figure 4: (a - left)  Proximal surface of ejecta lobe ~12 km
north of crater rim.  Direction of flow is toward top of image.
(b - right) Flow pattern on middle portion of the ejecta lobe
~23 km north of crater rim.  Note the total absence of super-
posed craters on both parts of the ejecta lobe.  The direction
of flow is towards the top of the image.  Parts of MOC image
M1301995 (6.0 m/pixel).  See Figure 3d for locations.

The crater geomorphology also provides
information about ejecta flow processes.  Specific
observations of the amount of topography preserved in
the distal ramparts, and the shear structure of the lobes,
implies that the ejecta “froze” while it was still
moving.  We have co-registered the VIS THEMIS data
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with the MOLA 128th degree DEM, and measured the
heights of the distal ramparts to be as great as 117 m.
There appears to have been insufficient time for the
ejecta lobe to relax after it came to rest for the
decameter-scale topography to have been removed.
Our observations suggest that current models of
rampart flow rheology [2, 13] are incomplete and
require revision to adequately explain the topographic
characteristics observed at this young crater.

The apparent youth of this crater and its
presence on relatively young lava flows suggest that it
may be a candidate source crater for some of the
youngest Martian meteorites.  Many basaltic
shergottites have crystallization ages of ~175 m.yr.,
leading to the prediction that they may have come
from somewhere in Tharsis [14].  Basaltic shergottite
spectra do not match thermal infrared spectra of
Martian dark regions [15], also leading to the
suggestion that one or more of their source regions
may be located in Tharsis.  Ejection ages for most of
the shergottites are <~3 million years [14], which
could be consistent with the youthful morphology for
the aureole crater.

Further analyses of the Olympus Mons aureole
crater are ongoing.  Mapping the size, number and
radial distribution of the secondary craters will help
establish the importance of secondary cratering on
Mars, which has implications for the establishment of
flux curves and relative age dating for the planet.
More detailed studies of the distribution of material
within the ejecta lobes will benefit from the fact that
the impact event took place on a nearly flat-lying lava
flow field that has no other craters in the vicinity.  This
characteristic will facilitate highly accurate height and
volume measurements for individual ejecta lobes,
which in turn will be valuable for the construction of
rheologic models for the surface emplacement of
ejecta on Mars [13, 16].  Finally, we note that although
the crater studied here may not be the absolute
youngest large (>20 km diameter) crater on Mars, it
nevertheless provides a standard to which other fresh
craters on different terrains can be compared.  As more
THEMIS data are collected, the comparison of very
young craters on different target rocks may yield
important information about the surface layers of the
crust.
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We report investigations of HDO and H2O on Mars 

using CSHELL at the  NASA IRTF, on dates that span 
an entire Mars year.  Our objective is to understand 
whether deuterium is preferentially sequestered in the 
polar regions, and to determine whether the two polar 
caps are equivalent in that regard.  The instrument slit 
is typically positioned N-S along the central meridian 
resulting in a one-dimensional map of HDO (1997-
2003) and/or H2O (2001-2003) [1].  Column burdens 
are extracted at one arc-second intervals along the slit, 
permitting a direct comparison of the D/H ratio at 
various latitudes and seasons.    

 
A solid constraint of the D/H ratio on Mars would 

be extremely useful in constructing atmospheric mod-
els, estimating the evolution of water on Mars, and 
dating Mar meteorites [2-4].  The best determinations 
to date indicate a five times larger value on Mars than 
on Earth [5].  The D/H ratio is expected to increase on 
Mars through Rayleigh distillation [3,4].  The effi-
ciency of deuterium escape compared to hydrogen for 
the current epoch is about 32% [4].  In addition to the 
overall increase, the D/H ratio could display a hemi-
spherical variation.  The different mean temperatures 
of the polar caps could cause a different degree of 
HDO sequestration.   

 
Our group has initiated an observing program to 

test this hypothesis by providing well-constrained D/H 
values for the northern and southern hemispheres on 
Mars.  We are conducting nearly simultaneous meas-
urements of H2O and HDO in the near-IR.  DiSanti 
and Mumma developed a technique for mapping HDO 
on Mars through its ν1 fundamental band near 3.67 
µm, using CSHELL at the NASA IRTF [6].  Novak et 
al. (2002) extended the approach significantly, and 
described nearly simultaneous measurements of ozone 
and HDO on Mars, acquired in January 1997 (Ls = 
67o) [1].  We recently detected new lines of H2O in 
absorption (centered at 3035, 8764, and 8827 cm-1), 
and we now use them to obtain the H2O abundance.  
The combination permits a direct investigation of 
HDO and H2O on Mars.  The approach is illustrated in 
Figure 1.   

 
Novak et al. (2002) [1] converted the measured 

HDO abundance to a column burden for H2O by 
adopting the D/H enrichment factor of 5.2 ± 0.2 rela-

tive to SMOW, reported from KAO spectra [5].  The 
KAO value refers to disk-integrated measurements 
made on 5 Aug. 1988 (Ls = 246o, late southern sum-
mer); it is not known whether this value changes with 
season or latitude.  It is interesting to compare the 
CSHELL retrievals for Jan. 1997 with independent 
measurements of H2O at the same Ls (but different 
Mars years) (Figure 2).  At mid- and low-latitudes, the 
ground-based data are systematically higher than the 
either Viking or TES results, suggesting that a higher 
D/H ratio is implied.  At 12o S latitude, the implied 
enrichment is a factor of 7.45 with respect to SMOW 
while at 30o North latitude it is only 5.1 with respect to 
SMOW.  At this season, the northern polar cap is rap-
idly vaporizing, causing strong latitudinal and tempo-
ral gradients in water vapor at near-polar latitudes; the 
spacecraft and ground-based results have different 
fields-of-view and so give increasingly divergent re-
sults for high latitudes.   

 
Since January, 1997, we have repeated these meas-

urements at different times during the Martian year 
(Table 1).  For all of these dates, we have positioned 
the slit N-S along the central meridian; for some dates, 
we also stepped the slit across the planet at 1 arc-sec 
intervals providing a 2-dimensional map across the 
planet.  We also positioned the slit E-W on Mars thus 
providing a measurement of diurnal variations of 
ozone and water.   

 
TABLE I 

CSHELL Observations of Mars 
UT date      Ls     Del-Dot Diameter 
    (km sec-1)  
 21 Jan 1997 67o -15.3 9.6" 
01 Mar 1997 84o -7.2 13.4" 
20 Mar 1999 112o -12.7 12.6" 
 05 Jul 1999 165o 10.5 11.1" 
 15 Jan 2001 103o -17.0 5.7" 
20 Mar 2001 133o -16.5 9.2" 
 10 Jan 2002 306o 13.0 6.0" 
 13 Jan 2003 124o -14.9 4.8" 
21 Mar 2003 154o -15.6 6.9" 
 

In 2001, we began mapping H2O directly at several 
wavelengths, along with nearly simultaneous meas-
urements of HDO (Fig. 1).  This combination enables 
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direct measurement of the D/H ratio on Mars, and it 
permits investigation of possible latitudinal and sea-
sonal effects.  With CSHELL, measurements for both 

isotopic species can be made during either day or 
night.   

 

 
Fig. 1. Detection of HDO (upper panel) and H2O (lower panel) on Mars.  Spectral extracts (5 rows or one arc-

second) on Mars are centered at 18.6ο N latitude, 2:20 PM local time on 18 March 2001 (Ls = 132o).  Spectral lines 
on Mars (arrows) are seen Doppler-shifted from their terrestrial counterparts.  The continuum is contributed by 
sunlight reflected from Mars’ surface, along with thermal emission from the surface; their relative sizes are obtained 
from solar Fraunhofer lines [1].  The modeled terrestrial atmospheric transmittance is shown for each spectral re-
gion, and the difference spectra (residuals) reveal clear detections of HDO and H2O on Mars.  The rotational tem-
perature retrieved from  Boltzmann analyses of line-by-line intensities provides information regarding the altitude 
distribution of the sensed water. 
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Fig. 2.  Comparison of H2O column burdens measured 
by Viking MAWD [7], TES [8], and CSHELL, for a 
common season (Ls = 67 o) but during different years.  
The CSHELL measurements are based on measured 
HDO column burdens and assume D/H enrichment of 
5.2 relative to SMOW.  The comparison may suggest a 
changing ratio in HDO/H2O with latitude. 
 
 
 

Seasonal Variation of Water:  A summary of our 
observations of HDO taken at four different times dur-
ing the Martian year appears in Fig. 3.   

 
Strong variations with latitude and season are evi-

dent.  The enrichment in D/H seen by KAO [5] was 
assumed when expressing the measured HDO in terms 
of total H2O.  For the lowest two panels (Ls = 133o and 
306o) we also measured H2O directly;  the combined 
data set will permit extraction of D/H enrichment fac-
tors directly.  This will test whether deuterium is pref-
erentially sequestered in one polar cap, and will pro-
vide a very secure value for atmospheric D/H on Mars. 
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Fig. 3.  The column burden measured for HDO and 
(apparent) ozone taken at different seasons during 
Mars' year, using CSHELL.  The HDO burden is ex-
pressed in terms of equivalent H2O by assuming a con-
stant D/H enrichment of 5.2 relative to SMOW [5].  
This eases the comparison with water measurements 
obtained in other ways (e.g., TES, Viking MAWD).  
(After Novak et al. 2003 [this volume]). 
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Introduction: The Compact Reconnaissance Im-

aging Spectrometer for Mars (CRISM) on the Mars 
Reconnaissance Orbiter (MRO) will conduct a com-
prehensive series of investigations of the Martian sur-
face and atmosphere. The investigations will be ac-
complished using an instrument design that provides 
high spatial and spectral resolutions, extended wave-
length range, and ability to gimbal through a range of 
orientations. Baseline investigations include a near-
global survey to find high science priority sites, full-
resolution measurement of thousands of such sites, and 
tracking of seasonal variations in atmospheric and sur-
face properties. 

Science Overview: The Mars Exploration Payload 
Analysis Group [1] recommended specific hyperspec-
tral imaging investigations to characterize Martian 
geology, climate, and environments of present or past 
life. CRISM's three groups of investigations address all 
of MEPAG's recommendations (Table 1). The first 
group corresponds to two primary objectives of MRO: 
to search for evidence of aqueous and/or hydrothermal 
activity, and to map and characterize the composition, 
geology, and stratigraphy of surface features. These 
investigations are implemented by high-resolution hy-
perspectral mapping of thousands of high priority tar-
gets including candidate sedimentary deposits [2], vol-
canic regions, crustal sections exposed in steep es-
carpments, and sites which exhibit evidence in Mars 
Express/Omega data for concentrations of aqueously 
formed minerals. The second group of investigations 
addresses the primary MRO objective to characterize 
seasonal variations in dust and ice aerosols and water 
content of surface materials, and the secondary objec-
tive to provide information on the atmosphere com-
plementary to other MRO instruments. This group of 
investigations is implemented using a systematic, 
global grid of measurements of the emission phase 
function (EPF) acquired repetitively throughout the 
Martian year. EPF measurements allow accurate de-
termination of column abundances of water vapor, CO, 
dust and ice aerosols, and their seasonal variations [3]. 
At the same time, the grid's repetitive coverage will 
track seasonal variations in water content of surface 

material. Additional, targeted observations of the polar 
caps will investigate their inventory of water and CO2 
ices.  

When not taking targeted or EPF measurements, 
CRISM will conduct its third group of investigations, a 
100-200 m/pixel, ~59-wavelength survey to search for 
evidence of aqueous activity that lacks morphologic 
expression and/or that is below the resolution of previ-
ous spectral mapping. The survey addresses MRO's 
secondary objective to identify new sites with high 
science potential for future investigation, and will be 
particularly important for identification of key Noa-
chian deposits. For example, even at low Martian ero-
sion rates [4], morphologic expressions of Noachian 
hot spring deposits would have been removed in ~109 
yrs, so that such deposits may now exist only as min-
eralized spots in morphologically unremarkable eroded 
escarpments, crater ejecta, and talus. Much of the sur-
vey will be completed before MRO's highest downlink 
rates, so that newly discovered sites can be targeted 
with full-resolution coverage. 

Instrument Overview: CRISM consists of three 
subassemblies, a gimbaled Optical Sensor Unit (OSU, 
Figure 1), a Data Processing Unit (DPU), and Gimbal 
Motor Electronics (GME). The OSU contains VNIR 
(400-1050 nm) and IR (1050-4050 nm) imaging spec-
trographs that share the same 2.06° field-of-view and 
sample the Martian spectrum at 6.55 nm/channel. The 
per-pixel instantaneous field-of-view (IFOV) of 60 
�rad provides a spatial sampling of 15-19 m/pixel 
from MRO’s nominal 255x320 km sun-synchronous 
orbit. 600 cross-track pixels measure a swath 9-12 km 
wide, depending on altitude.  

Both the mechanical design of the instrument and 
its electronic capabilities address the objectives of ra-
diometric accuracy, operational flexibility, and risk 
reduction. The IR focal plane is cooled with doubly 
redundant cryogenic coolers. A side-facing radiator 
cools the spectrometer cavity to decrease instrument 
background. An onboard integrating sphere provides 
radiance calibration, and a shutter provides back-
ground measurements interleaved with Mars meas-
urements. Each focal plane also has a strip down either 
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side that is not illuminated through the spectrometer 
slit, that senses instrument background and scattered 
light simultaneous with each Mars measurement. Op-
tics and the focal planes are enclosed in a housing that 
is gimballed by a high-precision motor/encoder ±60° 
along-track from nadir. During measurement of a tar-
get, along-track scanning takes out most groundtrack 
speed and allows long integration times and high sig-
nal-to-noise ratio (SNR) data to be obtained. At the 
same time, scanning provides the capability to remeas-
ure a spot repeatedly at multiple emission angles (Fig-
ure 2) to characterize the EPF. High spatial resolution 
(~18 m/pixel from 300 km altitude) allows characteri-
zation of the surface at the outcrop scale, and wave-
length coverage to >4000 nm provides sensitivity to 
carbonates even at low abundances. The DPU provides 
lossless or lossy compression of the data stream in real 
time. Key design elements are adapted from the 
CONTOUR and MESSENGER optical instruments. 

Investigation Overview: Figure 3 and Table 2 
summarize CRISM's three complementary data acqui-
sition strategies, which are built around the three steps 
needed to characterize high scientific priority, small-
scale deposits: find the deposits, separate their signa-
ture from that of the atmosphere, and acquire high 
spectral and spatial resolution measurements with high 
SNR. Most of the time the OSU views nadir, building 
up coverage in multispectral survey mode. >90% of 
the planet is expected to be covered at 200 m/pixel and 
~20% at 100 m/pixel. The ~59 wavelengths used are 
clustered at key mineralogic absorptions; any number 
and location of wavelengths is selectable in software. 
We have verified our strategy of characterizing the 
planet in this mode and finding measurement targets 
by resampling AVIRIS data covering a hydrothermal 
deposit in Mauna Kea [5] to CRISM’s spatial and 
spectral sampling, and then analyzing the results using 
a spectral angle mapper (Figure 4). In either of the 
multispectral modes, hundreds-of-meters scale depos-
its are detectable and even subtle mineralogic differ-
ences such as between types of phyllosilicate can be 
distinguished. Resolution both of smaller scale depos-
its and of mineralogic differences improve substan-
tially in the instrument’s native high spectral- and spa-
tial-resolution mode. 

In the second mode of observing, for a group of 
orbits once every ~9° of Ls, EPFs are measured on a 
latitude-longitude grid to track temporal changes in 
atmospheric aerosols, CO, and water vapor. Every 36° 
of Ls a dense grid is taken to track seasonal changes in 

volatile content of the surface Laboratory studies show 
that measurements of 3-�m band depth are sensitive to 
changes in content of adsorbed water approaching 0.01 
wt.-% for data having a signal-to-noise ratio of ~100 at 
that wavelength, which CRISM is expected to exceed. 

The third mode is targeted observations, 3000-
6000 of which will be obtained at key locations. At 
each site, gimballing is used to take out most along-
track motion, so that the field-of-view is slowly 
scanned over a rectangular swath approximately 11 km 
wide and 20 km long (when measured from 300 km 
altitude). Measurements of the swath are bracketed by 
incoming and outgoing measurements of the EPF of 
the centerpoint of the swath at emission angles up to 
70°. Initial high-priority targets are being identified 
using a targeting basemap of results from Viking, 
MGS, and Mars Odyssey. Later, targets will be identi-
fied in Mars Express/Omega data. CRISM’s multis-
pectral survey provides redundancy to Omega data in 
locating targets that have VIS-IR spectral signatures 
but lack obvious morphologic expressions, and it pro-
vides the spatial resolution needed to identify small 
targets not evident in Omega data. 

References: [1] MEPAG, Mars Exploration Pro-
gram: Scientific Goals, Objectives, and Priorities, 
2000. [2] Cabrol, N. and E. Grin, Icarus, 142, 160-
172, 1999. [3] Clancy, R.T., and S. Lee, Icarus, 93, 
135-158, 1991. [4] Presley, M., and R. Arvidson, 
Icarus, 75, 499-517, 1988. [5] Guinness, E. et al., Lu-
nar Planet. Sci. XXXII, 1659, 2001. [6] Milliken, R. 
and J. Mustard, Lunar Planet. Sci. XXXIV, 1345, 
2003. 

 

 
 

Fig. 1. CAD rendering of CRISM's OSU. 
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Table 1. Summary of CRISM Investigation Strategy 

Objective Implementation / Measurement Strategy 
Target observations using previous geologic studies and re-

sults from TES/THEMIS, MOC, etc. 
Use Omega data to find new targets lacking morphologic or 

thermal IR signatures 
Find new targets of interest: aqueous 
deposits, crustal composition 

Find targets below Omega's resolution using near-global mul-
tispectral survey at key wavelengths 

Observe EPF at each targeted observation to quantify atmos-
pheric effects 

Regularly acquire global grids of EPFs to monitor seasonal 
variations in surface and atmospheric properties 

Separate the surface and atmosphere 
Provide information on spatial/seasonal 
variations in aerosols, H2O, CO, and 
ices Sample compositional layering and seasonal change of polar 

ices 
Measure thousands of targets at full spectral resolution and 

high spatial resolution 
Measure key regions of the surface at key wavelengths at 

higher resolutions than multispectral survey 

Measure surface targets with high spa-
tial and spectral resolutions and high 
SNR 

Conduct inflight calibration of background and responsivity to 
provide radiometric accuracy 

 
 
 

Table 2. Summary of CRISM Data Acquisition Plan 
Mode Pointing Description Expected Coverage 

Full resolution 
Spatial pixels unbinned for target - 18 
m/pixel @300 km, 6x binned for EPF

Half resolution short  
Spatial pixels 2x binned for target - 
36 m/pixel @300 km, 6x binned for 

EPF 
Targeted 

Tracking as 
shown in Fig. 2, 
once per target 

Half resolution long  
Spatial pixels 2x binned for target - 
36 m/pixel @300 km, 6x binned for 

EPF; twice swath length  

3000-6000 targets 

Atmospheric 
Survey  

Tracking as 
shown but no 
central swath 

Spatial pixels 6x binned, 72 m/pixel 
@300 km 

9° lon. x 22° lat. 
grid every ~36° of 

Ls  

27° lon. x 22° lat. 
grid every ~9° of 

Ls 
Multispectral survey 

Selected channels, spatial pixels 
10x binned (~200 m/pixel) 

≥90% of Mars 
Multispectral 

Survey  Nadir-pointed 
Multispectral windows 

Selected channels, spatial pixels  
6x binned (~100 m/pixel) 

~20% of Mars plus sampling of sea-
sonal variation at polar cap  

Calibration Mars night  Observations of onboard sphere At least 6 per day 
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Fig. 2. Schematic depiction of key parts of a targeted observation. 
 

 
Fig. 3. Schematic depiction of key attributes of CRISM's measurement plan for the Martian surface and 
atmosphere. 
 

  
Multispectral survey  

(~200 m/pixel, ~59 channels) 
Multispectral window  

(~100 m/pixel, ~59 channels) 
Full resolution 

(~15 m/pixel, 570 ch., 6.55 nm/ch.) 
 
Fig. 4. Analysis of simulated CRISM data acquired in multispectral and hyperspectral modes, completed 
using AVIRIS imaging of Mauna Kea hydrothermal deposits. Red represents deposits of kaolinite, blue 
montmorillonite, and green saponite. 
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Introduction: New analyses of rocks and soils at 

the Mars Pathfinder landing site have been completed 
using the full Imager for Mars Pathfinder (IMP) 12-
color SuperPan panorama. These revise early conclu-
sions that rocks at the landing site are a single lithol-
ogy coated only by windblown dust. We conclude in-
stead that there is also a second lithology in addition to 
the dominant gray rock, and that it is consistent with 
highlands material excavated from beneath a thin ve-
neer of northern plains; that many rocks have ce-
mented coatings that formed during an early, probably 
wetter climate; and that young rocks excavated after 
coating formation ceased are mainly breccias or con-
glomerates. 

Data and Data Processing: The SuperPan [1,2] 
was collected as 8 distinct multispectral mosaics (oc-
tants) that together form a 360° panorama. The mosaic 
sequences - S0181 through S0188 - were taken at dif-
ferent local solar times, due to limitations in spacecraft 
recorder space and downlink and to a goal of comple-
menting illuminations in previous IMP mosaics.  

Pre-processing of the SuperPan included correction 
for instrumental effects, transformation to estimated 
I/F (or R*) using images of an onboard calibration 
target acquired close in time to the scene images, and 
map projection. Accumulated systematic errors during 
these steps led to two types of systematic errors that 
were corrected before further analysis. First, small 
registration errors (typically 1-2 pixels) between image 
bands at some frame positions were identified by ratio-
ing to the 670-nm mosaics, and shifting individual 
frames relative to those mosaics. Second, errors in 
relative calibration of different wavelengths of up to 1-
2% occur between frames within octants as well as 
between octants. The origin of these variations may be 
errors in corrections for temperature-dependence of 
CCD response as a function of wavelength, variations 
in illumination between the scene and the calibration 
target images used during processing, and time varia-
tion in coverage of the targets by airfall dust [3]. Be-
tween-frame variations were calibrated out using the 
670-nm mosaic of S0184 as a reference. One at a time, 
the mosaics at other wavelengths were ratioed to the 
red mosaic to highlight relative calibration errors. 
Multiplicative corrections were applied at other wave-
lengths on a frame-by-frame basis to match relative 
colors at the boundaries between frames. The full oc-

tants were intercalibrated by the same method using 
flat, well-illuminated soils within overlapping parts of 
the scene.  

Key mineralogic absorptions were parameterized 
and analyzed in image form. These include depth of 
the ferric iron absorption at 530 and 660 nm, and depth 
of the 900-nm band which can be due to either ferric 
or ferrous minerals. 660-nm band depth was measured 
indirectly, as strength of the inflection or “shoulder” at 
its short-wavelength edge at 600 nm.  

Spectral variations with azimuth and between pos-
sible lithologies were then examined. Rocks were di-
vided into shape classes relevant to lithology as sum-
marized in Figure 1, using losslessly compressed 670-
nm mosaics. Spectral parameters were measured for 
15° azimuthal bins of each shape class. 

Azimuthal and Shape-Class Variations in Rock 
Coatings: Rock shapes fall into two major groupings. 
Lobate and knobby rocks have shapes that approxi-
mate agglomerations of smaller, rounded to subangular 
portions. Previously these rocks have been interpreted 
possibly as conglomerates [4-6]. Together with peb-
bles, these rocks account for 28% of the classified rock 
surfaces. The remaining classes have shapes generally 
defined by planar surfaces. The most common rock 
shapes, angular and tabular, grade into one another and 
probably represent a more massive and possibly lay-
ered lithology. Exclusive of flat rocks, this group ac-
counts for 64% of classified surfaces. Flat rocks (8%) 
appear to be no more than mostly buried tabular and 
angular rocks, and many transitional examples are evi-
dent. They differ spectrally, however, in that they have 
distinctly greater cover by reddish soils. 

Not all spectral variations on the rock surfaces can 
be explained by simple physical mixing of gray rock 
and reddish soil or dust. Variations in 530-nm band 
depth do largely follow the “redness” in a color com-
posite image (Figure 2a), and indicate variations in the 
relative abundances of ferric-rich altered soil and rela-
tively unaltered rock [7]. However enhancements in 
strength of the 600-nm shoulder are restricted to rocks 
and dark dunes having some coating by soil (Figure 
2b). The 600-nm shoulder is comparatively weak in 
rock-free red dust. Several possible explanations for 
the enhanced 600-nm shoulder are untenable: its oc-
currence or lack thereof on nearly rocks is inconsistent 
with illumination effects, and the downward curvature 
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of the shoulder is inconsistent with expected contin-
uum effects due to coatings [8]. The simplest explana-
tion is an enhanced concentration of one or more crys-
talline ferric minerals that has a 660-nm band. Rocks 
with an enhanced 600-nm shoulder do not exhibit a 
strengthened 530-nm band, as expected for hematite. 
The most plausible phases - goethite, akageneite, or 
schwertmannite - all require liquid water to form. 

The azimuthal distribution of strengths of the 530-
nm band and 600-nm shoulder provide evidence for 
the origin of these coatings. Rocks of both major shape 
groups show a minimum in 530-nm band depth look-
ing SW (Figures 3a and 3c), consistent either with 
preferential removal of soil and dust coatings from 
rock surfaces that face upwind to the present NE pre-
vailing winds, or with deposition in the rocks’ lees [6]. 
Angular, equant, and tabular rocks and large boulders 
(Figure 3b) also exhibit a maximum in strength of the 
600-nm shoulder on NE-oriented faces. These obser-
vations are well explained by Bishop et al.’s [9] 
model, in which ferric minerals in soil adhering to rock 
were partially recrystallized in thin films of water to 
form cemented desert varnish. Subsequent eolian 
scouring of upwind surfaces largely removed the ad-
hering soils, but left a stain rich in the cementing phase 
having a 660-nm band stronger than in the adhering 
soil. 

Origin of Lobate and Knobby Rocks: Lobate and 
knobby rocks and pebbles lack an enhanced 600-nm 
shoulder on their upwind, NE-facing surfaces (Figure 
3d), in contrast to the enhancement on angular, equant, 
and tabular rocks and large boulders (Figure 3b). This 
difference is striking when comparing images of 600-
nm shoulder strength showing only the rocks in each 
group (Figures 2c and 2d). One possible explanation, 
a different composition of the major rock shape 
groups, is inconsistent with APXS results.  Measure-
ments of rocks in both shape groups were obtained - 3 
angular rocks, 1 large boulder, and 1 lobate rock - and 
there is no evidence for a significant difference in ma-
jor element composition. Alternatively, the lack of an 
enhanced 600-nm shoulder on lobate and knobby 
rocks and pebbles could result from their having been 
emplaced subsequent to the time at which the coatings 
formed on angular, equant, and tabular rocks and large 
boulders. This possibility is supported by observed 
stratigraphic relations (Figures 3e to 3h). Where pairs 
of rocks with clear stratigrpahic relations are recog-
nized, and there is a difference in strength of the rocks’ 
600-nm shoulder, the younger rocks consistently ex-
hibit the weaker shoulder. This places lobate and 
knobby rocks high in the stratigraphic column, con-
straining the rocks’ possible origin. One possible ex-
planation for the rocks’ protuberances - formation as 
pillow basalts [4] - is inconsistent with the young age, 

long after the period of outflows. Deep eolian erosion 
leaving resistant knobs [6] is inconsistent with preser-
vation of thin (<40 µm [7]) coatings on nearby older 
rocks. The simplest explanation for the lobate and 
knobby shapes is that they reflect primary fabric, and 
that the rocks are in fact breccias or conglomerates. 
Given their emplacement long after outflows, there is 
no obvious mechanism for long-distance transport of 
the lithified rocks. They must represent lithified local 
regolith, probably excavated by a nearby crater. 

“Black Rocks,” Samples of Highland Basement: 
Among the least coated rocks, a small percentage con-
sists of “black” rocks which have a strong 950-nm 
pyroxene absorption absent from the predominant gray 
rocks, and a reflectance peak shifted to shorter wave-
lengths by ~80 nm (Figure 4). This feature occurs on 
widely separated discrete rocks in all size fractions. 
Several pebbles in the foreground are black rock, and 
in the distance boulder-sized examples are recognized 
(Figure 5a-5b). However the largest occurrences are 
on two 1- to 2-km distant topographic knobs: the south 
flank of North Twin Peaks, which exhibits a 10s-of-
meters scale deposit (Figure 5a-b), and the rim of Big 
Crater (Figures 5c-d). Both have been interpreted as 
exposures of the basement underlying local rocks [5]. 

As with the 600-nm shoulder, occurrence or lack of 
a deepened 900-nm band on nearly rocks is inconsis-
tent with illumination effects. The systematic and 
wavelength-dependent changes in spectral curvature 
are inconsistent with continuum effects. Its occurrence 
on two distant features is not an effect of atmospheric 
path length, because other knobs at comparable or 
greater distances and within the same mosaics lack the 
deepened band. The simplest explanation is a miner-
alogic difference. The shape of black rock spectra 
could result from a greater content of lo-Ca pyroxene 
plus olivine, or possibly orthopyroxene. 

In the infrared, black rocks resembles basalts that 
dominate the southern highlands (Figure 4). Their 
abundance on apparent exposures of basement suggest 
that highlands basalt-like rock has been exposed 
through a hundreds-of-meters thick veneer of a low-
land lithology dominated by gray rock. 

References: [1] L. Gaddis et al., J. Geophys. Res., 
104, 8853, 1999. [2] M. Golombek et al., J. Geophys. 
Res., 104, 8523, 1999. [3] J. Johnson et al., submitted 
to Icarus, 2003. [4] H. Moore et al., J. Geophys. Res., 
104, 8729, 1999. [5] A. Ward et al., J. Geophys. Res., 
104, 8555, 1999. [6] R. Greeley et al., J. Geophys. 
Res., 104, 8573, 1999. [7] H. McSween et al., J. Geo-
phys. Res., 104, 8679, 1999. [8] E. Fischer and C. 
Pieters, Icarus, 102, 185, 1993. [9] J. Bishop et al., J. 
Geophys. Res., 107, 10.1029/2001JE001581, 2002. 
[10] S. Murchie et al., Icarus, 147, 444, 2000. 
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Pebble Knobby Lobate Angular Equant Large  

boulder Tabular Flat 

Fig. 1. Type examples of rock shape classes. 
 

a  b  

c  d  

e  f  g  h  

Fig. 2. (a) Enhanced visible-color composite of octant S0184, located southwest of the lander. This octant 
is dominated by scoured upwind rock faces, and contains a dense population of rocks and examples of 
most shape classes. (b) False color representation of magnitude of the 600-nm shoulder in S0184. Red 
represents the strongest shoulder and blue the weakest. The range of variation shown is 8%. Note that 
strong 600-nm shoulders are restricted to rocks. (c) False color representation of magnitude of the 600-
nm shoulder, showing only flat, tabular, angular, and equant rocks and large boulders. (d) False color 
representation of magnitude of the 600-nm shoulder, showing only pebbles and lobate and knobby rocks. 
Note the absence of strong shoulders compared with all other classified rocks shown in (c). (e-h) False 
color representations of magnitude of the 600-nm shoulder, for rocks with clear stratigraphic relations 
(arrows). Note that superposed rocks have weaker 600-nm shoulders; they are also less reddened. 
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a  b  

c  d  

 
 
 

Fig. 3. Spectral variation with azimuth of IMP’s look direction to 
rock surfaces. (a) 530-nm band depth for angular, equant, and 
tabular rocks and large boulders. (b) Same as (a), except show-
ing 600-nm shoulder strength. (c) 530-nm band depth for peb-
bles, lobate, and knobby rocks. (d) Same as (c), except show-
ing 600-nm shoulder. 

Fig. 4. Spectra of black and gray rocks 
compared with orbital measurements 
of southern highlands with atmos-
pheric radiance removed [10], which 
approximates R*. 

 

a  b  

c  d  
Fig. 5. (a) Enhanced visible-color composite of octant S0183, located west of the lander. Inset images 
show occurrences of black rock. (b) False color representation of 900-nm band depth in S0183. Red 
represents the deepest band and blue the shallowest. The range of variation shown is 7%. Note the large 
patch on the south slope of North Twin Peak. (e) Enhanced visible-color composite of octant S0185, lo-
cated south of the lander, including Big Crater. (f) False color representation of 900-nm band depth. Note 
the elevated band depth on the rim of Big Crater. 
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Introduction: The Polar Layered Deposits long 

have been believed to be dominantly ice-rich deposits 
incorporating a variable amount of aeolian dust 
accumulated in response to quasi-periodic climate 
fluctuations.  There had been great anticipation for 
unraveling a detailed stratigraphic and associated 
climate record from the now abundant high resolution 
MGS MOC and MOLA data. 

Such elucidation has proven more difficult to 
realize than expected, because of numerous vertical 
breaks in the record due to deformation and 
unconformities, and perhaps also more abundant 
along-strike variations in layer properties than 
expected.  Furthermore, profound differences between 
the northern and southern layered deposits are 
highlighted by these abundant high-resolution data, 
making it increasingly difficult to postulate any simple 
common global climate process driven by obliquity 
variations for their origin.  Pre-MGS suggestions that 
the northern deposits are younger than the southern [1] 
have been confirmed [2] and seemingly rule out any 
hemispheric climatic alternation process that would fit 
within the maximum periodicity of the obliquity cycle, 
chaotic or deterministic. 

Equally challenging to expectations of symmetry 
between the atmospheric forcing process that produced 
the north and south polar deposits is the discovery [3] 
of a 300-500 meter basal sand unit underlying the 
north polar layered deposits. This surprising 
depositional relationship implies ice deposition did not 
occur in the north during many 10s of million of years 
while it was taking place at the south.  No postulated 
fluctuation in orbital elements, of which we are aware, 
is a plausible cause of such a sustained difference in 
north vs. south polar environments.  In contrast to the 
approach used sometimes to studying layering within 
terrestrial deep-sea cores by presuming a Milankovitch 
signal is discernibly encoded in the stratigraphy, on 
Mars we lack the confident knowledge of strong 
enough astronomical signals impressed uniformly 
within the depositional record to assure correlation, 
although it is likely that portions of that Martian signal 
are widely, but variably, present within the polar 
layered deposits. 

 
 
 

The Importance of the Polar Landscape Record: 
 Here we present an alternative way to infer the 

preliminary history of the south polar layered deposits 
by recognizing the probable stratigraphic sequences of 
a variety landforms presently recognizable on the 
surfaces of the south polar layered deposits (SPLD).  
In addition to identifying a preliminary sequence of 
events, we wish to be especially alert for evidence of 
recent polar layered events that might be clues to water 
vapor episodes associated with the enigmatic “gullies” . 

 
South Polar Cratering Record: 
 
Degraded 0.8-4.0 km population. These occur on 

lower SPLD exposed away from the thickest central 
deposits.  The population abundance is consistent with 
an apparent exposure age of ~108 years.  These craters 
are remarkably and consistently shallow, yet still 
exhibit modest rims [2]. We have identified no 
plausible sedimentary explanation for this degradation 
pattern and find the “viscous relation”  explanation 
proposed by Pathare [4] for craters larger than 1 km to 
be promising.  The absence of any fresh craters 
preserved in this diameter range suggests further to us 
that the current population was protected from more 
recent impacts by a covering of overlying sediments 
that was subsequently removed.  Thus the current 
surface within which they are now exposed must be 
an unconformable one. 

 
Sparse 0.05- 0.7 km primary population. At higher 

elevation nearer the south residual cap, where no larger 
craters are found, instead a sparse population of 
primary craters ranging from fresh to degraded is 
present.  The abundance is so low in comparison to the 
larger-diameter population that it is consistent with an 
apparent age of only ~105-106 years.  Furthermore, the 
present scarcity requires that the very large numbers 
of small primary craters that formed on that 
surface previously have been completely removed 
in an obliteration episode as recently as  ~105-106 
years ago, and probably many other times before that. 

 
Probable Secondaries from the McMurdo Impact 

Crater. The sizes, morphologies, and distances from 
McMurdo of a sub-group of small 0.2-0.8 km craters 
suggest they are in fact secondaries of that surprisingly 
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fresh 23 km impact crater located within the edge of 
the residual cap at 84.5° S. (Described elsewhere in 
this conference). Most important for our stratigraphic 
interest is the fact that those probable secondaries 
formed into the highest and presumably youngest 
SPLD surface.  This observation would indicate that 
McMurdo formed AFTER the most recent SPLD 
layers formed and hence is one of the youngest 
landforms in the south, other than elements of the 
Residual Cap itself such as the “Swiss Cheese”  terrain 
[5] and perhaps the “dark ice”  exposures [6].  The 
same kind of reasoning also would suggest that the 
north polar layered deposits are younger still, and 
perhaps are even still forming locally within the large 
residual cap there [7]. 

 
Unusual Features Occurring ~ 83
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�

 W: An assemble of 
bizarre features apparently not present elsewhere on 
Mars or Earth occurs in that region which we have 
discussed under the rubric “Wire Brush”  (described 
elsewhere in this conference).  They seem to require 
some unique combination of aeolian, glacial and 
volcanic processes for their origin.  Fortunately, 
several small primary impact craters have been located 
within the degraded area, which seemingly are part of 
the sparse population described above.  These primary 
craters are unusually degraded and buried, thus 
suggesting that the “Wire Brush”  processes may have 
operated within the last 105-106 years. 

 
A Possible Sequence of Events Recorded by 

SPLD: (In Descending Order and Overlapping in 
Some Cases) 

 
• Growth of “Swiss Cheese”  during last 102years. 
• Localization of Current Residual Cap 
• McMurdo Impact 
• Most recent accumulation of central SPLD 
• Most recent activity of “Wire Brush”  degradational 

processes 
• Small crater obliteration episode  ~105-106 yrs ago. 
• Initiation of “Wire Brush”  Activity 
• Exposure of ~100,000,000 yr old sequence of SPLD 

containing highly degraded 0.8–4.0 km crater 
population 

• Burial of above sequence of SPLD 
• Extensive accumulation of “old”  SPLD now present 

below that unconformity 
• Base of Amazonian SPLD and unconformable 

contact with Hesperian 
 

Preliminary Conclusions: Much work remains to 
be done to confirm this preliminary sequence and 
clarify the lengths of the episodes listed above.  Local 
correlation of layers may begin to provide stratigraphic 
richness within such a broad landform-controlled 
framework. 

With the advent of MGS and now Mars 
Odyssey datasets the differences between the north and 
south layered deposits now begin to outweigh their 
similarities.  Certainly the old paradigm of equivalent 
layered deposits at both poles, which are controlled by 
the global change associated with obliquity variations, 
seems more and more untenable.  Our work to date 
suggests a much higher degree of local and 
hemispherical control than was previously appreciated.  
Not only are the northern and southern layered 
deposits significantly different, but now it also appears 
that different areas within the southern layered deposits 
have had substantially different histories.  The 
increasing complexity of our knowledge of the polar 
history of Mars is a natural consequence of the vast 
increase in information over the past few years and we 
can expect this trend to continue. 
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Introduction and Summary: Recent exploration
of Mars has revealed abundant water ice in near-
surface deposits of the mid-to high latitudes in both
hemispheres.  Here we show evidence that these near-
surface, water-ice rich units represent a mixture of ice
and dust that is layered, meters thick, and latitude de-
pendent.  These units were formed during a geologi-
cally recent major martian ice age, and were emplaced
in response to the changing stability of water ice and
dust on the surface during variations in orbital pa-
rameters.  Evidence for these units include a smoothing
of topography at subkilometer baselines from about
30o north and south latitudes to the poles, a distinctive
dissected texture in MOC images in the +/-30o-60o

latitude band, latitude-dependent sets of topographic
characteristics and morphologic features (e.g., poly-
gons, 'basketball' texture, gullies, viscous flow fea-
tures), and hydrogen concentrations consistent with the
presence of abundant ice at shallow depths above 60 o

latitude. The most equatorward extent of these ice-rich
deposits was emplaced during the last major martian
ice age between 0.4 and 2 Myrs, down to latitudes of
30°.  Mars is currently in an "interglacial" period and
the ice-rich deposits between 30-60° are presently un-
dergoing reworking, degradation and retreat in re-
sponse to the current stability relations of near-surface
ice. Unlike Earth, martian ice ages are characterized by
warmer climates in the polar regions and the enhanced
role of atmospheric ice and dust transport and deposi-
tion to produce widespread and relatively evenly dis-
tributed smooth deposits at mid-latitudes during orbital
extremes.

Geological Observations: A number of geological
observations made with new data from the Mars
Global Surveyor and Mars Odyssey missions show
features that are latitude dependent.  These build on the
latitude dependent features observed with Viking and
Mariner data [1, 2, 3].  Kreslavsky and Head [4, 5]
investigated the roughness and concavity (Figure 1) of
the martian surface with the full resolution Mars Or-
biter Laser Altimeter (MOLA).  These analyses
showed a pronounced smoothing of the 0.6 km base-
line topography beginning around 30° N and S and
extending to the polar regions.  They also showed that
the topography showed a distinct reduction in concav-
ity in the 30-60° N and S latitude bands.  They attrib-
uted  these observations to the presence of a meters
thick mantle that was continuous poleward of 60° but

discontinuous in the 30-60° latitude bands.  Mustard et
al [6] mapped the presence-absence of a unique me-
ters-scale morphology in Mars Orbiter Camera (MOC)
images.  The morphology indicated the presence of a
meters-thick surface deposit that was in a state of par-
tial degradation.  A survey of 15,000 images revealed
that this unique morphology was restricted to the 30-
60° latitude bands (Figure 1).  They interpreted this to
indicate the presence of a formerly ice-cemented dust
deposit from which the ice had sublimated and that
was now being disaggregated and degraded.  Other
investigators have noted latitude dependence in the
presence of unique morphologies  such as viscous flow
features, gullies, and periglacial-like morphologies
[e.g. 7, 8, 9, 10]

A remarkable result of the Mars Odyssey Gamma
Ray Spectrometer (GRS) is the high concentration of
hydrogen beneath a thin layer of dry soil in the top two
meters of the martian soil at latitudes greater than 60°

N and S [11, 12].  Modeling suggests that the concen-
tration of hydrogen would require 35-50% by mass of
water ice, which would correspond to an even greater
amount by volume.  The present equatorward limit of
the these high hydrogen concentrations match ex-
tremely well the predicted latitude where ice would be
in equilibrium with present-day atmospheric conditions
[13].  Figure 1 shows the latitude distribution of a sub-
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Figure 1:  Example of the correspondence among geo-
logical observations.  The line shows the latitude depend-
ence of topographic concavity while the bars show the
precent of MOC images showing dissection.  They both
show a high correlation in the mid-latitude regions.
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set of these features to illustrate their compelling lati-
tude dependence.

Climate Models:   The obliquity, eccentricity, and
longitude of perihelion of Mars are known to have
varied dramatically over the last 10 Myrs [14] and
these changes will have important consequences for
the martian climate and the distribution of volatiles.
Recent modeling of the behavior of the martian climate
under different orbital configurations and its effects on
the distribution of volatiles [15, 16] predict that at an
obliquity of 35°, 10s of meters of water-ice can be
sublimated from the poles over an orbital cycle (10s of
thousands of years) and redeposited in the mid-
latitudes resulting in a meters-thick deposited in these
regions.  With an obliquity of 45° this process is more
vigorous, and in fact deposits of perennial ice are pre-
dicted at the equator.  Ice deposited by this process are
likely to be dust rich.

Orbital Cycles:  Ice stability in the near surface of
Mars is most strongly controlled by obliquity [13].
When obliquity exceeds approximately 30°, then ice
stability moves towards the equator and is stable to
within 30° of the equator.  Over the past 400 kyrs, the
obliquity has remained within a relatively narrow
range (22-26°, Figure 2), while eccentricity and pre-
cession have varied strongly.  If eccentricity and pre-

cession controlled the formation of the geologic obser-
vations, then we would expect an asymmetric distribu-
tion reflecting the most recent conditions.  Clearly the
geologic observations are almost perfectly symmetric
about the equator. Between 400 and 2000 kyrs ago the
obliquity regularly exceeded 30°.  This would have
facilitated the transport of water ice from the poles to
the mid-latitudes and be co-deposited with dust.  Dur-
ing the brief low obliquity periods between these
highs, water ice would sublimate from these deposits.
However, surface lags of dust would form, similar to
the Fox Permafrost tunnel in Alaska [17] retarding
sublimation and preserving aspects of the deposit.

Martian Ice Ages:  The remarkable congruence
between geological observations over a range of scales
and type with predictions of ice stability over orbital
time scales and climate models are strong evidence
that the last several million years have witnessed the
deposition and reworking, multiple times, of a meters-
thick ice-dust deposit in the mid-latitudes of Mars
(Figure 2).  These are the deposits of the martian ice
ages and have significantly affected surface processes
in these regions.  It is likely that there are remnant de-
posits beneath surface lags in regions close to the
equator.
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Figure 2.  Schematic showing the relationship between
obliquity cycles over the last 3 Myrs and deposition-
erosion of latitude dependent surface deposits.  The blue
regions mark martian ice ages, the yellow regions inter-
glacial periods
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